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Abstract We present the work of an international team at the International Space Science
Institute (ISSI) in Bern that worked together to review the current observational and theo-
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retical status of the non-virialised X-ray emission components in clusters of galaxies. The
subject is important for the study of large-scale hierarchical structure formation and to shed
light on the “missing baryon” problem. The topics of the team work include thermal emis-
sion and absorption from the warm-hot intergalactic medium, non-thermal X-ray emission
in clusters of galaxies, physical processes and chemical enrichment of this medium and clus-
ters of galaxies, and the relationship between all these processes. One of the main goals of
the team is to write and discuss a series of review papers on this subject. These reviews

A. Diaferio
Istituto Nazionale di Fisica Nucleare (INFN) Sezione di Torino, via P. Giuria 1, 10125 Torino, Italy
e-mail: diaferio@ph.unito.it

K. Dolag
Max-Planck-Institut für Astrophysik, P.O. Box 1317, 85741 Garching, Germany
e-mail: kdolag@mpa-garching.mpg.de

F. Durret
Institut d’Astrophysique de Paris, CNRS, UMR 7095, Université Pierre et Marie Curie,
98bis Bd Arago, 75014 Paris, France
e-mail: durret@iap.fr

J. Nevalainen
Observatory, P.O. Box 14, 00014 University of Helsinki, Helsinki, Finland
e-mail: jnevalai@astro.helsinki.fi

T. Ohashi
Department of Physics, School of Science, Tokyo Metropolitan University, 1-1 Minami-Osawa,
Hachioji, Tokyo 192-0397, Japan
e-mail: ohashi@phys.metro-u.ac.jp

F.B.S. Paerels
Department of Astronomy and Columbia Astrophysics Laboratory, Columbia University,
550 West 120th Street, New York, NY 10027, USA
e-mail: frits@astro.columbia.edu

V. Petrosian
Department of Applied Physics, Stanford University, Stanford, CA 94305, USA

V. Petrosian
Kavli Institute of Particle Astrophysics and Cosmology, Stanford University, Stanford, CA, 94305, USA
e-mail: vahep@stanford.edu

Y. Rephaeli
School of Physics & Astronomy, Tel Aviv University, Tel Aviv 69978, Israel

Y. Rephaeli
Center for Astrophysics and Space Sciences, University of California, San Diego, La Jolla,
CA 92093-0424, USA
e-mail: yoelr@wise.tau.ac.il

P. Richter
Institut für Physik, Universität Potsdam, Am Neuen Palais 10, 14469 Potsdam, Germany
e-mail: prichter@astro.physik.uni-potsdam.de

J. Schaye
Leiden Observatory, Leiden University, P.O. Box 9513, 2300 RA Leiden, The Netherlands
e-mail: schaye@strw.leidenuniv.nl

mailto:diaferio@ph.unito.it
mailto:kdolag@mpa-garching.mpg.de
mailto:durret@iap.fr
mailto:jnevalai@astro.helsinki.fi
mailto:ohashi@phys.metro-u.ac.jp
mailto:frits@astro.columbia.edu
mailto:vahep@stanford.edu
mailto:yoelr@wise.tau.ac.il
mailto:prichter@astro.physik.uni-potsdam.de
mailto:schaye@strw.leidenuniv.nl


Clusters of Galaxies: Beyond the Thermal View 3

are intended as introductory text and reference for scientists wishing to work actively in this
field. The team consists of sixteen experts in observations, theory and numerical simulations.

Keywords Galaxies: clusters: general · Intergalactic medium · Large-scale structure of
universe · X-rays: galaxy clusters

1 Scientific Rationale of the Project

Clusters of galaxies are the largest gravitationally bound structures in the Universe. Their
baryonic composition is dominated by hot gas that is in quasi-hydrostatic equilibrium within
the dark matter dominated gravitational potential well of the cluster. The hot gas is visible
through spatially extended thermal X-ray emission, and it has been studied extensively both
for assessing its physical properties and also as a tracer of the large-scale structure of the
Universe.

Clusters of galaxies are not isolated entities in the Universe: they are connected through a
filamentary cosmic web. Theoretical predictions indicate the way this web is evolving. In the
early Universe most of the gas in the web was relatively cool (∼ 104 K) and visible through
numerous absorption lines, designated as the so-called Lyα forest. In the present Universe,
however, about half of all the baryons are predicted to be in a warm phase (105–107 K), the
Warm-Hot Intergalactic Medium (WHIM), with temperatures intermediate between the hot
clusters and the cool absorbing gas causing the Lyα forest.

The X-ray spectra of clusters are dominated by the thermal emission from the hot gas, but
in some cases there appears to be evidence for hard X-ray tails or soft X-ray excesses. Hard
X-ray tails are difficult to detect, and one of the topics for the team is a discussion on the
significance of this detection (yet contradictory) in existing and future space experiments.
Various models have been proposed to produce these hard X-ray tails, and our team reviews
these processes in the context of the observational constraints in clusters.

While in some cases soft excesses in clusters can be explained as the low-energy exten-
sion of the non-thermal hard X-ray components mentioned above, there is evidence that a
part may also be due to thermal emission from the WHIM. The signal seen near clusters then
originates in the densest and hottest parts of the WHIM filaments, where the accelerating
force of the clusters is highest and heating is strongest. A strong component of this emission
is line radiation from highly ionised oxygen ions, and the role of this line emission and its
observational evidence will be reviewed.

WHIM filaments not only can be observed because of their continuum or line emission,
but also through absorption lines if a sufficiently strong continuum background source is
present. The evidence for absorption in both UV and X-ray high-resolution spectra is dis-
cussed. Future space missions will be well adapted to study these absorption lines in more
detail.

In particular in absorption lines the lower density parts between clusters become ob-
servable. In these low density regions of the WHIM not only collisional ionisation but also
photo-ionisation is an important process. In general, the physics of the WHIM is challeng-
ing due to its complexity since there are many uncertain factors including the heating and
cooling processes, the chemical enrichment, the role of supernova-driven bubbles or star-
burst winds, ram-pressure stripping, the role of shocks, magnetic fields, etc. More detailed
(and sophisticated) hydrodynamical simulations with state-of-the-art spatial (and temporal)
resolution are required in order to follow the impact of some (if not all) of these important
processes. In particular chemical enrichment is an important process to consider as it leads
to many observable predictions. We review the various physical processes relevant for the
WHIM, the methods that are used to simulate this and the basic results from those models.
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2 Timeliness of this Work

The first detections of non-virialised components in or between clusters of galaxies such as
thermal emission or absorption from the WHIM or the presence of hard X-ray tails have now
been made. There are several initiatives for new space missions to study the physics of the
WHIM, either in emission or absorption, from the USA, Japan, Italy and The Netherlands,
and new missions for studying hard X-ray tails are being designed in France, Japan and
the USA. Significant theoretical progress is being made in this field, also thanks to the
enormous leap in computing power for numerical models. In addition to the considerable
intrinsic interest in the astrophysics of clusters, these systems are fundamental probes of the
underlying cosmology and of the large-scale structure. This is the time to put the expertise
of observers and theoreticians in different fields together, in order to review our current
knowledge and make it available to the community in a self-contained and comprehensive—
yet concise—review volume.

3 Organisation of the Team Work

Our team consisted of sixteen members; two members unfortunately could not attend both
meetings; for one participant a replacement could be found. The people involved in this in-
ternational team were Xavier Barcons (Spain), Johan Bleeker (Netherlands, co-organiser),
Andrei Bykov (Russia, co-organiser), Stefano Borgani (Italy), Antonaldo Diaferio (Italy),
Klaus Dolag (Germany), Florence Durret (France), Jelle Kaastra (Netherlands, organiser),
Jukka Nevalainen (Finland), Takaya Ohashi (Japan), Frits Paerels (USA), Vahé Petrosian
(USA), Yoel Rephaeli (Israel), Philipp Richter (Germany), Joop Schaye (Netherlands),
Sabine Schindler (Austria, co-organiser), and Norbert Werner (Netherlands). In addition
a few people outside the team helped in writing the review papers or even have taken up the
lead in writing these papers: Serena Bertone (UK), Chiara Ferrari (Austria), Federica Govoni
(Italy), Dunja Fabjan (Italy), Luca Tornatore (Italy), and Rob Wiersma (Netherlands).

Our team started with a one week meeting at the end of October 2006 at ISSI in Bern.
Each team member introduced a topic, and in the following discussion the relevant issues for
the review were collected. After the discussions, subteams were formed around the different
topics, and the outlines of the different chapters as presented in the present volume were
defined. Each team member participated in several subteams and papers, either as first author
or co-author. In the time between the first and the second meeting, several subteams were
able to work out these drafts further. At the second meeting, the progress was reviewed,
comments were made on the drafts and the remaining time was used to work further on the
drafts.

After the second meeting, the draft papers were finished by the authors and sent to two
internal referees from the team who are non-experts in the field, in order to check the com-
prehensibility of the papers and of course for the normal work of any referee. All papers
were then reviewed by an anonymous, external and expert referee. That there was a lively
discussion and interaction is proven by the more than 700 emails that were exchanged be-
tween the authors and the editor between July and December 2007.

4 About the Title of the Book

Our series of review papers both appears as a special volume of Space Science Reviews,
as well as in the form of a book published by Springer. One of the hardest items to resolve
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was to find a catchy title for the book. At our last meeting in June 2007 we had a long
and lively discussion about it without a clear outcome. Only shortly before the deadline we
converged to the title of the book (which was taken also as the title of this chapter/paper).
While discussing what is beyond the thermal view, we spend of course also quite some time
on thermal emission. It is obvious that without a thorough understanding of the thermal
aspects of the cluster gas, it is not well possible to go beyond. But in this series of reviews
we hope to demonstrate that cluster physics is a rich subject, and that there is more beyond
galaxies, dark matter, and “just” hot gas with only one interesting parameter, its temperature
(well, and its emission measure), needed to estimate cluster masses. We go beyond this,
and present non-thermal emission, shocks, magnetic fields, chemical enrichment, and all the
other interesting processes shown on the front cover of the book. Also, we go beyond the—
somewhat diffuse—physical boundaries of clusters to the warm-hot intergalactic medium
with all its interesting astrophysical aspects. We hope that our book and the individual papers
help the readers also to go beyond what is written here, and we invite them to explore the
topics of this book further and to advance our understanding of them.

5 Final Remarks

The team members look back to an interesting and rewarding project. The time spent at
ISSI has been successful, both from a point of view of the project, the interactions and the
atmosphere surrounding the project. The help and assistance of ISSI and its staff members
has been invaluable for this work.
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Fig. 1 The team members in front of the ISSI building at the first meeting: Joop Schaye (1), Klaus Dolag (2),
Antonaldo Diaferio (3), Frits Paerels (4), Jukka Nevalainen (5), Vahé Petrosian (6), Jelle Kaastra (7),
Yoel Rephaeli (8), Andrei Bykov (9), Takaya Ohashi (10), Norbert Werner (11), Florence Durret (12), Philipp
Richter (13) and Sabine Schindler (14)



Chapter 2
Clusters of Galaxies: Setting the Stage

A. Diaferio · S. Schindler · K. Dolag

Originally published in the journal Space Science Reviews, Volume 134, Nos 1–4.
DOI: 10.1007/s11214-008-9324-5 © Springer Science+Business Media B.V. 2008

Abstract Clusters of galaxies are self-gravitating systems of mass ∼ 1014–1015h−1 M� and
size ∼ 1–3h−1 Mpc. Their mass budget consists of dark matter (∼ 80%, on average), hot
diffuse intracluster plasma (� 20%) and a small fraction of stars, dust, and cold gas, mostly
locked in galaxies. In most clusters, scaling relations between their properties, like mass,
galaxy velocity dispersion, X-ray luminosity and temperature, testify that the cluster com-
ponents are in approximate dynamical equilibrium within the cluster gravitational potential
well. However, spatially inhomogeneous thermal and non-thermal emission of the intra-
cluster medium (ICM), observed in some clusters in the X-ray and radio bands, and the
kinematic and morphological segregation of galaxies are a signature of non-gravitational
processes, ongoing cluster merging and interactions. Both the fraction of clusters with these
features, and the correlation between the dynamical and morphological properties of irreg-
ular clusters and the surrounding large-scale structure increase with redshift.

In the current bottom-up scenario for the formation of cosmic structure, where tiny fluc-
tuations of the otherwise homogeneous primordial density field are amplified by gravity,
clusters are the most massive nodes of the filamentary large-scale structure of the cosmic
web and form by anisotropic and episodic accretion of mass, in agreement with most of the
observational evidence. In this model of the universe dominated by cold dark matter, at the
present time most baryons are expected to be in a diffuse component rather than in stars and
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galaxies; moreover, ∼ 50% of this diffuse component has temperature ∼ 0.01–1 keV and
permeates the filamentary distribution of the dark matter. The temperature of this Warm-Hot
Intergalactic Medium (WHIM) increases with the local density and its search in the outer re-
gions of clusters and lower density regions has been the quest of much recent observational
effort.

Over the last thirty years, an impressive coherent picture of the formation and evolution
of cosmic structures has emerged from the intense interplay between observations, theory
and numerical experiments. Future efforts will continue to test whether this picture keeps
being valid, needs corrections or suffers dramatic failures in its predictive power.

Keywords Galaxies: clusters: general · Intergalactic medium · Cosmology: large-scale
structure of Universe

1 Preamble

The present chapter provides the general framework of the physics of clusters of galaxies: it
outlines how clusters connect to several astrophysical issues, from cosmology to the forma-
tion of galaxies and stars. Some of these topics are discussed in the chapters of this volume;
we refer to these chapters when appropriate. When the topic we mention here is not dealt
with elsewhere in this volume, we refer to some of the most recent reviews.

2 The Observational Framework

2.1 Cluster Components

2.1.1 Mass Content

The discovery of clusters as concentrations of galaxies on the sky dates back to 1784, when
Charles Messier mentions the Virgo cluster in his Connaissance des Temps (see the fasci-
nating historical review by Biviano 2000). The first systematic optical surveys of clusters
appeared almost two centuries later (Abell 1958; Zwicky et al. 1961–1968).

In 1930s, Zwicky, by assuming that the cluster in the Coma constellation, containing
hundreds of bright galaxies (Fig. 1),1 is in virial equilibrium, found that the mass required to
bind the system gravitationally should be roughly hundred times larger than the sum of the
masses of the individual galaxies (Zwicky 1933, 1937). In fact, if the cluster is an isolated,
spherically symmetric system in dynamical equilibrium, the virial theorem yields the total
mass

M = 3σ 2R

G
, (1)

where G is the gravitational constant, σ is the dispersion of the galaxy velocities along the
line of sight, and R is the cluster size

R = π

2

N(N − 1)

2

⎛
⎝∑

i

∑
i>j

1

rij

⎞
⎠

−1

, (2)

1See Biviano (1998) for a historical perspective on the Coma cluster.
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Fig. 1 Left panel: Optical image of the central part of the Coma cluster (23 × 23 arcmin) centered on the
galaxy NGC4889; the bright galaxy on the right is NGC4874. Right panel: X-ray image (ROSAT) of Coma
(164 × 150 arcmin) (from http://chandra.harvard.edu/photo/2002/0150/more.html)

where rij is the projected separation between galaxies i and j , and N is the number of
galaxies; (2) assumes that all the galaxies have the same mass. Clusters are not isolated
systems and the correct application of the virial theorem requires the inclusion of a surface
term (The and White 1986; Girardi et al. 1998). However, correcting for this factor, and
correcting also for departures from spherical symmetry, for galaxies of different masses and
for the presence of interlopers, namely galaxies which are not cluster members but appear
projected onto the cluster field of view, is not sufficient to fill in the discrepancy between the
virial mass and the sum of the galaxy masses. We can reach the same conclusion with a more
sophisticated dynamical analysis based on the Jeans equations (Biviano 2006). Zwicky’s
result was the first indication of the existence of dark matter.

With the advent of astrophysics from space in 1960s, the Uhuru satellite revealed
that clusters are the most luminous extended X-ray sources on the sky (Gursky et al.
1972, Fig. 1). The origin of the X-ray luminosity LX was very early interpreted as
thermal Bremsstrahlung emission from a hot intracluster plasma (Felten et al. 1966;
Bykov et al. 2008b—Chap. 8, and Kaastra et al. 2008—Chap. 9, this issue):

LX =
∫

ne(r)nions(r)Λ[T (r)]d3r, (3)

where ne and nions are the electron and ion number densities in the intracluster medium
(ICM) and Λ(T ) is a cooling function. For temperatures kT � 2 keV (k is the Boltzmann
constant), when the ICM is almost fully ionised, we have Λ(T ) ∝ T 1/2. The existence of
a hot diffuse X-ray emitting gas implies the presence of a deep gravitational potential well
that keeps the gas confined. This evidence made untenable the hypothesis that clusters are
chance superpositions of galaxies or expanding systems (Ambartsumian 1961). By assuming
hydrostatic equilibrium and spherical symmetry, the cumulative mass within radius r is

M(< r) = − kT r

Gμmp

(
d lnρgas

d ln r
+ d lnT

d ln r

)
, (4)

where μ is the mean molecular weight, mp the proton mass and ρgas the gas mass density.
This type of analysis confirmed that at least 70% of the cluster mass is dark (Cowie et al.

http://chandra.harvard.edu/photo/2002/0150/more.html
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Fig. 2 HST optical image of Abell cluster A 2218. Many arcs and arclets are the images of background galax-
ies distorted by the gravitational field of the cluster (from http://antwrp.gsfc.nasa.gov/apod/ap011007.html)

1987), and the rest is almost all in the diffuse ICM component: galaxies only contribute a
few percent to the total cluster mass, as inferred by Zwicky in 1937.

In this same 1937 paper, Zwicky also realized that one way to avoid the assumption of
dynamical equilibrium when estimating the cluster mass is to use the deflection of light of
background sources determined by the cluster gravitational potential well (Fig. 2); for an
axially symmetric cluster, the total mass projected along the line of sight within the distance
r of closest approach of the light rays to the cluster centre is

M(< r) = rc2

4G
α, (5)

where c is the speed of light, and α is the deflection angle (e.g. Schneider 2006). The
first indication of a gravitational lensing effect in a galaxy cluster appeared fifty years later
(Lynds and Petrosian 1986). To date, both strong gravitational lensing (Hennawi et al. 2008),
which creates multiple images of background sources, and weak gravitational lensing (Dahle
2007), which produces small induced ellipticity in the shape of background galaxies, indi-
cate that, if General Relativity is correct on the scales of clusters, ∼80–90% of the cluster
mass is dark.

An alternative method to estimate the cluster mass, both in their virial region and their
outskirts, which does not rely on the virial equilibrium assumption, is the caustic technique
introduced by Diaferio and Geller (1997) and Diaferio (1999). This technique exploits the
distribution of galaxies in redshift space to infer the galaxy escape velocity from the grav-
itational potential well of the cluster, and hence its mass. In fact, in the redshift diagram,
namely line-of-sight velocity vs. projected distance r from the cluster centre, cluster galax-
ies populate a trumpet-shaped region limited by two curves, named caustics, whose separa-
tion A(r) at each radius r is proportional to the escape velocity. For a spherically symmetric
cluster, the mass within radius r is

M(< r) = 1

2G

∫ r

0
A2(x)dx. (6)

http://antwrp.gsfc.nasa.gov/apod/ap011007.html
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Fig. 3 Contours of the SZ effect measurements with SZA overlaid on the X-ray images (XMM EPIC/MOS)
of the clusters ClJ1415.1 + 3612 (z = 1.03), ClJ1429.0 + 4241 (z = 0.92) and ClJ1226.9 + 3332 (z = 0.89).
The filled ellipses show the FWHM of the SZ observations. See Muchovej et al. (2007) for details

All the mass estimation methods used to date, and described here, indicate that the dark
matter contributes ∼ 80–90% of the total cluster mass, the ICM contributes ∼ 10–20%, and
the galaxies contribute less than a few percent. With the advance of X-ray spectroscopy, it
has become clear that the ICM is chemically enriched to ∼ 0.5 Solar abundances (Werner
et al. 2008—Chap. 16, this issue): given the relative mass contribution of the cluster compo-
nents, it follows that the total mass in metals in the ICM is larger than the sum of the mass
in metals of the individual galaxies.

2.1.2 Clusters as Probes for Cosmology

Right after the detection of the X-ray emission from clusters, Sunyaev and Zeldovich (1972)
realised that inverse Compton scattering of the Cosmic Microwave Background (CMB) pho-
tons by the free electrons of the ICM can produce secondary anisotropies in the CMB maps:
ΔICMB/ICMB = f (ν)y, where f (ν) is a spectral function and

y =
∫

kT

mec2
σTnedl (7)

is the Comptonization parameter; here, me is the electron mass, σT the Thomson cross-
section, and the integral is along the line of sight l. Typical ICM temperatures kT and
electron number densities ne in clusters yield ΔICMB/ICMB ≈ 10−4 (Fig. 3). Only over the
last few years the sensitivity of radio telescopes and the control of systematics have been
sufficient to measure reliably this Sunyaev-Zeldovich (SZ) effect and its spectral signature
in massive clusters (Bonamente et al. 2006). The major advantage of the SZ effect over
other cluster observables is that the amplitude of the CMB fluctuation is independent of the
cluster redshift z, because the CMB intensity increases as (1 + z)4 and compensates the
(1 + z)−4 decrease of the SZ “surface brightness”. This property has recently boosted an
entire research field of cluster surveys with the SZ effect (Carlstrom et al. 2002). In fact,
“flux-limited” SZ cluster surveys are almost mass-limited cluster surveys (Bartlett 2006).
This property is extremely relevant, because the mass of clusters is a sensible cosmological
probe, as we explain below.

If clusters are in virial equilibrium, we can derive simple relations between their global
properties, namely mass, galaxy velocity dispersion, number of galaxies (richness), X-ray
luminosity, ICM temperature, and so on. By considering for example the virial relation
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3kT /(2μmp) = GM/R, the scaling relation between the total mass M and the gas tem-
perature kT reads

kT = 3.229
( μ

0.6

)(
δ

500

)1/3 (
M

1014h−1 M�

)2/3

keV (8)

where δ is the average cluster overdensity w.r.t. the critical density 3H 2
0 /(8πG) of the uni-

verse, with H0 = 100h km s−1 Mpc−1 being the Hubble constant at the present time. Quanti-
ties in (8) are normalized to typical cluster values. Analogously, we can write the total X-ray
luminosity

LX = 1.327 × 1043

(
fgas

0.1h−3/2

)2 (
0.6

μ

)(
n

10−3h2 cm−3

)(
T

keV

)0.4

×
(

M

1014h−1 M�

)
h−2 erg s−1, (9)

where we approximated the cooling function Λ(T ) = 0.843×10−23(kT /keV)0.4 erg cm3 s−1

at kT � 1 keV, which holds for gas with poor metallicity, and assumed ne = nions ≡ n =
fgasρ/(μmp), where fgas is the fraction of the cluster total mass in the ICM and ρ is the
cluster total mass density.

These scaling relations provide a straightforward method to estimate the cluster mass
from a directly observable quantity, like the X-ray temperature. Quantities related to X-ray
observations have received particular attention because of their robustness and the relatively
simple physics involved in their correlations (Rosati et al. 2002).

Cluster masses are extremely relevant to constrain the cosmological model, because clus-
ters populate the exponential tail of the mass function of galaxy systems. If the power spec-
trum of the primordial perturbations of the mass density field in the early universe is a power
law with index n, the number per unit volume [dn(M)/dM]dM of galaxy systems with total
mass in the range (M , M + dM) is (Press and Schechter 1974)

dn(M)

dM
dM = 1√

π

ρ̄

M2

(
1 + n

3

)(
M

M∗

)(n+3)/6

exp

[
−

(
M

M∗

)(n+3)/3
]

dM, (10)

where ρ̄ is the (constant) comoving mean mass density of the universe and M∗ is a parameter
depending on the normalisation σ8 of the power spectrum and on the structure growth factor,
which, in turn, depends on time, the cosmological density parameter Ωm and the cosmologi-
cal constant ΩΛ. M∗ increases with time when n > −3 and M∗ ∼ 1014h−1 M� at the present
epoch. Clearly, since the exponential cut off dominates the mass function at M � M∗, the
evolution of the cluster number density is a very sensitive indicator of the power spectrum
normalisation and of the cosmological parameters (Fig. 4). In practice, the application of
this idea requires modern versions of the Press-Schechter mass function which are more
sophisticated than (10) (Sheth and Tormen 1999); moreover, care must be taken to deal with
the degeneracy among the cosmological parameters (e.g. Voit 2005), especially between
Ωm and σ8, which follow a relation of the form σ8 = AΩ−α

m , with A ≈ 0.5 and α ≈ 0.5 (e.g.
Reiprich and Böhringer 2002). Nevertheless, by simply assuming that the mean mass den-
sity of the universe must be smaller than the mean density within clusters and larger than the
mean density computed including only the richest clusters, Abell already in 1965 estimated
Ωm ≈ 0.2, a value remarkably close to the currently accepted estimate Ωm = 0.26 (Spergel
et al. 2007).
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Fig. 4 Mass function of the
HIFLUGCS X-ray clusters (dots
with error bars). The solid line is
the best fit with Ωm = 0.12 and
σ8 = 0.98. The dashed and
dotted lines are the best fits with
Ωm = 0.5 or Ωm = 1.0 held
fixed, which yield σ8 = 0.60 and
σ8 = 0.46, respectively. From
Reiprich and Böhringer (2002)

In most mass estimation techniques, the assumption of dynamical equilibrium is fun-
damental for obtaining accurate estimates. There is however overwhelming evidence that
many clusters are out of equilibrium, as described in the following sections.

2.2 Evidence of Non-equilibrium and Formation Processes

2.2.1 Cluster Galaxies

Elliptical and lenticulars (early-type) galaxies tend to reside in high-density regions, whereas
spiral (late-type) galaxies are more common in low-density regions. This morphology-den-
sity relation has been known since a publication of Shapley in 1926, and possibly earlier.
The first statistical analysis based on a large sample of 55 clusters showed that, in the local
universe, the fraction of spirals is 80%, 60% and 0% in the field, outskirts and cores of
clusters, respectively (Dressler 1980). Subsequent work confirmed the connection between
galaxy properties and local density: spirals in clusters are H I- and dust-deficient, have larger
metallicity and show an excess of radio continuum emission (see for a review Boselli and
Gavazzi 2006).

At higher redshifts (z ∼ 1), the fraction of spirals and irregulars in high-density
regions increases at the expense of the fraction of lenticulars (Postman et al. 2005;
Smith et al. 2005). Larger gas reservoirs and galaxy close encounters and collisions,
which are more frequent in dense environments and favour the transformation of galaxy
morphology, increase the star formation activity, as it occurs in starburst galaxies; in-
deed mid-infrared observations of luminous infrared galaxies show a more intense star
formation activity in cluster environment at increasing redshift (Metcalfe et al. 2005;
Bai et al. 2007). Although, on average, the properties of galaxies vary smoothly from the
cluster centre to the outskirts, before reaching the average properties of galaxies in the field
(e.g. Rines et al. 2005), the galaxy properties within individual clusters can show signifi-
cant spatial variations, like the different slopes of the galaxy luminosity function in different
regions of Coma (Adami et al. 2007).

In clusters with irregular morphology, the major axes of the bright galaxies tend to be
aligned both with each other and with the major axis of the parent cluster (Plionis et al.
2003), as a century ago Wolf (1902) already pointed out for the galaxies in Coma. An align-
ment between the major axis of the bright central galaxy (BCG) or the cD galaxy and the
major axis of the parent cluster is also present, as first noticed by Carter and Metcalfe
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Fig. 5 Differential velocity
dispersion profiles of galaxies
brighter than MR = −20.5 in the
CNOC1 clusters
(0.18 < z < 0.55). Top panel:
Profiles of blue (open squares)
and red (filled squares) galaxies;
the rest-frame colour threshold is
B − V = 0.85. The dashed and
the solid lines show the
corresponding profiles of the blue
and red galaxies in mock clusters
simulated with a
N -body + semi-analytic
technique (Diaferio et al. 2001;
see Sect. 3). Bottom panel:
Velocity dispersion profiles of
disk-dominated galaxies (open
squares) and bulge-dominated
galaxies (filled squares). See
Diaferio et al. (2001) for details

(1980). Any alignment present in the initial conditions is expected to be erased by mul-
tiple galaxy encounters occurring in the cluster environment. Therefore, the presence of
alignment should indicate a young dynamical state of the cluster.

Blue cluster galaxies show larger velocity dispersions than red galaxies (Fig. 5; Biviano
et al. 1997). This difference is attributed to more elongated orbits (Biviano and Katgert
2004), indicating that, unlike the red galaxies which are likely to be in dynamical equilibrium
within the cluster gravitational potential well, blue galaxies are, on average, possibly falling
onto the cluster for the first time.

Intracluster stars detected with planetary nebulae or as diffuse light in clusters at low
(Gerhard et al. 2005) and intermediate redshift (Zibetti et al. 2005) can be the relics of tidal
interactions suffered by falling galaxies (Covone et al. 2006) and/or the relics of merging of
galaxies already in place in the forming gravitational potential well of the cluster (Murante
et al. 2007), as observed in real clusters (Rines et al. 2007); intracluster stars can contain
from 10 to 50% of the mass in stars in the core of clusters and can show distinct kinematic
substructure (Arnaboldi et al. 2006).

2.2.2 Substructure, Mass Accretion and Non-thermal Phenomena

A large fraction of clusters shows the presence of substructure both in their galaxy distri-
bution and in their X-ray emission morphology. The fraction of clusters with substructure
depends on the cluster sample and on the substructure identification technique, but it is sub-
stantial, lying in the range 30–80% (see Ramella et al. 2007, and references therein). The
X-ray band also shows patchy temperature (Belsole et al. 2005) and metallicity maps (e.g.
Hayakawa et al. 2006; Finoguenov et al. 2006, Fig. 6; see Werner et al. 2008—Chap. 16,
this issue). Moreover, the X-ray morphology is increasingly irregular with increasing red-
shift (Jeltema et al. 2005). Where the angular resolution is low and detailed maps of the
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Fig. 6 Left panel: Temperature map of the cluster RX J1347.5-1145. The superposed contours show the
X-ray surface brightness. See Gitti and Schindler (2004) for details. Right panel: Map of the metallicity
abundance of the central region of A426, the Perseus cluster; brighter regions are more metal rich. See Sanders
et al. (2005) for details

X-ray surface brightness cannot be obtained, a clear indication that, in some clusters, the
ICM might be out of equilibrium comes from the hard, possibly thermal, excess (Rephaeli
et al. 2008—Chap. 5, this issue), which appears when the X-ray spectrum is fitted assuming
a plasma with single temperature and metallicity. In these cases, two or more temperatures
are required to yield a reasonable fit.

All these pieces of evidence suggest that clusters accrete matter from the surrounding
regions. The cluster 1ES 0657-55.8, dubbed “the bullet cluster” (Markevitch et al. 2002;
Barrena et al. 2002), is a spectacular example of a merging cluster at intermediate redshift
(z = 0.296). At low redshifts, there are many other examples of merging clusters or galaxy
groups falling onto clusters along filamentary structure. To mention a few: Coma (Colless
and Dunn 1996; Adami et al. 2005), A 521 (Ferrari et al. 2003), A 754 (Henry et al. 2004),
A 2199 (Rines et al. 2001), A 2219 (Boschin et al. 2004), A 3560 in the Shapley supercluster
(Bardelli et al. 2002), A 3921 (Ferrari et al. 2005). At high redshift the number of irregular
and merging clusters increases substantially (Rosati 2004; Kodama et al. 2007).

Accretion of matter is a natural explanation for the patchy morphology of the X-ray emis-
sion and metallicity maps; it can also cause most of the turbulence in the ICM (Schuecker
et al. 2004) and generate shocks (Bykov et al. 2008a—Chap. 7, this issue), which can be
efficient generators of high-energy cosmic rays.

Non-thermal processes in the ICM appear in the X-ray and radio bands (Rephaeli et al.
2008—Chap. 5, this issue). Non-thermal hard X-ray emission is indeed observed in a few
systems (e.g. Petrosian et al. 2006; Fusco-Femiano et al. 2007, and references therein). How-
ever, the existence of both the hard X-ray emission excess (Rossetti and Molendi 2004) and
the soft X-ray and UV emission excesses, regardless of their thermal or non-thermal origin,
are still debated (e.g. Lieu and Mittaz 2005; Nevalainen et al. 2007; Werner et al. 2007;
Durret et al. 2008—Chap. 4, this issue).

At radio frequencies, the cluster emission can be both extended and associated with
galaxies. One can infer the direction of the bulk motion of gas clouds within the ICM from
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the deviations that the ICM kinetic pressure exerts on the radio jets emerging from active
galactic nuclei (AGN) (Burns et al. 2002).

The extended radio emission has a steep spectrum and can appear with two different
morphologies: either the emission comes from the cluster centre (halo), is extended and
regular, or the emission comes from the cluster outskirts and is elongated (relic) (Feretti
and Giovannini 2007; Ferrari et al. 2008—Chap. 6, this issue). By combined radio and
hard X-ray observations or by Faraday rotation measurements one can infer the presence of
magnetic fields in the ICM with intensity ranging from a few tenths to several μGauss (e.g.
Blasi et al. 2007; Ferrari et al. 2008—Chap. 6, this issue).

Both the radio and the hard X-ray emissions originate from relativistic electrons: the
former is synchrotron radiation, the latter is emission due to inverse Compton scattering
with the CMB photons (Petrosian et al. 2008—Chap. 10, this issue). Among the many ac-
celeration mechanisms proposed to produce the relativistic electrons (Petrosian and Bykov
2008—Chap. 11, this issue), shocks due to the accretion of matter from the surrounding
regions seem to be one of the most efficient.

2.3 Connection with the Large-Scale Structure

2.3.1 A Morphology-Density Relation for Clusters

It has been known for a long time that clusters are not randomly distributed in the universe
but form large concentrations named superclusters (Shapley 1933). The connection between
clusters and the large-scale structure has become evident with extended galaxy redshift sur-
veys, like the CfA (de Lapparent et al. 1986), the SDSS (York et al. 2000), and the 2dF
(Colless et al. 2001) redshift surveys.

To quantify the distribution of objects in space, the simplest quantity to compute is the
two-point correlation function ξ(r), which yields the probability of finding two objects at
separation r in excess to a Poisson distribution. Clusters correlate according to the corre-
lation function ξ = (r/r0)

γ , with γ ≈ −1.8 (Bahcall and Soneira 1983). The correlation
length r0 is proportional to the cluster richness: richer clusters are rarer and their mean in-
tercluster separation d larger. One finds r0 ∝ d0.5, and r0 ≈ 20–25h−1 Mpc for rich clusters.
However, this r0 − d relation cannot be fully responsible for the large range, from ∼ 10
to ∼ 30h−1 Mpc, covered by the correlation length r0 when one considers clusters with
increasing substructure (Fig. 7; Plionis and Basilakos 2002). Moreover, cluster shapes are
generally elongated, as first quantified by Sastry (1968), and close clusters have their major
axes aligned (Binggeli 1982). In the APM cluster sample, containing 903 objects, this align-
ment is stronger when the fraction of substructure is larger (Plionis and Basilakos 2002).

This connection between the properties of clusters and their large-scale environment is
also apparent in the X-ray band: the X-ray luminosity of clusters (Böhringer 2004) and
the irregularity of the X-ray surface brightness maps (Schuecker et al. 2001) are larger in
environments with a higher cluster number density.

These features appear in a scenario (West 1994) where clusters form by episodic mass
accretion along preferential directions (Colberg et al. 1999), in agreement with the currently
accepted model of the formation of cosmic structure (see Sect. 3). Future estimates of clus-
ter peculiar velocities based on the kinetic SZ effect, when corrected of their systematics
(Diaferio et al. 2005), will further test whether the correlation between the evolution of
the peculiar velocity and the local density predicted by this model (Diaferio et al. 2000;
Sheth and Diaferio 2001) is correct.
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Fig. 7 Two-point correlation
function of the 903 APM cluster
sample (open circles) and of a
subsample of clusters with
significant substructure (filled
circles). Insert: Correlation
length r0 vs. the significance
level σ of substructure. See
Plionis and Basilakos (2002) for
details

2.3.2 The Surrounding WHIM

The optical depth of the intergalactic medium at z � 2 derived from the Lyman-α forest
of QSO spectra (Rauch et al. 1997), the abundances of light elements combined with the
predictions of the standard Big Bang nucleosynthesis model and the power spectrum of the
CMB (Spergel et al. 2007) are all consistent with a density of baryonic matter Ωbh

2 	 0.022.
At low redshift, baryonic matter within galaxies and within the diffuse hot medium of galaxy
clusters and groups only accounts for ∼ 15% of this Ωb (Fukugita et al. 1998).

The hierarchical clustering model solves this discrepancy by predicting that 50% of
the baryons permeating the matter distribution is in a warm phase with kT in the range
0.01–1 keV, overdensity in the range 0.1–104 and median ∼ 10–20, and median metallicity
∼ 0.2 Solar, with a large spread, for oxygen (Cen and Ostriker 1999, 2006; Bertone et al.
2008—Chap. 14, this issue). The WHIM overdensity increases with increasing dark matter
overdensity. Therefore, the outskirts of clusters and their environments are expected to be
sources of a thermal soft X-ray emission. However, both the expected low surface brightness
of the WHIM and the intergalactic and Galactic absorption make this observation very chal-
lenging. Nevertheless, there are claims of detection in many clusters, including Coma (Takei
et al. 2007). In fact, rather than detecting the thermal X-ray emission (Durret et al. 2008—
Chap. 4, this issue) directly, the most promising technique is searching for thermal UV
and X-ray absorption lines in the spectra of bright background quasars or blazars (Richter
et al. 2008—Chap. 3, this issue). Even with this strategy, current instruments (Paerels et al.
2008—Chap. 19, this issue) must be used at their sensitivity limits and the most plausible
detections (e.g. Nicastro et al. 2005) are indeed still debated (Kaastra et al. 2006). Firm de-
tections are however of great relevance, because the existence of the WHIM and the estimate
of its properties would be an extraordinary confirmation of the current model of structure
formation.
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3 The Modelling Framework

3.1 Players: Gravity and Beyond

Modelling the formation and evolution of galaxy clusters requires the set-up of a com-
plete cosmological context. According to the current paradigm of structure formation (as
reviewed, e.g., in Springel et al. 2006), inflation amplifies quantum fluctuations, which are
present in the dark matter density field of the early universe, to cosmic scales; at the time
of matter and radiation density equality, these fluctuations start growing by gravitational
instability. After radiation and ordinary baryonic matter decouple, radiation pressure stops
supporting the baryonic density perturbations against self-gravity and against the pull of the
dark matter gravitational potential wells that have already formed: the dark matter inhomo-
geneities thus accelerate the collapse of ordinary matter.

The pre-inflationary Gaussian quantum fluctuations generate a scale-free power spectrum
of the primordial density perturbations. At later times, the dark matter particles, which have
sufficient momenta to stream out of the denser regions, set in a characteristic scale in the
power spectrum, which is proportional to the typical velocity of the dark matter particles
themselves; below this scale the density perturbations are damped. The existence of quasars
and galaxies at high redshift (Fan et al. 2004), the power spectrum of the CMB (Smoot et al.
1992; de Bernardis et al. 2000; Hanany et al. 2000), and the power spectrum of the large-
scale distribution of galaxies (Tegmark et al. 2004) all agree with the hypothesis that the dark
matter is “cold”, namely that the dark matter particles become non-relativistic at very early
times and the damping scale is 
 1h−1 Mpc. In these Cold Dark Matter (CDM) models,
larger systems form by the aggregation of smaller systems and galaxy clusters are the nodes
of the network of sheets and filaments which constitutes the matter density field (Fig. 8).
Clusters can form at reasonably recent times, with the actual formation time depending on
the cosmological parameters.

In CDM models, the scale-free properties of the primordial power spectrum are preserved
on scales larger than the scales of galaxies. This feature implies that the dark matter halos of
galaxies, groups and clusters evolve self-similarly. If gravitation is the only force playing,

Fig. 8 Map density at z = 0 of
the gas in a slice of the
N -body/hydrodynamics
simulation of Borgani et al.
(2004). The volume shown is
192h−1 Mpc on a side and
12h−1 Mpc thick. The
high-density regions are white,
the low-density regions dark. See
Borgani et al. (2004) for details
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the physics of the ICM is ruled by adiabatic compression and shock heating, and we can
derive simple relations between cluster properties at different redshifts (Kaiser 1986). The
cluster virial mass scales as Mvir ∝ ρc(z)Δc(z)R

3, where R is the cluster size in physical
units, ρc(z) = 3H 2(z)/(8πG) is the critical density of the universe, and Δc(z) is the cluster
density in units of ρc(z); 2 ρc(z) scales with redshift z as ρc(z) ∝ E2(z) = Ωm(1 + z)3 +
(1 − Ωm − ΩΛ)(1 + z)2 + ΩΛ. The cluster size thus scales as R ∝ M

1/3
vir Δ

−1/3
c (z)E−2/3(z),

and the temperature as T ∝ Mvir/R ∝ M
2/3
vir Δ

1/3
c (z)E2/3(z); thus, for example, one finds for

the X-ray luminosity due to Bremsstrahlung emission:

LX ∝
∫

nenionsΛ(T )dV ∝ M2
virR

−3T 1/2 ∝ M
4/3
vir E7/3(z)Δ7/6

c (z) (12)

or for the Comptonization parameter

y ∝
∫

neT dl ∝ MvirR
−2T ∝ MvirE

2(z)Δc(z). (13)

These scaling relations only partially agree with observations; in fact, (1) the relative
contribution of non-gravitational sources (AGN, galactic winds, supernovae, turbulence) to
the ICM energy budget depends on the mass of the cluster and affects the slope of the
scaling relations; and (2) the merging history of the cluster introduces an intrinsic scatter in
the relations (Cavaliere et al. 1998). Moreover, clusters at high redshift have scaling relations
steeper than the self-similar prediction (Ettori et al. 2004).

The deviations from the self-similar scaling relations are clearly related to non-gravi-
tational processes. The interplay between gravitational and non-gravitational processes is
highly non-linear and treating it appropriately requires sophisticated modelling. Over the
last thirty years two main approaches have been followed: numerical simulations (Dolag
et al. 2008a—Chap. 12, this issue) and an analytic (or semi-analytic) approach. Over the
last ten years, the two approaches have been combined.

3.2 Making Clusters: Recipes, Ingredients and Tools

For the last thirty years, numerical simulations have represented the main tool of theoretical
astrophysicists to investigate the non-linear evolution of cosmic structure and compare the
theoretical results with observations. The first computational device for simulating galaxy
interactions used an ingenious system of light-bulbs (Holmberg 1941). Numerical simula-
tions of astrophysical systems have now reached tremendous sophistication (Dolag et al.
2008a—Chap. 12, this issue) when compared to the first numerical integration of the equa-
tions of motion of a few stars in a star cluster (von Hoerner 1960). Current numerical models
reproduce the gross features of the large-scale structure, and the distribution of galaxies and
diffuse baryons (Borgani et al. 2008a—Chap. 13; Bertone et al. 2008—Chap. 14, this issue),
including the statistical properties of the Lyα forest (Springel et al. 2006).

Until the 1980s, numerical simulations relied on N -body techniques only to follow
the evolution of the dissipationless component of cosmic structure. Particles in the sim-
ulations were first identified with galaxies and later on with dark matter particle tracers.

2A well-known approximation is

Δc(z) = 18π2 +
{

60w − 32w2, Ωm ≤ 1, ΩΛ = 0,

82w − 39w2, Ωm + ΩΛ = 1,
(11)

where w = Ωm(z) − 1 (Bryan and Norman 1998).
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Peebles (1970) and White (1976) were the first to simulate the formation of a galaxy
cluster with vacuum boundary conditions. To obtain a realistic distribution of matter, how-
ever, it is necessary to simulate a cosmological volume, with periodic boundary condi-
tions, which is large enough to be representative of the universe. The first simulation of
this kind, with a cold dark matter power spectrum of the initial density perturbations,
demonstrated that dark matter must be constituted of cold collisionless particles, rather
than massive neutrinos (Davis et al. 1985). Recent dark matter only simulations yield clus-
ters whose number density evolution (Evrard et al. 2002), virial relations (Evrard et al.
2008), and connection between their shape and the large-scale structure (Altay et al. 2006;
Lee and Evrard 2007) resemble the observations and can be used as probes of the cosmo-
logical model.

In the late 1980s, smoothed particle hydrodynamics (SPH) (Evrard 1988; Hernquist and
Katz 1989) and mesh techniques (Cen et al. 1990) were introduced to follow the evolution
of the dissipative component. The presence of dissipative gas substantially increases the
number of physical processes to be taken into account and therefore increases the complexity
of the simulations. In fact, a priori, it is not guaranteed that the different techniques yield
similar results and some code comparisons have been performed over the years to check
the consistency of the various integration schemes (Kang et al. 1994; Frenk et al. 1999;
O’Shea et al. 2005).

The simplest approximation is to consider the gas non-radiative and perform adiabatic
simulations (Evrard 1990). This model is able to reproduce the general trend of the self-
similar scaling laws, but disagrees with observations in detail, yielding, in general, shal-
lower X-ray luminosity-temperature and mass-temperature relations (Navarro et al. 1995b).
To reproduce the observations more closely, and explain the deviations from the self-similar
model, radiative cooling (Thomas and Couchman 1992; Katz and White 1993) and non-
gravitational heating processes (Navarro et al. 1995b) must be included. More realistic
models, attempting to reproduce the thermal properties of the ICM and the stellar con-
tent of clusters, have to include explicitly all those intimately coupled processes which
rule galaxy formation and the thermodynamics of the ICM: star formation, energy feedback
from supernovae explosion (Valdarnini 2002) and galactic winds (Metzler and Evrard 1994;
Dolag et al. 2008a—Chap. 12; Borgani et al. 2008a—Chap. 13, this issue), besides metal
production and chemical enrichment (Valdarnini 2003; Schindler and Diaferio 2008—
Chap. 17; Borgani et al. 2008b—Chap. 18, this issue), which strongly affects the gas cool-
ing rate; moreover, one needs to include magnetic fields and its associated non-thermal
processes (Dolag et al. 1999, 2008b—Chap. 15, this issue).

The galaxy population in the simulated clusters have shown some rough similarities with
observations since the very first numerical experiments (Evrard et al. 1994); many other ob-
served properties are reproduced at different levels of agreement, including the soft X-ray
thermal emission (Cheng et al. 2005). Nevertheless, in no simulation today the thermody-
namical properties of the ICM, the stellar mass fraction and the galaxy luminosity function
simultaneously match the observations. One of the most serious discrepancies with obser-
vations is the overproduction of stars: the fraction of baryons in stars usually is ∼ 20%
of the total baryon mass in clusters, at least a factor of two larger than observed (Borgani
et al. 2004). A possible solution has been identified in the inhibition of the ICM cooling by
the energy injection of AGN jets, as suggested by the X-ray cavities in correspondence
of the radio emission observed around cluster central galaxies (McNamara et al. 2006;
McNamara and Nulsen 2007); the presence of these cavities correlates with the X-ray tem-
perature drops in the centre of some clusters, early interpreted as cooling flows (Dunn and
Fabian 2006); however, the details of the heating mechanism by AGN jets remain uncertain
(Voit 2005).
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The main difficulty when treating most of the dissipative processes resides in the fact
that they occur on scales much smaller than the spatial resolution of the simulation and
must be approximated by phenomenological recipes: gas cooling, star formation and stellar
evolution, which occur at scales 
 1 pc, have effects on galactic and extragalactic scales
� 1 Mpc; thus the simulations should model a spatial range of at least six orders of magni-
tude. These large dynamic ranges can be covered by neither a single numerical experiment
nor experiments which rely on the resimulation technique, where an individual cluster ex-
tracted from a large-scale cosmological simulation is resimulated at a much higher resolu-
tion with appropriate boundary conditions (Navarro et al. 1995a).

The large number of physical processes and the large computational resources re-
quired to run an N -body/hydrodynamics simulation for a realistic modelling of cluster
and galaxy formation have suggested a complementary strategy to explore more efficiently
the parameter space: the combination of semi-analytic models with merger trees of dark
matter halos extracted from dissipationless N -body simulations (Roukema et al. 1997;
Kauffmann et al. 1999). This approach has reproduced the evolution and present-day spatial
and kinematic distribution of galaxies in the universe and in clusters (Springel et al. 2005).
The major shortcoming of this strategy is that severe uncertainties in the predictions can be
introduced by the crude simplification of the physical processes and especially of the ther-
modynamics of the ICM, usually assumed to be isothermal and in hydrostatic equilibrium
within each dark matter halo. Some improvements can be introduced by describing the ICM
thermal properties in terms of entropy generation and distribution (McCarthy et al. 2007),
but much work remains to be done.
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Abstract The Warm-Hot Intergalactic Medium (WHIM) arises from shock-heated gas col-
lapsing in large-scale filaments and probably harbours a substantial fraction of the baryons
in the local Universe. Absorption-line measurements in the ultraviolet (UV) and in the X-
ray band currently represent the best method to study the WHIM at low redshifts. We here
describe the physical properties of the WHIM and the concepts behind WHIM absorption
line measurements of H I and high ions such as O VI, O VII, and O VIII in the far-ultraviolet
and X-ray band. We review results of recent WHIM absorption line studies carried out with
UV and X-ray satellites such as FUSE, HST, Chandra, and XMM-Newton and discuss their
implications for our knowledge of the WHIM.

Keywords Galaxies: intergalactic medium · Quasars: absorption lines · Cosmology:
large-scale structure of the Universe

1 Introduction

As recent cosmological simulations imply, the temperature of the intergalactic medium
(IGM) undergoes a significant change from high to low redshifts parallel to the proceed-
ing of large-scale structure formation in the Universe (e.g., Cen and Ostriker 1999; Davé et
al. 2001). As a result, a substantial fraction of the baryonic matter in the local Universe is ex-
pected to reside in the so-called Warm-Hot Intergalactic Medium (WHIM). The WHIM rep-
resents a low-density (nH ∼ 10−6−10−4 cm−3), high-temperature (T ∼ 105−107 K) plasma
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that primarily is made of protons, electrons, He II, and He III, together with traces of some
highly-ionised heavy elements. The WHIM is believed to emerge from intergalactic gas that
is shock-heated to high temperatures as the medium is collapsing under the action of gravity
in large-scale filaments (e.g., Valageas et al. 2002). In this scenario, part of the warm (pho-
toionised) intergalactic medium that gives rise to the Ly α forest in the spectra of distant
quasars (QSO) is falling into the potential wells of the increasingly pronounced filaments,
gains energy (through gravity), and is heated to high temperatures by shocks that run through
the plasma.

Because of the low density and the high degree of ionisation, direct observations of the
shock-heated and collisionally ionised WHIM are challenging with current instrumentation
(in contrast to the photoionised IGM, which is easily observable through the Ly α forest).
Diffuse emission from the WHIM plasma must have a very low surface brightness and its de-
tection awaits UV and X-ray observatories more sensitive than currently available (see, e.g.,
Fang et al. 2005; Kawahara et al. 2006). The most promising approach to study the WHIM
with observations at low redshift is to search for absorption features from the WHIM in FUV
and in the X-ray regime in the spectra of quasars, active galactic nuclei (AGN) and other
suited extragalactic background sources. As the WHIM represents a highly-ionised plasma,
the most important WHIM absorption lines are those originating from the electronic transi-
tions of high-ionisation state ions (hereafter referred to as “high ions”) of abundant heavy
elements such as oxygen and carbon. Among these, five-times ionised oxygen (O VI) is the
most valuable high ion to trace the WHIM at temperatures of T ∼ 3 × 105 K in the FUV
regime. In the X-ray band, the O VII and O VIII transitions represent the key observables to
trace the WHIM at higher temperatures in the range 3 × 105 < T < 107. In addition to the
spectral signatures of high ions of heavy elements the search for broad and shallow Ly α

absorption from the tiny fraction of neutral hydrogen in the WHIM represents another pos-
sibility to identify and study the most massive WHIM filaments in the intergalactic medium
with FUV absorption spectroscopy. Finally, for the interpretation of the observed WHIM
absorption features in UV and X-ray spectra the comparison between real data and artificial
spectra generated by numerical simulations that include realistic gas physics is of great im-
portance to identify possible pitfalls related to technical and physical issues such as limited
signal-to-noise ratios and spectral resolution, line-broadening mechanisms, non-equilibrium
conditions, and others.

In this chapter, we review the physics and methodology of the UV and X-ray absorp-
tion measurements of warm-hot intergalactic gas at low redshift and summarise the results
of recent observations obtained with space-based observatories. The outline of this chapter
is the following. The ionisation conditions of the WHIM and the most important absorp-
tion signatures of this gas in the UV and X-ray band are presented in Sect. 2. Recent UV
absorption measurements of the WHIM at low redshift are discussed in Sect. 3. Similarly,
measurements of the WHIM in the X-ray are presented in Sect. 4. In Sect. 5 we compare
the results from WHIM observations with predictions from numerical simulations and give
an overview of WHIM measurements at high redshift. Finally, some concluding remarks are
given in Sect. 6.

2 Physical Properties of the WHIM

2.1 WHIM Ionisation Conditions

The occurrence and characteristics of the WHIM absorption signatures in the FUV and X-
ray band are determined to a high degree by the ionisation conditions in the gas. We briefly
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discuss the WHIM ionisation properties, as this is crucial for interpretation of the WHIM
absorption lines in FUV and X-ray spectra that arise in such warm-hot gas. Generally, there
are two processes that determine the ionisation state of warm-hot gas in the intergalactic
medium: collisional ionisation caused by the high temperature of the gas in collapsed struc-
tures and photoionisation by the cosmic FUV background.

2.1.1 Hydrogen

By far most of the mass of the WHIM is in the form of ionised hydrogen. Therefore, un-
derstanding the processes that lead to the ionisation of hydrogen is essential for the inter-
pretation of WHIM absorption lines and for a reliable estimate of the baryon content of
warm-hot intergalactic gas. The ionisation potential of neutral hydrogen is 13.6 eV and thus
both ionisation by particle collisions and ionisation by high-energy photons contribute to the
ionisation of H I in warm-hot gas. We start with collisional ionisation, which is believed to
dominate the ionisation of hydrogen at temperatures > 105 K.

In collisional ionisation equilibrium (CIE)—the most simple approach to characterise
the ionisation conditions in low-density, high-temperature plasmas—the ionisation fraction
depends only on the gas temperature. If we ignore any charge-exchange reactions (which is
justified in case of hydrogen), the neutral hydrogen fraction in CIE is simply the ratio be-
tween the recombination coefficient αH(T ) and the collisional ionisation coefficient βH(T ):

fH I,coll =
αH(T )

βH(T )
. (1)

Above gas temperatures of ∼ 1.5 × 104 K collisions by thermal electrons efficiently
ionise hydrogen to a high degree, and already at T ∼ 3 × 104 K the neutral hydrogen frac-
tion in the gas is less then one percent. For the temperature range that is characteristic for
the WHIM, T = 105−107 K, one can approximate the ionisation fraction in a collisional
ionisation equilibrium in the way

log fH I,coll ≈ 13.9 − 5.4 logT + 0.33 (logT )2. (2)

where T is in units K (Richter et al. 2006a; Sutherland and Dopita 1993). Thus, for WHIM
gas with T = 106 K the neutral hydrogen fraction in the gas in CIE is only ∼ 2.4 × 10−7.

Next to particle collisions, photons with energies > 13.6 eV contribute to the ionisa-
tion of the WHIM, in particular in the low-temperature WHIM tail at ∼ 105 K and below.
Such ionising photons in intergalactic space are indeed provided by the metagalactic ultra-
violet (UV) background, originating from the hard radiation emitted by QSOs and AGN.
Figure 1 shows the spectral shape of the UV background at z = 0 (left panel) and the
redshift-dependence of the hydrogen photoionisation rate from the UV background (right
panel) based on the models by Haardt and Madau (1996).

Considering photoionisation, one generally can write for the neutral-hydrogen fraction
in the gas:

fH I,photo = ne αH(T )

�H I
, (3)

where αH(T ) denotes the temperature-dependent recombination rate of hydrogen, ne is the
electron density, and �H I is the photoionisation rate. �H I depends on the ambient ionising
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Fig. 1 Left panel: Spectral shape of the metagalactic UV background at z = 0 (from Haardt and Madau
1996). Plotted is the flux of photons (Fν = 4πJν ) against the frequency ν. The hydrogen ionisation edge is
indicated with a dashed line. Right panel: Redshift-dependence of the hydrogen photoionisation rate � from
the UV background for the range z = 0 to z = 5. Adapted from Haardt and Madau (1996)

radiation field Jν (in units erg cm−2 s−1 Hz−1 sr−1) in the WHIM provided by the metagalac-
tic UV background (see Fig. 1):

�H I = 4π

∫ ∞
νL

σνJν

hν
dν ≈ 2.5 × 10−14 J−23 s−1. (4)

Here, νL is the frequency at the Lyman limit and σν denotes the photoionisation cross sec-
tion of hydrogen, which scales with ν−3 for frequencies larger than νL (see Kaastra et
al. 2008—Chap 9, this issue). We have introduced the dimensionless scaling factor J−23

which gives the metagalactic UV radiation intensity at the Lyman limit in units 10−23

erg cm−2 s−1 Hz−1 sr−1. For z = 0 we have J−23 ∼ 1−2, while for z = 3 the value for J−23 is
∼ 80, thus significantly higher (Haardt and Madau 1996). Assuming ne = nH and inserting a
proper function for αH(T ), we finally can write for the logarithmic neutral hydrogen fraction
in a purely photoionised WHIM plasma

logfH I,photo ≈ log

(
16nH T −0.76

4

J−23

)
, (5)

where nH is the hydrogen volume density in units cm−3 and T4 is the temperature in units
104 K. Thus, for purely photoionised intergalactic gas at z = 0 with n = 5 × 10−6 and
T = 106 K we find that the neutral hydrogen fraction is fH I,photo ∼ 2.4 × 10−6. This is
ten times higher than for CIE, indicating that collisions dominate the ionisation fraction of
hydrogen in intermediate and high-temperature WHIM regions. However, note that at lower
temperatures near T = 105 K at the same density we have fH I,photo ∼ fH I,coll. Since this
is the WHIM temperature regime preferentially detected by UV absorption features (e.g.,
O VI and broad Ly α), photoionisation is important and needs to be accounted for when
it comes to the interpretation of WHIM absorbers observed in the FUV. From a WHIM
simulation at z = 0 including both collisional ionisation and photoionisation Richter et al.
(2006b; see Fig. 2) find the following empirical relation between neutral hydrogen fraction
and gas temperature for a WHIM density range between lognH = −5.3 and −5.6:

logfH I ≈ 0.75 − 1.25 logT . (6)
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Fig. 2 The neutral hydrogen
fraction, logfH I = log(nH I/nH),
in a WHIM simulation
(photoionisation+collisional
ionisation), is plotted as a
function of the gas temperature,
logT . The light gray shaded
indicates cells in the density
range lognH = −5 to −7. The
dark gray shaded area refers to
cells that have lognH = −5.3 to
−5.6, thus a density range that is
characteristic for WHIM
absorbers. Adapted from Richter
et al. (2006b)

This equation may serve as a thumb rule to estimate ionisation fractions in WHIM ab-
sorbers at z = 0 if the gas temperature is known (e.g., from measurements of the line widths;
see Sect. 2.2.1).

2.1.2 Oxygen and Other Metals

While hydrogen provides most of the mass in the WHIM, the most important diagnostic
lines to study this gas phase are from highly ionised metals such as oxygen, neon, car-
bon, magnesium, and others. Therefore, the understanding of the ionisation properties of
the observed high ions of these elements is as important as for hydrogen. As for hydrogen,
both collisional ionisation and photoionisation need to be considered. With its single elec-
tron, hydrogen can only be either neutral or fully ionised. Heavy elements, in contrast, have
several electrons available and are—even at very high temperatures—usually only partly
ionised. Thus, electronic transitions exist for such highly-ionised metals (“high ions”) in
warm-hot gas. Of particular importance for observations of the WHIM are the high ioni-
sation states of oxygen, O VI, O VII, and O VIII, as they have strong electronic transitions
in the UV (O VI) and at X-ray wavelengths (O VII & O VIII) and oxygen is a relatively
abundant element. Another important metal for observing warm-hot gas in the UV and X-
ray band is neon (Ne VII, Ne VIII, Ne IX, Ne X). In collisional ionisation equilibrium, the
ionisation state of these elements is determined solely by the temperature of the gas. For
each element, the ionisation fractions of the ionisation states (e.g., four-times vs. five-times
ionised) then are characterised by the respective ionisation potentials (IPs) of the individual
ionisation levels. For instance, at T ∼ 1−3 × 105 K, a significant fraction of the oxygen is
five-times ionised (O+5 or O VI, IP = 138 eV). Six-times ionised oxygen (O+6 or O VII, IP
= 739 eV) and seven-times ionised oxygen (O+7 or O VIII, IP = 871 eV) predominantly
exist at higher temperatures in the range 3 × 105−3 × 106 K and 3 × 106−107 K, respec-
tively. Figure 3 shows the ionisation fractions of the most important high ions of oxygen and
neon, based on the CIE calculations of Sutherland and Dopita (1993); see also Kaastra et al.
(2008—Chap. 9, this issue). High ions of other elements such as carbon, nitrogen, silicon
and magnesium are less important for WHIM observations as their observable transitions
trace lower temperature gas (e.g., C IV, Si IV) or the abundance of these elements in the
intergalactic medium are too low. It is important to note at this point, that the discussed re-
lation between ionisation state/fraction and gas temperature explicitly assumes that the gas
is in an ionisation equilibrium. This may not be generally the case in the WHIM, however,
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Fig. 3 CIE ion fractions of selected high ions of oxygen (O VI, O VII, O VIII; left panel) and neon (Ne VIII,
Ne IX; right panel) in the WHIM temperature range log(T /K) = 4.5−7.0, based on calculations by Sutherland
and Dopita (1993)

as the densities are generally very low. For instance, under particular non-equilibrium con-
ditions the timescales for cooling, recombination, and ion/electron equilibration may differ
significantly from each other (see for instance Bykov et al. 2008—Chap. 8, this issue). In
such a case, the presence of high ions such as O VI and/or measured high-ion ratios would
not serve as a reliable “thermometer” for the WHIM gas. In addition, WHIM filaments most
likely neither are isothermal nor do they have a constant particle density. In fact, as WHIM
simulations demonstrate, WHIM absorbers seem to represent a mix of cooler photoionised
and hotter collisionally ionised gas with a substantial intrinsic density range. The absorp-
tion features from high ions arising in such a multi-phase medium therefore are generally
difficult to interpret in terms of physical conditions and baryon budget.

In view of the high energies required to produce the high ions of oxygen and neon in
combination with the spectral shape of the metagalactic background radiation (see Fig. 1),
photoionisation of high metal ions in the WHIM is less important than for hydrogen. How-
ever, for O VI photoionisation is important at low redshifts in WHIM regions with very low
densities or in systems located close to a strong local radiation source (e.g., in O VI systems
associated with the background QSO). Note that at high redshift, most of the intervening
O VI appears to be photoionised owing to the significantly higher intensity of the metagalac-
tic background radiation in the early Universe (see Sect. 5.2).

2.2 WHIM Absorption Signatures in the UV and X-Ray Band

2.2.1 UV Absorption

As indicated in the previous subsection, five-times ionised oxygen (O VI) is by far the most
important high ion to trace the WHIM at temperatures of T ∼ 3 × 105 K in the ultraviolet
regime (assuming CIE, see above). Oxygen is a relatively abundant element and the two
lithium-like (1s22s) 2S1/2 → (1s22p) 2P1/2,3/2 electronic transitions of O VI located in the
FUV at 1031.9 and 1037.6 Å have large oscillator strengths (f1031 = 0.133, f1037 = 0.066).
Next to O VI, Ne VIII traces WHIM gas near T ∼ 7 × 105 K (in collisional ionisation equi-
librium) and thus is possibly suited to complement the O VI measurements of the WHIM
in a higher temperature regime. The two available Ne VIII lines are located in the extreme
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Table 1 Data on O and Ne high ions having observable absorption lines

Ion [X/H]a Ionisation Absorption Band CIE temperatureb

potential [eV] lines [Å] range [106 K]

O VI −3.34 138 1031.926 FUV 0.2–0.5

1037.617

O VII −3.34 739 21.602 X-ray 0.3–3.0

O VIII −3.34 871 18.969 X-ray 1.0–10.0

Ne VIII −4.16 239 770.409 EUV 0.5–1.3

780.324

Ne IX −4.16 1196 13.447 X-ray 0.6–6.3

a[X/H] is the log of the number density of element X relative to hydrogen for Solar abundances, taken here
from Asplund et al. (2004)
bCIE models from Sutherland and Dopita (1993)

ultraviolet (EUV) at 770.4 Å (f770 = 0.103) and 780.3 Å (f780 = 0.051), allowing us to
trace high-column density WHIM absorbers at redshifts z > 0.18 with current FUV satel-
lites such as FUSE. However, as the cosmic abundance of Ne VIII is relatively low, Ne VIII

is not expected to be a particularly sensitive tracer of the WHIM at the S/N levels achievable
with current UV spectrographs. The same argument holds for the high ion Mg X, which has
two transitions in the EUV at even lower wavelengths (λλ 609.8, 624.9 Å). So far, only
O VI and in one case Ne VIII has been observed in the WHIM at low redshift (see Sect. 3.2).
Note that WHIM absorption features by O VI (and Ne VIII) are mostly unsaturated and the
line profiles are fully or nearly resolved by current UV instruments such as FUSE and STIS,
which provide spectral resolutions of R = λ/	λ ≈ 20,000 and 45,000, respectively. Table 1
summarises physical parameters of O and Ne high ions and their observable transitions in
the UV and X-ray bands.

Four-times ionised nitrogen (N V; I.P. is 98 eV) also is believed to trace predominantly
collisionally ionised gas at temperatures near T ∼ 2×105 K, but its lower cosmic abundance
together with its deficiency in low metallicity environments due to nucleosynthesis effects
(e.g., Pettini et al. 2002) makes it very difficult to detect in the WHIM. Other available strong
high-ion transitions in the UV from carbon (C IV λλ 1548.2, 1550.8 Å) and silicon (Si IV λλ

1393.8, 1402.8 Å) are believed to trace mainly photoionised gas at temperatures T < 105 K,
but not the shock-heated warm-hot gas at higher temperatures.

Next to high-ion absorption from heavy elements, recent UV observations (Richter et
al. 2004; Sembach et al. 2004; Lehner et al. 2007) have indicated that WHIM filaments
can be detected in Ly α absorption of neutral hydrogen. Although the vast majority of the
hydrogen in the WHIM is ionised (by collisional processes and UV radiation), a tiny fraction
(fH I < 10−5, typically) of neutral hydrogen is expected to be present. Depending on the total
gas column density of a WHIM absorber and its temperature, weak H I Ly α absorption at
column densities 12.5 ≤ logN (H I) ≤ 14.0 may arise from WHIM filaments and could be
used to trace the ionised hydrogen component. The Ly α absorption from WHIM filaments is
very broad due to thermal line broadening, resulting in large Doppler parameters of b > 40
km s−1. Such lines are generally difficult to detect, as they are broad and shallow. High
resolution, high S/N FUV spectra of QSOs with smooth background continua are required
to successfully search for broad Ly α absorption in the low-redshift WHIM. STIS installed
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on the HST is the only instrument that has provided such data, but due to the instrumental
limitations of space-based observatories, the number of QSO spectra adequate for searching
for WHIM broad Ly α absorption (in the following abbreviated as “BLA”) is very limited.

The b values of the BLAs are assumed to be composed of a thermal component, bth, and
a non-thermal component, bnt, in the way that

b =
√

bth
2 + bnt

2. (7)

The non-thermal component may include processes like macroscopic turbulence, unre-
solved velocity-components, and others (see Richter et al. 2006a for a detailed discussion).
The contribution of the thermal component to b depends on the gas temperature:

bth =
√

2kT

m
≈ 0.13

√
T

A
km s−1, (8)

where T is in K, k is the Boltzmann constant, m is the particle mass, and A is the atomic
weight. For the shock-heated WHIM gas with logT ≥ 5 one thus expects bth ≥ 40 km s−1.
The non-thermal broadening mechanisms are expected to contribute to some degree to the
total b values in WHIM absorbers (see Richter et al. 2006a), so that the measured b value of
a BLA provides only an upper limit for the temperature of the gas.

2.2.2 X-Ray Absorption

The highest ionisation phase of the WHIM will produce and absorb line radiation primarily
in the He- and H-like ions of the low-Z elements (C, N, O, Ne), and possibly in the L-shell
ions of Fe. In practice, much of the attention is focused on oxygen, because of its relatively
high abundance, and because the strongest resonance lines in He- and H-like O are in a
relatively ‘clean’ wavelength band. For reference, the Lyα transitions of C VI, N VII, O VIII,
and Ne X occur at 33.7360, 24.7810, 18.9689, and 12.1339 Å, respectively (wavelengths of
the 1s−2p1/2,3/2 doublet weighted with oscillator strength; Johnson and Soff 1985). The He-
like ions C V, N VI, O VII, and Ne IX have their strongest transition, the n = 1−2 resonance
line, at 40.2674, 28.7800, 21.6015, and 13.4473 Å (Drake 1988; see also Table 1). Data on
the higher order series members can be found in Verner et al. (1996). As far as the Fe L
shell ions are concerned, the most likely transition to show up would be the strongest line
in Ne-like Fe XVII, n = 2p−3d λ15.014 Å. In addition, all lower ionisation stages of C, N,
O, and Ne (with the exception of neutral Ne of course) can also absorb by n = 1−2; the
strongest of these transitions would be 1s−2p in O VI at 22.019 Å (Schmidt et al. 2004).
Likewise, the lower ionisation stages of Fe could in principle produce n = 2−3 absorption.

The thermal widths of all these transitions will be very small, requiring resolving powers
of order R ∼ 10 000 (C, N, O, Ne) for gas temperatures of order 106 K to be resolved; for Fe,
the requirement is even higher, by a factor ∼ 2. As we will see, for practical reasons, these
requirements exceed the current capabilities of astrophysical X-ray spectroscopy by a large
factor. Due to the small Doppler broadening (ignoring turbulent velocity fields for now),
the lines will rapidly saturate. For He- and H-like O resonance line absorption, saturation
sets in at an equivalent width of order 1 mÅ (Kaastra et al. 2008—Chap. 9, this issue) or
column densities of order a few times 1014 ions cm−2. The challenge, therefore, for X-ray
spectroscopy presented by the IGM is to detect small equivalent width, near-saturation lines
that are unresolved.
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2.3 The Baryon Content of the WHIM as Measured by UV and X-Ray Absorbers

One important result from absorption line measurements of the WHIM in the UV is the ob-
served number density of WHIM absorbers, usually expressed as dN/dz, the number of ab-
sorbers per unit redshift. For instance, from recent measurements with FUSE and HST/STIS
one finds for O VI absorbers and Broad Ly α Absorbers at z ≈ 0 values of dN/dz(O VI) ≈ 20
and dN/dz(BLA) ≈ 30 (see Sect. 3.2). Currently, the WHIM absorber density is only mea-
surable in the UV, since in the X-ray band both the observed number of WHIM absorption
lines and the available redshift path for WHIM observations is too small to derive statisti-
cally significant values of dN/dz(O VII) and dN/dz(O VIII).

A particularly interesting question now is, how the observed number density of high-ion
lines or BLAs translates into an estimate of the cosmological baryon mass density of the
WHIM, 
b(WHIM). To obtain such an estimate of the baryon content of the WHIM from
UV and X-ray absorption measurements one has to consider two main steps. First, one needs
to transform the observed column densities of the high ions (e.g., O VI, O VII, O VIII) into a
total gas column density by modelling the ionisation conditions in the gas. In a second step,
one then integrates over the total gas column densities of all observed WHIM absorbers
along the given redshift path and from that derives 
b(WHIM) for a chosen cosmology.
Throughout the paper we will assume a �CDM cosmology with H0 = 70 km s−1 Mpc−1,

� = 0.7, 
m = 0.3, and 
b = 0.045. For the first step the uncertainty lies in the estimate
of the ionisation fraction of hydrogen of the WHIM. For this, it is usually assumed that
the WHIM is in collisional ionisation equilibrium, but photoionisation and non-equilibrium
conditions may play a significant role. In the case of using metal ions such as O VI the un-
known oxygen abundance (O/H) of the gas introduces an additional uncertainty (see below)
for the estimate of 
b(WHIM). For the second step, it is important to have a large enough
sample of WHIM absorption lines and a sufficient total redshift path along different direc-
tions in order to handle statistical errors and the problem of cosmic variance. As mentioned
earlier, these requirements currently are fulfilled only for the UV absorbers.

The cosmological mass density 
b of O VI absorbers (and, similarly, for other high ions)
in terms of the current critical density ρc can be estimated by


b(O VI) = μmH H0

ρc c

∑
ij

N(O VI)ij

fO VI,ij (O/H)ij 	Xj

. (9)

In this equation, μ = 1.3 is the mean molecular weight, mH = 1.673 × 10−27 kg is the mass
per hydrogen atom, H0 is the adopted local Hubble constant, and ρc = 3H0

2/8πG is the
current critical density. The index i denotes an individual high-ion absorption system along
a line of sight j . Each measured high-ion absorption system i is characterised by its mea-
sured ion column density (e.g., N (O VI)ij ), the ionisation fraction of the measured ion (e.g.,
fO VI,ij ), and the local abundance of the element measured compared to hydrogen (e.g., the
local oxygen-to-hydrogen ratio, by number). Each line of sight j has a characteristic redshift
range 	z in which high-ion absorption may be detected. The corresponding comoving path
length 	X available for the detection of WHIM high-ion absorbers then is given by:

	Xj = (1 + z)2 [
� + 
m(1 + z)3]−0.5 	zj . (10)

In analogy, we can write for the cosmological mass density of the BLAs:


b(BLA) = μmH H0

ρc c

∑
ij

N(H I)ij

fH I,ij 	Xj

. (11)
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As can be easily seen, the advantage of using BLAs for deriving the WHIM mass density
is that the metallicity of the gas is unimportant for the determination of 
b. The disadvan-
tage is, however, that the ionisation corrections are very large and uncertain, since they are
determined indirectly from the BLA line widths (see Sect. 2.2.1).

3 UV Measurements of the WHIM

3.1 Past and Present UV Instruments

The first and second generations of space based UV spectrographs such as Copernicus and
the International Ultraviolet Explorer (IUE) did not have sufficient sensitivity to system-
atically study intervening absorption in the intergalactic medium along a large number of
sightlines. The early low- and intermediate resolution spectrographs installed on the Hubble
Space Telescope (HST), namely the Faint Object Spectrograph (FOS) and the Goddard High
Resolution Spectrograph (GHRS), were used to study the properties of the local Ly α forest
and intervening metal-line systems (e.g., Stocke et al. 1995; Shull et al. 1998). While inter-
vening O VI absorption has been detected with these instruments (e.g., Tripp et al. 1998), the
concept of a warm-hot intergalactic gas phase was not really established at that time. With
the implementation of the high-resolution capabilities of the Space Telescope Imaging Spec-
trograph (STIS) installed on HST the first systematic analyses of WHIM O VI absorbers as
significant low-redshift baryon reservoirs came out in 2000 (see Tripp et al. 2000), thus rel-
atively soon after the importance of a shock-heated intergalactic gas phase was realised in
cosmological simulations for the first time (e.g., Cen and Ostriker 1999; Davé et al. 2001).
The STIS echelle spectrograph together with the E140M grating provides a high spectral-
resolution of R ≈ 45 000, corresponding to a velocity resolution of ∼ 7 km s−1 in the STIS
E140M wavelength band between 1150 and 1730 Å (e.g., Kimble et al. 1998; Woodgate
1998). An example for a STIS quasar spectrum with intervening hydrogen and metal-line
absorption is shown in Fig. 4. Note that at the spectral resolution of the STIS E140M grat-
ing all intergalactic absorption lines (i.e., hydrogen and metal lines) are fully resolved. In
1999, the Far Ultraviolet Spectroscopic Explorer (FUSE) became available, covering the
wavelength range between 912 and 1187 Å. Equipped with a Rowland-type spectrograph
providing a medium spectral resolution of R ≈ 20 000 (FWHM ∼ 20 km s−1) FUSE is
able to observe extragalactic UV background sources brighter than V = 16.5 mag with ac-
ceptable integration time and signal-to-noise (S/N) ratios (for a description of FUSE see
Moos et al. 2000; Sahnow et al. 2000). With this resolution, FUSE is able to resolve the
broader intergalactic absorption from the H I Lyman series, while most of the narrow metal-
line absorbers remain just unresolved. This is not a problem for O VI WHIM studies with
FUSE, however, since the spectral resolution is very close to the actual line widths and the
O VI absorption usually is not saturated. FUSE complements the STIS instruments at lower
wavelengths down to the Lyman limit and consequently combined FUSE and STIS spectra
of ∼ 15 low redshift QSOs and AGN have been used to study the low-redshift WHIM via
intervening O VI and BLA absorption (see Tripp et al. 2007 and references therein). Un-
fortunately, since 2006/2007 both STIS and FUSE are out of commission due to technical
problems.

Fresh spectroscopic UV data from WHIM absorption line studies will become available
once the Cosmic Origins Spectrograph (COS) will be installed on HST during the next HST
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Fig. 4 STIS spectrum of the quasar PG 1259+593 in the wavelength range between 1300 and 1400 Å. Next
to absorption from the local Ly α forest and gas in the Milky Way there are several absorption features
that most likely are related to highly ionised gas in the WHIM. Absorption from five-times ionised oxy-
gen (O VI) is observed at z = 0.25971 and z = 0.31978. Broad H I Ly α and Ly β absorption is detected
at z = 0.08041, 0.09196, 0.10281, 0.13351, 0.14034, 0.14381, 0.14852, 0.15136, and z = 0.31978. From
Richter et al. (2004)

service mission (SM-4), which currently is scheduled for late 2008. COS will observe in the
UV wavelength band between 1150 and 3000 Å at medium resolution (R ≈ 20 000). COS
has been designed with maximum effective area as the primary constraint: it provides more
than an order of magnitude gain in sensitivity over previous HST instruments. Due to its very
high sensitivity, COS thus will be able to observe hundreds of low- and intermediate redshift
QSOs and AGN and thus will deliver an enormous data archive to study the properties of
WHIM UV absorption lines systems in great detail (see also Paerels et al. 2008—Chap. 19,
this issue).
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Fig. 5 Examples for H I and O VI absorption in two absorption systems at z = 0.23351 and z = 0.6656
towards PG 0953+415 and H 1821+643, respectively, plotted on a rest frame velocity scale (observed with
STIS). Adapted from Tripp et al. (2007)

3.2 Intervening WHIM Absorbers at Low Redshift

We start with the O VI absorbers which are believed to trace the low-temperature tail of the
WHIM at T < 5 × 105 K. Up to now, more than 50 detections of intervening O VI absorbers
at z < 0.5 have been reported in the literature (e.g., Tripp et al. 2000; Oegerle et al. 2000;
Chen and Prochaska 2000; Savage et al. 2002; Richter et al. 2004; Sembach et al. 2004;
Savage et al. 2005; Danforth and Shull 2005; Tripp et al. 2007). All of these detections are
based on FUSE and STIS data. Figure 5 shows two examples for intervening O VI absorption
at z = 0.23351 and z = 0.26656 in the direction of PG 0953+415 and H 1821+643, as ob-
served with STIS. The most recent compilation of low-redshift intervening O VI absorbers
is that of Tripp et al. (2007), who have analysed 16 sightlines toward low-redshift QSOs
observed with STIS and FUSE along a total redshift path of 	z ≈ 3. They find a total of 53
intervening O VI absorbers (i.e., they are not within 5000 km s−1 of zQSO) comprised of 78
individual absorption components.1 The measurements imply a number density of O VI ab-

1I.e., some of the O VI systems have velocity sub-structure.
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sorbing systems per unit redshift of dNO VI/dz ≈ 18±3 for equivalent widths Wλ ≥ 30 mÅ.
The corresponding number density of O VI absorption components is dNO VI/dz ≈ 25 ± 3.
These values are slightly higher than what is found by earlier analyses of smaller O VI sam-
ples (Danforth and Shull 2005), but lie within the cited 2σ error ranges. The discrepancy
between the measured O VI number densities probably is due to the different approaches
of estimating the redshift path 	z along which the O VI absorption takes place. If one as-
sumes that the gas is in a collisional ionisation equilibrium, i.e., that ∼ 20 percent of the
oxygen is present in the form of O VI (fO VI ≤ 0.2), and further assumes that the mean oxy-
gen abundance is 0.1 Solar, the measured number density of O VI absorbers corresponds to a
cosmological mass density of 
b(O VI) ≈ 0.0020–0.0030 h70

−1. These values imply that in-
tervening O VI absorbers trace ∼ 5−7 percent of the total baryon mass in the local Universe.
For the interpretation of 
b(O VI) it has to be noted that O VI absorption traces collision-
ally ionised gas at temperatures around 3 × 105 K (and also low-density, photoionised gas
at lower temperatures), but not the million-degree gas phase which probably contains the
majority of the baryons in the WHIM.

The recent analysis of Tripp et al. (2007) indicates, however, that this rather simple con-
version from measured O VI column densities to 
b(O VI) may not be justified in general,
as the CIE assumption possibly breaks down for a considerable fraction of the O VI systems.
From the measured line widths of the H I Ly α absorption that is associated with the O VI

Tripp et al. conclude that ∼ 40 percent of their O VI systems belong to cooler, photoionised
gas with T < 105 K, possibly not at all associated with shock-heated warm-hot gas. In ad-
dition, about half of the intervening O VI absorbers arise in rather complex, multi-phase
systems that can accommodate hot gas at relatively low metallicity. It thus appears that—
without having additional information about the physical conditions in each O VI absorber—
the estimate of the baryon budget in intervening O VI systems is afflicted with rather large
systematic uncertainties.

In high-column density O VI systems at redshifts z > 0.18, such desired additional in-
formation may be provided by the presence or absence of Ne VIII (see Sect. 2.2.1), which
in CIE traces gas at T ∼ 7 × 105 K. Toward the quasar PG 1259+593 Richter et al. (2004)
have reported a tentative detection of Ne VIII absorption at ∼ 2σ significance in an O VI

absorber at z ≈ 0.25. The first secure detection of intervening Ne VIII absorption (at ∼ 4σ

significance) was presented by Savage et al. (2005) in a multi-phase O VI absorption system
at z ≈ 0.21 in the direction of the quasar HE 0226−4110. The latter authors show that in
this particular absorber the high-ion ratio Ne VIII/O VI = 0.33 is in agreement with gas in
CIE at temperature of T ∼ 5 × 105 K. With future high S/N absorption line data of low-
redshift QSOs (as will be provided by COS) it is expected that the number of detections
of WHIM Ne VIII absorbers will increase substantially, so that an important new diagnostic
will become available for the analysis of high-ion absorbers.

One other key aspect in understanding the distribution and nature of intervening O VI

systems concerns their relation to the large-scale distribution of galaxies. Combining FUSE
data of 37 O VI absorbers with a database of more than a million galaxy positions and red-
shifts, Stocke et al. (2006) find that all of these O VI systems lie within 800h70

−1 kpc of the
nearest galaxy. These results suggest that O VI systems preferentially arise in the immediate
circumgalactic environment and extended halos of galaxies, where the metallicity of the gas
is expected to be relatively high compared to regions far away from galactic structures. Some
very local analogs of intervening O VI systems thus may be the O VI high-velocity clouds in
the Local Group that are discussed in the next subsection. Due to apparent strong connection
between intervening O VI systems and galactic structures and a resulting galaxy/metallicity
bias problem it is of great interest to consider other tracers of warm-hot gas, which are
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independent of the metallicity of the gas. The broad hydrogen Lyα absorbers—as will be
discussed in the following—therefore represent an important alternative for studying the
WHIM at low redshift.

As described in Sect. 2.2.1, BLAs represent H I Lyα absorbers with large Doppler pa-
rameters b > 40 km s−1. If thermal line broadening dominates the width of the absorp-
tion, these systems trace the WHIM at temperatures between 105 and 106 K, typically
(note that for most systems with T > 106 K BLAs are both too broad and too shallow to
be unambiguously identified with the limitations of current UV spectrographs). The ex-
istence of H I Lyα absorbers with relatively large line widths has been occasionally re-
ported in earlier absorption-line studies of the local intergalactic medium (e.g., Tripp et
al. 2001; Bowen et al. 2002). Motivated by the rather frequent occurrence of broad ab-
sorbers along QSO sightlines with relatively large redshift paths, the first systematic analy-
ses of BLAs in STIS low-z data were carried out by Richter et al. (2004) and Sembach
et al. (2004). Richter et al. (2006a) have inspected four sightlines observed with STIS to-
wards the quasars PG 1259+593 (zem = 0.478), PG 1116+215 (zem = 0.176), H 1821+643
(zem = 0.297), and PG 0953+415 (zem = 0.239) for the presence of BLAs and they iden-
tified a number of good candidates. Their study implies a BLA number density per unit
redshift of dNBLA/dz ≈ 22 − 53 for Doppler parameters b ≥ 40 km s−1 and above a sen-
sitivity limit of log(N(cm−2)/b(km s−1)) ≥ 11.3. The large range for dNBLA/dz partly is
due to the uncertainty about defining reliable selection criteria for separating spurious cases
from good broad Lyα candidates (see discussions in Richter et al. 2004, 2006a and Sem-
bach et al. 2004). Transforming the number density dNBLA/dz into a cosmological baryonic
mass density, Richter et al. (2006a) obtains 
b(BLA) ≥ 0.0027h70

−1. This limit is about
6 percent of the total baryonic mass density in the Universe expected from the current cos-
mological models (see above), and is comparable with the value derived for the intervening
O VI absorbers (see above). Examples for several BLAs in the STIS spectrum of the quasar
H 1821+643 are shown in Fig. 6.

More recently, Lehner et al. (2007) have analysed BLAs in low-redshift STIS spec-
tra along seven sightlines. They find a BLA number density of dNBLA/dz = 30 ± 4 for
b = 40−150 km s−1 and logN (H I) > 13.2 for the redshift range z = 0−0.4. They con-
clude that BLAs host at least 20 percent of the baryons in the local Universe, while the
photoionised Lyα forest, which produces a large number of narrow Lyα absorbers (NLAs),
contributes with ∼ 30 percent to the total baryon budget. In addition, Prause et al. (2007)
have investigated the properties of BLAs at intermediate redshifts (z = 0.9−1.9) along five
other quasars using STIS high- and intermediate-resolution data. They find a number den-
sity of reliably detected BLA candidates of dNBLA/dz ≈ 14 and obtain a lower limit of the
contribution of BLAs to the total baryon budget of ∼ 2 percent in this redshift range. The
frequency and baryon content of BLAs at intermediate redshifts obviously is lower than at
z = 0, indicating that at intermediate redshifts shock-heating of the intergalactic gas from
the infall in large-scale filaments is not yet very efficient. This is in line with the predictions
from cosmological simulations.

3.3 The Milky Way Halo and Local Group Gas

One primary goal of the FUSE mission was to constrain the distribution and kinematics
of hot gas in the thick disk and lower halo of the Milky Way by studying the properties
of Galactic O VI absorption systems at radial velocities |vLSR| ≤ 100 km s−1 (Savage et al.
2000, 2003; Wakker et al. 2003). However, as the FUSE data unveil, O VI absorption asso-
ciated with Milky Way gas is observed not only at low velocities but also at |vLSR| > 100
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Fig. 6 Broad Lyman α absorbers towards the quasars H 1821+643 and PG 0953+415 (STIS observations),
plotted on a rest frame velocity scale. If thermal line broadening dominates the width of the absorption, these
systems trace the WHIM at temperatures between 105 and 106 K. From Richter et al. (2006a)

km s−1 (Sembach et al. 2003). The topic of cool and hot gas in the halo of the Milky Way
recently has been reviewed by Richter (2006c). These detections imply that next to the
Milky Way’s hot “atmosphere” (i.e., the Galactic Corona) individual pockets of hot gas
exist that move with high velocities through the circumgalactic environment of the Milky
Way. Such high-velocity O VI absorbers may contain a substantial fraction of the baryonic
matter in the Local Group in the form of warm-hot gas and thus—as discussed in the pre-
vious subsection—possibly represent the local counterparts of some of the intervening O VI

absorbers observed towards low-redshift QSOs.
From their FUSE survey of high-velocity O VI absorption Sembach et al. (2003) find that

probably more than 60 percent of the sky at high velocities is covered by ionised hydrogen
(associated with the O VI absorbing gas) above a column density level of logN (H II) = 18,
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assuming a metallicity of the gas of 0.2 Solar. Some of the high-velocity O VI detected with
FUSE appears to be associated with known high-velocity H I 21 cm structures (e.g., the
high-velocity clouds complex A, complex C, the Magellanic Stream, and the Outer Arm).
Other high-velocity O VI features, however, have no counterparts in H I 21 cm emission. The
high radial velocities for most of these O VI absorbers are incompatible with those expected
for the hot coronal gas (even if the coronal gas motion is decoupled from the underlying
rotating disk). A transformation from the Local Standard of Rest to the Galactic Standard of
Rest and the Local Group Standard of Rest velocity reference frames reduces the dispersion
around the mean of the high-velocity O VI centroids (Sembach et al. 2003; Nicastro et al.
2003). This can be interpreted as evidence that some of the O VI high-velocity absorbers are
intergalactic clouds in the Local Group rather than clouds directly associated with the Milky
Way. However, it is extremely difficult to discriminate between a Local Group explanation
and a distant Galactic explanation for these absorbers. The presence of intergalactic O VI

absorbing gas in the Local Group is in line with theoretical models that predict that there
should be a large reservoir of hot gas left over from the formation of the Local Group (see,
e.g., Cen and Ostriker 1999).

It is unlikely that the high-velocity O VI is produced by photoionisation. Probably, the
gas is collisionally ionised at temperatures of several 105 K. The O VI then may be produced
in the turbulent interface regions between very hot (T > 106 K) gas in an extended Galactic
Corona and the cooler gas clouds that are moving through this hot medium (see Sembach
et al. 2003). Evidence for the existence of such interfaces also comes from the comparison
of absorption lines from neutral and weakly ionised species with absorption from high ions
like O VI (Fox et al. 2004).

4 X-Ray Measurements of the WHIM

4.1 Past and Present X-Ray Instruments

With the advent of the Chandra and XMM-Newton observatories, high resolution X-ray
spectroscopy of a wide variety of cosmic sources became feasible for the first time. Among
the possible results most eagerly speculated upon was the detection of intergalactic ab-
sorption lines from highly ionised metals in the continuum spectra of bright extragalactic
sources. After all, one of the most striking results from the Einstein observatory had been
the detection of a very significant broad absorption feature at ∼ 600 eV in the spectrum
of PKS 2155−304 with the Objective Grating Spectrometer (Canizares and Kruper 1984).
Ironically, if interpreted as intergalactic H-like O Lyα absorption, redshifted and broadened
by the expansion of the Universe, the strength of the feature implied the presence of a highly
ionised IGM of near-critical density, a possibility that has of course definitively been dis-
counted since then.

The High Energy Transmission Grating Spectrometer (HETGS; Canizares et al. 2005)
and the Low Energy Transmission Grating Spectrometer (LETGS; Brinkman et al. 2000)
on Chandra, and the Reflection Grating Spectrometer (RGS) on XMM-Newton (den Herder
et al. 2001) were the first instruments to provide sensitivity to weak interstellar and inter-
galactic X-ray absorption lines. The ‘traditional’ ionisation detectors (proportional counters,
CCD’s) do not have sufficient energy resolution for this application. But the angular reso-
lution provided by an X-ray telescope can be used to produce a high resolution spectrum,
by the use of diffracting elements. Laboratory X-ray spectroscopy is typically performed
with crystal diffraction spectrometers, and the use of crystal spectrometers for general use
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in astrophysics was pioneered on the Einstein observatory (e.g., Canizares et al. 1979). The
Focal Plane Crystal Spectrometer indeed detected the first ever narrow X-ray absorption
line in a cosmic source, the 1s−2p absorption by neutral oxygen in the interstellar medium
towards the Crab (Canizares and Kruper 1984). Previous grating spectrometers (the Objec-
tive Grating Spectrometer on Einstein and the two Transmission Grating Spectrometers on
EXOSAT) had only limited resolution and sensitivity. But there is no fundamental limit to
the resolution of a diffraction grating spectrometer, and the high angular resolution of the
Chandra telescope has allowed for high resolution spectroscopy using transmission grat-
ings. The focusing optics on XMM-Newton have more modest angular resolution, but they
are used with a fixed array of grazing incidence reflection gratings, which produce very large
dispersion angles and thus high spectral resolution. The HETGS provides a spectral resolu-
tion of 	λ = 0.0125 Å over the ≈ 1.5−15 Å band with the high line density grating, and
	λ = 0.025 Å over the 2−20 Å band with the medium line density grating. The LETGS has
	λ = 0.05 Å over the ≈ 2−170 Å band, while the RGS has 	λ = 0.06 Å over the 5−38 Å
band. These numbers translate to resolving powers of R = 400−1500 in the O K band, and
with a sufficiently bright continuum source, one should be able to detect equivalent widths
of order 0.1−0.5 eV (5−20 mÅ), or below in spectra with very high signal-to-noise. The
predictions for H- and He-like O resonance absorption line strengths are generally smaller
than these thresholds, but not grossly so, and so a search for intergalactic O was initiated
early on. Given that the current spectrometers are not expected to resolve the absorption
lines, the only freedom we have to increase the sensitivity of the search is to increase the
signal-to-noise ratio in the continuum, and it becomes crucial to find suitable, very bright
sources, at redshifts that are large enough that there is a reasonable a priori probability of
finding a filament with detectable line absorption.

As we will see when we discuss the results of the observational searches for X-ray ab-
sorption lines, the problem is made considerably more difficult by the very sparseness of the
expected absorption signature. Frequently, when absorption features of marginal statistical
significance are detected in astrophysical data, plausibility is greatly enhanced by simple,
unique spectroscopic arguments. For instance, for all plausible parameter configurations, an
absorbing gas cloud detected in N V should also produce detectable C IV absorption; or, both
members of a doublet should appear in the correct strength ratio if unsaturated. In the early
stages of Lyα forest astrophysics, it was arguments of this type, rather than the crossing of
formal statistical detection thresholds alone, that guided the field (e.g., Lynds 1971). But
for the ‘X-ray Forest’ absorption, we expect a very different situation. The detailed simula-
tions confirm what simple analytical arguments had suggested: in most cases, Intergalactic
absorption systems that are in principle detectable with current or planned X-ray instrumen-
tation will show just a single absorption line, usually the O VII n = 1−2 resonance line, at an
unknown redshift. When assessing the possibility that a given apparent absorption feature is
‘real’, one has to allow for the number of independent trial redshifts (very roughly given by
the width of the wavelength band surveyed, divided by the nominal spectral resolution of the
spectrometer), and with a wide band and a high spectral resolution, this tends to dramatically
reduce the significance of even fairly impressive apparent absorption dips. For instance, an
apparent absorption line detected at a formal ‘3σ significance’ (or p = 0.0015 a priori prob-
ability for a negative deviation this large to occur due to statistical fluctuation) with Chandra
LETGS in the 21.6−23.0 Å band pales to ‘1.7 σ ’ if we assume it is the O VII resonance line
in the redshift range z = 0−0.065; with N ≈ 30 independent trials, the chances of not seeing
a 3σ excursion are (1 − p)N = 0.956, or: one will see such a feature one in twenty times if
one tries this experiment (we are assuming a Gaussian distribution of fluctuations here). If
we allow for confusion with O VIII Lyα at higher redshift, or even other transitions, the sig-
nificance is even further reduced. And the larger the number of sources surveyed, the larger
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the probability of false alarm. Clearly, more reliable statistics on intervening X-ray absorbers
and detections at higher significance are desired, but the required high-quality data will not
be available until the next-generation X-ray facilities such as XEUS and Constellation X are
installed (see Paerels et al. 2008—Chap. 19, this issue).

Nevertheless, even with these odds, the above discussed high-ion measurements are im-
portant observations to do with the currently available instruments Chandra and XMM-
Newton. Given the predicted strengths of the absorption lines (e.g., Chen et al. 2003; see
also Sect. 5.1), attention has naturally focused on a handful of very bright BL Lac- and sim-
ilar sources. Below, we discuss the results of the searches. Note that the subject has recently
also been reviewed by Bregman (2007).

4.2 Intervening WHIM Absorbers at Low Redshift

Early observations of a sample of sources (e.g., S5 0836+710, PKS 2149−306; Fang et al.
2001; PKS 2155−304, Fang et al. 2002) produced no convincing detections. The next at-
tempt at detecting redshifted X-ray O absorption lines was performed by Mathur et al.
(2003) with a dedicated deep observation (470 ks) with the Chandra LETGS of the quasar
H 1821+643, which has several confirmed intervening O VI absorbers. No significant X-ray
absorption lines were found at the redshifts of the O VI systems, but this was not really sur-
prising in view of the modest signal to noise ratio in the X-ray continuum. Since it requires
very bright continua to detect the weak absorption, it is also not surprising that the number of
suitable extragalactic sources is severely limited. Nicastro and his colleagues then embarked
on a campaign to observe Mrk 421 during its periodic X-ray outbursts, when its X-ray flux
rises by an order of magnitude (e.g., Nicastro 2005). The net result of this has been the ac-
cumulation of a very deep spectrum with the Chandra LETGS, with a total of more than
7 million continuum counts, in about 1000 resolution elements. Nicastro et al. (2005) have
claimed evidence for the detection of two intervening absorption systems in these data, at
z = 0.011 and z = 0.027. But the spectrum of the same source observed with the XMM-
Newton RGS does not show these absorption lines (Rasmussen et al. 2007), despite higher
signal-to-noise and comparable spectral resolution (Mrk 421 is observed by XMM-Newton
for calibration purposes, and by late 2006, more than 1 Ms exposure had been accumulated).
Kaastra et al. (2006) have reanalysed the Chandra LETGS data, and find no significant ab-
sorption. Other sources, less bright but with larger redshifts, have been observed (see for
instance Steenbrugge et al. (2006) for observations of 1ES 1028+511 at z = 0.361), but to
date no convincing evidence for intervening absorption has materialised.

Observations have been conducted to try and detect the absorption by intergalactic gas
presumably associated with known locations of cosmic overdensity, centred on massive clus-
ters. Fujimoto et al. (2004) attempted to detect absorption in the quasar LBQS 1228+1116,
located behind the Virgo cluster. An XMM-Newton RGS spectrum revealed a marginal fea-
ture at the (Virgo) redshifted position of O VIII Lyα, but only at the ∼ 95% confidence level.
Likewise, Takei et al. (2007) took advantage of the location of X Comae behind the Coma
cluster to try and detect absorption from Coma or its surroundings, but no convincing, strong
absorption lines were detected in a deep observation with XMM-Newton RGS. The parallel
CCD imaging data obtained with EPIC show weak evidence for Ne IX n = 1−2 line emis-
sion at the redshift of Coma, which, if real, would most likely be associated with WHIM gas
around the cluster, seen in projection (the cluster virial temperature is too high for Ne IX). In
practice, the absence of very bright point sources behind clusters, which makes absorption
studies difficult, and the bright foregrounds in emission, will probably make this approach
to detecting and characterising the WHIM not much easier than the random line-of-sight
searches.
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The conclusion from the search for intergalactic X-ray absorption is that there is no con-
vincing, clear detection for intervening absorption. This is, in retrospect, not that surprising,
given the sensitivity of the current X-ray spectrometers, the abundance of suitably bright
and sufficiently distant continuum sources, and the predicted properties of the WHIM.

4.3 The Milky Way Halo and Local Group Gas

The first positive result of the analysis of bright continuum spectra was the detection of O VII

and O VIII n = 1−2 resonance line absorption at redshift zero. Nicastro et al. (2002) first
identified the resonance lines in the Chandra LETGS spectrum of PKS 2155−304 (O VII

n = 1−2, n = 1−3, O VIII Lyα, Ne IX n = 1−2). Fang et al. (2003) found absorption in the
LETGS spectrum of 3C273. Rasmussen et al. (2003) detected resonance absorption in the
XMM-Newton RGS spectra of 3C 273, Mrk 421, and PKS 2155−304. Since then, at least
O VII n = 1−2 has been detected in effectively all sufficiently bright continuum sources,
both with Chandra and XMM-Newton; a recent compilation appears in Fang et al. (2006).
Portions of a deeper spectrum that shows the zero redshift absorption are shown in Fig. 7.

Nicastro et al. (2002) initially interpreted the absorption as arising in an extended inter-
galactic filament. The argument that drives this interpretation is based on the assumption that
O VI, O VII, and O VIII are all located in a single phase of the absorbing gas. The simultane-
ous appearance of finite amounts of O VI and O VIII only occurs in photoionised gas, not in

Fig. 7 Chandra LETGS spectrum of Mrk 421. Crosses are the data, the solid line is a model. The labels
identify z ≈ 0 absorption lines in Ne, O, and C. The vertical tick marks indicate the locations of possible
intergalactic absorption lines. From Williams et al. (2005)
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gas in collisional ionisation equilibrium, and this requires that the gas has very low density
(the photoionisation is produced by the local X-ray background radiation field; for a mea-
sured ionisation parameter, the known intensity of the ionising field fixes the gas density).
The measured ionisation balance then implies a length scale on the order of l ∼ 10 (Z0.1)

−1

Mpc, where Z0.1 is the metallicity in units 0.1 Solar. This is a very large length, and even
for 0.3 Z� metallicity, the structure still would not fit in the Local Group (and it is unlikely
to have this high a metallicity if it were larger than the Local Group). In fact, the absorption
lines should have been marginally resolved in this case, if the structure expands with a fair
fraction of the expansion of the Universe.

Rasmussen et al. (2003) constrained the properties of the absorbing gas by dropping the
O VI, and by taking into account the intensity of the diffuse O VII and O VIII line emission
as measured by the Wisconsin/Goddard rocket-borne Quantum X-ray Calorimeter (XQC)
experiment (McCammon et al. 2002). The cooling timescale of O VI-bearing gas is much
smaller than that of gas with the higher ionisation stages of O, and this justifies the assump-
tion that O VI is located in a different, transient phase of the gas. With only O VII and O VIII,
the medium can be denser and more compact, and be in collisional ionisation equilibrium.
Treating the measured O VII emission line intensity as an upper limit to the emission from a
uniform medium, and constraining the ionisation balance from the measured ratio of O VII

and O VIII column densities in the lines of sight to Mrk 421 and PKS 2155−304, Rasmussen
et al. derived an upper limit on the density of the medium of ne ∼< 2×10−4 cm−3 and a length
scale l ∼> 100 kpc.

Bregman (2007) favours a different solution, with a lower electron temperature and hence
a higher O VII ion fraction. If one assumes Solar abundance and sets the O VII fraction to
0.5, the characteristic density becomes ne ∼ 10−3 cm−3, and the length scale (l ∼ 20 kpc)
suggests a hot Galactic halo, rather than a Local Group intragroup medium.

Arguments for both type of solution (a small compact halo and a more tenuous Local
Group medium) can be given. The most direct of these is a measurement of the O VII line
absorption towards the LMC by Wang et al. (2005) in the spectrum of the X-ray binary LMC
X-3, which indicates that a major fraction of the O VII column in that direction is in fact
in front of the LMC. Bregman (2007) points out that the distribution of column densities
of highly ionised O on the sky is not strongly correlated with the likely projected mass
distribution of the Local Group, and that the measured velocity centroid of the absorption
lines appears characteristic of Milky Way gas, rather than Local Group gas. On the other
hand, a direct measurement of the Doppler broadening of the O VII gas, from the curve
of growth of the n = 1−2 and n = 1−3 absorption lines in the spectrum of Mrk 421 and
PKS 2155−304 (Williams et al. 2005, 2007), indicates an ion temperature of Ti ≈ 106.0−6.3 K
(Mrk 421) and Ti ≈ 106.2−6.4 K (PKS 2155−304), and these values favour the low-density,
Local Group solution. Regardless, the prospect of directly observing hot gas expelled from
the Galactic disk, or measuring the virial temperature of the Galaxy and/or the Local Group
is exciting enough to warrant further attention to redshift zero absorption and emission.

Finally, the spectrum of Mrk 421 shows the expected z = 0 innershell O VI absorption, at
22.019 Å, both with Chandra and with XMM-Newton. There has been some confusion re-
garding an apparent discrepancy between the O VI column densities derived from the FUV
and from the X-ray absorption lines, in the sense that the X-ray column appeared to be
significantly larger than the FUV column (Williams et al. 2005). Proposed physical expla-
nations for this effect involve a depletion of the lower level of the FUV transitions (1s22s)
in favour of (at least) 1s22p, which weakens the λλ1032,1038 Å absorption but does not
affect the 1s−2p X-ray absorption. However, it requires very high densities to maintain a
finite excited state population, and, more directly, the measured wavelength of the X-ray line
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is actually not consistent with the wavelength calculated for 1s−2p in excited O VI, off by
about 0.03−0.05 Å, on the order of a full resolution element of both the Chandra LETGS
and the XMM-Newton RGS (Raassen 2007, private communication). The conclusion is that
the discrepancy is due to an authentic statistical fluctuation in the X-ray spectrum—or, more
ironically, to the presence of a weak, slightly redshifted O VII absorption line.

5 Additional Aspects

5.1 Results from Numerical Simulations

Cosmological simulations not only have been used to investigate the large-scale distribu-
tion and physical state of the warm-hot intergalactic medium, they also have been applied
to predict statistical properties of high-ion absorption systems that can be readily compared
with the UV and X-ray measurements (e.g., Cen et al. 2001; Fang and Bryan 2001; Chen et
al. 2003; Furlanetto et al. 2005; Tumlinson and Fang 2005; Cen and Fang 2006). Usually,
a large number of artificial spectra along random sight-lines through the simulated volume
are generated. Sometimes, instrumental properties of existing spectrographs and noise char-
acteristics are modelled, too (e.g., Fangano et al. 2007). The most important quantities de-
rived from artificial spectra that can be compared with observational data are the cumulative
and differential number densities (dN/dz) of O VI, O VII, O VIII systems as a function of
the absorption equivalent width. An example for this is shown in Fig. 8. Generally, there is
a good match between the simulations and observations for the overall shape of the dN/dz

distribution (see also Sect. 3.2), but mild discrepancies exist at either low or high equivalent
widths, depending on what simulation is used (see, e.g., Tripp et al. 2007). For the inter-
pretation of such discrepancies it is important to keep in mind that the different simulations
are based on different physical models for the gas, e.g., some simulations include galaxy
feedback models, galactic wind models, non-equilibrium ionisation conditions, etc., others
do not. For more information on numerical simulations of the WHIM see Bertone et al.
(2008—Chap. 14, this issue).

WHIM simulations also have been used to investigate the frequency and nature of BLAs
at low redshift (Richter et al. 2006b). As the simulations suggest, BLAs indeed host a sub-
stantial fraction of the baryons at z = 0. From the artificial UV spectra generated from their
simulation Richter et al. derive a number of BLAs per unit redshift of (dN/dz)BLA ≈ 38 for

Fig. 8 The differential number
of intervening oxygen high-ion
(O VI, O VII,O VIII) absorbers in
the WHIM in a cosmological
simulation is plotted against the
equivalent width of the
absorption (for details see Cen
and Fang 2006). While for O VII

and O VIII no significant
observational results are available
to be compared with the
simulated spectra (see Sect. 4.2),
the predicted frequency of O VI

absorbers is in good agreement
with the observations (Sect. 3.2).
Adapted from Cen and Fang
(2006)
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Fig. 9 Two examples for BLA absorbers from the WHIM in a cosmological simulation are shown. The pan-
els show the logarithmic total hydrogen volume density, gas temperature, neutral hydrogen volume density,
and normalised intensity for H I Lyα and O VI λ1031.9 absorption as a function of the radial velocity along
each sightline. From Richter et al. (2006b)

H I absorbers with log(N (cm−2)/b(km s−1)) ≥ 10.7, b ≥ 40 km s−1, and total hydrogen col-
umn densities N (H II) ≤ 1020.5 cm−2. The baryon content of these systems is ∼ 25 percent of
the total baryon budget in the simulation. These results are roughly in line with the observa-
tions if partial photoionisation of BLAs is taken into account (Richter et al. 2006a; Lehner et
al. 2007). From the simulation further follows that BLAs predominantly trace shock-heated
collisionally ionised WHIM gas at temperatures logT ≈ 4.4−6.2. Yet, about 30 percent of
the BLAs in the simulation originate in the photoionised Lyα forest (logT < 4.3) and their
large line widths are determined by non-thermal broadening effects such as unresolved ve-
locity structure and macroscopic turbulence. Figure 9 shows two examples of the velocity
profiles of BLAs generated from simulations presented in Richter et al. (2006b).

The results from the analysis of artificially generated UV spectra underline that the com-
parison between WHIM simulations and quasar absorption line studies indeed are quite im-
portant for improving both the physical models in cosmological simulations and the strate-
gies for future observations of the warm-hot intergalactic gas.

5.2 WHIM Absorbers at High Redshift

Although this chapter concentrates on the properties of WHIM absorbers at low redshift (as
visible in UV and X-ray absorption) a few words about high-ion absorption at high redshifts
(z > 2) shall be given at this point. At redshifts z > 2, by far most of the baryons are residing
in the photoionised intergalactic medium that gives rise to the Lyα forest. At this early epoch
of the Universe, baryons situated in galaxies and in warm-hot intergalactic gas created by
large-scale structure formation contribute together with only < 15 percent to the total baryon
content of the Universe. Despite the relative unimportant role of the WHIM at high z, O VI

absorbers are commonly found in optical spectra of high-redshift quasars (e.g., Bergeron
et al. 2002; Carswell et al. 2002; Simcoe et al. 2004). The observation of intervening O VI
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absorbers at high redshift is much easier than in the local Universe, since the absorption
features are redshifted into the optical regime and thus are easily accessible with ground-
based observatories. However, blending problems with the numerous H I Lyα forest lines at
high z are much more severe than for low-redshift sightlines. Because of the higher intensity
of the metagalactic UV background at high redshift it is expected that many of the O VI

systems in the early Universe are photoionised. Collisional ionisation of O VI yet may be
important for high-redshift absorbers that originate in galactic winds (see, e.g., Fangano et
al. 2007). While for low redshifts the population of O VI absorbers is important for the search
of the “mission baryons” that are locked in the WHIM phase in the local Universe, O VI

absorbers at high redshift are believed to represent a solution for the problem of the “missing
metals” in the early epochs of structure formation. This problem arises from the facts that
at high redshift an IGM metallicity of ∼ 0.04 is expected from the star-formation activity of
Lyman-Break Galaxies (LBGs), while observations of intervening C IV absorption systems
suggest an IGM abundance of only ∼ 0.001 solar (Songaila 2001; Scannapieco et al. 2006),
thus more than one order of magnitude too low. Possibly, most of the missing metals at high z

are hidden in highly-ionised hot gaseous halos that surround the star-forming galaxies (e.g.,
Ferrara et al. 2005) and thus should be detectable only with high ions such as O VI rather
than with intermediate ions such as C IV. Using the UVES spectrograph installed on the
Very Large Telescope (VLT) Bergeron and Herbert-Fort (2005) have studied the properties
of high-redshift O VI absorbers along ten QSO sightlines and have found possible evidence
for such a scenario. Additional studies are required to investigate the nature of high-z O VI

systems and their relation to galactic structures in more detail. However, from the existing
measurements clearly follows that the study of high-ion absorbers at large redshifts is of
great importance to our understanding of the formation and evolution of galactic structures
at high z and the transport of metals into the IGM.

6 Concluding Remarks

The analysis of absorption features from high ions of heavy elements and neutral hydrogen
currently represents the best method to study baryon content, physical properties, and dis-
tribution of the warm-hot intergalactic gas in large-scale filaments at low and high redshift.
However, the interpretation of these spectral signatures in terms of WHIM baryon content
and origin still is afflicted with rather large systematic uncertainties due to the limited data
quality and the often poorly known physical conditions in WHIM absorbers (e.g., ionisation
conditions, metal content, etc.). Future instruments in the UV (e.g., COS) and in the X-ray
band (e.g., XEUS, Constellation X) hold the prospect of providing large amounts of new data
on the WHIM with good signal-to-noise ratios and substantially improved absorber statis-
tics. These missions therefore will be of great importance to improve our understanding of
this important intergalactic gas phase.
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Abstract An excess over the extrapolation to the extreme ultraviolet and soft X-ray ranges
of the thermal emission from the hot intracluster medium has been detected in a number
of clusters of galaxies. We briefly present each of the satellites (EUVE, ROSAT PSPC and
BeppoSAX, and presently XMM-Newton, Chandra and Suzaku) and their corresponding
instrumental issues, which are responsible for the fact that this soft excess remains contro-
versial in a number of cases. We then review the evidence for this soft X-ray excess and
discuss the possible mechanisms (thermal and non-thermal) which could be responsible for
this emission.
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1 Introduction

The existence of soft excess emission originating from clusters of galaxies, defined as emis-
sion detected below 1 keV in excess over the usual thermal emission from hot intracluster
gas (hereafter the ICM) has been claimed since 1996. Soft excesses are particularly im-
portant to detect because they may (at least partly) be due to thermal emission from the
Warm-Hot Intergalactic Medium, where as much as half of the baryons of the Universe
could be. They are therefore of fundamental cosmological importance.

Soft excess emission has been observed (and has also given rise to controversy) in a
number of clusters, mainly raising the following questions: (1) Do clusters really show a
soft excess? (2) If so, from what spatial region(s) of the cluster does the soft excess orig-
inate? (3) Is this excess emission thermal, originating from warm-hot intergalactic gas (at
temperatures of ∼106 K), or non-thermal, in which case several emission mechanisms have
been proposed. Interestingly, some of the non-thermal mechanisms suggested to account for
soft excess emission can also explain the hard X-ray emission detected in some clusters, for
example by RXTE and BeppoSAX (also see Petrosian et al. 2008—Chap. 10, this issue;
Rephaeli et al. 2008—Chap. 5, this issue).

Several instruments have been used to search for soft excess emission: EUVE, ROSAT
and BeppoSAX in the 1990s, and presently XMM-Newton, Chandra and Suzaku. We will
briefly present a history of these detections, emphasising the difficulties to extract such weak
signal and the underlying hypotheses, and summarising what is known on each of the ob-
served clusters. For clarity, results will be presented separately for the various satellites.
Finally we summarise and discuss the various models proposed to account for Extreme Ul-
traviolet (hereafter EUV) emission with their pros and cons.

2 Instrumental Issues

2.1 The Extreme Ultraviolet Explorer (EUVE) Satellite

The EUVE satellite was launched in 1992 and operated till 2001, covering the 50–250 eV
energy range (Bowyer and Malina 1991). The rectangular shape of the Lex/B (65–248 eV)
filter resulted in images where the length of one side of the image greatly exceeds the other
side: ∼40′ in width and more than 2° in length (see e.g. Fig. 1 in Durret et al. 2002).

The spatial scale was 13 pixels/arcmin. Due to the limited sensitivity of EUVE, exposure
times on clusters were typically between several tens of ks and 1 Ms.

2.2 ROSAT PSPC

The Position Sensitive Proportional Counter PSPC instrument on board the ROSAT satellite
first detected the soft excess component of clusters of galaxies at X-ray wavelengths. The
PSPC had an effective area of about 200 cm2 at 0.28 keV, enabling soft X-ray studies. It
had a large field of view (hereafter FOV) of 50′ radius, covering the virial radius in most
clusters and enabling in most cases the estimation of the local background. The low and
stable internal background of the PSPC allowed reliable X-ray measurements at large radii
where the background is important. A major problem for soft excess studies with the PSPC
is that it did not cover energies above 2 keV. Thus, it could not be used to determine reliably
the hot gas properties, which had to be measured elsewhere. A further limitation was the low
energy resolution which did not allow detection of possible emission line blends emanating
from the soft component. The angular resolution of the ROSAT PSPC was ∼15′′. Details on
the ROSAT PSPC instrument can be found in Briel et al. (1996).
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2.3 XMM-Newton EPIC

An important change in the study of the soft excess came with the XMM-Newton satellite.
The XMM-Newton European Photon Imaging Camera (EPIC) instruments PN and MOS
extend the energy band coverage to 10 keV, thus enabling simultaneous determination of the
hot gas and soft excess component properties.

The large collecting area of the EPIC telescopes (∼1000 cm2 at 0.5 keV for the PN)
provides the high statistical quality data necessary to examine the few 10% soft excess ef-
fect on top of the hot gas emission. The spectral resolution of the PN at 0.5 keV is 60 eV
(FWHM), rendering it possible to resolve the emission lines emanating from the soft excess
component. However, the relatively small FOV (15′ radius) of EPIC prevents the study of the
cluster outskirts for the nearest clusters with single pointings. The usage of offset pointings
introduce the complex stray light problem which complicates the analysis of weak signals
such as the soft excess. The more distant clusters, which would be covered out to the virial
radius with a single pointing, are fainter, which reduces the quality of the signal. Thus, the
XMM-Newton soft excess analysis is mostly limited to the central regions of nearby clus-
ters. Details on the characteristics of XMM-Newton can be found in Turner et al. (2001) and
Strüder and Briel (2001), or in Ehle et al. (2006).

A further complication is the strong and flaring particle-induced detector background.
A local background estimate is vital when analysing weak signals such as the cluster soft
excess. This is usually not available for nearby clusters since they fill the FOV, and one
has to resort to blank-sky based background estimates. This introduces uncertainties in the
analysis, and further limits the cluster analysis to central regions where the background is not
important. Together with the FOV limitations, the background problem limits the usefulness
of XMM-Newton for measuring the soft excess in a large cluster sample.

The on-going calibration work on the PN and MOS instruments resulted in changes in
the derived soft excess properties for a few clusters (Nevalainen et al. 2007). Thus, the EPIC
results have some degree of systematic uncertainty based on calibration inaccuracies, and
definitive results on the soft excess properties are not yet available (also see Sect. 4.1.2).

2.4 Chandra

Chandra, launched in the same year as XMM-Newton (1999), has a similar eccentric orbit
as the latter satellite and therefore suffers from comparable enhanced background prob-
lems. Its angular resolution is much higher (0.8′′ Half Energy Width) than that of XMM-
Newton (14′′). The advantage is that for extended sources like clusters of galaxies subtrac-
tion of contaminating background point sources can be done more accurately, and more
importantly, blurring effects by the point spread function of the telescope can usually be
ignored. These blurring effects were a serious problem for the BeppoSAX LECS data
(Sect. 3.2.2). However, the effective area at low energies (E < 0.5 keV) of Chandra is an
order of magnitude smaller than that of XMM-Newton, and time-dependent contamination
that affects in particular the lower energies is a complicating factor in the analysis of Chan-
dra data.

2.5 Suzaku XIS

Suzaku is the fifth Japanese X-ray astronomy satellite, launched in July 2005 (Mitsuda
et al. 2007). Unfortunately, the main observing instrument XRS, consisting of X-ray mi-
crocalorimeters used in space for the first time, did not last until the first space observations,
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due to the loss of liquid He (Kelley et al. 2007). On the other hand, the XIS instrument,
which employs X-ray CCDs with improved performance for X-ray spectroscopy, is func-
tioning well (Koyama et al. 2007). Regarding soft X-ray spectral studies of diffuse sources,
XIS offers the best capability so far achieved with X-ray satellites.

The XIS system consists of 4 units of mirror and detector combinations. The X-ray mir-
rors are identical and have a focal length of 4.5 m and an effective area of about 500 cm2

at 2 keV (Serlemitsos et al. 2007). The angular resolution is about 2′, limited by the light-
weight design of the thin foil mirror.

The 4 CCDs in the focal plane operate jointly during the observations. The chips are
square with an area of 10 mm × 10 mm and the number of pixels is 106. The field of view
is 17′ × 17′. One chip is back-illuminated, which gives a superior soft X-ray sensitivity
with somewhat poorer energy resolution and higher background above 7 keV. The other
3 chips are of standard front illumination type. The typical energy resolution was 150 eV
FWHM at 5.9 keV at the time of launch. The resolution degraded significantly with time
(200 eV after 1 year), and the XIS team performed a charge injection operation after October
2006 to maintain the resolution around 170 eV. In November 2006, one of the 3 FI (front
illumination) chips developed excess noise, and it has been switched off since then. This
leaves a total of 3 chips, one BI (back illumination) and 2 FIs, in operation. Its background
is lower than that of XMM-Newton.

3 Soft X-Ray Excess Emission Based on EUVE and ROSAT PSPC Data

3.1 The First Objects with a Soft X-Ray Excess Discovered: Virgo (Redshift z = 0.0038)
and Coma (z = 0.0231)

The first mention of soft excess emission in the 0.065–0.245 keV band was made by Lieu
et al. (1996a) for the Virgo cluster, based on data obtained with the EUVE satellite. These
authors detected emission around M 87 up to a radial distance of ∼20′, and found excess
emission over the best fit single temperature plasma model obtained by fitting simultane-
ously the EUVE and ROSAT PSPC 0.18–2.0 keV data. This excess was found to decrease
with radial distance (see Fig. 1). Similar results were then found for the Coma cluster, also
based on EUVE and ROSAT data, by Lieu et al. (1996b).

The first interpretation proposed was that the soft excess emission was thermal, with a
single component of ICM gas at a temperature between 5 × 105 K and 106 K for Virgo
(Lieu et al. 1996a) and two components at 8 × 105 K and 2 × 106 K for Coma (Lieu et al.
1996b). The immediate implication of this hypothesis was that such warm gas would cool
very rapidly, implying a very high mass accretion rate of several hundred Solar masses per
year, and therefore the production of a large amount of gas in the cool phase (of the order of
1014 M�, Lieu et al. 1996a, 1996b).

A second model was then proposed by Sarazin and Lieu (1998), in which soft excess
emission was due to the Inverse Compton emission (hereafter IC) of cosmic microwave
background photons on a relic population of cosmic ray electrons. Such electrons could have
been produced by supernovae, by radio galaxies or by particle acceleration in intracluster
shocks. Their energy would amount to 1–10% of the thermal energy content of the ICM.
The inverse Compton model was also favoured by Bowyer and Berghöfer (1998), and Lieu
et al. (1999a) suggested that cosmic rays could be as energetically important as the thermal
ICM.
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Fig. 1 Left panel: Radial profiles of the 0.1–1.0 keV surface brightness of the hot ICM and of the warm gas
in Virgo found by Lieu et al. (1996a). Right panel: Radial profile of the 0.1–1.0 keV surface brightness of the
hot ICM and of the two warm gas components in Coma found by Lieu et al. (1996b)

From ROSAT images at low energy, Bonamente et al. (2001a) derived the existence of
large amounts of cold gas in the ICM of Virgo and Coma, confirming the existence of a
multiphase ICM.

More clusters were then observed, Virgo and Coma were reobserved, and controversy
began to arise concerning the very existence of a soft excess over the thermal emission from
hot gas responsible for cluster X-ray emission.

An agreement on the existence of soft excess emission based on EUVE and ROSAT
PSPC data was reached by different observers only on the Virgo and Coma clusters. By
taking into account the variations of telescope sensitivity over the field of view, Bowyer et al.
(1999) confirmed the presence of EUV excess emission in Coma. These authors also later
confirmed the soft excess in Virgo and interpreted it as due to inverse Compton radiation
(Berghöfer et al. 2000a). With EUVE in situ background measurements, Bonamente et al.
(2001b) agreed with the existence of an EUV excess in Virgo and found that this excess
increased with radius.

Using PSPC data, Bonamente et al. (2003) found a very large scale (2.6 Mpc) soft excess
halo in the Coma cluster, exceeding the thermal emission by 200% at the largest radii. Note
that at a distance of 40′ the soft excess flux exceeds that of the hot gas by 100%, consistent
with the later XMM-Newton analysis of Finoguenov et al. (2003) at the same distance. The
non-thermal model gave a poor fit to the spectrum of the soft excess, while the thermal
model was acceptable, with a best-fit temperature of ∼0.2 keV.

3.2 Other Clusters Observed with EUVE and ROSAT

3.2.1 Abell 1795 (z = 0.0625)

A strong soft excess was found in Abell 1795 from EUVE data by Mittaz et al. (1998). Later,
Bonamente et al. (2001b) confirmed the existence of this excess by observing with EUVE
an in situ background, and found that, as for Virgo, the EUV excess increased with radius.

However, these results were debated: by taking into account the variations of telescope
sensitivity over the field of view, Bowyer et al. (1999) claimed that there was no evidence for
EUV excess in Abell 1795 and later confirmed this result from BeppoSAX data (Berghöfer
and Bowyer 2002). However, the existence of soft excess emission in this cluster was con-
firmed by Durret et al. (2002) from EUVE and ROSAT PSPC data. Soft excess in Abell 1795
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was also found with the ROSAT PSPC (Bonamente et al. 2003) at the 10–20% level in the
0.2–0.4 keV band, and by Nevalainen et al. (2003) and Kaastra et al. (2003), both based on
XMM-Newton data (see Sects. 4.2.1 and 4.2.2, respectively).

3.2.2 Abell 2199 (z = 0.0301)

The presence of a soft excess was disputed in Abell 2199. From EUVE data, Lieu et al.
(1999b) detected a soft excess, and confirmed its existence up to a radius of 20′ using a
background measured from offset pointing Lieu et al. (1999c). Confirmation of the existence
of a soft and a hard excess in this cluster was given by Kaastra et al. (1999) based on
BeppoSAX, EUVE and ROSAT data. A three phase ICM was proposed to account for the
observations by Lieu et al. (2000).

On the other hand, from other EUVE observations taking into account the variations of
telescope sensitivity over the field of view, Bowyer et al. (1999) found no evidence for EUV
excess. They confirmed this result with BeppoSAX data (Berghöfer and Bowyer 2002), but
Kaastra et al. (2002) claimed that their analysis was wrong. According to the latter authors,
the problem was that Berghöfer & Bowyer based their conclusion on a plot of the ratio
of the observed radial intensity profiles in the 0.5–2.2 keV band as compared to the 0.1–
0.3 keV band. Because the point spread function of the BeppoSAX LECS instrument is a
strong function of energy (10′ FWHM at E = 0.28 keV, scaling as E−0.5), and the low-
energy counts in the 0.1–0.3 keV band contain a significant contribution from higher energy
photons, even for a fully isothermal cluster the ratio of the radial intensities in both bands
shows strong (∼50%) excursions. Moreover, the predicted ratio depends strongly on issues
like abundance gradients, modelling of the cooling flow, etc. that were ignored by Berghöfer
and Bowyer (2002).

The existence of a soft excess was independently confirmed by Durret et al. (2002) from
EUVE and ROSAT PSPC data. The ROSAT PSPC analysis of Bonamente et al. (2003)
also revealed marginal evidence for soft excess in Abell 2199, and they derived that the
temperature of the soft excess component must be below 0.2 keV. Kaastra et al. (2003)
confirmed the presence of a soft excess in this cluster from XMM-Newton data.

3.2.3 Abell 4059 (z = 0.0460)

No soft excess was detected in Abell 4059 by Berghöfer et al. (2000b); strangely, these
authors even found a deficit of EUV emission in the central 2′. However, a soft excess was
detected in this cluster by Durret et al. (2002) as described in the next subsection.

3.2.4 Complementary Results on the Five above Clusters

A different approach was proposed by Durret et al. (2002) based on the wavelet analysis and
reconstruction of EUVE and ROSAT PSPC observations for the five previously discussed
clusters: Virgo, Coma, Abell 1795, Abell 2199 and Abell 4059. A soft excess was found in
all five clusters, even when taking into account temperature and abundance gradients of the
ICM. The radial profiles of the EUV to X-ray ratios are shown in Fig. 2. The EUV and X-ray
profiles were shown to differ statistically, suggesting that the EUV and X-ray emissions were
probably not due to the same physical mechanism.

3.2.5 Fornax (z = 0.0046)

No soft excess was detected in Fornax by Bowyer et al. (2001) at any scale, but Bonamente
et al. (2002) did detect a soft X-ray excess in this cluster, which is part of the sample de-
scribed in Sect. 3.2.9.
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Fig. 2 EUV to X-ray ratio as a function of cluster radius (expressed in arcmin in the left plot and in kpc
in the right plot) for the five clusters observed by Durret et al. (2002) with the EUVE and ROSAT PSPC
satellites. The symbols are the following: Abell 1795: filled triangles, Abell 2199: empty squares, Abell 4059:
empty circles, Coma: empty triangles, Virgo: filled squares. The dashed line in the left figure shows the ratio
of the EUVE to ROSAT PSPC PSFs. Error bars are omitted for clarity; they are typically smaller than ±0.01
in logarithmic scale, i.e. too small to be clearly visible on the figure

3.2.6 Shapley Supercluster (z = 0.046)

The ROSAT PSPC data of four clusters Abell 3571, Abell 3558, Abell 3560 and Abell 3562
in the Shapley supercluster were analysed by Bonamente et al. (2001c). They modelled the
hot gas spectra using published ASCA results (Abell 3571 and Abell 3558) or fitting the
PSPC data (Abell 3560 and Abell 3562). These models fit the PSPC data poorly due to
excess residuals in the R2 band (0.15–0.3 keV) in all clusters. Based on the residuals, the
authors determined the fractional soft excess emission above the hot gas emission model,
amounting to 50% at most. For Abell 3571 and Abell 3558, they found that the fractional
soft excess increased with the cluster radius, an effect already found in the EUVE data of
Virgo, Abell 1795, and Abell 2199 (Bonamente et al. 2001b; Lieu et al. 1999b).

BeppoSAX LECS data on Abell 3571 and Abell 3562 supported the PSPC results. The
analysis showed that a simple one-temperature thin-plasma model is not adequate to de-
scribe the emission.

The data indicated a thermal model with kT = 0.1 keV for Abell 3558, but the quality of
the data was not appropriate for distinguishing the nature of the soft component or modelling
its properties in detail.

3.2.7 Sérsic 159-03 (z = 0.0580)

Sérsic 159-03 (also known as AS 1101) was found to show strong soft excess and even to be
the brightest soft excess cluster by Bonamente et al. (2001d). These authors combined three
PSPC pointings of Sérsic 159-03 obtaining 19 ks of exposure time. The low temperature
(∼2 keV) of the hot gas allowed its spectroscopic analysis using the PSPC data alone. Ex-
trapolating the best-fit spectral model from the 0.5–2.0 keV band to lower energies revealed
a very strong soft excess at 0.2 keV, 100% over the hot gas emission. This excess was then
confirmed with XMM-Newton (see Sect. 4.1.3).
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Bonamente et al. (2001d) tested the hypothesis that the soft excess could be an artefact
caused by a sub-Galactic absorbing column density NH towards the cluster. However, this
yielded an unrealistically low NH (5 × 1019 cm−2), even lower than that of the global mini-
mum of the Lockman Hole, implying that NH variation is not the cause of the soft excess in
this cluster.

Despite the high quality of the signal, the nature of the soft excess component could not
be determined, since non-thermal and thermal models yield statistically equally acceptable
fits.

3.2.8 The Hercules Supercluster (z ∼ 0.035)

A soft excess was also detected from low energy ROSAT data in the clusters Abell 2052
(z = 0.0348) and Abell 2063 (z = 0.0348) of the Hercules supercluster (Bonamente et al.
2005b); however these authors underlined the difficulty of background subtraction.

3.2.9 The Bonamente et al. (2002) Sample

Bonamente et al. (2002) published a ROSAT PSPC analysis of the largest soft excess sam-
ple of galaxy clusters so far, 38 in number. They modelled the ROSAT PSPC data of the
hot gas using published results from ASCA and BeppoSAX which are more suitable due
to their energy coverage up to 10 keV. These models were extrapolated to the PSPC chan-
nels and compared with the data in the 0.2–0.4 keV band. The analysis yielded significant
(3σ ) soft excess in ∼30% of the clusters in the sample. The actual fraction of clusters with
soft excess may be higher, since the clusters with the deepest ROSAT observations all had
soft excess. Using a thermal model with a temperature of 0.08 keV and metal abundance
of 0.3 Solar, or a power-law I = I0E

−αph (where I is the intensity and E the photon en-
ergy) of index αph = 1.75, the soft excess fluxes correspond to 0.2–0.4 keV luminosities
of 1040–1043 erg s−1. The excess was more prominent in the regions outside the central
150–200 kpc.

The indicated increase of the relative strength of the soft excess with radius is qualita-
tively consistent with the non-thermal Inverse Compton radiation of CMB photons from the
relativistic cluster electrons. The hot gas emission is proportional to n2

e,thermal while the IC is
proportional to ne,relativistic and the usual assumption is that the relativistic electrons follow
the gas distribution. This model however faces energetic problems.

The authors also examined the possibility that the soft excess originates from a large
number of unresolved X-ray-emitting cluster galaxies. The most relevant sources of X-rays
are Low Mass X-ray Binaries (LMXB) and especially their kT ∼ 0.25 keV blackbody com-
ponent coming from the accretion disk. The typical soft X-ray luminosity of a galaxy due
to LMXB is of order 1038 erg s−1 and thus 103–104 galaxies are needed to produce the
typical observed soft X-ray luminosity, while typical numbers of galaxies in rich clusters
are of order several hundreds. Thus, unresolved sources in cluster galaxies cannot explain
the soft excess. A similar conclusion can be reached by looking at the galaxy X-ray lumi-
nosity function, such as that obtained for the Coma cluster by Finoguenov et al. (2004);
in view of the relatively faint X-ray luminosities of the individual galaxies, the number
of X-ray emitting galaxies required to account for the soft excess would be unrealistically
high.
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4 Soft X-Ray Emission Based on XMM-Newton EPIC Data

4.1 Continuum Detections

4.1.1 The Nevalainen et al. (2003) Sample

Nevalainen et al. (2003) found evidence for soft X-ray excess in clusters of galaxies using
XMM-Newton EPIC data. They derived a 20–40% soft excess in the central 500 kpc regions
of the clusters Coma, Abell 1795 and Abell 3112 (z = 0.0703) in channels below 2 keV,
consistently in both PN and MOS instruments, and in ROSAT PSPC data.

A thermal model fits the data better than a non-thermal one, but at the level of calibration
accuracy at the time, the non-thermal nature of the soft excess could not be ruled out.

Thermal modelling yielded temperatures in the range of 0.6–1.3 keV and metal abun-
dances consistent with zero. Assuming that this warm gas occupies the same volume as the
hot gas, the electron densities are of the order of 10−4–10−3 cm−3. These values lead to a
cooling time scale larger than the Hubble time, i.e. the structures are self-consistent.

4.1.2 The Kaastra et al. (2003) Sample

Kaastra et al. (2003) examined a sample of 14 clusters of galaxies observed with XMM-
Newton, and found significant evidence for soft X-ray excess continuum emission in 5
of them: Coma (centre studied only, since it is closer than the other 4), Abell 1795, Sér-
sic 159-03, Abell 2052 and MKW 3s. Different modelling of the hot gas temperature and
metal abundance yielded lower temperatures for the soft component (∼0.2 keV), compared
to Nevalainen et al. (2003). The surface brightness of the warm gas is rather constant with
radius, while that of the hot gas decreases with radius, falling below the warm gas surface
brightness between 0.5 and 1 Mpc from the cluster centre. Note that in Coma, the central
pointing does not cover this radius, so the hot gas brightness remains above the cool gas
brightness, consistent with the above number. Such a behaviour is consistent with the Warm
Hot Intergalactic Medium (hereafter WHIM) filament scenario, whereby the projected ex-
ternal filamentary structure is more extended than the cluster. Later, Kaastra et al. (2004)
extended this sample to 21 clusters, and found 7 objects with soft excesses, the new cases
being Abell 3112 (also in Nevalainen’s paper) and Abell 2199.

Based on the quality of the spectral fits, in most cases the non-thermal model was also
acceptable. Fitting the soft excess with a power-law model yielded rather constant photon
indices (∼2) with radius in a given cluster. At the cluster centre the luminosity of the non-
thermal component is ∼10% of that of the hot gas, while the percentage increases towards
100% at the largest radii.

Bregman and Lloyd-Davies (2006) challenged the results of Kaastra et al. (2003), argu-
ing that their soft excess detection was due to incorrect background subtraction. However,
in a rebuttal paper, Nevalainen et al. (2007) showed that, especially in the central regions,
the cluster emission is so bright compared to the background, that the details of the back-
ground modelling are insignificant. Thus, Bregman & Lloyd-Davies’s claim appears to be
unjustified.

Nevalainen et al. (2007) also found that the changes in the EPIC calibration between
the years 2002 and 2005 resulted in a decrease of the soft excess signal. Using the Kaastra
et al. (2003) modelling, the PN soft excess even disappeared in some clusters. However,
the MOS instrument still detects a soft excess in all the clusters of Kaastra’s sample. A less
conservative hot gas modelling (Nevalainen et al., in preparation) with the current calibration
information obtains consistent soft excesses in both PN and MOS data.
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4.1.3 Sérsic 159-03

One of the first clusters to be observed by XMM-Newton was Sérsic 159-03. This observa-
tion with a net exposure time of 30 ks was taken in 2000 (Kaastra et al. 2001). The same ob-
servation was used for a search for soft excess emission (Kaastra et al. 2003, see Sect. 4.1.2
above). A 60 ks observation taken two years later was analysed by Bonamente et al. (2005a)
and de Plaa et al. (2006).

Bonamente et al. (2005a) confirmed the existence of the soft X-ray excess emission in
Sérsic 159-03 out to a distance of 1 Mpc from the cluster centre. The soft excess in the
0.3–1.0 keV band increases from 10% at the centre to 80% at the largest radii. The proper-
ties of the soft excess differ from those derived for Sérsic 159-03 using PSPC data (Bona-
mente et al. 2001d), likely due to different modelling of the data: XMM-Newton allows to
determine the hot gas component unambiguously in the 2.0–7.0 keV band where the soft
component has a negligible contribution.

The same dataset of Sérsic 159-03 was also analysed by de Plaa et al. (2006). However,
they focused their attention on the chemical evolution of the cluster and they determined the
background for the spectral analysis in the 9′–12′ region around the cluster, subtracting the
spatially extended soft excess emission together with the soft foreground emission. For the
remaining soft excess in the cluster core they propose a non-thermal emission mechanism
arising from IC scattering between CMB photons and relativistic electrons accelerated in
bow shocks associated with ram pressure stripping of infalling galaxies.

Werner et al. (2007) studied Suzaku data together with the two XMM-Newton data sets of
Sérsic 159-03 obtained two years apart mentioned before. They found consistent soft excess
fluxes with all instruments in all observations. From the XMM-Newton data they derived
radial profiles and 2D maps that show that the soft excess emission has a strong peak at the
position of the central cD galaxy and does not show any significant azimuthal variations.
They concluded that the spatial distribution of the soft excess is neither consistent with the
models of intercluster warm-hot filaments, nor with models of clumpy warm intracluster
gas associated with infalling groups as proposed by Bonamente et al. (2005a). Using the
data obtained with the XMM-Newton RGS, Werner et al. could not confirm the presence
of warm gas in the cluster centre with the expected properties assuming the soft excess was
of thermal origin. They therefore concluded that the soft excess in Sérsic 159-03 is most
probably of non-thermal origin.

4.2 Line Emission Detection

A crucial piece of evidence for the thermal nature of the soft X-ray excess would be the
detection of emission lines. At the indicated temperatures of 0.1–0.5 keV the most prominent
emission lines are from O VII and O VIII. The resonance, intercombination and forbidden
lines of O VII have energies of 574, 569 and 561 eV (see also Kaastra et al. 2008—Chap. 9,
this issue). For a low density plasma at 0.2 keV temperature, the centroid of the triplet has
an energy of 568.7 eV (see Kaastra et al. 2003).

Geocoronal and heliospheric solar wind charge exchange (Wargelin et al. 2004; Fujimoto
et al. 2007) also produces soft X-ray emission lines. These lines can vary by a factor of 3
on time scales of hours, which makes them difficult to model and subtract. The maximum
observed brightness of these lines in the 0.5–0.9 keV range can reach the level of the cosmic
X-ray background. Therefore, when the background level is important for the analysis, care
should be taken when estimating the contaminating effects of this emission.

Finoguenov et al. (2003) observed a spatial variation of the soft excess emission in the
Coma cluster. In the Coma 11 field they found an excess emission which is particularly
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strong. Recent observations with the Suzaku satellite (Takei et al., private communication)
do not confirm the level of O VII and O VIII line emission reported by Finoguenov et al.
(2003) for the Coma 11 field, but they are consistent with the lowest reported values for the
other fields in Coma observed with XMM-Newton. They suggest that a large fraction of the
reported excess soft X-ray emission and the line emission observed in the Coma 11 field
with XMM-Newton was due to Solar wind charge exchange emission.

4.2.1 The Kaastra et al. (2003) Sample

Kaastra et al. (2003) found evidence for O VII line emission in the clusters Sérsic 159-03,
MKW 3s (z = 0.0450) and Abell 2052 in form of line-like residuals on top of the hot gas
model at wavelengths consistent with the cluster redshifts. Note that the line emission is
significant only in the outer regions (4′–12′) of the clusters.

The uncertainties also allow a Galactic origin (z = 0) for the emission. Also, Nevalainen
et al. (2007) pointed out that a simple cluster-to-background flux level comparison does not
exclude that the reported O VII line emission in the 0.5–0.65 keV band contains contribu-
tions from the geocoronal and heliospheric Solar wind charge exchange (see above). This
possibility remains to be studied in detail.

Therefore this study does not give conclusive evidence for O VII line emission in these
three clusters.

4.2.2 Coma

Finoguenov et al. (2003) analysed XMM-Newton data in the outskirts of the Coma cluster.
The spectrum at ∼1 Mpc distance from the centre exhibits a very strong, ∼100% fractional
soft excess continuum in channels below 0.8 keV, and the authors detect two emission lines
in the 0.5–0.6 keV band. Both the excess continuum and the line features are well fit with a
thermal model of kT = 0.22 keV (see Fig. 3). The temperature, as well as the derived baryon
overdensity for the warm gas (∼200) are consistent with the WHIM filament properties in
numerical simulations (e.g. Davé et al. 2001; Yoshikawa and Sasaki 2006). Let us note
however that the soft excess in Finoguenov’s model consists mostly of line emission, but
due to the low spectral resolution of EPIC at low energy, it looks more like a continuum.

The redshift of the O VII line (0.0–0.026) is consistent with that of Coma (0.023) and also
with being Galactic (0.0), implying that the emitter is located between us and Coma. Optical
data show that there is a significant galaxy concentration in the direction of the warm gas
in front of Coma. This suggests that the warm gas and the galaxy structure are connected,
consistent with the WHIM filament scenario.

However, since the soft excess flux in Coma is comparable to the background level, the
charge transfer flux in an active state (i.e. at the maximum observed level) can reach the soft
excess level detected in Coma (Finoguenov et al. 2003). Bowyer and Vikhlinin (2004) use
this coincidence as a proof that the soft excess detection in Coma is due to charge transfer.
However, they did not model the soft excess spectrum with a charge transfer emission model
to show that the model is consistent with the observed spectral features in Coma. Thus, their
claim of Coma soft excess being due to charge transfer mechanism is not proven.

An indication for the presence of WHIM in Coma was also recently reported by Takei
et al. (2007b) at 2.3σ level in absorption and in emission, based on RGS spectra of the
Active Galactic Nucleus X–Comae, which is located behind the Coma cluster.
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Fig. 3 Different emission
components of the Coma
spectrum obtained with the
XMM-Newton PN instrument
(from Finoguenov et al. 2003)

5 Soft X-Ray Emission Based on Suzaku Observations

5.1 Search for the Soft Excess in and around Clusters

Suzaku has observed about 30 clusters of galaxies by April 2007. Several of these observa-
tions were done in order to search for soft excess emission. We describe here the results for
Abell 2218 and Abell 2052 in some detail since these two clusters have been studied rather
extensively, and then briefly review results from other sources.

5.2 Abell 2218 (z = 0.1756)

Abell 2218 is a bright cluster at z = 0.1756 with an ICM temperature of about 7 keV. The
Suzaku observations were carried out on two occasions with a total exposure of 80 ks and
the results were published by Takei et al. (2007a). Several conditions are favourable to the
detection of a soft excess in this cluster with Suzaku. First, the cluster is known to be un-
dergoing a merger, likely along the line of sight, as indicated by two galaxy concentrations
at different redshifts. This picture is supported by X-ray observations from Chandra and by
the presence of remarkable arcs due to gravitational lensing. Such a merger suggests that
a large-scale filament may be located along the line of sight and that the column density
of oxygen contained in the warm filament gas could be high. The second reason is that the
XIS energy resolution allows to separate a ∼100 eV cosmologically redshifted oxygen line
from a zero redshift oxygen line. Background data in two regions at about 5° offset from
the cluster were also taken to obtain information on the oxygen line intensity of the Galactic
component.

The time variation of the soft X-ray flux during the observations was very small, so the
effect from the solar wind charge exchange emission was considered to be small. A soft
excess was searched for in the outside region of the cluster, i.e. for the region with radius
greater than 5′ (880 kpc at the source) from the Abell 2218 centre. The observed spectra
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Fig. 4 Left: Observed XIS spectrum for the outer region of Abell 2218, with upper limits for the red-
shifted O VII and O VIII lines, for the BI (black) and FI (red) sensors. The background spectra are shown
with dashed lines. This figure is taken from Takei et al. (2007a). Right: Observed XIS spectrum for
r = 12′–15′ . Spectral fit including Galactic emission (0.1 and 0.3 keV in light and dark blue), cosmic X-ray
background (green), and thermal ICM emission with kT = 2.8 keV (red) requires an additional thermal
Bremsstrahlung component with kT = 0.7 keV (magenta) whose intensity is constant over r = 0–20′ . The
summed up model (orange) is fitted to the data. Observations with Suzaku confirm the presence of soft excess
emission in Sérsic 159-03 and its derived flux is consistent with the values determined with XMM-Newton
(Sect. 4.1.3, Werner et al. 2007). However, Suzaku does not confirm the presence of the redshifted O VII lines
in the cluster. The excess emission can be fit statistically equally well with a thermal model with low oxygen
abundance (< 0.15 Solar) and with a non-thermal model. The figure is taken from Tamura et al. (2007)

(see Fig. 4) show structures around 0.5 and 0.6 keV, which are the energies corresponding
to redshifted O VII and O VIII lines. However, close examination showed that the hump at
0.5 keV can be caused by the oxygen edge in the XIS filters, and the peak around 0.6 keV
can be due to Galactic O VII line emission. This unfortunate situation hampered the original
XIS capability of detecting the soft excess associated with the cluster. Takei et al. (2007a)
set upper limits for the O VII and O VIII line intensities as shown in their Fig. 1, including
all the uncertainties in the instrumental response (e.g. by the enhanced contamination in the
XIS filters) and in the Galactic line intensities.

Even though the observing conditions were not optimal, the upper limits obtained are
nearly an order of magnitude lower than the soft excess level reported in other clusters by
Kaastra et al. (2003). With this upper limit, the density of the warm gas can be constrained.
The limit for the gas density is:

δ ≡ nH/n̄H < 270

(
Z

0.1 Z�

)−1/2(
L

2 Mpc

)−1/2

, (1)

where n̄H = X�bρcrit(1+z)3/mp = 1.77×10−7(1+z)3 cm−3 is the mean hydrogen density
in the universe, where X = 0.71 is the hydrogen to total baryon mass ratio, �b = 0.0457 is
the baryon density of the universe, ρcrit = 9.21 × 10−30 g cm−3 is the critical density of the
universe, and mp is the proton mass. Even though this level of gas density is much higher
than the expected density (δ ∼ 10) in the filaments, the result demonstrates that Suzaku can
give a reasonable constraint on the soft excess emission.

5.3 Abell 2052

Suzaku carried out observations of Abell 2052 with 4 offset pointings to cover the cluster
outskirts to about 20′ (830 kpc at the source). Since the observations were all carried out only
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40 days after the launch, the contamination in the XIS filter was not so much a problem. At
the carbon K-edge energy, the reduction of the transmission efficiency was less than 8% (see
Koyama et al. 2007).

The data were analysed by Tamura et al. (2007). By assuming a single temperature for
the ICM and two temperatures (0.2 and 0.6 keV) for the Galactic component, they found a
significant soft excess, with a spectrum well described by a featureless continuum modelled
(for convenience reasons only) by pure thermal Bremsstrahlung with a temperature around
0.7 keV. The intensity of this soft component is consistent with a constant value over the
entire observed field and stronger than the Galactic emission below 0.5 keV. If this emission
is associated with Abell 2052, then its luminosity can be comparable to the ICM emission
which shows LX ∼ 1.4 × 1044 erg s−1 in the 2–10 keV band. The cluster is located fairly
close to the extension of the North Polar Spur (NPS), a large spur-like region with strong
soft X-ray emission (see e.g. Willingale et al. 2003). However, the Suzaku spectrum of the
NPS region showed the temperature to be about 0.3 keV with a fairly strong Mg-K emission
line. This is inconsistent with the Abell 2052 soft excess spectrum.

A strong soft component without emission lines may be caused by extended non-thermal
emission. Since the cluster shows neither strong radio emission nor merger features, such a
non-thermal emission could be due to a rather old population of non-thermal electrons (see
e.g. Rephaeli et al. 2008—Chap. 5, this issue).

5.4 Other Clusters

The Sculptor supercluster was observed with Suzaku in 4 pointings with the fields partially
overlapping and connecting 3 main clusters (Abell 2811 at z = 0.1086, Abell 2804 at z =
0.11245 and Abell 2801 at z = 0.11259). The data were analysed by Kelley et al. (2007).
The combined spectrum after removing bright clusters and point sources shows an excess
in the energy range 0.6–1 keV, with a temperature of about 0.8 keV. Since the observed
volume is extremely large (∼500 Mpc3), the uniform electron density implied is as low as
8 × 10−6 cm−3.

The Suzaku XIS data on Abell 1060 (z = 0.01140, Sato et al. 2007), AWM7 (z =
0.01724, Sato et al. 2008), and Fornax (Matsushita et al. 2007) have been analysed in some
detail. Even though the spectrum and intensity of the foreground Galactic emission have
fairly large ambiguities, the observed energy spectra for these clusters are generally well
fit by thermal models at energies down to about 0.3 keV. For the central region of Fornax
(r < 2′), a two temperature model with kT = 1.5 and 0.8 keV was preferred. However, ex-
cess emission which causes significant deviation from these standard spectral fits has not
been detected from these clusters.

Fujita et al. (2007) observed the region between Abell 399 and Abell 401 with Suzaku.
They found no evidence for oxygen emission from the WHIM in this region and obtained a
strict upper limit of 4.1 × 10−5 cm−3 on its density.

6 Soft X-Ray Emission Based on Chandra Observations

Reports on soft excess emission in clusters as observed by Chandra are scarce. Henriksen
et al. (2004) detected soft excess emission in the merging cluster Abell 754 (z = 0.0535).
Although a non-thermal origin could not be fully excluded, from their combined Chandra,
BeppoSAX, ASCA and ROSAT PSPC analysis they conclude that a weak soft thermal com-
ponent (∼1 keV) is present in this hot (∼10 keV) cluster. The emission extends out to 8′
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from the core and is peaked in the cluster centre. Henriksen et al. attribute the emission to
embedded groups of galaxies.

In another cluster, Abell 2163 (z = 0.2030), Henriksen and Hudson (2004) also report
a soft and hard X-ray excess in their combined Chandra and ROSAT PSPC analysis. The
excess can be modelled by a non-thermal component with photon index 2.7–5.9. Little de-
tail about the observations is given in this paper, but the authors attribute the non-thermal
emission to a weak merger shock that is present in this cluster.

Bonamente et al. (2007) analysed Chandra data of Abell 3112 in the central 1.0–2.5 ar-
cmin region and found significant soft excess, reaching 20% of the hot gas emission level
at 0.3 keV. Its spectrum is acceptably fit with a low temperature (∼0.5 keV) thermal model
or by a non-thermal model (αph ∼ 1.8). The best-fit values differ from those obtained with
XMM-Newton data, indicating that remaining calibration uncertainties affect fine details.
Nevertheless, the magnitude of the soft excess is above the level of calibration inaccuracies,
and similar to that in XMM-Newton, thus proving the celestial origin of the soft excess in
Abell 3112.

7 Discussion

Soft excess emission, defined here as excess emission over the usual thermal emission from
hot intracluster gas at energies below 1 keV, has been detected significantly in ∼30% of clus-
ters of galaxies. This value is based on the two largest cluster soft excess samples (Bona-
mente et al. 2003; Kaastra et al. 2003). However, as described above, such detections are
difficult because of instrumental issues and for many objects a controversy remains.

Thermal and non-thermal models have been proposed to account for this soft excess
emission. We will briefly summarise them below using Coma and Sérsic 159-03 as exam-
ples.

7.1 Thermal Models

7.1.1 WHIM in Coma

The massive soft excess halo around Coma (Bonamente et al. 2003) is not well accounted for
by a non-thermal model. Furthermore, Finoguenov et al. (2003) detected O VII and O VIII

line emission in the outskirts of Coma. Thus Coma is a good case for a cluster where
the soft excess is dominantly of thermal nature. Bonamente et al. (2003) proposed that
the soft component may reside in external filamentary structures of warm-hot intergalactic
medium (WHIM). These filaments are predicted by hydrodynamic simulations of formation
and evolution of large-scale structures, extending over several megaparsecs, containing a
large fraction of the current epoch’s baryons (e.g. Cen and Ostriker 1999; Davé et al. 2001;
Yoshikawa and Sasaki 2006). In WHIM simulations, the temperatures are in the range 105–
107 K, consistent with the soft excess properties found in Coma. Assuming a filamentary
geometry, Bonamente et al. (2003) derived densities of n ∼ 10−5–10−4 cm−3 for the warm
gas in Coma. These values are consistent with those in the WHIM simulations (10−7–
10−4 cm−3). Assuming n = 10−4 cm−3, the implied mass of the filament exceeds that of
the hot gas by a factor of 3.
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7.1.2 Soft Emission from Merging Sub-halos

In Sérsic 159-03, detailed WHIM filament calculations showed that unrealistically long
structures (∼100–1000 Mpc), projected on the line of sight of the cluster, are required to
explain the soft excess detected in XMM-Newton data (Bonamente et al. 2005a). The as-
sumption that the warm gas occupies the same volume as the hot gas has the problem that
there is a pressure difference between the two components, and that the cooling time is short.
As proposed by these authors, this problem can be avoided if one assumes that the warm gas
is not distributed evenly but rather in high density 10−2–10−3 cm−3 clumps with a volume
filling factor f � 1. Such a distribution is predicted by the simulations of Cheng et al.
(2005), in which the soft excess emission comes from high-density and low entropy gas as-
sociated with merging sub-groups, which preserve their identity before being destroyed and
thermalised in the hot ICM. The simulated 0.2–1.0 keV band soft excess in the radial range
of 0–0.5rvir is consistent with that published in Bonamente et al. (2005a) for Sérsic 159-03.
This scenario yields a warm gas mass of 25% of the hot gas mass for Sérsic 159-03.

However, Werner et al. (2007) show that the soft excess emission peaks at the position
of the central cD galaxy and does not show any significant azimuthal variations. Moreover
the soft excess in Sérsic 159-03 is observed out to radii of at least 1 Mpc. If this soft excess
is associated with the gas of an infalling group, then this group is moving exactly along the
line of sight. However, such an infalling group cannot explain the presence of the soft excess
emission at large radii. Therefore the soft excess observed in Sérsic 159-03 is most probably
not of thermal origin.

7.2 Non-thermal Models

Inverse Compton models of energetic electrons on CMB photons and/or on galaxy starlight
have been developed by various authors to account for the soft excess observed in several of
the objects presented here.

Non-thermal inverse Compton emission has a power-law spectrum with a relative flux
which in the 0.3–10.0 keV band may account for more than 30% of the cluster emis-
sion. The best-fit power-law photon indices of soft excess clusters are typically between
αph ∼ 2.0–2.5. In the IC model, this corresponds to a differential relativistic electron number
distribution dN/dE = N0E

(−μ) with μ = 3–4. These are steeper than the distribution of the
Galactic cosmic-ray electrons (μ ∼ 2.7). The steeper power-law distribution might indicate
that the relativistic electrons suffered radiative losses (Sarazin 1999). Relativistic electrons
in this energy range have relatively long lifetimes of tIC = 2.3 × 109(γ /103)−1(1 + z)−4 yr
and tsyn = 2.4 × 1010(γ /103)−1(B/(1 μG))−2 yr for inverse-Compton and synchrotron
processes respectively.

As mentioned earlier, Werner et al. (2007) conclude that a non-thermal model best ex-
plains the observed properties of the soft excess in Sérsic 159-03. The total energy in rel-
ativistic electrons needed to explain the excess emission within the radius of 600 kpc does
not exceed 1×1061 erg, while the total thermal energy within the same radius is 3×1063 erg.
This means that even if the energy in relativistic ions is as much as ∼30 times larger than
that in relativistic electrons, the total energy in cosmic ray particles will only account for
10% of the thermal energy of the ICM.

Models that may account for the observed soft excess can also be found in the follow-
ing list: Enßlin et al. (1999); Atoyan and Völk (2000); Sarazin and Kempner (2000); Tak-
izawa and Naito (2000); Fujita and Sarazin (2001); Petrosian (2001); De Paolis et al. (2003);
Bowyer et al. (2004); Petrosian et al. (2008)—Chap. 10, this issue.
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7.3 Some Problems and Open Questions

In the Virgo cluster a strong soft excess was detected in the extreme ultraviolet with EUVE
(Lieu et al. 1996a; Berghöfer et al. 2000a; Bonamente et al. 2001b; Durret et al. 2002)
and in the 0.2–0.4 keV band with ROSAT (Bonamente et al. 2002). However, the observa-
tions with XMM-Newton did not confirm the existence of this soft excess: a thermal model
for the hot cluster emission with Galactic absorption describes the soft band X-ray spectra
(above 0.3 keV) of Virgo obtained with XMM-Newton sufficiently well (Kaastra et al. 2003;
Matsushita et al. 2002).

Arabadjis and Bregman (1999) claimed that some of the X-ray absorption cross sections
were wrong, and that soft excesses would disappear when using the proper values. However,
it is surprising that this claim has neither been confirmed nor refuted ever since. During
some time, there have been wrong He cross sections by Balucińska-Church and McCam-
mon (1992) in the XSPEC software (see http://heasarc.gsfc.nasa.gov/docs/xanadu/xspec/).
Arabadjis & Bregman refer to those wrong cross sections. They have been improved by Yan
et al. (1998) and are now included properly for example in Wilms’ cross sections that are
in XSPEC. They are also properly included in the SPEX software. Note that Wilms’ more
recent cross sections agree quite well with the older Morrison and McCammon (1983) work
(see the discussion in Wilms et al. 2000). Lesson to be learned: it is important to check for
each paper which cross sections/absorption model have been used!

Several searches for far-ultraviolet emission lines expected from a 106 K gas were per-
formed with the FUSE satellite on the cores of several clusters. Oegerle et al. (2001) have
reported the detection of O VI λ = 1032 Å in Abell 2597 (z = 0.0824), implying a mass
inflow rate of about 40 M�/yr. However, FUSE has not detected warm gas in five other clus-
ters: Abell 1795 (Oegerle et al. 2001), Coma and Virgo (Dixon et al. 2001), and Abell 2029
(z = 0.0775) and Abell 3112 (Lecavelier des Etangs et al. 2004); the upper limits on the
inflow rates for these five clusters were of the order 25 M�/yr.

A recent review by Bregman (2007) summarises current knowledge on the search for
missing baryons at low redshift. Note however that in his Fig. 9 (already in Bregman and
Lloyd-Davies 2006) he claims that the soft excess found in some clusters by Kaastra et al.
(2003) is an artefact due to wrong background subtraction. The argument is that there is a
correlation between the Rosat R12 (low energy) count rate and the presence or absence of
a soft excess. However, a closer inspection shows that this correlation is driven by a few
clusters with strong Galactic absorption. As Kaastra et al. (2003) pointed out, in addition
to the atomic gas visible at 21 cm these clusters also have significant X-ray opacity contri-
butions due to dust or molecules, which naturally explains the observed flux deficit. When
these clusters are excluded, the correlation fades away.

8 Note Added in Proof

Until very recently, the Galactic neutral hydrogen absorption taken into account when fitting
X-ray spectra was extracted from the Dickey and Lockman (1990, hereafter DL90) survey.
A better all-sky survey, the Leiden/Argentine/Bonn (LAB) Galactic H I Survey, has now
become available (Kalberla et al. 2005). Though its use is not yet worldwide, it has been
pointed out that, at least in some cases, the LAB survey gives notably smaller values than
DL90 for the H I absorption. For example, in the case of Abell 3112, the LAB value is 1.3 ×
1020 cm−2 while the DL90 value is 2.6×1020 cm−2, and for Sérsic 159-03 (= AS 1101), the
LAB value is 1.14 × 1020 cm−2, while the DL90 value is 1.79 × 1020 cm−2. Such changes

http://heasarc.gsfc.nasa.gov/docs/xanadu/xspec/
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Fig. 5 XMM-Newton MOS data
of Abell 3112 in a 1.5–2.9 arcmin
annulus and fit with a single
temperature MEKAL model in
the 2–7 keV band with the LAB
H I absorption column, showing
a 20% soft excess

are expected to modify the soft excess emission derived from spectral fits. Fortunately, for
many other clusters the differences between the H I absorption measured by LAB and by
DL90 are negligible.

For Abell 3112, a fit of the XMM-Newton MOS data in a 1.5–2.9 arcmin annulus made
by J. Nevalainen with a single temperature MEKAL model in the 2–7 keV band and extrap-
olated down to 0.3 keV using the LAB H I absorption value shows that a 20% soft excess
remains (see Fig. 5). In order to eliminate the soft excess, the H I absorption should take the
unrealistically low value of 1.5 1019 cm−2.

For Sérsic 159-03, new fits of the joint Suzaku and XMM-Newton data in a 3–8 arcmin
annulus were made by N. Werner using the new H I LAB absorption value. If the absorption
is a free parameter in the fit, NH goes to zero, and no good fit can be obtained with NH =
1.14 × 1020 cm−2. Adding a thermal component with a temperature of 0.2 keV improves
the fit significantly (from a reduced χ2 of 2.8 to 1.5), and the soft component is found to be
present at a significance level of 13.5σ . If the fit is made with a multi-temperature model
that accounts for the cluster emission with the absorption left as a free parameter, a 2σ

upper limit for NH of 1.4 × 1019 cm−2 is obtained; this value is inconsistent with the new
LAB survey and clearly unphysically low. In the same way, if a power law is fit to the data,
even if its total flux is reduced by about 20% it remains significant at a ∼10σ level. A soft
component is therefore required even for zero absorption, implying that the soft excess is
really strong in this cluster.

Therefore, even if they are somewhat reduced, the soft excesses observed in Abell 3112
and Sérsic 159-03 remain when taking into account the new values of the H I absorption.

9 Conclusions

While in most cases the origin of the soft excess emission is difficult to prove unambigu-
ously, due to problems with instrument calibration and unknown background/foreground
emission level, the independent detection of the phenomenon with many instruments gives
confidence in the genuine nature of the phenomenon in a number of clusters. Both thermal
and non-thermal emission mechanisms are probably at work in producing the soft excess
emission in clusters.
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Abstract Recent observations of high energy (> 20 keV) X-ray emission in a few clusters
of galaxies broaden our knowledge of physical phenomena in the intracluster space. This
emission is likely to be nonthermal, probably resulting from Compton scattering of relativis-
tic electrons by the cosmic microwave background (CMB) radiation. Direct evidence for the
presence of relativistic electrons in some 50 clusters comes from measurements of extended
radio emission in their central regions. We briefly review the main results from observations
of extended regions of radio emission, and Faraday rotation measurements of background
and cluster radio sources. The main focus of the review are searches for nonthermal X-ray
emission conducted with past and currently operating satellites, which yielded appreciable
evidence for nonthermal emission components in the spectra of a few clusters. This evidence
is clearly not unequivocal, due to substantial observational and systematic uncertainties, in
addition to virtually complete lack of spatial information. If indeed the emission has its ori-
gin in Compton scattering of relativistic electrons by the CMB, then the mean magnetic
field strength and density of relativistic electrons in the cluster can be directly determined.
Knowledge of these basic nonthermal quantities is valuable for the detailed description of
processes in intracluster gas and for the origin of magnetic fields.
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1 Introduction

Clusters of galaxies are the largest bound systems and the most important link to the large
scale structure (LSS) of the Universe. The detailed properties of clusters, such as the dis-
tributions of their various mass constituents—dark matter, hot intracluster (IC) gas, and
galaxies—dynamics, and thermal structure, are of much interest both intrinsically, and for
the understanding of the formation and evolution of the LSS. Moreover, detailed astrophysi-
cal knowledge of clusters is essential for their use as precise cosmological probes to measure
global parameters, such as H0, �M, & ��, and parameters characterising the primordial
density fluctuation field.

Recent observations of many clusters of galaxies with the Chandra and XMM satellites
at energies ε ≤ 10 keV, have significantly advanced our knowledge of the morphology and
thermal structure of hot IC gas, the source of the cluster thermal Bremsstrahlung emission.
The improved determinations of the gas temperature, density, and metal abundances from
these observations significantly improve estimates of such important quantities as the total
cluster mass and its gaseous and baryonic mass fractions.

As has been the case in galaxies, in clusters too a more physically complete understand-
ing of these systems necessitates knowledge also of non-thermal (NT) quantities and phe-
nomena in the IC space. Observational evidence for the relevance of these phenomena in
clusters comes mostly from measurements of extended regions of radio emission, and from
Faraday rotation (FR) of the plane of polarisation of radio sources seen through (or inside)
clusters. Since the observed radio emission is clearly synchrotron-produced, its level and
spectrum yield direct information on IC relativistic electrons and magnetic fields. Informa-
tion on cluster magnetic fields (separately from relativistic electron properties) is obtained
also from FR measurements. Compton scattering of cosmic microwave background (CMB)
photons by the radio-emitting relativistic electrons boosts photon energies to the X-and-γ
regions (e.g., Rephaeli 1979). The search for cluster NT X-ray emission has begun long ago
(Rephaeli et al. 1987), but first clear indications for emission at energies ε ≥ 20 keV came
only after deep dedicated observations of a few clusters with the RXTE and BeppoSAX satel-
lites (beginning with analyses of observations of the Coma cluster (Rephaeli et al. 1999;
Fusco-Femiano et al. 1999). Radio and NT X-ray observations provide quantitative mea-
sures of very appreciable magnetic fields and relativistic electron densities in the observed
clusters. These results open a new dimension in the study of clusters.

This is a review of cluster NT X-ray observations and their direct implications, including
prospects for the detection of γ -ray emission. The literature on cluster NT phenomena is
(perhaps somewhat surprisingly) quite extensive, including several reviews of radio emis-
sion (e.g., Govoni and Feretti 2004) and cluster magnetic fields (e.g., Carilli and Taylor
2002), and a review of the current status of radio observations by Ferrari et al. 2008—
Chap. 6, this issue. In order to properly address the comparison between magnetic field val-
ues deduced from radio observations and jointly from NT X-ray and radio measurements,
we include here a brief summary of cluster radio observations. Measurements of EUV emis-
sion in a few clusters, and claims that this emission is by energetic electrons, are reviewed
by Durret et al. 2008—Chap. 4, this issue. NT radiation processes are reviewed by Petrosian
et al. 2008—Chap. 10, this issue, and relevant aspects of particle acceleration mechanisms
are reviewed by Petrosian and Bykov 2008—Chap. 11, this issue.
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2 Radio Observations

Measurements of synchrotron radio emission at several frequencies usually provide the first
evidence for the presence of a significant population of relativistic electrons and magnetic
fields. This has been the prime evidence for IC fields and electrons. In addition, Faraday
Rotation (FR) of the plane of polarisation of radiation from cluster and background radio
galaxies has provided mostly statistical evidence for IC magnetic fields. Main results from
these very different sets of observations are briefly reviewed in the next two subsections.

2.1 Extended IC Emission

In clusters the task of actually determining that the observed emission is from extended IC
regions is quite challenging, since high resolution observations of the various discrete radio
sources (that are mostly in the member galaxies) are required, in addition to the (lower reso-
lution) observations of the extended low brightness emission. The truly extended emission is
mapped upon subtraction of the respective contributions of these sources to the spectral flux.
Observations of extended radio emission had begun some 50 years ago with measurements
of Coma C in the central region of the Coma cluster by Seeger et al. (1957), followed by
various other measurements at frequencies in the range 0.01–4.85 GHz, including the first
detailed study at 408 MHz and 1407 MHz by Willson (1970).

Appreciable effort has been devoted to measure extended emission regions in clusters,
which has resulted in the mapping of centrally located (‘halo’) and other (‘relic’) regions in
about 50 clusters. Some 32 of these were found in a VLA survey (Giovannini et al. 1999;
Giovannini and Feretti 2000) of 205 nearby clusters in the ACO catalogue, only about a
dozen of these were previously known to have regions of extended radio emission. Primary
interest (certainly to us here) is in the former sources, which constitute a truly cluster phe-
nomenon. A central extended radio region (which is somewhat inappropriately referred to
as ‘halo’) typically has a size of ∼1–2 Mpc, and a luminosity in the range 1040–1042 erg s−1

(for H0 = 70 km s−1 Mpc−1) over the frequency band ∼0.04–5 GHz. With radio indices
usually in the range ∼1–2, the emission is appreciably steeper than that of (most) radio
galaxies.

The clusters in which radio halos and relics have already been found include evolv-
ing systems with a substantial degree of subclustering, as well as well-relaxed clusters that
seem to have attained hydrostatic equilibrium. Halo morphologies are also quite varied,
from roughly circular (projected) configuration to highly irregular shape, as can be seen in
the contour maps produced by Giovannini et al. (1999, 2006), Giovannini and Feretti (2000).
The spatial variety is reflected also in the wide distribution of values of the spectral index
across the halo; e.g. see the maps in Giovannini et al. (1999).

Obviously, the magnetic field strength and relativistic electron density cannot both be
determined from radio measurements alone, unless it is assumed that they are related so both
can be determined from a single observable. It is commonly assumed that the total energy
density of particles (mostly, protons and electrons) is equal to that in the magnetic field.
The validity of this equipartition assumption is not obvious, especially in clusters where
the particles and fields may have different origins and evolutionary histories. Moreover, the
complex nature of the radio emission, and the expected significant variation of the magnetic
field strength and relativistic electron density across a halo, imply that only rough estimates
of these quantities can be obtained from measurements of the (spectral) flux integrated over
the halo. When available, values of the halo mean equipartition field, Beq, are also listed in
Table 1; generally, these substantially uncertain values are at the few μG level.
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2.2 Faraday Rotation

IC magnetic fields can also be estimated by measuring the statistical depolarisation and
Faraday Rotation of the plane of polarisation of radiation from background radio sources
seen through clusters (e.g. Kim et al. 1991), and also from radio sources in the cluster. FR
measurements sample the line of sight component of the randomly oriented (and spatially
dependent) IC fields, weighted by the gas density, yielding a mean weighted value which
we denote by Bfr. This quantity was estimated by analysing the rotation measure (RM) dis-
tribution of individual radio sources in several clusters, including Cygnus A (Dreher et al.
1987), Hydra A (Taylor and Perley 1993; Vogt and Enßlin 2003), A 119 (Feretti et al. 1999;
Dolag et al. 1999), A 400, and A 2634 (Vogt and Enßlin 2003). Analyses of FR measure-
ments typically yield values of Bfr that are in the range of 1–10 μG.

Most FR studies are statistical, based on measurements of radio sources that are inside
or behind clusters. An example is the work of Clarke et al. (2001), who determined the dis-
tribution of RM values with cluster-centric distance for 27 radio sources within or in the
background (15 and 12, respectively) of 16 nearby clusters. Analysis of this distribution (in-
cluding comparison with results for a control sample of radio sources seen outside the central
regions of the clusters in the sample) yielded a mean field value of ∼5–10(�/10 kpc)−1/2 μG,
where � is a characteristic field spatial coherence (reversal) scale. In further work the sample
of radio sources was significantly expanded (to about 70; Clarke 2004). In comparing dif-
ferent measures of the mean strength of IC fields it should be remembered that the selective
sampling of locally enhanced fields in high gas density regions in cluster cores broadens the
RM distribution, resulting in overestimation of the field mean strength.

Deduced values of Bfr yield substantially uncertain estimates of the mean field across a
halo. The major inherent uncertainties stem from the need to separate the several contribu-
tions to the total RM (including that which is intrinsic to the radio source), the unknown tan-
gled morphology of IC fields and their spatial variation across the cluster, as well as uncer-
tainty in modelling the gas density profile. A discussion of these uncertainties, many aspects
of which have already been assessed in some detail (e.g., Goldshmidt and Rephaeli 1993;
Newman et al. 2002; Rudnick and Blundell 2003; Enßlin et al. 2003; Murgia et al. 2004), is
out of the scope of our review.

3 Nonthermal X-ray Emission

As has been noted long ago, Compton scattering of the CMB by relativistic electrons boosts
photon energies to the X-ray and γ -ray regions. Measurement of this radiation provides
additional information that enables the determination of the electron density and mean mag-
netic field directly, without the need to invoke equipartition. The mean strength of the mag-
netic field which is deduced from the radio and NT X-ray fluxes, Brx, is essentially a volume
average over the emitting region. The detection of IC radio and NT X-ray emission sets
the stage for a more meaningful study of the origin of magnetic fields and cosmic rays in
extragalactic environments.

The focus of this review are measurements of NT X-ray emission in large extended IC
regions. NT emission is obviously predicted within dominant radio galaxies in the centres
of clusters and in their radio halos. This emission has been sought in several galaxies in-
cluding NGC 1275 in the Perseus cluster (e.g., Sanders and Fabian 2007) and M 87 in Virgo
(Simionescu et al. 2007), but does not seem to have been detected. The mapping of the elec-
tron spectrum in these inner regions clearly provides crucial information on the initial source
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of IC relativistic electrons and most likely also energetic protons, whose energy input and
heating of the gas could possibly be important in the inner core of Perseus (Rephaeli and
Silk 1995) and other clusters. NT X-ray emission in these environments is quite complex
due to its multi-source (AGN, jet, binaries, and halo), temporally variable nature. A discus-
sion of NT emission in these essentially galactic environments is out of the scope of our
review.

The prospects for measuring cluster NT X-ray emission motivated detailed calculations
of the predicted emission (Rephaeli 1977, 1979). In these calculations the relativistic elec-
tron spectrum was directly related to the measured radio spectrum and no attempt was
made to model the spectra of possible energetic electron populations. Energetic protons,
which are a major Galactic cosmic ray component, are also expected in the IC space,
particularly so in the inner cores of clusters dominated by a radio galaxy. Their inter-
actions with protons in the gas produce neutral and charged pions, whose decays yield
γ -ray emission and secondary electrons (e.g., Dennison 1980; Dermer and Rephaeli 1988;
Blasi and Colafrancesco 1999). Energetic protons also deposit energy and heat IC gas
through their Coulomb interactions with electrons and protons in the gas (Rephaeli 1987;
Rephaeli and Silk 1995).

With mean field values in the range of 0.1–1 μG, the energy range of electrons emitting
at the observed radio frequencies is ∼1–100 GeV. Of course, electrons with energies outside
this range are also expected, either as part of the same or a different population. In partic-
ular, NT Bremsstrahlung EUV and X-ray emission by (the more numerous) lower energy
electrons would also be expected (Kaastra et al. 1998; Sarazin 1999). However, at energies
below ∼200 MeV, the main energy loss is electronic excitations in the gas (Rephaeli 1979);
this sets a stringent limit on the contribution to the NT X-ray emission by a low energy elec-
tron population (Rephaeli 2001; Petrosian 2001). We will therefore assume that NT X-ray
emission is largely due to Compton scattering of radio-emitting electrons by the CMB.

The main characteristics of the predicted Compton-produced emission are: (a) X-ray to
radio flux ratio is roughly equal to the ratio of the CMB energy density to the magnetic
field energy density. (b) Power-law index is nearly equal to the radio index. (c) Matching
X-ray and radio centroids, with the X-ray spatial profile generally shallower than that of
the radio emission. These features are expected only if the Compton-produced emission is
identified and separated from other contributions, the primary thermal emission as well as
NT emission from relics and individual galaxies. Due to source confusion, as well as other
systematic and observational uncertainties, spatial information is crucially needed in order
to clearly identify the origin of NT X-ray emission.

We first briefly summarise the required sensitivity and level of spatial resolution for the
detection of NT emission, and then review the results of the search for this emission with
the HEAO-1, CGRO, RXTE, BeppoSAX, Suzaku, and INTEGRAL.

3.1 Instrumental Requirements

Cluster X-ray emission is primarily thermal up to ∼30–40 keV; therefore, clear identification
of NT emission necessitates also precise measurement of the thermal emission in order to
account for and separate it from the sought NT component. The required detector spectral
range must therefore extend down to sufficiently low energies.

Using standard expressions for Compton and synchrotron emission from the same pop-
ulation of relativistic electrons, the predicted level of Compton-produced emission from
nearby clusters with measured radio halos can be readily estimated. Since imaging infor-
mation at the high energy X-ray regime (ε > 30) is minimal at best, we will ignore spatial
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factors in the Compton-synchrotron formulae (e.g., Rephaeli 1979) that include integrals
over the relativistic electron and magnetic fields spatial profiles. This is valid as long as
the NT X-ray emission region coincides with the radio region. We base our estimate of
the required detector sensitivity on the level of radio emission as measured in the nearby
clusters with well measured halos (such as Coma, A 2256, A 2319), for which the feasi-
bility of detection of the NT emission is likely to be highest. Using the range of values for
radio spectral index and flux, we estimate the level of NT flux at 40 keV to be typically
∼1 × 10−6 cm−2 s−1 keV−1 and an integrated flux of ∼3 × 10−5 cm−2 s−1 in the 40–80 keV
band, if the mean field (across the emitting region) is B ∼ 0.3 μG. The value of the field
is critical due to the strong B dependence of the flux, with a power-law exponent typically
larger than 2. For example, the predicted flux in the Coma cluster is some 16 times lower if
B = 1 μG.

Given the great difficulty in detecting the predicted NT flux at energies ε ≥ 40 keV, it
is only reasonable to search for it also at lower energies. To do so optimally would require
a high-sensitivity detector that covers a wider spectral band than that of any previously
flown instrument. Combining measurements made with two different detectors is problem-
atic, given the inherent difficulty in the requisite precise cross-calibration (at the ∼1% level)
of signals from detectors on the same satellite, and even more so when the detectors were
on different satellites altogether. An added difficulty arises in the extremely difficult task of
detecting a weak secondary component at energies below ∼1 keV where photoelectric ab-
sorption is strong. This should be kept in mind when assessing results form such combined
analyses, some of which are discussed below.

Even if NT emission is detected its origin has to be verified before it is identified with
electrons in the halo. The first requirement is that the measured emission does not show any
temporal variation (that would usually imply AGN origin). Sizes of radio halos in nearby
clusters are in the range of 15′–30′, which in principle can be resolved by the IBIS instrument
aboard INTEGRAL, the first imaging experiment in the high energy X-ray regime. Clearly,
higher detector sensitivity is required for resolved measurements of such large regions. All
the other presently active (and previous) satellites with high energy spectral capability have
FOVs that are larger than the halos of (even) nearby clusters. Measurements of NT emission
have so far been solely spectral, thus providing only the necessary—but not sufficient—
evidence for the detection of NT emission in a few clusters.

3.2 Initial Search for NT X-ray Emission

Systematic searches for NT X-ray emission began with the analysis of archival HEAO-1
measurements of six clusters (Coma, A 401, A 2142, A 2255, A 2256, A 2319) with mea-
sured radio halos (Rephaeli et al. 1987; Rephaeli and Gruber 1988), and continued with
CGRO observation of the Coma cluster (Rephaeli et al. 1994). No significant NT emission
was detected, resulting in lower limits on the mean, volume-averaged magnetic fields in
these clusters, Brx = O(0.1 μG).

Observation of the Coma cluster with the CGRO/OSSE experiment for ∼380 ks was the
first dedicated measurement of a cluster aimed at measuring NT emission. The fact that
the predicted emission was not detected clearly established that instruments with higher
detector sensitivity, significantly lower level of internal background, and much smaller FOV
(than that of OSSE, ∼1◦ × 1◦ FWHM), are the minimal requirements for measurement of
emission in the 40–100 keV band.

Attempts to measure NT emission from clusters continued with all subsequent X-ray
satellites whose nominal spectral band extended beyond 10 keV. First observational evidence
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for NT emission came from long measurements with the RXTE and BeppoSAX satellites, as
discussed in the next two subsections, followed by a review of results from ASCA, initial
results from Suzaku/HXD, and the first spatial analysis of INTEGRAL/IBIS observations of
the Coma cluster.

3.3 Search for NT Emission with RXTE

The search for cluster NT emission advanced significantly through long observations with
the PCA and HEXTE experiments aboard the RXTE satellite. These instruments have the
minimally required capabilities for detection of a weak NT spectral component—sufficiently
high sensitivity for precise measurement of the primary thermal emission, and good back-
ground subtraction achieved by (on and off source) ‘rocking’ of the HEXTE detectors. The
crucial RXTE features which are essential for identifying the small NT component are spec-
tral overlap of the two experiments over the effective (narrower than nominal) ∼13–25 keV
band, and the same triangular spatial response function with 58′ FWHM. As has been noted
already, the RXTE does not have the capability to resolve the emission even in nearby (rich)
clusters, implying that the exact origin of NT emission cannot be identified even when a
secondary spectral component is clearly detected.

We review here results of searches for NT components in the spectra of clusters that
were observed for at least ∼100 ks. Shorter observations were mostly aimed at measure-
ment of the primary thermal emission, with the exception of a 70 ks observation of A 754
(Valinia et al. 1999), and even shorter ∼30 ks observations of A 2256 (Henriksen 1999) and
A 1367 (Henriksen and Mushotzky 2001), which resulted in upper limits on NT emission
in these clusters. For obvious reasons, Coma was the first cluster searched for NT emission
with RXTE (Rephaeli et al. 1999). The search continued with long observations of A 2319,
A 2256, and A 2163, all with observed radio halos. Results of the search for NT emission in
these and other clusters are listed in Table 1, and briefly described below.

Coma The cluster was initially observed (in 1996) for ∼90 ks with the PCA, and for
∼29 ks with HEXTE. Analysis of these measurements showed evidence for the presence
of a second spectral component at energies up to ∼20 keV (Rephaeli et al. 1999), but the
nature of the secondary emission could not be determined. In order to improve the quality

Table 1 NT emission parameters from RXTE measurements and (deduced mean radio-and-X-determined
field) Brx

Cluster 20–80 keV flux � Brx Reference

(10−12 erg s−1 cm−2) (μG)

Coma 21 ± 6 2.1 ± 0.5 0.1–0.3 Rephaeli and Gruber (2002)

A 2163 11+17
−9 1.8+0.9

−4.2 0.4 ± 0.2 Rephaeli et al. (2006)

A 2256 4.6 ± 2.4 2.2+0.9
−0.3 0.2+1.0

−0.1 Rephaeli and Gruber (2003)

A 2319 14 ± 3 2.4 ± 0.3 0.1–0.3 Gruber and Rephaeli (2002)

A 3667 ≤ 4 ∼2.1 ≥ 0.4 Rephaeli and Gruber (2004)

1ES 0657-55.8 ∼5 ± 3 1.6 ± 0.3 1.2a Petrosian et al. (2006)

All quoted errors are at the 90% confidence level
aThe magnetic field value in 1ES 0657-558 was derived assuming energy equipartition between the field and
particles
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of the spectral results, the cluster was observed again (in 2000) for ∼177 ks. Analysis of the
new observations (Rephaeli and Gruber 2002, hereafter RG02) yielded results that are con-
sistent with those from the first observation. Joint analysis of the full RXTE dataset shows
that—from a statistical point of view—no preference could be determined for the nature of
the secondary component. If thermal, the most probable temperature would be very high,
kT2 � 37.1 keV, but at its lowest boundary, the 90% contour region includes a much lower,
physically more acceptable value. However, the best fit combination of the temperatures of
the primary and secondary components is then kT1 = 5.5 keV, and kT2 = 9 keV, respec-
tively, with the respective 4–20 keV fractional fluxes of ∼24% and ∼76%. RG02 argued
that it is quite unlikely that about a quarter of the emission comes from gas at a significantly
lower temperature than the mean value deduced by virtually all previous X-ray satellites. In
particular, such a component would have been detected in the high spatially resolved XMM
and Chandra maps of the cluster.

To quantitatively assess the possibility that a two-temperature gas model is just a sim-
plified representation of a more realistic continuous temperature distribution, RG02 have
assumed a polytropic gas temperature profile of the form T (r) ∝ n(r)γ−1, with a β profile
for the gas density, n(r) ∝ (1 + r2/r2

c )−3β/2, where rc is the core radius. With these pro-
files they calculated the integrated flux and the mean emissivity-weighted temperatures as
functions of γ , β , and r . These quantities were then calculated in the projected (2D) circu-
lar regions [0,R] and [R,R0] by convolving over the triangular response of the PCA with
R0 � 58′. From ROSAT observations, rc ∼ 10.0′, and β � 0.70 ± 0.05 (Mohr et al. 1999).
The range of values of R, β , and γ for which the two mean emissivity-weighted tempera-
tures and respective fluxes from these regions were closest to the values deduced from the
spectral analysis, were then determined. The results of these calculations indicate that for
0.5 ≤ β ≤ 0.9 and 1 ≤ γ ≤ 5/3, there is no acceptable polytropic configuration that matches
the observationally deduced values of the temperatures and fractional fluxes. For low values
of γ the temperature gradient is too shallow, whereas for high γ values the implied cen-
tral temperature is unrealistically high. Based on these results RG02 concluded that the two
thermal components model does not seem to be consistent with the RXTE measurements,
but certainly could not be ruled out.

Clearly, a search for NT emission motivated the long observation, and this alternative
origin was assessed in detail by RG02. Since emission from an AGN in the FOV was consid-
ered unlikely, they assessed whether the secondary emission is due to Compton scattering of
relativistic electrons whose presence in Coma is directly inferred from many measurements
of spatially extended region of radio emission (e.g. Kim et al. 1991; Giovannini et al. 1993;
Thierbach et al. 2003). From the measured radio spectral index, 1.34 ± 0.1, it follows that
the predicted power-law (photon) flux from Compton scattering of these electrons by the
CMB should have an index � ∼ 2.3. A power-law fit to the secondary component yielded
2.1 ± 0.5 at the 90% confidence level (CL). Results of this fit are shown in Fig. 1.

With the measured mean radio flux of 0.72 ± 0.21 Jy at 1 GHz, and the deduced level
of power-law X-ray flux, the mean volume-averaged value of the magnetic field, Brx, was
computed to be in the range 0.1–0.3 μG. As noted by RG02, this estimate is based on the
assumption that the spatial factors in the theoretical expressions for the two fluxes (Rephaeli
1979) are roughly equal, an implicit assumption made in virtually all previous attempts to
derive the strength of cluster fields from radio and X-ray measurements.

A similar procedure was employed in analyses of observations of the other clusters
(A 2319, A 2256, and A 2163) that were initiated by Rephaeli & Gruber.

A 2319 The cluster was observed (in 1999) for ∼160 ks. Analysis of the data (Gruber
and Rephaeli 2002) showed no noticeable variability over the ∼8 week observation. The
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Fig. 1 The RXTE spectrum of
the Coma cluster and folded
Raymond-Smith (kT � 7.67),
and power-law (photon index
= 2.3) models (from Rephaeli
and Gruber 2002). HEXTE data
points are marked with circles
and 68% error bars. The total
fitted spectrum is shown with a
histogram, while the lower
histogram shows the power-law
portion of the best fit. The quality
of the fit is demonstrated in the
lower panel, which displays the
observed difference normalised
to the standard error of the data
point

quality of the data allowed a meaningful search for emission whose spectral properties are
distinct from those of the primary thermal emission with measured mean temperature in the
range 8–10 keV. A fit to a single thermal component yielded kT = 8.6 ± 0.1 (90% CL),
a low iron abundance ZFe ∼ 0.16 ± 0.02, and large positive residuals below 6 keV and
between 15 to 30 keV. The quality of the fit was very significantly improved when a second
component was added. A two-temperature model yielded kT1 � 10.1±0.6, kT2 � 2.8±0.6,
and ZFe ∼ 0.23±0.03, a value consistent with previously measured values. An equally good
fit was obtained by a combination of primary thermal and secondary NT components, with
kT � 8.9 ± 0.6, and photon index � � 2.4 ± 0.3. Similar results were obtained when a joint
analysis was performed of the RXTE data and archival ASCA data. The deduced value of � is
consistent with the measured spectrum of extended radio emission in A2319. Identification
of the power-law emission as Compton scattering of the radio-emitting electrons by the
CMB resulted in Brx ∼ 0.1–0.3 μG, and ∼4 × 10−14(R/2 Mpc)−3 erg cm−3 for the mean
energy density of the emitting electrons in the central region (radius R) of the cluster.

A 2256 Following a very short ∼30 ks observation of A 2256 (in 1997)—which resulted
in an upper limit on NT emission (Henriksen 1999)—the cluster was observed (in 2001
and 2002) for a total of ∼343 ks (PCA) and ∼88 ks (HEXTE). The data analysis (Rephaeli
and Gruber 2003) yielded evidence for two components in the spectrum. Based on statistical
likelihood alone the secondary component can be either thermal or power-law. Joint analysis
of the RXTE and archival ASCA data sets yielded kT1 = 7.9+0.5

−0.2 and kT2 = 1.5+1.0
−0.4, when

the second component is also thermal, and kT = 7.7+0.3
−0.4 and � = 2.2+0.9

−0.3 (90% CL), if the
second component is a power-law. Identifying the secondary emission as due to Compton
scattering of the radio producing relativistic electrons yielded Brx � 0.2+1.0

−0.1 μG in the central
1° region of the cluster, a region which contains both the halo and relic sources.

A 2163 The moderately-distant (z = 0.203) cluster was observed for ∼530 ks (during a
6 month period in 2004). Primary thermal emission in this cluster comes from very hot IC
gas with kT ∼ 15 keV, but analysis of the observations (Rephaeli et al. 2006) indicated very
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clearly that this component does not by itself provide the best fitting model. A secondary
emission component was needed, and while this could also be thermal at a temperature
significantly lower than 15 keV, the best fit to the full dataset was obtained with a power
law secondary spectral component. The parameters of the NT emission imply a significant
fractional flux amounting to ∼25% of the integrated 3–50 keV emission. NT emission is
expected given the intense level of radio emission, most prominently from a large radio
halo. Rephaeli et al. (2006) assumed that the NT emission originates in Compton scattering
of (the radio-emitting) relativistic electrons by the CMB, and estimated Brx ∼ 0.4 ± 0.2 μG
to be an overall mean field strength in the large complex region of radio emission in the
cluster.

A 3667 The cluster was observed (in 2001 and 2002) for ∼141 ks; analysis of the RXTE
observation and lower energy ASCA data, yielded only marginal evidence for a secondary
power-law emission component in the spectrum (Rephaeli and Gruber 2004). This resulted
in an upper limit of 2.6×10−12 erg cm−2 s−1 (at 90% CL) on NT emission in the 15–35 keV
band. When combined with the measured radio flux and spectral index of the dominant
region of extended radio emission, this limit implies a lower limit of ∼0.4 μG on the mean,
volume-averaged magnetic field in A 3667.

1ES 0657-55.8 At z = 0.296 the ‘bullet’ cluster is the most distant cluster searched for NT
emission with RXTE. The cluster was observed (in 2002 and 2003) for a total of ∼400 ks.
Joint analysis of the RXTE observations together with archival XMM-Newton observations
clearly indicated the presence of a second spectral component (Petrosian et al. 2006). While
the nature of this second component cannot be determined from the spectral analysis alone,
the authors argue that a power-law spectral shape is a more viable interpretation than an ex-
ponential. Since no radio data were available, the authors could only determine a mean field
value of ∼1.2 μG assuming energy equipartition between the field and relativistic electrons.

3.4 Search for NT Emission with BeppoSAX

For observations of clusters the two relevant instruments were the MECS and PDS, the
former with a spectral range of 1.3–10 keV, 56′ FOV and ∼2′ resolution, and the latter with
response in the nominal 15–300 keV range and 1.3° FOV. The capability to separate the
respective contributions of low and high energy components requires simultaneous and self-
consistent measurements. For this reason the lack of spectral overlap of the two instruments
(and their somewhat different FOV) was unfortunate.

3.4.1 Observations of Individual Clusters

Results of searches for cluster hard X-ray emission are summarised in Table 2; a brief dis-
cussion of these results follows.

Coma Fusco-Femiano et al. (1999) reported a 4.5σ detection of excess emission above
the primary thermal emission in ∼91 ks PDS observations carried out in 1997, but a
later re-analysis resulted in a reduced estimate of the significance to 3.4σ (Fusco-Femiano
et al. 2004). The cluster was observed again for ∼300 ks (in 2000), and an analysis of
the combined datasets—with a thermal component whose temperature was assumed to be
kT = 8.1 keV—yielded a 4.8σ detection of excess emission in the 20–80 keV band (Fusco-
Femiano et al. 2004). Assuming a power-law form for this excess emission with index
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Table 2 NT emission parameters from BeppoSAX measurements and (deduced mean radio-and-X-
determined field) Brx

Cluster 20–80 keV flux � Brx Reference

(10−12 erg s−1 cm−2) (μG)

Comaa 15 ± 5 ? 0.2 Fusco-Femiano et al. (2004)

A 2256 8.9+4.0
−3.6 1.5+0.3

−1.2 0.05 Fusco-Femiano et al. (2000)

A 2199 9.8 ± 4.0 1.8 ± 0.4 ? Kaastra et al. (1999)

A 2319 ≤ 23 ? ≥ 0.04 Molendi et al. (1999)

A 3667b ≤ 6.4 2.1 ≥ 0.4 Fusco-Femiano et al. (2001)

A 754c ∼2 ? 0.1 Fusco-Femiano et al. (2003)

Centaurusd 10.2 ± 4.6 1.5+2.3
−1.3 Molendi et al. (2002)

All quoted errors are at the 90% confidence level
aAccording to Rossetti and Molendi (2007) proper accounting for uncertainties makes the detection insignif-
icant
bThe emission from AGN FRL339 was not subtracted out
cThe measured flux is possibly from the radio galaxy 26W20

dThe measured flux is possibly due to an AGN

� ∼ 2.0, the 20–80 keV flux of 1.5±0.5×10−11 erg s−1 cm−2 was derived (a value which is
consistent with that derived by Nevalainen et al. (2004). Interpreting this to be of Compton
origin, and using the radio flux, resulted in Brx ∼ 0.2 μG.

Rossetti and Molendi (2004) questioned the reliability of the Fusco-Femiano et al. (1999,
2004) analyses. Having carried out their own analysis of 69 blank fields observed with PDS,
they found that the two offset positions used for the local background determination yielded
systematically different results for the background-subtracted flux. Since Fusco-Femiano
et al. (1999, 2004) used only one offset pointing (due to contamination in the other offset
field), without any adjustment for the systematic difference, Rossetti and Molendi (2004)
claimed that the results of Fusco-Femiano et al. are incorrect. Based on the use of a different
software package (SAXDAS) for background determination, Rossetti and Molendi (2004)
determined that the significance of detection of excess emission in the original observation
was only at the 2σ level, while their analysis of the second observation yielded no evidence
for excess emission, in strong contrast with the 4.8σ detection level deduced by Fusco-
Femiano et al. (2004).

The analysis was repeated (see Fig. 2) by Fusco-Femiano et al. (2007); they concluded
that the discrepant results are due to the presence of two variable sources in one of the
background fields, which is why they ignored that field in their analysis. The different
background fields and the use of the XAS software (rather than SAXDAS) were suggested
to be the reasons for the high significance (4.8σ ) detection reported by Fusco-Femiano
et al. (2004). In a recent reply to Fusco-Femiano et al. (2007), Rossetti and Molendi
(2007) defended their re-analysis and the lower detection significance of the hard excess,
re-emphasising that the significance is highly sensitive to both the choice of the offset point-
ings for local background estimation, and also to the exact value of the temperature adopted
in the analysis. Landi (2005) analysed a sample of 868 blank fields and found no difference
in flux values when using either of the two offset pointings. However, Rossetti and Molendi
(2007) could not investigate the reasons for the discrepancy between their blank sky mea-
surements and those of Landi (2005) since the details of the latter work are not yet publicly
available.
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Fig. 2 BeppoSAX spectrum of
the Coma cluster obtained using
the XAS software package (from
Fusco-Femiano et al. 2007). Data
are from PDS measurements
(above 15 keV, with 68% error
bars); the line is a best-fit thermal
model with kT = 8.11 keV
obtained previously from Ginga
measurements (David et al. 1993)

Flux confusion due to unidentified (and therefore unremoved) background AGN is par-
ticularly troublesome due to the relatively large FOV (1.3°) of the PDS. Although some
of the integrated emission of distant AGN in the cluster field is removed in the rocking
mode, there still is a residual signal due to AGN background fluctuations, and possibly also
the presence of AGN in the cluster. This introduces a level of systematic uncertainty that
was not specifically accounted for in most published PDS cluster analyses. Analysing 164
PDS blank-sky observations, Nevalainen et al. (2004) found a systematic difference in the
background-subtracted fluxes when using only one of the two pointings available for the lo-
cal background estimate in the standard rocking mode. The authors speculate that this might
be due to either radiation entering the collimators from the side, screening of the instruments
by the satellite, or the fact that the detector is looking at more/less radioactive parts of the
satellite. These results are qualitatively similar to those of Rossetti and Molendi (2004), but
are more pronounced by a factor of ∼2. The difference in flux values when using either of
the two offset pointings seems to be the reason for the different results obtained for the sig-
nificance of the detection of NT emission in Coma. The issue remains unsettled and needs
to be further explored.

Moreover, as we have pointed out, precise separation between the primary and sec-
ondary spectral components depends very much on the ability to do a simultaneous fit
to the parameters of both thermal and possibly NT emission. The search for a NT com-
ponent with BeppoSAX suffered from lack of spectral overlap between the MECS and
PDS instruments, and consequently the need to adopt a previously determined value
of kT . Due to inherent differences between the HEXTE and PDS instruments, only a
rough comparison between the respective results can be made. In this spirit it is ap-
parent that the two estimates for the NT (20–80 keV) flux (Rephaeli and Gruber 2002;
Fusco-Femiano et al. 2004) are in agreement (see Tables 1 and 2).

A 2256 Fusco-Femiano et al. (2005) analysed two separate PDS observations of the cluster
for a total of ∼430 ks; they claimed a 4.8σ detection of excess emission. Fitting this excess
to a power-law yielded � = 1.5+0.3

−1.2 and a 20–80 keV flux of 8.9×10−12 erg cm−2 s−1, which
is essentially the same value deduced by Nevalainen et al. (2004). Use of the measured radio
flux yielded Brx ∼ 0.05 μG, assuming that the NT emission they deduced originates in the
radio relic located in the NW side of the cluster. We note that the flux deduced by Rephaeli
and Gruber (2003) is about a factor of ∼2 lower than that of Fusco-Femiano et al. (2005),
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but given the large uncertainty in �, for which the former authors quote a relatively low
value, this difference is not very significant.

A 2199 Analysis of MECS 8–10 keV measurements led Kaastra et al. (1999) to claim
detection of a significant excess emission (over that of the best-fit thermal model). Fit of a
power-law to the data yielded an index of 1.81 ± 0.25. They concluded that this emission
originates in an outer region (beyond a 300 kpc central radial region), and that its relative
strength (with respect to thermal emission) increases such that it dominates the 8–10 keV
emission at ∼1 Mpc from the centre.

A 3667 A marginal detection (at a 2.6σ significance) of excess 20–35 keV emission was
reported by Fusco-Femiano et al. (2001). A power-law fit resulted in an index of ∼2.1,
from which an upper limit on NT 20–80 keV flux of 6.4 × 10−12 erg s−1 cm−2, and a lower
limit Brx � 0.4 μG were deduced. However, the authors did not consider the impact of the
presence of the Seyfert 1 galaxy FRL 339 in the PDS FOV; emission from this galaxy is
at a level comparable to that attributed to the NT component (Nevalainen et al. 2004). This
would seem indeed the case, given the fact that analysis of RXTE measurements yielded
only an upper limit on NT emission (Rephaeli and Gruber 2004).

A 754 Fusco-Femiano et al. (2003) reported the detection of excess emission above 45 keV
at a 3.2σ significance. They deduced a 10–40 keV flux of 2 × 10−12 erg s−1 cm−2 and
Brx � 0.1 μG, but noted that the presumed NT emission could possibly be from the radio
galaxy 26W20.

Centaurus Molendi et al. (2002) detected a hard X-ray excess at the 3.6σ level. The
best-fit power-law model yielded an index of � = 1.5+1.4

−0.8, and a 20–200 keV flux of
2.2 × 10−11 erg s−1 cm−2, but they concluded that the emission may originate in a serendip-
itous AGN.

A 2319 No statistically significant power-law emission was detected in the analysis of a
very short ∼20 ks (PDS) observation, resulting in an upper limit of 2 × 10−11 erg s−1 cm−2,
and a lower limit Brx ∼ 0.04 μG (Molendi et al. 1999). As discussed above, the much longer
(∼160 ks) RXTE observation led to a significant NT flux.

3.4.2 Statistical Results from a Cluster Sample

An attempt to obtain some insight from co-added PDS data on a sample of 27 clusters was
made by Nevalainen et al. (2004). A brief review of their results follows.

The problematic aspects of a statistical study of PDS data should first be summarised.
As we have already noted, flux confusion due to unidentified AGN is of particular concern
due to the relatively large PDS FOV. Nevalainen et al. (2004) used optical catalogues to
identify Seyfert 1 galaxies, and BeppoSAX MECS or ROSAT PSPC data at their locations to
estimate the AGN contribution in the PDS spectra. Clusters for which the estimated Seyfert 1
contribution was more than 15% of the total signal were removed from the initial sample.
Population synthesis modelling of the cosmic X-ray background (CXB) indicates that 80%
of the AGN need to be obscured to produce the CXB spectrum (Gilli et al. 1999), which
is harder than the spectrum of unobscured AGN. Indeed, recent deep X-ray observations
of blank fields (e.g., Hasinger et al. 2001) have discovered a population of absorbed point
sources that outnumbers the Seyfert 1 galaxies by a factor of ∼4. These obscured AGN
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Fig. 3 NT signal and 1σ

uncertainties in the PDS
20–80 keV band after subtraction
of the contributions from the
background, thermal emission,
and AGN in the field, and
accounting for uncertainties in
these subtractions (Nevalainen
et al. 2004). The dotted vertical
line separates the relaxed
clusters (left) from the rest (right)

are seen through an absorbing torus (with NH = 1022–1025 atoms cm−2; Risaliti et al. 1999)
which hides them in the soft X-ray band. Thus, a robust estimate for their contribution was
not available. However, the spectral and spatial distribution of the NT emission (see below)
argues against significant contamination due to obscured AGN in the final Nevalainen et al.
(2004) sample.

The thermal emission of clusters in the sample was modelled by Nevalainen et al. (2004)
based on results of published analyses of the emission measured by the BeppoSAX MECS
and XMM-Newton EPIC instruments. Since the PDS has no spatial resolution, the flux ob-
served in the central region was extrapolated to the full PDS FOV using the appropriate
single (or double) β models, after account was made for vignetting. They extrapolated the
thermal emission model to the 20–80 keV band and compared the prediction with the PDS
data, thus estimating the NT emission. The comparison showed that in ∼50% of the clusters
the NT component was marginally detected at the 2σ level. Most of the significant detec-
tions were found in clusters which show signs of recent merger activity. Specifically, when
clusters were divided into ‘relaxed’ or ‘merger’ groups, it was determined that the mean
20–80 keV NT emission in the latter group (4.8 × 10−2 counts s−1) was ∼10 times higher
than that of the ‘relaxed’ clusters (see Fig. 3). The level of systematic uncertainties due to
background fluctuations is such that only the emission from clusters in the ‘merger’ group
was found to be marginally significant (at ∼2σ ). Assuming a power-law shape for this ex-
cess with (photon) index of 2.0, it was deduced that the 20–80 keV luminosity per cluster is
4 × 1043h−2

70 erg s−1 (Nevalainen et al. 2004).
The residual emission of the individual clusters was too weak for meaningful spec-

tral analysis; therefore, Nevalainen et al. (2004) co-added the data for the clusters, which
amounted to a total of 560 ks. In order to obtain an estimate for the thermal contribution, the
authors fitted data in the 12–20 keV band obtaining a best-fit temperature of ∼8 keV, consis-
tent with the sample median. Extrapolating this model to the 20–80 keV band showed that
there was indeed excess emission (see Fig. 4). A fit of the full 12–115 keV data to a thermal
model resulted in a statistically unacceptable fit with an unrealistically high temperature of
∼26 keV.

A fit of the residual emission with a power-law model yielded a best-fit index � = 2.8+0.3
−0.4

at 90% CL. Since a typical AGN index is ∼1.8, appreciable AGN emission was ruled out
at the 98% CL. The high level of NT emission in the 12–20 keV band (∼50% of the total)
is problematic, because in the central regions of the clusters in which NT emission was
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Fig. 4 The combined PDS
spectrum of all the clusters not
significantly affected by AGN
(Nevalainen et al. 2004). Lines
show the unfolded model
components while crosses show
the data and 1σ errors.
The dotted line describes the
thermal component, and the solid
line shows the combined thermal
and NT components. The dashed
line indicates the best-fit
power-law of � = 2.8

deduced, the MECS data typically allow the fractional contribution of such emission to be
only a few percent. This seems to suggest that NT emission is extended with only a small
fraction originating in the central region.

The indication from these statistical results for a connection between the cluster merger
state and NT emission may be seen to support the scenario whereby electrons are accelerated
by merger shocks. If so, the deduced power-law indices correspond to differential relativis-
tic electron spectra with indices in the range μ = 3.8–5.0. The implied radio synchrotron
(energy) spectral indices ∼1.4–2, are consistent with the observed range.

3.5 Search for NT Emission with ASCA

ASCA had a fairly good sensitivity and low background up to about 10 keV, clearly too low
for observing cluster NT emission. But there could also be detectable NT emission in groups
of galaxies, in which galaxy interactions occur at relatively high encounter rates, and given
that gas temperatures in groups are typically about 2 keV or less, an attempt was made to
look for NT emission with ASCA. The first reported detection of excess emission, at energies
above 5 keV, was made for the group HCG 62 (Fukazawa et al. 2001). The luminosity of the
excess component was ∼4 × 1041 erg s−1, which was estimated to be some 20 times higher
than the contribution of discrete X-ray sources. The hard excess was spatially extended to
about 10′ from the centre. Since the spectrum was too hard to be interpreted as thermal
emission from the intra-group gas, a NT origin was thought to be more likely. A recent
analysis of Suzaku XIS and HXD (see below) measurements of HCG 62 resulted only in an
upper limit on NT emission (Tokoi et al. 2007), but at a level which does not exclude the
ASCA result.

Nakazawa et al. (2007) carried out a search for NT emission from 18 groups of galax-
ies observed with ASCA, including HCG 62. They fitted the spectra below 2.5 keV with
2 temperature thermal (MEKAL) models and compared the data in the 4–8 keV band with
the extrapolated thermal spectra. Excess fluxes are shown in Fig. 5 in terms of statistical
significance. HCG 62 and RGH 80 show excess emission at > 2σ CL, with excess emission
thought to be likely also in NGC 1399. The residual spectra could be fitted either with a
thermal model with kT ≥ 3 keV or a power-law model with photon index fixed at 2. The
2–10 keV luminosity of the excess component is 10–30% of the thermal emission and 4–
100 times stronger than the contribution from discrete X-ray sources. They concluded that
both thermal and NT origins are acceptable from a statistical point of view.
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Fig. 5 ASCA measurement of excess emission in a sample of 18 groups of galaxies. The count rate in
the 4–8 keV band is shown by the residual over the thermal model determined in the energy range below
2.5 keV. Squares denote groups for which the soft-band spectrum was fitted with single temperature model,
while in the systems shown by stars two-temperature models were required. Error bars include statistical
and systematic 1σ uncertainties. A thermal fit to the NGC 5044 spectrum, indicated with a diamond, was
considered to be unacceptable. Adapted from Nakazawa et al. (2007)

3.6 Search for NT Emission with Suzaku

Suzaku, the 5th Japanese X-ray satellite launched in July 2005, carries hard X-ray detec-
tors (HXD) along with the X-ray CCD instrument (XIS). The combined energy range is
from 0.3 keV up to about 600 keV, and a wide-band coverage of X-ray and γ -ray sources
is possible. The HXD system consists of 16 units of well-type phoswich detectors, sur-
rounded by anti-coincidence shield scintillators (Takahashi et al. 2007; Kokubun et al.
2007). The well-type detector consists of a long active collimator made of BGO (a Bismuth-
Germanium Oxyde), and the bottom of the well is equipped with Si PIN detectors and a
GSO (a Gadolinium-Silicon Oxyde) scintillator. The PIN is 2 mm thick and sensitive from
8 keV to 50 keV; the GSO covers the 50–600 keV band. Typical effective areas are 160 cm2

at 10 keV (PIN), and 330 cm2 at 100 keV (GSO). The FOV is 34′ × 34′ FWHM below
100 keV, limited by a phosphor bronze fine collimator installed in the well. At higher ener-
gies, the FOV becomes wider, up to 4.5◦ × 4.5◦. The PIN detectors are cooled to −20°C by
a thermal radiator connected with heat pipes.

The background level is very low for the PIN detector, since it has no accumulated effect
of radio-activation in orbit. The measured background level in orbit is indeed lower than
the level of the PDS (on BeppoSAX) by a factor of about 3, even though Suzaku’s inclined
orbit makes it more susceptible to the intense X-rays during passage through the radiation
belt. This and the HXD narrow FOV make it the most sensitive instrument in the 10–60 keV
band, among all previously flown hard X-ray detectors.

About 30 clusters have already been observed (as of April 2007) with Suzaku, including
several for which the primary purpose is a search for NT emission. Meaningful constraints
on NT emission were obtained for rather low temperature clusters. Most extensively ob-
served is A 3376; these observations are described in some detail.

A 3376 This nearby (z = 0.046) merging cluster has an IC gas temperature of ∼4 keV.
The relatively low temperature motivated the selection of the cluster as the prime target for
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Fig. 6 Background subtracted spectra of A 3376 with the Suzaku HXD PIN detector (Kawano et al. 2007).
Left panel is for the region including the centre and the east relic; the right panel is for the west relic. Upward
along the left-hand ordinate, the four solid curves show estimated flux due to point-sources, cluster thermal
emission, cosmic X-ray background contribution, and their sum, respectively

observations with the PIN detectors. The cluster is noted by two large radio relics, proba-
bly expanding over a Mpc scale in the east and west boundaries of the thermal emission.
BeppoSAX observations resulted in a 2.7σ detection of a NT component. The Suzaku ob-
servations were carried out during two separate pointings in October and November 2005.
The first ∼90 ks observation covered the central region which includes the east relic, and
the second ∼ 103 ks was centred on the west relic region.

The background properties have been investigated by Kawano et al. (2007) and applied
to the A 3376 data. Background data, i.e. data taken when the satellite was pointing to the
dark Earth, were sorted by position of the satellite in Earth coordinates. This basically per-
forms sorting with the cosmic-ray cut-off rigidity which is known to correlate well with the
non X-ray background. Since passage through the radiation belt leaves enhanced emission
afterward, the data in each Earth position were further divided into northward and southward
satellite movements. The long-term trend of the background variation was also included in
the estimation. Comparison with the predicted background rate and the observed dark Earth
data indicates that this method gives 3.5% (1σ ) error.

This method was applied to the observed data in the energy range 15–50 keV. Thermal
cluster emission, estimated from the XIS measurements, CXB and point source contribu-
tions need to be subtracted. As shown in Fig. 6, the HXD PIN spectrum for the west relic
suggests some level of excess emission. Including fluctuations of all these components, the
flux of the west relic in the 15–50 keV band is (6.3 ± 1.8 ± 6.2) × 10−12 erg cm−2 s−1,
where the errors are statistical and systematic, respectively. Most of the systematic error,
about 85%, is non-CXB; thus, further improvement in the background estimation is nec-
essary in order to better determine the level of excess emission. The implied upper limit,
1.4 × 10−11 erg cm−2 s−1, is consistent with the limit obtained from the RXTE measure-
ments, and about 20% lower than the level reported from the BeppoSAX observation.

The west-relic region was jointly observed with the XIS instrument, and Kawano et al.
also constrained the possible power-law flux based on the spectral fit. The obtained upper
limit in the 4–8 keV region is extrapolated to 15–50 keV assuming a photon index of 1.8
with no scaling with the FOV, and it corresponds to about 20% of the hard X-ray upper limit.
Of course, it is quite possible that the true NT flux is less than 3 × 10−12 erg cm−2 s−1 in
the 15–50 keV band; however, if the emission is spatially extended then the XIS constraint
still allows a hard flux of 2.4 × 10−11 erg cm−2 s−1 over the PIN field of view. Thus, an
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extended hard X-ray emission (larger than 0.5°) remains a possibility. Using the 1.4 GHz
measurement of the west relic, Kawano et al. deduced a lower limit Brx > 0.1 μG.

A 1060 and the Centaurus cluster These clusters are both relaxed nearby systems with
kT ∼ 3.5 keV; A 1060 is non-cD cluster, while the Centaurus cluster is dominated by a cD
galaxy. The clusters were well studied by Kitaguchi et al. (2007). The observed data for the
A 1060 and Centaurus cluster by the PIN instrument were accumulated for 28 and 26 ks,
respectively. The latter authors applied the standard non-CXB subtraction and found that the
blank-sky data yielded a fluctuation of 3–5% (1σ ) in the energy range 10–50 keV. When the
non-CXB flux was subtracted from the data, the data for both clusters showed agreement
with the CXB above 20 keV; the A 1060 data even showed a deficit of the counts. In the
energy range 10–20 keV, there remained an excess flux over the CXB level for both clusters.
The flux was 4 or 8 times stronger than the CXB level for A 1060 and Centaurus, respec-
tively. The cluster thermal emission was measured with ASCA, which had a wider FOV than
the PIN, and the measured temperatures were 3.3 and 3.8 keV for the two clusters. These
spectra with the intensity consistent with the ASCA measurement were compared with the
PIN residual component. They found that the thermal emission can explain the PIN data
quite well for both clusters, so only upper limits were derived on the NT emission.

3.7 INTEGRAL Observation of the Coma Cluster

A large fully coded field of view (8◦ × 8◦), and good imaging capabilities with a PSF of
12′ FWHM, make it possible to construct hard X-ray cluster images below 300 keV with
the IBIS/ISGRI coded mask instrument (Ubertini et al. 2003; Lebrun et al. 2003) aboard
the International Gamma-Ray Astrophysics Laboratory (INTEGRAL, Winkler et al. 2003).
Renaud et al. (2006) reported the analysis of a ∼500 ks observation of the Coma cluster with
IBIS/ISGRI. The cluster was detected at a significance ∼10σ CL in the 18–30 keV energy
band. The ISGRI image shows extended emission structure globally similar to that is seen
by XMM-Newton below 10 keV (e.g. Arnaud et al. 2001; Neumann et al. 2003). In Fig. 7
we present two images of the Coma field in the 18–30 keV (left panel) and 30–50 keV (right
panel) energy bands processed with the OSA-5 software, following a procedure similar to
that described in Renaud et al. (2006), but for a longer (accumulated) ISGRI exposure of
∼ 940 ks (‘good time’). The detected flux in the 18–30 keV band is consistent with the
extrapolation of the flux measured by XMM-Newton below 10 keV assuming a model of a
thin thermal plasma model with kT = 8 keV (see Renaud et al. 2006; Eckert et al. 2007); no
statistically significant flux is seen in the higher energy band. From the observed images it
appears that in order to detect or meaningfully constrain with INTEGRAL the presence of a
NT X-ray component reported in RXTE and BeppoSAX observations of Coma, an integration
time longer by a factor of ∼2–3 would be required.

3.8 Limits on Cluster γ -ray Emission

The relatively steep power-law shape of cluster NT emission (which is most precisely mea-
sured in the radio) directly implies that the detection of γ -ray emission from even nearby
clusters will be very challenging. To estimate the predicted level of emission, consider the
Coma cluster as an example; assuming no change in the relativistic electron power-law in-
dex, and the deduced 20–80 keV flux level (in Table 1), the cumulative flux at ε ≥ 100 MeV
is ∼6 × 10−9 cm−2 s−1. Although substantially uncertain, flux at this level is close to the
projected GLAST sensitivity threshold for an exposure time of 1 yr for the all sky survey.
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Fig. 7 Hard X-ray images of the Coma cluster from a 940 ks IBIS-ISGRI observation. The left and right
panels show the ISGRI mosaics in the 18–30 keV, and 30–50 keV bands, respectively

The flux will be well below this level if the electron spectrum steepens even modestly at en-
ergies above the range deduced from radio measurements. Note that γ -ray emission could
also have hadronic origin (from π0 decay, following proton-proton interactions), but only
very rough limits can be placed on this emission (e.g., Dermer and Rephaeli 1988).

A statistical upper limit on γ -ray emission from clusters was obtained by Reimer et al.
(2003) from analysis of EGRET measurements. The emission in fields centred at 58 clusters
observed between 1991 and 2000 was analysed. A co-added mean flux level was determined
after accounting for the diffuse background contribution. The resulting upper 2σ limit on the
mean cluster flux above (photon) energy of ε ≥ 100 MeV was found to be 6×10−9 cm−2 s−1.
Interestingly, this level is at the level predicted for Coma based on direct extrapolation of
the deduced 20–80 keV flux. This EGRET upper limit was used by Bykov et al. (2000) and
Petrosian (2001) to constrain models of hard X-ray emission components of leptonic origin;
similarly Blasi and Colafrancesco (1999) used it to constrain the energetic proton energy
density in IC space.

4 Discussion

It has been known all along that definite detection of NT X-ray emission in clusters is a
challenging task. This is due to several factors, major among which are its intrinsically
weak level—swamped as it is by the intense primary thermal emission—and the difficult to
achieve requisite high sensitivity and low detector background in the 10–100 keV band. As
has been emphasised, results of the search are not unequivocal, even for Coma and A 2256
for which detection (by RXTE and BeppoSAX) was claimed to be at moderately high level
of statistical significance. This is mainly due to source confusion and a complete lack of
spatial information. The search should continue (with Suzaku and future satellites), spurred
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by its sound physical basis—the ubiquity of the CMB, and the observed radio synchrotron
emission from relativistic electrons.

The expected level of NT emission of Compton origin depends steeply on the mean
magnetic field strength in the central cluster region. Clearly, if this is typically a frac-
tion of a μG, as has been deduced in the analyses described in the previous section, then
prospects for more definite detection of NT emission—perhaps already with deep Suzaku
measurements—are indeed good. However, significantly higher Bfr values—a few μG—
are deduced from FR measurements; had these been meaningful estimates of the volume-
averaged field strength, then definite detection of NT emission would have been seriously
questioned.

As we have noted already (in Sect. 2.2), the apparent discrepancy between deduced val-
ues of Brx and Bfr has been investigated at some length. These two field measures are quite
different; the former is essentially a volume average of the relativistic electron density and
(roughly) the square of the field, the latter is an average along the line of sight of the prod-
uct of the field and gas density. All these quantities vary considerably across the cluster; in
addition, the field is very likely tangled, with a wide range of coherence scales which can
only be roughly estimated. These make the determination of the field by both methods con-
siderably uncertain. Thus, the unsatisfactory observational status (stemming mainly from
lack of spatial information) and the intrinsic difference between Brx and Bfr, do not allow
a simple comparison of these quantities. Even if the large observational and systematic un-
certainties, the different spatial dependences of the fields, relativistic electron density, and
thermal electron density, already imply that Brx and Bfr will in general be quite different.
This was specifically shown by Goldshmidt and Rephaeli (1993) in the context of reasonable
assumptions for the field morphology, and the known range of IC gas density profiles. They
concluded that Brx is indeed generally smaller than Bfr. The implication is that prospects for
detection of NT emission should not be based on the relatively high deduced values of Bfr.

In conclusion, RXTE and BeppoSAX measurements have yielded appreciable evidence
for power-law X-ray emission in four clusters. These results motivate further measurements
and theoretical studies of NT phenomena on cluster and cosmological scales.

Acknowledgements The authors thank ISSI (Bern) for support of the team “Non-virialized X-ray compo-
nents in clusters of galaxies”.

References

M. Arnaud, N. Aghanim, R. Gastaud et al., Astron. Astrophys. 365, L67 (2001)
P. Blasi, S. Colafrancesco, Astropar. Phys. 122, 169 (1999)
A.M. Bykov, H. Bloemen, Yu.A. Uvarov, Astron. Astrophys. 362, 886 (2000)
C.L. Carilli, G.B. Taylor, Annu. Rev. Astron. Astrophys. 40, 319 (2002)
T.E. Clarke, J. Korean Astron. Soc. 37, 337 (2004)
T.E. Clarke, P.P. Kronberg, H. Böhringer, Astrophys. J. 547, L111 (2001)
L.P. David, A. Slyz, C. Jones et al., Astrophys. J. 412, 479 (1993)
B. Dennison, Astrophys. J. 239, L93 (1980)
C.D. Dermer, Y. Rephaeli, Astrophys. J. 329, 687 (1988)
K. Dolag, S. Schindler, F. Govoni, L. Feretti, Astron. Astrophys. 378, 777 (1999)
J.W. Dreher, C.L. Carilli, R.A. Perley, Astrophys. J. 316, 611 (1987)
F. Durret, J. Kaastra, J. Nevalainen, T. Ohashi, N. Werner, Space Sci. Rev. (2008). doi:10.1007/s11214-008-

9313-8
D. Eckert, A. Neronov, T.J.-L. Courvoisier, N. Produit, Astron. Astrophys. 470, 835 (2007)
T.A. Enßlin, C. Vogt, T.E. Clarke, G.B. Taylor, Astrophys. J. 597, 870 (2003)
C. Ferrari, F. Govoni, S. Schindler, A.M. Bykov, Y. Rephaeli, Space Sci. Rev. (2008). doi:10.1007/s11214-

008-9311-x

http://dx.doi.org/10.1007/s11214-008-9313-8
http://dx.doi.org/10.1007/s11214-008-9313-8
http://dx.doi.org/10.1007/s11214-008-9311-x
http://dx.doi.org/10.1007/s11214-008-9311-x


Nonthermal Phenomena in Clusters of Galaxies 91

L. Feretti, D. Dallacasa, F. Govoni et al., Astron. Astrophys. 344, 472 (1999)
Y. Fukazawa, K. Nakazawa, N. Isobe et al., Astrophys. J. 546, L87 (2001)
R. Fusco-Femiano, D. Dal Fiume, L. Feretti et al., Astrophys. J. 513, L21 (1999)
R. Fusco-Femiano, D. Dal Fiume, S. De Grandi et al., Astrophys. J. 534, L7 (2000)
R. Fusco-Femiano, D. Dal Fiume, M. Orlandini et al., Astrophys. J. 552, L97 (2001)
R. Fusco-Femiano, M. Orlandini, S. de Grandi et al., Astron. Astrophys. 398, 441 (2003)
R. Fusco-Femiano, M. Orlandini, G. Brunetti et al., Astrophys. J. 602, L73 (2004)
R. Fusco-Femiano, R. Landi, M. Orlandini, Astrophys. J. 624, L69 (2005)
R. Fusco-Femiano, R. Landi, M. Orlandini, Astrophys. J. 654, L9 (2007)
R. Gilli, G. Risaliti, M. Salvati, Astron. Astrophys. 347, 424 (1999)
G. Giovannini, L. Feretti, New Astron. 5, 335 (2000)
G. Giovannini, L. Feretti, T. Venturi, K.-T. Kim, P.P. Kronberg, Astrophys. J. 406, 399 (1993)
G. Giovannini, M. Tordi, L. Feretti, New Astron. 4, 141 (1999)
G. Giovannini, L. Feretti, F. Govoni, M. Murgia, R. Pizzo, Astron. Nachr. 327, 563 (2006)
O. Goldshmidt, Y. Rephaeli, Astrophys. J. 411, 518 (1993)
D.E. Gruber, Y. Rephaeli, Astrophys. J. 565, 877 (2002)
F. Govoni, L. Feretti, Int. J. Mod. Phys. D 13, 1549 (2004)
G. Hasinger, B. Altieri, M. Arnaud et al., Astron. Astrophys. 365, L45 (2001)
M. Henriksen, Astrophys. J. 511, 666 (1999)
M. Henriksen, R. Mushotzky, Astrophys. J. 553, 84 (2001)
J.S. Kaastra, J.A.M. Bleeker, R. Mewe, Nucl. Phys. B 69, 567 (1998)
J.S. Kaastra, R. Lieu, J. Mittaz et al., Astrophys. J. 519, L119 (1999)
N. Kawano, K. Nakazawa, Y. Fukazawa et al., in Proc. of ‘The Extreme Universe in the Suzaku Era’

(2007 in press), conf. CD
K.-T. Kim, P.P. Kronberg, P.C. Tribble, Astrophys. J. 379, 80 (1991)
T. Kitaguchi, K. Makishima, K. Nakazawa et al., in Proc. of ‘The Extreme Universe in the Suzaku Era’

(2007 in press), conf. CD
M. Kokubun, K. Makishima, T. Takahashi et al., Publ. Astron. Soc. Jpn. 59, 53 (2007)
R. Landi, Ph.D. thesis, Bologna University, 2005
F. Lebrun, J.P. Leray, P. Lavocat et al., Astron. Astrophys. 411, L141 (2003)
J.J. Mohr, B. Mathiesen, A.E. Evrard, Astrophys. J. 517, 627 (1999)
S. Molendi, S. de Grandi, R. Fusco-Femiano et al., Astrophys. J. 525, L73 (1999)
S. Molendi, S. De Grandi, M. Guainazzi, Astron. Astrophys. 392, 13 (2002)
M. Murgia, F. Govoni, L. Feretti et al., Astron. Astrophys. 424, 429 (2004)
K. Nakazawa, K. Makishima, Y. Fukazawa, Publ. Astron. Soc. Jpn. 59, 167 (2007)
D.M. Neumann, D.H. Lumb, G.W. Pratt, U.G. Briel, Astron. Astrophys. 400, 811 (2003)
J. Nevalainen, T. Oosterbroek, M. Bonamente, S. Colafrancesco, Astrophys. J. 608, 166 (2004)
W.I. Newman, A.L. Newman, Y. Rephaeli, Astrophys. J. 575, 755 (2002)
V. Petrosian, Astrophys. J. 557, 560 (2001)
V. Petrosian, A.M. Bykov, Space Sci. Rev. (2008). doi:10.1007/s11214-008-9315-6
V. Petrosian, G. Madejski, K. Luli, Astrophys. J. 652, 948 (2006)
V. Petrosian, A.M. Bykov, Y. Rephaeli, Space Sci. Rev. (2008). doi:10.1007/s11214-008-9327-2
O. Reimer, M. Pohl, P. Sreekumar, J.R. Mattox, Astrophys. J. 588, 155 (2003)
M. Renaud, G. Belanger, J. Paul, F. Lebrun, R. Terrier, Astron. Astrophys. 453, L5 (2006)
Y. Rephaeli, Astrophys. J. 212, 608 (1977)
Y. Rephaeli, Astrophys. J. 227, 364 (1979)
Y. Rephaeli, Mon. Not. R. Astron. Soc. 225, 851 (1987)
Y. Rephaeli, in Proc. of Heidelberg Int. Symp. AIP Conf. Ser., vol. 558 (2001), p. 427
Y. Rephaeli, D.E. Gruber, Astrophys. J. 333, 133 (1988)
Y. Rephaeli, D.E. Gruber, Astrophys. J. 579, 587 (2002)
Y. Rephaeli, D.E. Gruber, Astrophys. J. 595, 137 (2003)
Y. Rephaeli, D.E. Gruber, Astrophys. J. 606, 825 (2004)
Y. Rephaeli, J. Silk, Astrophys. J. 442, 91 (1995)
Y. Rephaeli, D. Gruber, R. Rothschild, Astrophys. J. 320, 139 (1987)
Y. Rephaeli, D. Gruber, M. Ulmer, Astrophys. J. 429, 554 (1994)
Y. Rephaeli, D. Gruber, P. Blanco, Astrophys. J. 511, L21 (1999)
Y. Rephaeli, D.E. Gruber, Y. Arieli, Astrophys. J. 649, 673 (2006)
M. Rossetti, S. Molendi, Astron. Astrophys. 414, 41 (2004)
M. Rossetti, S. Molendi, astro-ph/0702417 (2007), electronic preprint only
G. Risaliti, R. Maiolino, M. Salvati, Astrophys. J. 522, 157 (1999)
L. Rudnick, K. Blundell, Astrophys. J. 588, 143 (2003)

http://dx.doi.org/10.1007/s11214-008-9315-6
http://dx.doi.org/10.1007/s11214-008-9327-2
http://arxiv.org/abs/astro-ph/0702417


92 Y. Rephaeli et al.

J.S. Sanders, A.C. Fabian, Mon. Not. R. Astron. Soc. 381, 1381 (2007)
C.L. Sarazin, Astrophys. J. 520, 529 (1999)
C.L. Seeger, G. Westerhout, R.G. Conway, Astrophys. J. 126, 585 (1957)
A. Simionescu, N. Werner, A. Finoguenov, H. Böhringer, M. Brüggen, Astron. Astrophys. (2007 submitted)

(astro-ph/0709.4499)
T. Takahashi, K. Abe, M. Endo et al., Publ. Astron. Soc. Jpn. 59, 35 (2007)
G.B. Taylor, R.A. Perley, Astrophys. J. 416, 554 (1993)
M. Thierbach, U. Klein, R. Wielebinski, Astron. Astrophys. 397, 53 (2003)
K. Tokoi, K. Sato, Y. Ishisaki et al., Publ. Astron. Soc. Jpn. 60 (2007 in press) (astro-ph/0711.1454)
P. Ubertini, F. Lebrun, G. Di Cocco et al., Astron. Astrophys. 411, L131 (2003)
A. Valinia, M. Henriksen, M. Loewenstein et al., Astrophys. J. 515, 42 (1999)
C. Vogt, T.A. Enßlin, Astron. Astrophys. 412, 373 (2003)
M.A.G. Willson, Mon. Not. R. Astron. Soc. 151, 1 (1970)
C. Winkler, T. Courvoisier, G. Di Cocco et al., Astron. Astrophys. 411, L1 (2003)

http://arxiv.org/abs/astro-ph/0709.4499
http://arxiv.org/abs/astro-ph/0711.1454


Chapter 6
Observations of Extended Radio Emission in Clusters

C. Ferrari · F. Govoni · S. Schindler · A.M. Bykov ·
Y. Rephaeli

Originally published in the journal Space Science Reviews, Volume 134, Nos 1–4.
DOI: 10.1007/s11214-008-9311-x © Springer Science+Business Media B.V. 2008

Abstract We review observations of extended regions of radio emission in clusters; these
include diffuse emission in ‘relics’, and the large central regions commonly referred to as
‘halos’. The spectral observations, as well as Faraday rotation measurements of background
and cluster radio sources, provide the main evidence for large-scale intracluster magnetic
fields and significant densities of relativistic electrons. Implications from these observations
on acceleration mechanisms of these electrons are reviewed, including turbulent and shock
acceleration, and also the origin of some of the electrons in collisions of relativistic pro-
tons by ambient protons in the (thermal) gas. Improved knowledge of non-thermal phenom-
ena in clusters requires more extensive and detailed radio measurements; we briefly review
prospects for future observations.

Keywords Galaxies: clusters: general · Galaxies: intergalactic medium · Radio continuum:
general · Radiation mechanisms: non-thermal · Magnetic fields · Acceleration of particles

1 Introduction

In the last 10 years, the improved capabilities (sensitivity, spectral and spatial resolution) of
multi-wavelength telescopes have allowed us to study in detail the formation and evolution
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of the largest gravitationally bound systems in the Universe, i.e. galaxy clusters. Follow-
ing the hierarchical scenario of structure formation, massive clusters form through episodic
mergers of smaller mass units (groups and poor clusters) and through the continuous accre-
tion of field galaxies.

It has now been proven that major cluster mergers, with their huge release of gravita-
tional binding energy (∼1064 ergs), deeply affect the physical properties of the different
components of clusters, i.e. the temperature, metallicity and density distribution of the ther-
mal intracluster medium (ICM) emitting in X-rays (e.g., Buote 2002; Sauvageot et al. 2005;
Ferrari et al. 2006a; Kapferer et al. 2006; Markevitch and Vikhlinin 2007), the global dy-
namics and spatial distribution of galaxies (e.g., Girardi and Biviano 2002; Ferrari et al.
2003, 2005; Maurogordato et al. 2008), as well as their star-formation rate (e.g., Gavazzi
et al. 2003; Poggianti et al. 2004; Ferrari et al. 2006b). The typical signatures that allow to
identify merging clusters from optical and X-ray observations are: a) substructures in the X-
ray and optical surface densities (see Buote 2002, and references therein), b) non-Gaussian
radial velocity distributions of cluster members (see Girardi and Biviano 2002, and refer-
ences therein), c) patchy ICM temperature, pressure, entropy and metallicity maps (e.g.,
Finoguenov et al. 2005; Kapferer et al. 2006), d) sharp X-ray surface brightness disconti-
nuities, accompanied by jumps in gas and temperature (“cold fronts”, see, e.g., Markevitch
et al. 2000), e) absent or disturbed cooling-cores (e.g., Markevitch et al. 1999), f) larger
core radii compared to (nearly) relaxed clusters (Jones and Forman 1999). There are also
indications that recent merging events lead to a depletion of the nearest cluster neighbours
(e.g., Schuecker and Böhringer 1999). Additionally, deep radio observations have revealed
the presence of diffuse and extended (∼1 Mpc) radio sources in about 50 merging clusters.
Their radio emission is not related to a particular cluster member, but rather to the presence
of relativistic electrons (Lorentz factor γ � 1000) and weak magnetic fields (μG) in the
intracluster space.

In this review, we focus on radio observations of this non-thermal component in galaxy
clusters. We outline our current knowledge on the presence of non-thermal processes in
the intracluster gas, and their physical connections with the thermodynamical evolution of
large-scale structure. The relevance of the study of extended cluster radio emission for cos-
mology is pointed out. On smaller scales, there are only few indications of the possible
presence of extended radio emission in galaxy groups. These systems host diffuse ∼1 keV
gas called intragroup medium (IGM) (see, e.g., Mulchaey et al. 1996). Radio and hard X-
ray emission possibly related to a non-thermal component of the IGM has been recently
pointed out by Delain and Rudnick (2006) and Nakazawa et al. (2007) respectively. The
existence of diffuse radio sources in galaxy groups has indeed to be tested with observations
of higher sensitivity. Radio observations of the emission from individual radio galaxies are
not treated here. For a discussion on cluster radio galaxies see the reviews by Feretti and
Venturi (2002) and Feretti and Giovannini (2008). X-ray observations and simulations of
the non-thermal component in clusters are reviewed by Rephaeli et al. (2008—Chap. 5, this
issue) and Dolag et al. (2008—Chap. 15, this issue). The adopted cosmology is �CDM
(H0 = 70 km s−1 Mpc−1, �m = 0.3, �� = 0.7).

2 Extended Radio Emission in Galaxy Clusters

The first detection of diffuse and extended radio emission in galaxy clusters dates back to
1959, when Large et al. mapped for the first time the Coma cluster at radio wavelengths, de-
tecting an extended radio source (Coma C) at its centre. The existence of Coma C was later
confirmed by Willson (1970), who compared the single dish data of Large et al. (1959) with
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interferometric observations, and determined that the observed radio emission was diffuse
and not associated with any cluster galaxy. From then on, high sensitivity radio observations
have revealed in about 50 clusters the existence of diffuse non-thermal radio sources, not
associated with active galaxies but with the ICM. The power-law radio spectrum1 of this
class of cluster sources indicates their synchrotron nature, and thus the presence of relativis-
tic electrons (Lorentz factor γ � 1000) and magnetic fields (∼0.1–1 μG) permeating the
cluster volume.

While the thermal gas emitting in X-rays is present in all clusters, the detection of ex-
tended radio emission only in �10% of the systems indicates that the non-thermal plasma is
not a common property of galaxy clusters. The very low surface brightness of diffuse cluster
radio sources makes them difficult to detect with current radio telescopes. However, as we
discuss here and in the following sections, our current knowledge suggests that the lack of
radio emission in a high fraction of known clusters is not only related to a limited sensitivity
of the current instruments,2 but also to physical reasons, as non-thermal components over
∼1 Mpc scales are present only in the most massive merging clusters. Discriminating be-
tween these two effects is at present extremely difficult, and it will be one of the main goals
of future radio observations (see Sect. 5).

The steep radio spectral index usually observed in diffuse cluster radio sources (α � 1)
is indicative of ageing of the emitting particles. The steepening of the electron spectrum is
a direct result of their Compton-synchrotron losses. The highest energy particles lose their
energy more quickly. As a result, if cosmic rays are produced in a single event with a power
law energy distribution

N(E)dE = N0E
−δ dE (1)

following the emergence of electrons from their sources (or acceleration sites), their spec-
trum steepens as result of the shorter energy loss time of high energy electrons. As a con-
sequence the synchrotron spectrum falls off rapidly beyond a certain break frequency ν∗,
which shifts gradually to lower frequencies. If instead particles are re-accelerated and/or
continuously injected, as suggested to occur in cluster diffuse sources, the energy spectrum
of relativistic particles may adopt more complex spectral shapes.

Apart from their common properties (nature of the emission, steep radio spectra), diffuse
and extended radio sources in clusters differ in their physical properties, in particular: size,
position in the host cluster, intensity of polarised signal, morphology and association to other
cluster physical properties (e.g., dynamical state, presence of a cooling flow). A working
definition, that is usually adopted, assigns cluster diffuse radio sources to three main classes:
halos, relics and mini-halos. Very schematically:

– radio halos are extended (�1 Mpc) diffuse radio sources at the centre of clusters, with a
quite regular morphology, similar to the X-ray morphology of the system;

– radio relics have similar extensions and are also detected in merging clusters, but usually
they are located in the cluster outskirts and they have an elongated morphology;

– radio mini-halos are smaller sources (�500 kpc) located at the centre of cooling flow
clusters. They surround a powerful radio galaxy.

The main observational properties of these sources, useful to test their different formation
scenarios (Sect. 3), are reviewed in more detail in the following (Sects. 2.1, 2.2 and 2.3).

1S(ν) ∝ ν−α , see (3).
2For instance, the 3σ sensitivity limit for the NRAO VLA Sky Survey (NVSS) at 1.4 GHz, with a resolution
of 45 arcsec, is ∼1.35 mJy/beam (Condon et al. 1998). The Very Large Array (VLA) is operated by the
National Radio Astronomy Observatory.
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Fig. 1 Top: 90 cm contours of
the radio halo in the Coma cluster
(z = 0.023) are overlaid on the
DSS optical image. Radio point
sources have been subtracted
(Feretti 2002). Bottom: 20 cm
radio contours (Feretti et al.
2001) overlaid on the deep,
R-band image (Maurogordato et
al. 2008) of the galaxy cluster
A 2163 (z = 0.203), hosting one
of the most extended and
powerful halos known so far

2.1 Radio Halos

Coma C is the prototype of the low surface brightness (∼μJy arcsec−2 at 1.4 GHz) and
extended (�1 Mpc) radio sources permeating the central volume of clusters, usually referred
as “radio halos”. Their radio morphology is quite regular (see Fig. 1) and their radio emission
is unpolarised down to a few percent level. The first (and only) successful detection of
polarised emission from a radio halo has been published recently by Govoni et al. (2005).
One can find a compilation of most of the currently known radio halos in the recent review
by Feretti and Giovannini (2008).

Spectral index studies of extended radio sources can give important hints on the energy
spectrum of relativistic electrons and, due to the dependence of the synchrotron emissivity
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Fig. 2 Spectrum of the radio
halo in the Coma cluster
(Coma C). A steepening in the
spectrum stands out clearly at
ν > 1 GHz (adapted from
Thierbach et al. 2003)

on the magnetic field intensity (3), on the magnetic field distribution (Brunetti et al. 2001).
In recent years, many observational efforts have thus been devoted to multi-frequency ob-
servations of radio halos, in order to get more and more accurate determinations of the
integrated radio spectrum and, possibly, of spatially resolved spectral index maps. These
studies are limited however by the capability of current instruments to do multi-frequency
observations at the sensitivity required for studying radio halos (∼mJy–μJy arcsec−2 going
from the MHz to the GHz range). In a few cases, a steepening of the halo spectrum at high
frequency (as in Fig. 2 in the case of the Coma cluster) has been detected (A 2319: Feretti
et al. 1997; Coma: Thierbach et al. 2003; A 754: Bacchi et al. 2003; A 3562: Giacintucci
et al. 2005). Indications that the spectral index steepens radially with the distance from the
cluster centre have been pointed out by Giovannini et al. (1993) in Coma, and Feretti et al.
(2004a) in A 665 and A 2163. More recently, Orrù et al. (2007) have shown that the radio
halos in A 2744 and A 2219 have a mean spectral index, averaged over the whole cluster,
without a clear radial steepening, but with a very patchy structure. Very interestingly, their
radio/X-ray comparison shows flatter spectral indexes in regions characterised by higher
ICM temperature.

Current observational results suggest other strong connections between the physical
properties of radio halos and of their host clusters. All radio halos discovered up to now
are at the centre of clusters with signatures of a disturbed dynamical state and without a
cooling core. However, not all merging clusters host a radio halo. The detection rate of ra-
dio halos is actually quite low: 5% in a complete cluster sample at the detection limit of
the NVSS, which grows to ∼35% when only the most luminous X-ray clusters are con-
sidered (LX[0.1−2.4 keV] > 0.6 × 1045 h−2

70 erg s−1) (Giovannini et al. 1999; Giovannini and
Feretti 2002). The fact that radio and X-ray properties of clusters are connected is also sug-
gested by a close similarity of the morphology of radio halos and the X-ray emission of their
host clusters. This has firstly been revealed in a qualitative way (Deiss et al. 1997; Feretti
1999; Liang et al. 2000), and afterwards quantitatively confirmed by the relation between
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Fig. 3 Radio power at 1.4 GHz of giant (�1 Mpc) radio halos vs. a) left: cluster X-ray luminosity, and
b) right: cluster X-ray temperature (adapted from Cassano et al. 2006)

the point-to-point surface brightness of the cluster radio and X-ray emission (Govoni et al.
2001c; Feretti et al. 2001).

Additionally, a strong correlation has been pointed out between the radio power (Pν ) of
halos and the X-ray luminosity (LX) of their host clusters (e.g., Liang et al. 2000; Giovannini
and Feretti 2002; Enßlin and Röttgering 2002; Cassano et al. 2006; see left panel of Fig. 3).
A relation with a much larger scatter between radio power and X-ray temperature of the
ICM (TX) has also been suggested (e.g., Colafrancesco 1999; Liang et al. 2000) (see right
panel of Fig. 3). Since both the X-ray luminosity and temperature of clusters correlate with
mass (e.g., Neumann and Arnaud 1999; Neumann and Arnaud 2001), the observed Pν–LX

and Pν–TX relation could reflect a dependence of the radio halo luminosity on the cluster
mass, with interesting implications on the theoretical models of cosmic ray production (see
Sect. 3). Current results suggest P1.4 GHz ∝ Ma , with a = 2.3 or larger, depending on the
methods applied to estimate the cluster mass (see Feretti and Giovannini 2008 and references
therein).

Recently, Cassano et al. (2007) pointed out that the fraction of the radio emitting cluster
volume significantly increases with the cluster mass. This break of self-similarity can give
important constraints on the physical parameters entering the hierarchical formation sce-
nario, since it suggests that the distributions of the magnetic field and relativistic electrons
change with the cluster mass.

2.2 Radio Mini-Halos

The so-called “radio mini-halos” (Fig. 4) differ from the above described radio halos not
only because of their smaller size (few 102 kpc), as their name suggests, but also in the
typical properties of their host clusters. Actually, mini-halos are diffuse radio sources with a
steep spectral index, which are found around powerful radio galaxies at the centre of cooling
core clusters. The total size of mini-halos is comparable to that of the cooling region. Since
major mergers are able to disrupt (or at least disturb) cluster cooling flows (e.g., Buote and
Tsai 1996; Gómez et al. 2002), the main physical difference between giant and mini-halos
is that they are hosted in clusters with and with no evidence of major mergers respectively.
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Fig. 4 Top: 327 MHz map of the mini-halo in the Perseus Cluster (z = 0.018). The source is centred on the
position of the cD galaxy NGC 1275 (indicated with a cross). The inset shows radio contours overlaid on
the X-ray image of the central ∼ 1′ region of Perseus. The holes evident in the X-ray emission are due to
subsonic expansion of the buoyant radio lobes of the central radio galaxy 3C 84 (adapted from Sijbring 1993
and Fabian et al. 2000). Bottom: 1.4 GHz contours of the radio mini-halo (the most distant ever detected) in
the galaxy cluster RXJ 1347.5–1145 (z = 0.451), superimposed on the XMM-Newton image of the cluster.
The green arrow indicates an elongation in the radio mini-halo morphology, corresponding to a sub-structure
detected in X-rays (adapted from Gitti et al. 2007a)

However, recent results revealed the existence of two cooling flow clusters with sig-
natures of merging activity in the central region and hosting a radio mini-halo: A 2142
(Giovannini and Feretti 2000) and RXJ 1347.5–1145 (Gitti et al. 2007a, see bottom panel
of Fig. 4). Contrary to what expected in relaxed systems, both the clusters are dominated
by two brightest cluster galaxies (BCGs). In A 2142, the central cooling flow has been
disturbed but not destroyed by an unequal merger, observed 1–2 Gyr after the initial core
crossing (Markevitch et al. 2000). The cooling flow in RXJ 1347.5–1145 is one of the most
massive ever detected, suggesting a relatively long interval of time in which the central part
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of the cluster has evolved undisturbed to a nearly relaxed state (Gitti et al. 2007b). The X-ray
analysis of Gitti et al. (2007b) reveals however a sub-structure in the south-east part of the
cluster, corresponding to an elongation in the radio mini-halo morphology (see bottom panel
of Fig. 4). Indications of possible minor mergers have been detected also in other clusters
hosting radio mini halos (Perseus: Ettori et al. 1998; Furusho et al. 2001; A 2390: Allen et
al. 2001; A 2626: Mohr et al. 1996). In these cases, however, the merging substructures are
located well outside the diffuse radio source.

Several radio halos have been discovered in radio surveys (e.g., NVSS, Giovannini et
al. 1999), where their relatively large beam provides the necessary signal-to-noise ratio to
spot these elusive sources. Due to their extremely low surface brightness and large angular
extent radio halos are actually best studied at low spatial resolution. Unfortunately, due to the
combination of their smaller angular size and the strong radio emission of the central radio
galaxy, the detection of a mini-halo requires a much higher dynamic range and resolution
than those in available surveys, and this complicates their detection. As a consequence, our
current observational knowledge on mini-halos is limited to less than ten known sources
(PKS 0745–191: Baum and O’Dea 1991; Perseus: Burns et al. 1992; A 2142: Giovannini
and Feretti 2000; A2390: Bacchi et al. 2003; A 2626: Rizza et al. 2000; Gitti et al. 2004;
RXJ 1347.5–1145: Gitti et al. 2007a). This, together with the peculiar properties of A 2142
and RXJ 1347.5–1145, and the possible connection between radio mini-halos and minor
cluster mergers, requires better statistics to test the current theoretical models on the origin
of their radio emission, which are discussed in Sect. 3.

2.3 Radio Relics

As clearly stated by Kempner et al. (2004) there is quite a lot of confusion in the literature
when speaking about “radio relics”. This definition is actually adopted for at least three
different kinds of radio sources in galaxy clusters, characterised by significantly different
observational properties. Certain features are in common for all the different kinds of relic
sources, such as their steep radio spectrum (α � 1) and a general filamentary morphology.

A first group of sources (see an example in the top panel in Fig. 5) has typical sizes of
several 10 kpc and low/intermediate polarisation intensity (�20%). They are generally lo-
cated in the central cluster regions, close to the cD galaxy, often showing an anti-correlation
with the ICM density. Actually, in some clusters, relic as well as AGN radio emission has
been detected inside holes in the central X-ray emission of the thermal gas (see for instance
the inset in the top panel of Fig. 4). These cavities are actually related to the cyclic outburst
activity of the central AGN. The cases in which no radio emission has been detected, or
has been revealed only by low frequency radio observations (e.g., the Perseus outer cavities
discovered by Fabian et al. 2002), are due to buoyant old radio lobes, whose spectrum is too
steep to be detected in the GHz range. A more detailed discussion on these “radio ghosts”
and X-ray cavities in clusters can be found in a recent review by McNamara et al. (2008).

Both the second and the third class of “cluster relics” (middle and bottom panel of Fig. 5)
are strongly correlated with the ICM properties. They are commonly found in merging clus-
ters, and, in some cases, a spatial correlation with shocks in the thermal gas has been pointed
out (e.g., Kassim et al. 2001). Both of these classes of sources do not have a likely parent
radio galaxy nearby, are generally polarised at the level of about 10–30% and located in the
cluster periphery. While the (rare) objects in the second group are characterised by interme-
diate linear scales compared to the other two (with typical sizes of ∼102 kpc, e.g., Slee et
al. 2001), the most extended radio emission among the “relic sources” comes from the third
class.
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Fig. 5 Examples of different
diffuse radio sources in clusters
classified as “relics” in the
literature. From top to bottom, an
“AGN relic”, a “Phoenix” and a
“Radio Gischt” (see Kempner et
al. 2004 and Sects. 2.3 and 3).
Top panel: VLA image at
1.4 GHz of the “AGN relic”
source in A 133 (z = 0.056),
close to the radio emitting cD
galaxy at the cluster centroid. In
the inset, radio contours are
superimposed on the optical,
DSS-2 image of the area (adapted
from Slee et al. 2001). Middle
panel: VLA image at 1.4 GHz of
the “Phoenix” source in the
periphery of A 85 (z = 0.055)
(see also Fig. 11 in Slee et al.
2001). As before, the inset shows
radio contours superimposed on
the optical DSS-2 image of the
region around the radio source
(adapted from Slee et al. 2001).
Bottom panel: X-ray contours
(ROSAT data, 0.1–2.4 keV
energy band) overlaid on the
843 MHz Molonglo Observatory
Synthesis Telescope (MOST)
image of A 3667 (z = 0.056)
(from Röttgering et al. 1997)

These giant relics, with extensions ranging from a few ∼102 kpc to 103 kpc, have been
detected in merging clusters both with and without cooling cores. The major axis of their
elongated structure is generally nearly perpendicular to the direction of the cluster radius.
Some of the most extended and powerful giant relics are located in clusters with central radio
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halos (e.g., A 2256: Clarke and Enßlin 2006). In a few cases, two symmetric relics have been
observed, as in the bottom panel of Fig. 5 (A 3667: Röttgering et al. 1997; Johnston-Hollitt
et al. 2002; A 3376: Bagchi et al. 2006; A 1240: Kempner and Sarazin 2001). More “exotic”
giant radio relics have also been discovered, such as sources located in poor clusters (Abell
S 753: Subrahmanyan et al. 2003), far away from the cluster centre (A 786: Giovannini and
Feretti 2000), or even in intracluster filaments of galaxies (ZwCl 2341.1+0000: Bagchi et
al. 2002). Relics elongated from the cluster centre to the periphery (A 115: Govoni et al.
2001b), or with a circular shape (A 1664: Feretti 2005) have also been detected. Similarly
to radio halos (Sect. 2.1), the detection rate of giant radio relics at the sensitivity limit of
NVSS is ∼6% (Giovannini and Feretti 2002), and the relic radio power correlates with the
cluster X-ray luminosity (Feretti 2002), even though with a larger scatter.

3 Origin of Radio Emitting Particles

Based on the observational results summarised in Table 1 and in the previous sections, and
on the theoretical models reviewed, for instance, by Brunetti (2004), Blasi et al. (2007) and
Dolag et al. (2008), we have now a formation scenario for the different diffuse and extended
radio sources in clusters. The current theories on the origin of the non-thermal component
in galaxy clusters will be the starting point for new observational studies with the next
generation radio telescopes (Sect. 5).

Giant radio halos and relics are the most spectacular radio sources in clusters, and, as
stated above, their synchrotron spectrum indicates the presence of cosmic rays that gyrate
around magnetic field lines, frozen in the ICM. Therefore, relativistic particles cannot stream
out from the gravitational field of the cluster, but they can still diffuse along magnetic field
lines. It has been shown however (Völk et al. 1996; Berezinsky et al. 1997; Völk and Atoyan
1999) that typical relativistic electrons in radio halos and relics (with γ ∼ 1000–5000) have
diffusion times which are longer than the Hubble time. They could therefore be simply dif-
fused over cluster scales from one or more active radio galaxies (Jaffe 1977; Rephaeli 1977).
However, the steep radio spectra of these sources indicate short lifetimes for the radiating
particles (∼108 yr), which lose energy not only via synchrotron emission, but also due to
interactions with the Cosmic Microwave Background (CMB) photons (via Compton scatter-
ing emission) and with the ICM (via Coulomb interactions and Bremsstrahlung emission).
The main radiative losses of electrons are due to Compton scattering of the CMB, and syn-
chrotron emission; the former process dominates for B < 3 μG (the field equivalent of the
CMB energy density). The radiative lifetime of a relativistic lepton with a Lorentz factor

Table 1 Main observational properties of the different sources of diffuse radio emission in galaxy clusters.
Note that linear polarisation levels of ∼20–40% have been detected in filamentary structures of the radio halo
in A 2255 by Govoni et al. (2005)

Type Position Size α Polarisation Example

Halo Centrally peaked �Mpc �1 <few % Coma

Giant relic Peripheral ∼Mpc �1 ∼10–30% Abell 3667

Mini-halo Centrally peaked �0.5 Mpc �1.5 <few % Perseus

Phoenix Peripheral ∼102 kpc �1.5 ∼10–30% Abell 85

AGN relic Close to the host galaxy few ×10 kpc �1.5 �20% Abell 133
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γ < 108 is thus approximately given by (e.g., Longair 1981; Meisenheimer et al. 1989)

τ ≈ 2 × 1012γ −1

[
(1 + z)4+

(
B

3.3μG

)2]−1

years. (2)

Since the expected diffusion velocity of the relativistic electrons is of the order of 100 km s−1

(Alfvén speed), cosmic rays do not have the time to propagate over the Mpc-scales of giant
cluster radio sources. This excludes the hypothesis that relativistic electrons are produced
at a localised point, and requires in situ acceleration mechanisms. Basically, two classes of
models have been proposed:

– the primary models, which predict that electrons are accelerated by shocks and/or tur-
bulence induced during cluster mergers. Shocks can (re-)accelerate particles via Fermi-I
processes (Enßlin et al. 1998) or adiabatic compression of fossil radio plasma (Enßlin and
Gopal-Krishna 2001); turbulence via stochastic, Fermi-II processes (Brunetti et al. 2001)
or magnetohydrodynamic (MHD) waves (Alfvén waves: Brunetti et al. 2004; magneto-
sonic waves: Cassano and Brunetti 2005);

– the secondary models, in which relativistic electrons are continuously injected by
hadronic collisions between the thermal ions of the ICM and relativistic protons, the
latter (characterised by significantly longer lifetime compared to relativistic electrons)
having been accelerated during the whole cluster history (e.g., Dennison 1980; Blasi and
Colafrancesco 1999; Dolag and Enßlin 2000).

The observational properties of radio halos and relics (see Sects. 2.1 and 2.3) are more in
favour of primary models. The strongest point leading to this conclusion is the fact that
diffuse and extended radio emission has been detected up to now only in merging clusters.
A strong connection between cluster mergers and cosmic ray production is required in pri-
mary models, and is not expected in secondary models. In this respect, the fact that halos
and relics are quite rare in clusters is again disfavouring the hadronic collision hypothesis,
based on which we should expect electron acceleration to be possible in all galaxy clusters.

Since the shape of the synchrotron spectrum depends on the last acceleration phase of
cosmic rays, detailed studies of the spectral index distribution in radio halos and relics pro-
vide important information on acceleration mechanisms acting in clusters. Primary models
predict a radial steepening and a complex spatial distribution of the spectral index α, due to
the existence of a) a maximum energy to which electrons can be accelerated (γ < 105, Blasi
2004, and references therein) and b) different re-acceleration processes in different cluster
regions. Secondary models assume that cosmic ray protons are accelerated during structure
formation over cosmological epochs and accumulated in clusters. The collision of these pro-
tons with the thermal ICM would continuously inject electrons, resulting in a spectral index
distribution unrelated to the intracluster magnetic field strength, and thus not dependent on
the position in the cluster. The radial spectral steepening and/or the patchy structure of spec-
tral index maps observed in several radio halos (Sect. 2.1) are clearly favouring primary
models.

The hadronic collision hypothesis predicts power-law spectra flatter than primary models
(α � 1.5) and magnetic field values higher than a few μG. Observational results are contro-
versial concerning these points, due to the observed intermediate values of the radio spectral
index (α ∼ 1–1.5), and the widely differing estimates for mean intracluster magnetic field
values (Sect. 4). Finally, emission of gamma-rays is expected in secondary models (Blasi et
al. 2007), a challenging point to be tested observationally (Rephaeli et al. 2008—Chap. 5,
this issue). On the other hand, it has been suggested (Bykov et al. 2000; Miniati 2003) that
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the detection of gamma-ray emission from clusters may not necessarily reflect the hadronic
origin of cosmic rays, since it could be related to the Compton scattering of CMB photon
from shock-accelerated, intracluster electrons.

Given our current observational and theoretical knowledge, cosmic rays in giant radio
relics (bottom panel of Fig. 5) are most likely originating from Fermi-I diffuse shock ac-
celeration of ICM electrons (e.g., Hoeft and Brüggen 2007; Bykov et al. 2008—Chap. 7,
this issue). These radio sources would therefore trace the rim of shock fronts resulting from
cluster mergers in the ICM, and they have been named “radio gischt”3 by Kempner et al.
(2004). Firstly, this hypothesis is in agreement with the morphology and the position of
most of the detected giant relics, which appear as elongated, sometimes symmetric, radio
sources in the cluster periphery, where we expect to find arc-like shock fronts resulting from
major cluster mergers (e.g., Schindler 2002). Secondly, the quite strong linear polarisation
detected in giant relics would be in agreement with the model prediction of magnetic fields
aligned with the shock front. Based on some observational results, however, a clear asso-
ciation between shocks and giant radio relics is not always straightforward. This is true in
the case of the “exotic” giant relics mentioned in Sect. 2.3 (e.g., those with circular shapes,
or located in intracluster filaments). Additionally, Feretti and Neumann (2006) did not de-
tect a shock wave corresponding to the radio relic in the Coma cluster. They suggested that,
similarly to radio halos (see below), the radio emission of this relic source is instead related
to turbulence in the ICM. Currently, the main observational limitation to test the origin of
giant radio relics comes from X-ray data. The sensitivity of X-ray instruments is not high
enough to detect shock waves in the external regions of clusters, where the gas density and
thus the X-ray surface brightness are very low, and where most of radio relics have been
detected (see for instance the radio relic found in A 521 by Ferrari (2003); see also Ferrari
et al. 2006a; Giacintucci et al. 2006).

The second class of relic sources pointed out in Sect. 2.3 (middle panel in Fig. 5), charac-
terised by smaller sizes than giant relics (∼102 kpc vs. 103 kpc), are most likely originating
from adiabatic compression in cluster shocks of fossil radio plasma, released by an AGN
whose central engine has ceased to inject fresh plasma �1 Gyr ago (Enßlin and Gopal-
Krishna 2001). The old non-thermal electrons, that would be undetectable at high (∼GHz)
frequencies, are actually re-energised by the shock. This class of sources are therefore also
called “Phoenix” (Kempner et al. 2004). The main physical difference with giant relics is
related to the fact that, in the latter, shocks accelerate thermal ICM electrons to relativistic
velocities through Fermi-I processes, while, in the case of Phoenix sources, the shock waves
energise the relativistic plasma by adiabatic compression. The sound speed inside the fossil
radio plasma is actually so high that shock waves cannot penetrate into the radio cocoons.
These sources are rare because they require shocks and fossil plasma in the same region of
the cluster. Moreover, adiabatic compression is efficient in re-accelerating electrons only if
the time elapsed since the last AGN activity is not too long, i.e. less than about 0.1 Gyr in
the cluster centre and less than about 1 Gyr in the periphery. All this also explains why we
detect Phoenix sources in the external regions of clusters.

Among the sources called “radio relics” in the literature, only the smallest (several tens
of kpc) are real “AGN relics” (top panel in Fig. 5). They are extinct or dying AGNs, in which
the central nucleus has switched off, leaving the radio plasma to evolve passively (e.g., Mur-
gia et al. 2005; Parma et al. 2007). Their spectrum becomes steeper and steeper, making the
source more and more difficult to be detected at high frequencies, until it disappears com-
pletely (see Sect. 2.3). Due to the short radiative lifetime of their electrons (∼ 107–108 yrs),

3German for the spray on the tops of ocean waves.
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these sources are usually located close to their host galaxy, which did not have time enough
to move far away in the cluster potential.

In the case of giant radio halos, spectral index maps show no evidence of flattening at the
location of shocks detected in X-rays (A 665: Feretti et al. 2004a; Markevitch and Vikhlinin
2001; A 2744: Orrù et al. 2007; Kempner and David 2004). This agrees with theoretical
results showing that shocks in major mergers are too weak to produce relativistic particles
uniformly over the whole central ∼1 Mpc area of clusters (Gabici and Blasi 2003). Although
it cannot be excluded that shock acceleration may be efficient in some particular regions of
a halo (e.g., Markevitch et al. 2005), it has been suggested that cluster turbulence generated
by cluster mergers may efficiently accelerate electrons in the cluster volume (e.g., Cassano
and Brunetti 2005). The observed steepening of the spectral index with the distance from
the cluster centre, and the few available spectral index maps showing flatter spectra in the
regions influenced by merger processes (Sect. 2.1) support the scenario that ICM turbulence
supplies the energy for the radiating electrons.

However, if the predictions of primary models better agree with the observational results,
the merging event cannot be solely responsible for electron re-acceleration in giant radio
halos and relics, because �40% of clusters show evidence of a disturbed dynamical state
(Jones and Forman 1999), while only �10% possess radio halos and/or relics. As we have
seen in Sect. 2.1, the power of observed radio halos Pν seems to correlate with the mass M

of their host cluster. The energy available to accelerate relativistic particles during cluster
mergers is a fraction of the gravitational potential energy released during the merging event,
that in turn scales as ∼M2. The Pν–M relation could thus suggest that only the most massive
mergers are energetic enough to efficiently accelerate cosmic rays (Buote 2001). A recent
model by Cassano and Brunetti (2005) is in agreement with this conclusion, showing that
only massive clusters can host giant radio halos. The probability to form these extended
radio sources increases drastically for cluster masses M ≥ 2 × 1015 M	 since the energy
density of the turbulence is an increasing function of the mass of the cluster. Based on the
scenario of hierarchical structure formation, massive clusters result from a complex merging
history, during which each cluster–cluster collision could have contributed to provide energy
for cosmic ray acceleration.

Finally, as we have seen in Sect. 2.2, radio mini-halos have also been observed in clusters.
They are located at the centre of cooling flow clusters and surround a powerful radio galaxy.
Similarly to giant radio halos and relics, the electrons in radio mini-halos have short radiative
lifetimes due to the high magnetic fields present in cooling cores (Taylor et al. 2002). The
observed radio emission is thus not due to the radio lobes of the central AGN. Unlike the
giant sources, mini-halos are typically found in clusters not disturbed by major mergers
(Sect. 2.2). Again, two possible classes of models have been proposed. Relativistic electrons
could have again an hadronic origin (Pfrommer and Enßlin 2004). Or they could be a relic
population of (primary) relativistic electrons re-accelerated by MHD turbulence, with the
necessary energy supplied by the cooling flow (Gitti et al. 2002). The re-acceleration model
by Gitti et al. (2002) has been successfully applied to two cooling flow clusters (Gitti et
al. 2002, 2004). The observed correlation between the mini-halo and cooling flow power
has also given support to a primary origin of the relativistic electrons (Gitti et al. 2004,
2007a). However, there also seems to be some observational and theoretical evidence to
support hadronic origin (Kempner et al. 2004 and references therein). Additionally, in two
clusters (A 2142: Markevitch et al. 2000; RXJ 1347.4–1145: Gitti et al. 2007a, 2007b), we
got indications that cluster mergers and cooling flows may act simultaneously in powering
mini-halo emission in the rare and peculiar clusters in which they coexist. Further theoretical
and observational studies are indeed essential due to the low number of known radio mini-
halos (Sect. 2.2).
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4 Measurement of Intracluster Magnetic Fields

As stressed above, the presence of diffuse and extended synchrotron emission in galaxy
clusters indicates the existence of weak magnetic fields in the cluster volume. Different
possibilities for their origin have been proposed which are reviewed by Dolag et al. (2008—
Chap. 15, this issue). Radio observations of galaxy clusters allow us to measure intracluster
magnetic fields and test the different theories on their origin, as reviewed by Carilli and
Taylor (2002) and Govoni and Feretti (2004). In the following the main methods to study
magnetic field intensity and, eventually, structure are summarised.

4.1 Equipartition Magnetic Fields

In the optically thin case, the total monochromatic emissivity J (ν) from a set of relativistic
electrons in a magnetic field B depends on a) the magnetic field strength, b) the energy
distribution of the electrons, which is usually assumed to be a power law (1), and c) the
pitch angle between the electron velocity and the magnetic field direction (θ )

J (ν) ∝ N0(B sin θ)1+αν−α, (3)

where α = (δ − 1)/2 is the spectral index of the synchrotron spectrum.4

Synchrotron emission from diffuse and extended radio sources can give us a direct mea-
sure for the intensity of cluster magnetic fields if the relativistic electron flux is measured or
constrained. That can be achieved, for example, if Compton-produced X-ray (and gamma-
ray) emission was detected simultaneously (see Sect. 4.2). In the case of polarised radio
emission, we can also get an indication of the projected magnetic field orientation and its
degree of ordering. To break the degeneracy between magnetic field strength and electron
density (3), and to obtain a measure for cluster magnetic fields from the observed luminos-
ity of radio sources, it is typically assumed that the energy density of the relativistic plasma
within a radio source is minimum

Utot = Uel + Upr + UB = Umin, (4)

where UB is the energy density in magnetic fields, and Uel and Upr are the energy in electrons
and in protons respectively. The energy in the heavy particles (protons) is considered to be
related to the electron energy

Upr = kUel. (5)

The value of k depends on the mechanism of (re-)acceleration of electrons, whose physical
details, as seen above, are still unknown. A typical value of k = 1 is adopted for halo and
relic sources. Another important assumption of this method relates to the value of the filling
factor, �, i.e. the fraction of the source volume V occupied by magnetic field and relativistic
particles. The energy density in magnetic field is given by

UB = B2

8π
�V. (6)

4δ is the electron energy index, see (1).
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It is usually considered that particles and magnetic fields occupy the entire volume, i.e.
� = 1. It can be derived easily that the condition of minimum energy is obtained when the
contributions of cosmic rays and magnetic fields is approximately equal

UB = 3

4
(1 + k)Uel. (7)

This is the so-called classical equipartition assumption, which allows us to estimate the
magnetic field of a radio source from its radio luminosity L (see Pacholczyk 1970 for a
rigorous derivation)

Beq ∝
[

L(1 + k)

�V

]2/7

. (8)

In the standard approach presented above, L is the observed synchrotron luminosity between
two fixed frequencies ν1 and ν2 (usually ν1 = 10 MHz and ν2 = 100 GHz). In this way,
however, the integration limits are variable in terms of the energy of the radiating electrons,
since, based on (3), electron energies corresponding to ν1 and ν2 depend on magnetic field
values. This point is particularly relevant for the lower limit, owing to the power-law shape
of the electron energy distribution and to the expected presence of low energy electrons
in radio halos/relics. Alternatively, it has been suggested to derive equipartition quantities
by integrating the electron luminosity over an energy range (γmin − γmax) (Brunetti et al.
1997; Beck and Krause 2005). It can be shown that, for γmin 
 γmax and α > 0.5, the new
expression for the equipartition magnetic field is

B ′
eq ∼ 1.1γ

1−2α
3+α

min B
7

2(3+α)
eq , (9)

where Beq is the equipartition magnetic field expressed in Gauss derived through (8). Typ-
ically, for Beq ∼ μG, γmin ∼ 100 and α ∼ 0.75–1, this new approach gives magnetic field
values 2 to 5 times larger than the standard method.

Estimates of equipartition fields on scales as large as ∼1 Mpc give magnetic field in-
tensities in the range 0.1–1 μG. As we have seen, these estimates are based on several
assumptions both on different physical properties of the radio emitting region (e.g., the fill-
ing factor � and the ratio between electron and proton energies k), and on the condition of
minimum energy of the observed relativistic plasma. Since the validity of these assumptions
is not obvious, one has to be aware of the uncertainties and thus of the limits inherent to the
equipartition determination of magnetic fields.

4.2 Compton Scattering of CMB Photons

As reviewed by Rephaeli et al. (2008—Chap. 5, this issue), 3K microwave background
photons can be subject to Compton scattering by electrons in the cluster volume. If the
presence of thermal particles in the ICM results in a distortion of the Cosmic Microwave
Background (CMB) spectrum well known as “Sunyaev-Zel’dovich effect” (Sunyaev and
Zel’dovich 1972), non-thermal hard X-ray (HXR) photons are produced via Compton scat-
tering by the same cosmic rays that are responsible for the synchrotron emission observed
at radio wavelengths. Compton scattering increases the frequency of the incoming photon
through

νout = 4

3
γ 2νin. (10)



108 C. Ferrari et al.

The Planck function of the CMB peaks at νin ∼ 1.6 × 1011 Hz. Based on (10), for typical
energies of relativistic electrons in clusters (γ ∼ 1000–5000), the scattered photons fall in
the X-ray and gamma-ray domain (∼2 × 1017–5 × 1018 Hz, i.e. ∼0.8–20.7 keV).

Non-thermal HXR emission from galaxy clusters due to Compton scattering of CMB
photons was predicted more than 30 years ago (e.g., Rephaeli 1977) and has now been
detected in several systems (Rephaeli et al. 2008—Chap. 5, this issue; Fusco-Femiano et
al. 2007 and references therein). Alternative interpretations to explain the detected non-
thermal X-ray emission have been proposed in the literature (Blasi and Colafrancesco 1999;
Enßlin et al. 1999; Blasi 2000; Dogiel 2000; Sarazin and Kempner 2000). However, these
hypotheses seem to be ruled out by energetic considerations, because of the well known
inefficiency of the proposed non-thermal Bremsstrahlung (NTB) mechanism. NTB emission
of keV regime photons with some power P immediately imply about 105 times larger power
to be dissipated in the plasma that seems to be unrealistic in a quasi-steady model (Petrosian
2001, 2003). For a more detailed treatment of the origin of HXR emission from galaxy
clusters, see the review by Petrosian et al. (2008—Chap. 10, this issue).

The detection of non-thermal HXR and radio emission, produced by the same popula-
tion of relativistic electrons, allows us to estimate unambiguously the volume-averaged in-
tracluster magnetic field. Following the exact derivations by Blumenthal and Gould (1970),
the equations for the synchrotron flux fsyn at the frequency νR and the Compton X-ray flux
fC at the frequency νX are

fsyn(νR) = �V

4πDL
2

4πe3

(mec2)δ
N0B

δ+1
2

(
3e

4πmec

) δ−1
2

a(δ)ν
− δ−1

2
R , (11)

fC(νX) = �V

4πDL
2

8π2r2
0

c2
h− δ+3

2 N0(mec2)(1−δ)(kT )
δ+5

2 F(δ)ν
− δ−1

2
X . (12)

Here h is the Planck constant, V is the volume of the source and � the filling factor, DL is the
luminosity distance of the source, B the magnetic field strength, T the radiation temperature
of the CMB, r0 the classical electron radius (or Thomson scattering length), N0 and δ are
the amplitude and the spectral index of the electron energy distribution (1). The values of
the functions a(δ) and F(δ) for different values of δ can be found in Blumenthal and Gould
(1970). The field B can thus be estimated directly from these equations

B ∝
(

fsyn(νR)

fC(νX)

) 2
δ+1

(
νR

νX

) δ−1
δ+1

. (13)

Typical cluster magnetic field values of ∼0.1–0.3 μG are obtained (e.g., Rephaeli et al. 1999;
Fusco-Femiano et al. 1999, 2000, 2001; Rephaeli and Gruber 2003; Rephaeli et al. 2006).
Compared to equipartition measures, this method has the great advantage of using only
observables, assuming only that the spatial factors in the expressions for the synchrotron
and Compton fluxes (Rephaeli 1979) are identical.

4.3 Faraday Rotation Measure

Faraday rotation analysis of radio sources in the background or in the galaxy clusters them-
selves is one of the key techniques used to obtain information on the cluster magnetic fields.
The presence of a magnetised plasma between an observer and a radio source changes the
properties of the polarised emission from the radio source. Therefore information on cluster
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magnetic fields along the line-of-sight can be determined, in conjunction with X-ray obser-
vations of the hot gas, through the analysis of the Rotation Measure (RM) of radio sources
(e.g., Burn 1966).

The polarised synchrotron radiation coming from radio galaxies undergoes the follow-
ing rotation of the plane of polarisation as it passes through the magnetised and ionised
intracluster medium

Obs(λ) = Int + λ2 × RM, (14)

where Int is the intrinsic polarisation angle, and Obs(λ) is the polarisation angle observed
at a wavelength λ. The RM is related to the thermal electron density (ne), the magnetic
field along the line-of-sight (B‖), and the path-length (L) through the intracluster medium
according to

RM[rad m−2] = 812
∫ L[kpc]

0
ne [cm−3]B‖ [μG] dl. (15)

Polarised radio galaxies can be mapped at several frequencies to produce, by fitting (14),
detailed RM images. Once the contribution of our Galaxy is subtracted, the RM should be
dominated by the contribution of the intracluster medium, and therefore it can be used to
estimate the cluster magnetic field strength along the line of sight.

The RM observed in radio galaxies may not be all due to the cluster magnetic field if
the RM gets locally enhanced by the intracluster medium compression due to the motion of
the radio galaxy itself. However a statistical RM investigation of point sources (Clarke et al.
2001; Clarke 2004) shows a clear broadening of the RM distribution toward small projected
distances from the cluster centre, indicating that most of the RM contribution comes from
the intracluster medium. This study included background sources, which showed similar
enhancements as the embedded sources.

We also note that there are inherent uncertainties in the determination of field values from
Faraday Rotation measurements, stemming largely from the unknown small-scale tangled
morphology of intracluster fields, their large-scale spatial variation across the cluster, and
from the uncertainty in modelling the gas density profile (see, e.g., Goldshmidt and Rephaeli
1993; Newman et al. 2002; Rudnick and Blundell 2003a; Enßlin et al. 2003; Murgia et al.
2004).

RM studies of radio galaxies have been carried out on both statistical samples (e.g.,
Lawler and Dennison 1982; Vallée et al. 1986; Kim et al. 1990, 1991; Clarke et al. 2001)
and individual clusters by analysing detailed high resolution RM images (e.g., Perley and
Taylor 1991; Taylor and Perley 1993; Feretti et al. 1995, 1999; Govoni et al. 2001a; Taylor
et al. 2001; Eilek and Owen 2002; Govoni et al. 2006; Taylor et al. 2007; Guidetti et al.
2008). Both for interacting and relaxed (cooling flow) clusters the RM distribution of radio
galaxies is generally patchy, indicating that cluster magnetic fields have structures on scales
as low as 10 kpc or less. RM data are usually consistent with central magnetic field strengths
of a few μG. But, radio galaxies at the centre of relaxed clusters have extreme RM, with the
magnitude of the RM roughly proportional to the cooling flow rate (see Fig. 6). Strong
magnetic fields are derived in the high density cooling-core regions of some clusters, with
values exceeding ∼10 μG (e.g., in the inner region of Hydra A, a value of ∼35 μG was
deduced by Taylor et al. 2002). It should be emphasised that such high field values are
clearly not representative of the mean fields in large extended regions.

Dolag et al. (2001b) showed that, in the framework of hierarchical cluster formation, the
correlation between two observable parameters, the RM and the cluster X-ray surface bright-
ness in the source location, is expected to reflect a correlation between the cluster magnetic
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Fig. 6 RM magnitudes of a
sample of radio galaxies located
in cooling flow clusters, plotted
as a function of the cooling flow
rate Ẋ (from Taylor et al. 2002)

field and gas density. Therefore, from the analysis of the RM versus X-ray brightness it is
possible to infer the trend of magnetic field versus gas density.

On the basis of the available high quality RM images, increasing attention is given to the
power spectrum of the intracluster magnetic field fluctuations. Several studies (Enßlin and
Vogt 2003; Murgia et al. 2004) have shown that detailed RM images of radio galaxies can be
used to infer not only the cluster magnetic field strength, but also the cluster magnetic field
power spectrum. The analyses of Vogt and Enßlin (2003, 2005) and Guidetti et al. (2008)
suggest that the power spectrum is of the Kolmogorov type, if the auto-correlation length
of the magnetic fluctuations is of the order of few kpc. However, Murgia et al. (2004) and
Govoni et al. (2006) pointed out that shallower magnetic field power spectra are possible if
the magnetic field fluctuations extend out to several tens of kpc.

4.4 Comparison of the Different Methods

As shown in Table 3 of Govoni and Feretti (2004), the different methods available to measure
intracluster magnetic fields show quite discrepant results (even more than a factor 10). RM
estimates are about an order of magnitude higher than the measures derived both from the
synchrotron diffuse radio emission and the non-thermal hard X-ray emission (∼1–5 μG vs.
∼0.2–1 μG).

This can be due to several factors. Firstly, equipartition values are severely affected by the
already mentioned physical assumptions of this method. Secondly, while RM estimates give
a weighted average of the field along the line of sight, equipartition and Compton scattering
measures are made by averaging over larger volumes. Additionally, discrepancies can be
due to spatial profiles of both the magnetic field and the gas density not being constant
all over the cluster (Goldshmidt and Rephaeli 1993), or due to compressions, fluctuations
and inhomogeneities in the gas and in the magnetic field, related to the presence of radio
galaxies or to the dynamical history of the cluster (e.g., on-going merging events) (Beck et
al. 2003; Rudnick and Blundell 2003b; Johnston-Hollitt 2004). Finally, a proper modelling
of the Compton scattering method should include a) the effects of aged electron spectra,
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b) the expected radial profile of the magnetic field, and c) possible anisotropies in the pitch
angle distribution of electrons (Brunetti et al. 2001; Petrosian 2001).

An additional method of estimating cluster magnetic fields comes from the X-ray analy-
sis of cold fronts (Vikhlinin et al. 2001). These X-ray cluster features, discovered by Marke-
vitch et al. (2000) thanks to the exquisite spatial resolution of the Chandra satellite, result
from dense cool gas moving with near-sonic velocities through the less dense and hotter
ICM. Cold fronts are thus subject to Kelvin-Helmholtz (K-H) instability that, for typical
cluster and cold front properties (Mach number, gas temperatures, cluster-scale length),
could quickly disturb the front outside a narrow (�10◦) sector in the direction of the cool
cloud motion.5 Through the Chandra observation of A 3667, Vikhlinin et al. (2001) in-
stead revealed a cold front that is stable within a ±30◦ sector. They showed that a ∼10 μG
magnetic field oriented nearly parallel to the front is able to suppress K-H instability, thus
preserving the front structure, in a ±30◦ sector. The estimated magnetic field value, signif-
icantly higher than the typical measures given by the other methods outside cluster cooling
flows, is likely an upper limit of the absolute field strength. Near the cold front the field is
actually amplified by tangential gas motions (see Vikhlinin et al. 2001).

Variations of the magnetic field structure and strength with the cluster radius have been
recently pointed out by Govoni et al. (2006). By combining detailed multi-wavelength and
numerical studies we will get more insight into the strength and structure of intracluster
magnetic fields, and into their connection with the thermodynamical evolution of galaxy
clusters. More detailed comparisons of the different approaches for measuring intraclus-
ter magnetic fields can be found, for instance, in Petrosian (2003) and Govoni and Feretti
(2004).

5 Diffuse Radio Emission in Galaxy Clusters: Open Questions and Perspectives

Significant progress has been made recently in our knowledge on the non-thermal compo-
nent of galaxy clusters. A number of open questions arise in assessing the current theoretical
and observational status.

First of all, we need to test the current theories on the origin of the large-scale non-
thermal component in clusters (magnetic field and cosmic rays). If at present primary mod-
els seem to be the favourite acceleration mechanisms for intracluster electrons, secondary
models cannot be ruled out. Among other things, it will be necessary to establish: How com-
mon is the non-thermal component in clusters? Is it really hosted only in merging systems
(as present observational results suggest) or do all clusters have a radio halo/relic? If this
latter hypothesis is correct, how should we modify the radio power versus X-ray luminos-
ity correlation (Sect. 2.1)? If shocks and turbulence related to cluster mergers are instead
the mechanisms responsible for electron re-acceleration, why have extended radio sources
not been detected in all merging clusters? Is this related to other physical effects (i.e. the
merging event alone is not enough to produce intracluster cosmic rays), as the correlation
between radio power and cluster mass seems to indicate, or it is due to a lack of sensitivity
of the current instruments (i.e. all merging clusters host radio halos and relics, but a large
fraction of these sources lies below the sensitivity limit of present telescopes)?

Among the previous questions, the most difficult to answer at present are those that
involve the study of low-luminous X-ray clusters, for which the limits of current radio

5For a more precise treatment, see Vikhlinin et al. (2001) and Markevitch and Vikhlinin (2007).
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observations are particularly severe. By extrapolating to low radio and X-ray luminos-
ity the Pν–LX relation (Sect. 2.1), Feretti and Giovannini (2008) have estimated that, if
present, halos with typical sizes of 1 Mpc in intermediate/low-luminous X-ray clusters
(LX[0.1−2.4 keV] � 5×1044 h−2

70 erg s−1)6 would actually have a radio surface brightness lower
than the current limits obtained in the literature and in the NVSS. At higher X-ray luminosi-
ties, more constraints on radio halo statistics have recently been obtained by Venturi et al.
(2007) and Brunetti et al. (2007). They carried out GMRT7 observations at 610 MHz of 34
luminous (LX[0.1−2.4 keV] � 5×1044 h−2

70 erg s−1) clusters with 0.2 � z � 0.4. The bulk of the
galaxy clusters in their sample does not show any diffuse central radio emission, with radio
luminosity upper limits that are well below the Pν–LX relation derived from the previously
known radio halos. The net bimodality of the cluster distribution in the Pν–LX plane sup-
port primary models against secondary models. Actually, the former predict a relatively fast
(≈108 yrs) transition of clusters from a radio quiet state to the observed Pν–LX correlation,
where they remain for �1 Gyr. A significantly wider scatter around the Pν–LX correlation
is instead expected in the frame of secondary models, that could be reconciled with obser-
vations only assuming the existence of strong dissipation of magnetic fields in clusters (see
Brunetti et al. 2007, and references therein).

On smaller scales, a larger sample of radio mini-halos is required to test the current the-
ories on the origin of radio emission in this class of sources (Gitti et al. 2002; Pfrommer and
Enßlin 2004). Recent results suggest that cooling flows and mergers could act simultane-
ously, when they co-exist, in providing energy to the relic population of relativistic electrons
injected into the ICM by AGNs, thus powering mini-halo radio emission (Gitti et al. 2007a).

As discussed in Sect. 4, radio observations of galaxy clusters offer a unique tool to es-
timate strength and structure of large-scale magnetic fields, allowing to test the different
scenarios of their origin. Several observational results show that magnetic fields of the order
of ∼μG are common in clusters. Through combined numerical and observational analyses,
Murgia et al. (2004) and Govoni et al. (2006) have shown that detailed morphology and po-
larisation information of radio halos may provide important constraints on the strength and
structure of intracluster magnetic fields. However, discrepant results have been obtained up
to now (Sect. 4.4) and more detailed information on magnetic fields is still needed.

A better knowledge of the physics of the non-thermal component in galaxy clusters will
have important cosmological implications. If it will be confirmed that the presence of giant
halos and relics is related to cluster mergers, the statistical properties of these radio sources
will allow us to test the current cluster formation scenario, giving important hints on large-
scale structure formation and, thus, cosmological parameters (e.g., Evrard and Gioia 2002).

Additionally, we will be able to estimate how the gravitational energy released during
cluster mergers is redistributed between the thermal ICM and the relativistic plasma (e.g.,
Sarazin 2005). The effects of magnetic fields on the thermodynamical evolution of large-
scale structures will be evaluated, as well as the contribution of the non-thermal pressure
to the estimate of mass and temperature in galaxy clusters (e.g., Dolag and Schindler 2000;
Dolag et al. 2001a; Colafrancesco et al. 2004). Cluster scaling laws, such as mass vs. tem-
perature, are actually key ingredients to derive cosmological constraints from galaxy clusters
(e.g., Ettori et al. 2004; Arnaud et al. 2005).

6Converted from the bolometric X-ray luminosity limit in Feretti and Giovannini (2008) to the 0.1–2.4 keV
band luminosity using Table 5 of Böhringer et al. (2004) and assuming typical ICM temperature values
(TX ∼ 5–10 keV).
7The Giant Metrewave Radio Telescope (GMRT) is operated by the National Centre for Radio Astrophysics
of the Tata Institute of Fundamental Research (NCRA-TIFR).
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Fig. 7 Spectrum of the diffuse
radio source in A 1914 (from
Bacchi et al. 2003).
Superimposed the frequency
range covered by LWA
(10–88 MHz, in blue), LOFAR
(Low Band: 30–80 MHz, High
Band: 110–240 MHz, in red) and
SKA (100–25 GHz, in green).
The low-frequency domain
covered by the next generation
radio-telescopes is optimal for
the detection of high spectral
index radio sources, such as radio
halos, mini-halos and relics

Finally, a better knowledge of extended radio sources in clusters is indeed essential for
complementary cosmological studies, e.g., the epoch of re-ionisation (EoR). It has been
proven that radio halos and relics are the strongest extra-galactic foreground sources to be
removed in order to probe the EoR through the study of the redshifted 21 cm emission
from neutral hydrogen (e.g., Di Matteo et al. 2004). Better models for the diffuse radio
emission have to be inserted into numerical simulations of the EoR 21 cm emission, in order
to understand how to remove efficiently the contamination due to radio halos and relics.

An increase in the number of known radio halos/relics, as well as higher resolution and
sensitivity observations, are essential to answer the main open questions, summarised at the
beginning of this section, about the nature of diffuse radio emission in clusters. As shown
in Fig. 7, halos and relics are difficult to detect in the GHz range due to their steep spec-
tra. Several observations performed with the currently available low-frequency instruments
(e.g., GMRT: Venturi et al. 2007; VLA: Kassim et al. 2001; Orrù et al. 2007) confirm the
interest in studying this class of radio sources at high wavelengths. A short term perspec-
tive in the study of radio halos and relics is thus to fully exploit those instruments that are
already available for observations in the MHz range of the electromagnetic spectrum with
good enough sensitivity (approximately from some tens of μJy/beam to some mJy/beam)
and angular resolution (roughly some tens of arcsec). However, in order to make a proper
comparison between observational results and current theoretical models about the origin of
radio halos and relics, we need multi-frequency observations of statistical samples of diffuse
radio sources. Current telescopes require too long exposure-time per cluster (�1–2 hours)
to reach the sensitivity limits necessary for detecting radio halos/relics, making statistical
analyses of diffuse radio emission in clusters extremely time-demanding.

The low-frequency range covered by a new generation of radio telescopes (Long Wave-
length Array—LWA; Low Frequency Array—LOFAR; Square Kilometre Array—SKA),
together with their gain in sensitivity and resolution, will increase dramatically the statistics
on the number of known radio halos and relics. Not only these instruments will cover the
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optimal frequency range for halo/relic detection (see Fig. 7), but also their gain in sensitivity
and resolution will be of the order of 10 to 1000 (see Table 2 of Brüggen et al. 2005), al-
lowing observations of statistical samples of diffuse and extended radio sources. A LOFAR
survey at 120 MHz, covering half the sky to a 5 σ flux limit of 0.1 mJy (1 hour integration
time per pointing), could detect ∼1000 halos/relics, of which 25% at redshift larger than
z ∼ 0.3 (Röttgering 2003). Feretti et al. (2004b) have estimated that, with 1 hour integration
time at 1.4 GHz, 50% of the SKA collecting area will allow us to detect halos and relics
of total flux down to 1 mJy at any redshift, and down to 0.1 mJy at high redshift. Based on
our current knowledge, more than three (fifteen) hundred diffuse cluster radio sources are
expected at 1.5 GHz on the full sky at the 1 mJy (0.1 mJy) flux limit (Enßlin and Röttgering
2002).

With statistical samples of halos and relics over a wide redshift range, we will be able
to a) test the correlation between the non-thermal component and the physical properties
of clusters (dynamical state, mass, X-ray luminosity and temperature . . .), b) analyse the
redshift evolution of halos and relics, with the advantages for cosmological studies stressed
above, and c) fill the gap in our knowledge of the last phases of radio galaxy evolution in
clusters (see Sect. 2.3). Particularly interesting will be the study of possible presence of non-
thermal radio emission at z ∼ 1, i.e. the epoch of formation of the massive galaxy clusters
observed in the local Universe.

The excellent sensitivity, high angular resolution and large number of spectral channels
of the next generation instruments, together with new techniques of RM synthesis (Brentjens
and de Bruyn 2005), will allow polarisation mapping and RM studies of radio emission in
clusters, significantly improving our estimates of large-scale magnetic fields.

Future radio observations of galaxy clusters, combined with the new generation instru-
ments at other wavelengths8 (e.g., sub-mm: ALMA; X-ray: XEUS, Simbol-X; gamma-rays:
GLAST, H.E.S.S., MAGIC;9. . .), will allow us to open a new window in cosmological stud-
ies.
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Abstract Large-scale structure formation, accretion and merging processes, AGN activity
produce cosmological gas shocks. The shocks convert a fraction of the energy of gravita-
tionally accelerated flows to internal energy of the gas. Being the main gas-heating agent,
cosmological shocks could amplify magnetic fields and accelerate energetic particles via
the multi-fluid plasma relaxation processes. We first discuss the basic properties of stan-
dard single-fluid shocks. Cosmological plasma shocks are expected to be collisionless. We
then review the plasma processes responsible for the microscopic structure of collisionless
shocks. A tiny fraction of the particles crossing the shock is injected into the non-thermal
energetic component that could get a substantial part of the ram pressure power dissipated at
the shock. The energetic particles penetrate deep into the shock upstream producing an ex-
tended shock precursor. Scaling relations for postshock ion temperature and entropy as func-
tions of shock velocity in strong collisionless multi-fluid shocks are discussed. We show that
the multi-fluid nature of collisionless shocks results in excessive gas compression, energetic
particle acceleration, precursor gas heating, magnetic field amplification and non-thermal
emission. Multi-fluid shocks provide a reduced gas entropy production and could also mod-
ify the observable thermodynamic scaling relations for clusters of galaxies.
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1 Introduction

The observed large scale structure of the Universe is thought to be due to the gravitational
growth of density fluctuations in the post-inflation era. In this model, the evolving cosmic
web is governed by non-linear gravitational growth of the initially weak density fluctuations
in the dark energy dominated cosmology. The web is traced by a tiny fraction of luminous
baryonic matter. Cosmological shock waves are an essential and often the only way to power
the luminous matter by converting a fraction of gravitational power to thermal and non-
thermal emissions of baryonic/leptonic matter.

At high redshifts (z > 1100) the pre-galactic medium was hot, relatively dense, ionised,
with a substantial pressure of radiation. The cosmic microwave background (CMB) obser-
vations constrain the amplitudes of density inhomogeneities to be very small at the last
scattering redshift z ∼ 1000. Strong non-linear shocks are therefore unlikely at that stage.
The universe expands, the matter cools, and eventually recombines, being mostly in neutral
phase during the “dark ages” of the universe. At some redshift, 6 < z < 14, hydrogen in
the universe is reionised, likely due to UV radiation from the first luminous objects, leaving
the intergalactic medium (IGM) highly reionised (see e.g., Fan et al. (2006) for a recent
review). The reionisation indicates the formation of the first luminous objects at the end of
the “dark ages”, either star-forming galaxies or Active Galactic Nuclei (AGN). The compact
luminous objects with an enormous energy release would have launched strong (in some
cases, relativistic) shock waves in the local vicinity of the energetic sources. At the same
evolution stage, formation of strong density inhomogeneities in the cosmic structure oc-
curs. Since then the non-linear dynamical flows in the vicinity of density inhomogeneities
would have created large scale cosmic structure shocks of modest strength, thus heating
the baryonic matter and simultaneously producing highly non-equilibrium energetic particle
distributions, magnetic fields and electromagnetic emission.

Most of the diffuse X-ray emitting matter was likely heated by cosmological shocks of
different scales. Accretion and merging processes produce large-scale gas shocks. Simula-
tions of structure formation in the Universe predict that in the present epoch about 40%
of the normal baryonic matter is in the Warm-Hot Intergalactic Medium (WHIM) at over-
densities δ ∼ 5–10 (e.g., Cen and Ostriker 1999; Davé et al. 2001). The WHIM is likely
shock-heated to temperatures of 105–107 K during the continuous non-linear structure evo-
lution and star-formation processes.

The statistics of cosmological shocks in the large-scale structure of the Universe were
simulated in the context of the �CDM-cosmology using PM/Eulerian adiabatic hydrody-
namic codes (e.g., Miniati et al. 2000; Ryu et al. 2003; Kang et al. 2007) and more recently
with a smoothed particle hydrodynamic code by Pfrommer et al. (2006). They identified two
main populations of cosmological shocks: (i) high Mach number “external” shocks due to
accretion of cold gas on gravitationally attracting nodes, and (ii) moderate Mach number
(2 ≤ Ms ≤ 4) “internal” shocks. The shocks are due to supersonic flows induced by relaxing
dark matter substructures in relatively hot, already shocked, gas. The internal shocks were
found by Ryu et al. (2003) to be most important in energy dissipation providing intercluster
medium (ICM) heating, and they were suggested by Bykov et al. (2000) to be the likely
sources of non-thermal emission in clusters of galaxies.

Hydrodynamical codes deal with N-body CDM and single-fluid gas dynamics. However,
if a strong accretion shock is multi-fluid, providing reduced post-shock ion temperature and
entropy, then the internal shocks could have systematically higher Mach numbers.

Space plasma shocks are expected to be collisionless. Cosmological shocks, being the
main gas-heating agent, generate turbulent magnetic fields and accelerate energetic particles
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via collisionless multi-fluid plasma relaxation processes thus producing non-thermal com-
ponents. The presence of these non-thermal components may affect the global dynamics
of clusters of galaxies (Ostriker et al. 2005) and the σv–T , M–T , LX–T scaling relations
(Bykov 2005). Detailed discussion of the cosmological simulations of the scaling relations
with account of only thermal components can be found in Borgani et al. (2008—Chap. 13,
this issue).

In Sect. 2 we discuss the basic features of the standard collisional shocks. The main part
of the review is devoted to physical properties of cosmological shocks with an accent on
collisionless shocks and associated non-thermal components. In Sect. 5 we discuss the most
important features of multi-fluid collisionless shocks in the cosmological context including
the effects of reduced entropy production, energetic particle acceleration and magnetic field
amplification in the shocks.

2 Single-Fluid MHD-Shocks

Shock waves are usually considered as a sharp transition between a macroscopic supersonic
(and super-Alfvénic) upstream flow (state 1) and slowed down to a subsonic velocity down-
stream flow (state 2), providing a mass flow jn through the shock surface. It is assumed
that a gas particle (or an elementary macroscopic fluid cell) is at any instant of time in
the local thermodynamic equilibrium state corresponding to the instantaneous values of the
macroscopic parameters. The Maxwellian distribution of all species is ensured after a few
molecular (or Coulomb) collisions have occurred. The macroscopic parameters character-
ising the state of the gas, such as density, specific internal energy, or temperature, change
slowly in comparison with the rates of the relaxation processes leading to thermodynamic
equilibrium. We consider here a single-fluid plasma model assuming complete electron–ion
relaxation. Under these conditions, in a frame moving with the shock front, with the mat-
ter flux across the shock surface jn �= 0, the conservation laws for mass (in non-relativistic
flows), momentum and energy can be written as follows:

jn

[
Bt

ρ

]
= Bn[ut], (1)

jn[ut] = Bn

4πjn

[Bt], (2)

[
j 2
n

ρ
+ P + B2

t

8π

]
= 0, (3)

[
w + j 2

n

2ρ2
+ u2

t

2
+ B2

t

4πρ
− Bn

4πjn

Btut

]
= 0. (4)

Here U = (un,ut) is the bulk velocity, w = ε + P/ρ is the gas enthalpy, ε ,P,ρ are the
internal gas energy, pressure and density respectively. The subscripts n and t are used for
the normal and transverse components respectively. We used the standard notations [A] =
A2 − A1 for the jump of a function A between the downstream and upstream regions. In
the MHD case the relations equivalent to (1)–(4) were obtained by de Hoffmann and Teller
(1950). The equations are valid in the case of a magnetic field frozen-into moving plasma,
where E = −U

c
× B. A specific feature of MHD shock waves is the so-called coplanarity

theorem (e.g., Landau and Lifshitz 1984) saying that the upstream and downstream magnetic
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Fig. 1 A sketch illustrating the
coplanarity theorem for a plane
ideal MHD-shock. The upstream
and downstream bulk velocities
U1 and U2, magnetic fields B1
and B2 and the shock normal N
all lie in the same plane. The
shock is at rest in the reference
frame where also ut1 = 0. The
shock is of infinitesimal width in
the sketch. Simulated structure of
the transition region of a
collisionless shock is shown in
Fig. 2 and Fig. 3 where its finite
width is apparent

fields B1 and B2 and the shock normal all lie in the same plane as it is illustrated in Fig. 1. It
is important to note that if Bn �= 0 there is an especial reference frame where local velocity
U and magnetic field B are parallel both in the upstream and downstream, providing E = 0.

From (1)–(4) one may obtain a generalised Rankine-Hugoniot (RH) adiabat

ε2 − ε1 + 1

2

(
1

ρ2
− 1

ρ1

)
{(P2 + P1) + 1

8π
(Bt2 − Bt1)

2)} = 0. (5)

The RH adiabat connects the macroscopic parameters downstream of the flow once the
upstream state is known. In a parallel shock (Bt = 0)

r = ρ2

ρ1
= (γg + 1)M2

s

(γg − 1)M2
s + 2

, (6)

T2

T1
= [2γgM2

s − (γg − 1)][(γg − 1)M2
s + 2]

(γg + 1)2M2
s

, (7)

where γg is the gas adiabatic exponent. We restrict ourselves here to a fast mode shock where
cs1 < u1, and va2 < u2 < cs2, for va1 < cs1. The phase velocity va2 is the Alfvén velocity in
the downstream, cs1, cs2 are the sound speeds in the upstream and downstream respectively.
We define here the shock Mach numbers as Ms = vsh/cs1 and Ma = vsh/va1.

In the case of a perpendicular shock (Bn = 0) the compression ratio is

r = ρ2

ρ1
= 2(γg + 1)

ψ + (ψ2 + 4(γg + 1) (2 − γg)M−2
a )1/2

,

(8)
ψ = (γg − 1) + (2M−2

s + γg M−2
a ).

In a single fluid strong shock with Ms � 1 and Ma � 1 one gets

T2 ≈ 2 · (γg − 1)

(γg + 1)2
μv2

sh = 1.38 × 107 v2
s8 (K), (9)

for any magnetic field inclination (e.g., Draine and McKee 1993). The mass per particle μ

was assumed to be [1.4/2.3]mH and vs8 is the shock velocity in 108 cm s−1.
The RH adiabat does not depend on the exact nature of the dissipation mechanisms that

provide the transition between the states 1 and 2. It assumes a single-fluid motion in regular
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electromagnetic fields. However, the dissipative effects control the thickness of the shock
transition layer. In the case of a weak shock of Mach number Ms − 1 � 1 the thickness
is large enough, allowing a macroscopic hydrodynamical description of the fluid inside the
shock transition layer (e.g., Landau and Lifshitz 1984). The gas shock width 
 in collisional
hydrodynamics without magnetic fields is given by


 = 8aV 2

(P2 − P1) (∂2V/∂P 2)s

. (10)

Following Landau and Lifshitz (1959) the gas shock width in (10) can be expressed through
the viscosities η and ζ , and thermal conductivity κ , since

a = 1

2ρv3
s

[(
4

3
η + ζ

)
+ κ

(
1

cv
− 1

cp

)]
.

Here cv and cp are specific heats at constant volume and at constant pressure respectively.
Extrapolating (10) to a shock of finite strength where P2 − P1 ∼ P2, one may show that the
gas shock width 
 is of the order of the mean free path λ.

It is instructive to note that the entropy is non-monotonic inside the finite width of a weak
gas shock (Ms − 1) � 1 and the total RH jump of the entropy 
s across the shock is of the
third order in (Ms − 1):


s = 1

12T1

(
∂2V

∂P 2

)

s

(P2 − P1)
3 ∝ (Ms − 1)3, (11)

while the density, temperature and pressure jumps are ∝ (Ms − 1) (Landau and Lifshitz
1959).

In plasma shocks the shock structure is more complex because of a relatively slow
electron–ion temperature relaxation. Such a shock consists of an ion viscous jump and an
electron–ion thermal relaxation zone. In the case of plasma shocks the structure of the ion
viscous jump is similar to the single fluid shock width structure discussed above and can
be studied accounting for the entropy of an isothermal electron fluid. The shock ion viscous
jump has a width of the order of the ion mean free path. The scattering length (the mean free
path to π /2 deflection) λp of a proton of velocity v7 (measured in 100 km s−1) due to binary
Coulomb collisions with plasma protons of density n (measured in cm−3) can be estimated
as λp ≈ 7 × 1014 v4

7n
−1 cm (Spitzer 1962). After the reionisation (z < 6) the Coulomb mean

free path in the WHIM of overdensity δ is λp ≈ 3.5×1021 v4
7δ

−1(1+z)−3(�bh
2/0.02)−1 cm.

Here and below �b is the baryon density parameter. The mean free path due to Coulomb
collisions is typically some orders of magnitude smaller than that for the charge-exchange
collisions in the WHIM after reionisation. The ion-electron thermal relaxation occurs on
scales about λe × √

mp/Zme. Since λe ∼ λp, the width of the relaxation zone is substan-
tially larger than the scale size of the ion viscous jump. The application of the single fluid
shock model (1)–(4) to electron–ion plasmas assumes full ion–electron temperature relax-
ation over the shock width. For a discussion of the relaxation processes see e.g., Bykov et
al. (2008—Chap. 8, this issue and references therein).

In a rarefied hot cosmic plasma the Coulomb collisions are not sufficient to provide
the viscous dissipation of the incoming flow, and collective effects due to the plasma flow
instabilities play a major role, providing the collisionless shocks, as it is directly observed in
the heliosphere. The observed structure of supernova remnants (e.g., Weisskopf and Hughes
2006) is consistent with that expected if their forward shocks are collisionless. Moreover, the
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non-thermal synchrotron emission seen in radio and X-rays is rather a strong argument for
high energy particle acceleration by the shock that definitely favours its collisionless nature.
That allows us to suggest that cosmological shocks in a rarefied highly ionised plasma (after
the reionisation epoch) are likely to be collisionless. There are yet very few observational
studies of cosmological shocks (e.g., Markevitch and Vikhlinin 2007). We review some basic
principles of collisionless shock physics in the next section.

3 Collisionless Shocks

Since the discovery of the solar wind in the early 1960’s it has been realised that the rapid
rise time of magnetic storms observed in the Earth suggested very thin collisionless shocks
created by solar flares (see for a discussion Sagdeev 1966; Kennel et al. 1985). The thickness
of a viscous jump in a strong collisional shock is of the order of a mean free path (see
e.g., Zel’dovich and Raizer 1967). The Coulomb collision mean free path in the tenuous
solar wind plasma is comparable to the Sun–Earth distance, and thus the magnetic storm
rising time due to standard collisional shocks would exceed the observed time by orders of
magnitude.

There are very specific features of collisionless plasma shocks (Sagdeev 1966). Shocks
in dense enough plasma with frequent Coulomb collisions evolve very fast to Maxwellian
particle distributions with very few particles at high energies. On the contrary, in collision-
less plasma shocks, a small minority of particles could gain a disproportionate share of the
energy and become non-Maxwellian. Collisionless shocks enable acceleration of a small
fraction of the particles to very high energies. Moreover, the accelerated particles could
carry away a substantial amount of the kinetic energy of the plasma flow dissipated at the
shock. The energetic particles can penetrate far into the shock upstream gas, to create an
extended shock precursor. The cold gas in the shock upstream is decelerated and pre-heated
by the energetic particle and MHD-wave pressure on a scale larger than a mean free path of
an energetic particle. This occurs not only at the bow shock of the Earth at moderately low
energies, but also in astrophysical shocks at highly relativistic energies (e.g., Russell 2005).

A direct study of collisionless shock waves in a laboratory is an extremely difficult task.
Most of the experimental data on collisionless shock physics are coming from space experi-
ments. There are direct observational data on the shock wave structure in the interplanetary
medium with clear evidence for ion and electron acceleration by the shocks (e.g., Tsurutani
and Lin 1985; Russell 2005).

Computer simulations of the full structure of collisionless shock waves describe the
kinetics of multi-species particle flows and magneto-hydrodynamic (MHD) waves in the
strongly-coupled system. The problem is multi-scale. It requires a simultaneous treatment
of both “microscopic” structure of the subshock at the thermal ion gyroradii scale where the
injection process is thought to occur, and an extended “macroscopic” shock precursor due
to energetic particles. The precursor scale is typically more than 109 times the microscopic
scale of the subshock transition region.

Energetic particles could be an essential component in the WHIM and clusters of galax-
ies. Nonthermal particle acceleration at shocks is expected to be an efficient process at dif-
ferent evolutional stages of clusters. Being the governing process of the supernova remnant
collisionless shock formation, nonlinear wave–particle interactions are responsible for both
shock heating and compression of the thermal gas, as well as for creation of an energetic
particle population.
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3.1 Micro Processes in Collisionless Shocks

In the strong enough collisionless shocks (typically with a Mach number above a few) re-
sistivity cannot provide energy dissipation fast enough to create a standard shock transition
(e.g., Kennel et al. 1985) on a microscopic scale. Ion instabilities are important in such
shocks that are called supercritical.

At the microscopic scale the front of a supercritical shock wave is a transition region
occupied by magnetic field fluctuations of an amplitude δB/B ∼ 1 and characteristic fre-
quencies of about the ion gyro-frequency. Generation of the fluctuations is due to insta-
bilities in the interpenetrating multi-flow ion movements. The width of the transition re-
gion of a quasi-parallel shock wave reaches a few hundred ion inertial lengths defined as
li = c/ωpi ≈ 2.3 × 107n−0.5 cm. Here ωpi is the ion plasma frequency and n is the ionised
ambient gas number density measured in cm−3. The ion inertial length in the WHIM can
be estimated as li ≈ 5.1 × 1010δ−1/2(1 + z)−3/2(�bh

2/0.02)−1/2 cm, providing the width of
the collisionless shock transition region is smaller by many orders of magnitude than the
Coulomb mean free path (that is in the kiloparsec range).

The transition region of a quasi-perpendicular shock is somewhat narrower. The wave
generation effects at the microscopic scale have been studied in some detail with hybrid
code simulations (e.g., Quest 1988). The large-amplitude magnetic field fluctuations in the
shock transition region were directly measured in the interplanetary medium (see e.g., Kan
et al. 1991).

There are a few ways to simulate numerically the kinetics of the collisionless plasma
phenomena. The most comprehensive study of the collisionless shock structure can be per-
formed with the particle-in-cell (PIC) method where all the plasma components are con-
sidered as discrete particles in self-consistent fields. The PIC method allows one to resolve
electron scale lengths and frequencies, but on the other hand it requires considerable com-
puter resource. A serious constraint on PIC and other plasma particle simulations of colli-
sionless shocks is that they must be done fully in three spatial dimensions (3D). Jones et al.
(1998) have proved that PIC simulations with one or more ignorable dimensions artificially
confine particles to field lines and particularly eliminate cross-field diffusion. The effect is
especially important for simulations of a creation of a superthermal particle population. All
three box dimensions must be involved in these simulations. Exact modelling of electron
kinetics in collisionless shocks require PIC simulations (e.g., Hoshino and Shimada 2002;
Schmitz et al. 2002). On the other hand, the bulk of the energy of a collisionless shock is
carried by the ions and velocity relaxation processes are typically longer than the ion gyro-
periods. Thus, though the basic shock physics evolve on ion spatial and temporal scales, the
electron kinetic description requires fine resolution at electron scales.

A fairly good description of low-frequency processes of the ion dynamics in the shock
transition layer can be achieved with hybrid codes (e.g., Winske and Omidi 1996 and ref-
erences therein). Hybrid code modelling, which interprets protons as particles and electrons
as an inertialess liquid, has made it possible to describe some important features of the
(sub)shock waves at the microscopic scale of some hundred times the ion inertial length
(e.g., Quest 1988; Lembege et al. 2004; Burgess et al. 2005).

A typical initialisation of a shock in the hybrid code simulations is to inject a relatively
cold ion beam (say at the right-hand boundary) and to put a particle reflecting wall at the
left-hand boundary of a simulation box. In that case the shock is moving, and the available
simulation time is limited, given the finite size of the box. The limited simulation time and
the particle statistics per cell are challenging the direct modelling of the origin and evolution
of the energetic non-thermal particle population in a shock. To increase the statistics the
macro-particle splitting method is used (see e.g., Quest 1992; Giacalone and Ellison 2000).
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Fig. 2 Hybrid simulated magnetic fields of a quasi-perpendicular shock (80° inclination). The shock prop-
agates along the x-axis, while the initial regular magnetic field is in the x–z plane. We show the By and Bz

dependence on x in the left and right panels respectively

Fig. 3 Hybrid simulated proton phase density in a quasi-perpendicular shock (80° inclination). The shock is
moving from left to right in the reference frame where the particle reflecting wall is at rest. The figures show
the proton phase densities in vx–x, vy–x and vz–x projections from top to bottom respectively

In Fig. 2 we show the structure of the magnetic field in a quasi-perpendicular shock (in-
clination angle θBn ≈ 80°) simulated with a hybrid code for the upstream plasma parameter
β ∼ 1. The parameter β = M2

a/M2
s , characterises the ratio of the thermal and magnetic

pressures. The shock is propagating along the x-axis from the left to the right. The magnetic
field is in the x–z plane. The system is periodic in the y-dimension. Phase densities of pro-
tons vx–x, vy–x, vz–x are shown in Fig. 3 in the reference frame where the particle reflecting
wall (at far left) is at rest while the shock front is moving. The incoming plasma beam in
the simulation was composed of protons (90%), alpha particles (9.9%) and a dynamically
insignificant fraction of oxygen ions (O VII).

In most of the cases non-relativistic shocks simulated with different hybrid codes had the
upstream plasma parameter β ∼ 1. In some cosmological shocks, for example in hot X-ray
clusters, plasma parameter β could be ∼100 (see Bykov et al. 2008—Chap. 8, this issue).
The nature of collisionless shocks in the hot low magnetised plasmas could be different from
that in case of β ∼ 1. While the processes of shock formation in the high beta plasmas still
require a careful study, there are two experimental studies establishing the existence of the
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collisionless shocks for that case. A collisionless shock in a laboratory experiment with a
laser-produced ablating plasma of β ∼ 300 was found to have a thickness about 10 c/ωpe,
that is orders of magnitude less than the Coulomb mean free path of both ions and elec-
trons in that system (see Bell et al. 1988). In space plasma the terrestrial bow shock under
high beta conditions was observed with the ISEE 1 and ISEE 2 spacecraft by Farris et al.
(1992). These measurements were compared with and found to be in agreement with the
predicted values of the Rankine-Hugoniot relations using the simple adiabatic approxima-
tion and a ratio of specific heats, gamma, of 5/3. Large magnetic field and density fluctua-
tions were observed, but average downstream plasma conditions well away from the shock
were relatively steady, near the predicted Rankine-Hugoniot values. The magnetic distur-
bances persisted well downstream and a hot, dense ion beam was detected leaking from the
downstream region of the shock.

3.2 Heating of Ions in Collisionless Shocks

The heating processes in collisionless shocks are non-trivial. The irreversible transformation
of a part of the kinetic energy of the ordered bulk motion of the upstream flow into the energy
of the random motions of plasma particles in the downstream flow in collisional shocks is
due to Coulomb or atomic particle collisions. In collisional non-radiative shocks without
slowly relaxing molecular components, the standard single-fluid RH relations are applicable
just after a few collisional lengths. The standard single-component shock model predicts a
particle temperature kT = (3/16)mv2

sh for γ = 5/3.
The particle distributions in the collisionless shocks are not Maxwellian. Thus, instead

of the standard equilibrium temperature the appropriate moments of the particle distribution
function characterising the width of randomised velocity distributions are used. Moreover,
the particle velocity distributions are typically anisotropic. It is clearly seen in hybrid simu-
lated proton phase density: in Fig. 3 the velocity distribution widths are different for differ-
ent projections. One can see in Fig. 3 that a fraction of the incoming ions is reflected by the
shock magnetic field jump providing multiple inter-penetrating flows of gyrating ions. Then
the field fluctuations randomise the ion phases producing a “coarse-grained” distribution
characterised by an effective temperature estimated as the second moment of the velocity
distribution.

An analysis of interplanetary collisionless shock observations made with Advanced Com-
position Explorer by Korreck et al. (2007) indicated that quasi-perpendicular shocks are
heating ions more efficiently than quasi-parallel shocks. It was also found that effective tem-
peratures of different ions are not necessarily proportional to ion mass, but also depend on
the shock inclination angle and plasma parameter β . The widths of the collisionless shocks
are extremely narrow (below the astronomical unit) and thus, the observed temperatures
would depend on the temperature equilibration processes (both Coulomb and collective)
that we will discuss elsewhere (e.g., Bykov et al. 2008—Chap. 8, this issue). The tempera-
ture equilibration of different plasma constituents in the WHIM can be studied with spatially
resolved spectroscopic observations and thus is a good test for shock models.

3.3 Heating of Electrons in Collisionless Shocks

Electron kinetics in collisionless shocks are different from those of ions. Since most of the
observable emission comes from the electrons, they require a careful study. Shocks transfer
a fraction of the bulk kinetic energy of the ion flow into large amplitude nonlinear mag-
netic fluctuations on a short scale of the transition region (see Fig. 2). It is important that
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Fig. 4 Electron distribution function simulated in the model of electron heating by strong ion gyroradii
scale magnetic fluctuations in a collisionless shock by Bykov and Uvarov (1999). The left panel is for
α = 〈(δB/B)2〉 = 0.4, the right panel for α = 0.1

the thermal electron velocities in the ambient medium are higher than the shock speed for
a shock Mach number Ms <

√
mp/me, allowing for a nearly-isotropic angular distribution

of the electrons. Non-resonant interactions of these electrons with the large-amplitude tur-
bulent fluctuations in the shock transition region could result in collisionless heating and
pre-acceleration of the electrons (Bykov and Uvarov 1999). In Fig. 4 a simulated electron
distribution (p2N(z,p)) is shown as a function of the dimensionless electron momentum
p/

√
2meT1, where T1 is the initial electron temperature in the far upstream (z → −∞). The

solid curves are the simulated electron distribution functions at the left boundary (z̃ = 0)
of the transition region clearly seen in Fig. 2, and at the end of the region (z̃ = 1). Dotted
lines are the Maxwellian distribution fits allowing to estimate the effective electron temper-
atures T eff measured relative to T1. Note that T eff = 1.2 at z̃ = 0 because of the electron
diffusivity effect. One may also clearly see the appearance of non-thermal tails indicating
a Fermi type acceleration. It is worth noting that the presence of large-amplitude waves in
the shock transition region erodes many of the differences between quasi-parallel and per-
pendicular shocks, making the electron injection mechanism in that model to be similar for
these shocks.

The analysis of observational data on both interplanetary and supernova shocks by
Ghavamian et al. (2007) indicates that the electron heating efficiency i.e. Te/Ti is a declin-
ing function of the shock velocity. These authors discussed a model of electron heating with
a constant level of electron heating over a wide range of shock speeds (see also Fig. 4 in
Bykov and Uvarov 1999), while the ion heating is an increasing function of shock velocity.

3.4 Gas Heating and Entropy Production in Weak Internal Shocks

Heating/acceleration efficiency with weak and moderate strength MHD shocks can be esti-
mated by calculating the energy dissipation rate ε̇h of a directed gas motion per unit area of
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a weak shock. Defining ε̇h = vshρT 
s, where 
s is the difference of the entropies (per unit
mass) behind and ahead of the shock front, one can evaluate the thermal gas heating as

ε̇h = (5/4)(Ms − 1)3vshεT, (12)

where εT is the gas internal energy per unit volume (cf. (11)). The energy transfer to the
reflected nonthermal particles can be estimated from:

ε̇CR = (Ms − 1)2vshεB, (13)

where εB is the magnetic energy density (Bykov and Toptygin 1987). From (12) and (13)
one can see that the gas heating is of third order in (Ms − 1) � 1 (cf. Landau and Lifshitz
1959), while the wave damping due to the particle acceleration is of second order. Note
that in the outer parts of galaxy clusters one would typically expect εT � εB. However, the
central regions of such a cluster could have εT comparable to εB, as it is the case in the Milky
Way. Thus, the weak shocks in the central regions could efficiently accelerate nonthermal
particles, reducing the heating of the gas. Particle acceleration by an ensemble of large scale
shocks in a cluster of galaxies can create a population of non-thermal particles of sizeable
pressure. This may imply a non-steady evolution of non-thermal pressure as modelled by
Bykov (2001).

4 Energetic Particle Acceleration in Collisionless Shocks

The reflected ions with a gyro-radius exceeding the width of the shock transition region can
then be efficiently accelerated, via the Fermi mechanism, by converging plasma flows car-
rying magnetic inhomogeneities and MHD waves. In perpendicular shock a net transverse
particle momentum gain is due to the work of the electric field on the particle drift motion.
The electric field perpendicular to the shock normal exists in all the reference frames for
the perpendicular shock. The particle of a momentum p crossing back and forth the shock
front and being scattered by MHD waves carried with a flow of velocity u would undergo
a momentum increment 
p ≈ p · u

v
+ O((u/v)2) per scattering. A velocity profile in the

plane shock is illustrated by the dashed line in Fig. 5 in the test particle case where one ne-
glects the back reaction effect of accelerated particles on the shock. One way to calculate the

Fig. 5 A sketch illustrating the structure of a cosmic-ray modified shock. The dashed line is the shock
velocity jump corresponding to the test particle case. The dotted line is a spatial distribution of accelerated
particles at some momentum p � p0. The solid line is the CR modified shock velocity profile with the
precursor and subshock indicated
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accelerated particle spectra in a scattering medium is to use the kinetic equation in the diffu-
sion approximation. The scattering medium in that approach is characterised by momentum
dependent particle diffusion coefficients k1(p) and k2(p). The shock is considered as a bulk
velocity jump (see the dashed line in Fig. 5) assuming that the test particles are injected at
p = p0 and the gyroradii of the particles are larger than the shock width. Therefore, in a test
particle case particles must be injected at some super-thermal energy to be accelerated by
the shock. A solution to the kinetic equation for a nearly isotropic test particle distribution in
the phase space is a power-law momentum distribution f (p,x) ∝ (p/p0)

−b , p ≥ p0 where
the index

b = 3r

r − 1
(14)

depends on the shock compression ratio r (Axford et al. 1977; Krymskii 1977; Bell 1978;
Blandford and Ostriker 1978). The CR spatial distribution in the model is illustrated in
Fig. 5. For a strong shock of Ms � 1 and Ma � 1 the compression ratio given by (6) and
(8) is close to 4 if γg = 5/3 (or even larger if relativistic gas dominates the equation of state).
The pressure of the accelerated particles is

PCR = 4π

3

∫ ∞

p0

pvf (p,x)p2 dp. (15)

Then for b = 4 one may see that PCR ∝ ln(pmax/p0) indicating a potentially large cosmic ray
(CR) pressure, if CRs are accelerated to pmax � p0. The maximal energy of accelerated test
particles depends on the diffusion coefficients, bulk velocity and scale-size of the system.
The finite scale-size of the shock is usually accounted for by an energy dependent free escape
boundary located either in the upstream or in the downstream. For electrons pmax can also
be limited by synchrotron (or inverse-Compton) losses of relativistic particles.

The test particle shock acceleration time τa(p) can be estimated from the equation

τa(p) = 3

u1n − u2n

∫ p

p0

(
k1(p)

u1n

+ k2(p)

u2n

)
dp

p
(16)

where the normal components of the shock upstream and downstream bulk velocities
u1n, u2n are measured in the shock rest frame. Estimations based on a more rigorous ap-
proach distinguishing between the mean acceleration time and the variance does not change
the results substantially, given the uncertainties in the diffusion model.

5 Cosmic-Ray Modified Multifluid Shocks

The efficiency of the upstream plasma flow energy conversion into nonthermal particles
could be high enough providing a hard spectrum of nonthermal particles up to some maximal
energy ε�. If the efficiency of ram energy transfer to the energetic particles is high enough, an
extended shock precursor appears due to the incoming plasma flow deceleration by the fast
particle pressure. The precursor scale L is of the order of (c/vsh)λ�—orders of magnitude
larger than the width of the shock transition region (see Fig. 5). Here λ� is the maximal
mean free path of a particle in the energy-containing part of the spectrum and vsh is the
shock velocity. We shall later refer to these energetic particles as cosmic rays.

It has been shown that the front of a strong collisionless shock wave consists of an ex-
tended precursor and a viscous velocity discontinuity (subshock) of a local Mach number
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that is smaller than the total Mach number of the shock wave (see Fig. 5). The compression
of matter at the subshock can be much lower than the total compression of the medium in
the shock wave with allowance for high compression in the precursor. We shall refer later to
such shocks as CR-modified.

The large scale (“macroscopic”) structure of a CR-modified shock can be modelled
by a two-fluid approach with a kinetic description of nonthermal particles (see e.g.,
Blandford and Eichler 1987; Berezhko et al. 1996; Malkov and Drury 2001; Blasi 2004
and references therein) or by a Monte Carlo method (e.g., Jones and Ellison 1991;
Ellison et al. 1996). In both methods some suitable parameterisation of particle scattering
process must be postulated a priori. Monte-Carlo simulations, however, have no assumption
of isotropy for particle distributions, and that allows an internally self-consistent treatment
of thermal particle injection. While the injection depends on the assumptions made for the
particle pitch-angle scattering, these assumptions are applied equally to particles of all ener-
gies. The Monte Carlo technique eliminates a free injection parameter, which is present in all
models based on the diffusion approximation and is used to set the injection efficiency. The
strong feedback between injection, shock structure, and magnetic field amplification makes
this property of the Monte Carlo technique particularly important. The Monte Carlo tech-
nique allows to iteratively obtain a shock velocity profile and particle distribution function
conserving mass, momentum and energy fluxes taking into account the nonlinear feedback
from the accelerated energetic particles.

In Fig. 6 Monte Carlo simulated proton spectra (multiplied by [p/(mpc)]4) are shown,
in the downstream shock from Vladimirov et al. (2006). To illustrate the dependence of the
maximal energy of an accelerated proton on the system scale size, a free escape boundary
condition was applied at some distance from the subshock position in the shock rest frame.
The heavy solid and dotted curves in the right panel correspond to the free escape boundary
located at a distance 104rg1 (where rg1 = mpvshc/eB1), the dashed curve has 103rg1, and
the light solid curve has 105rg1. The simulations were done for a supernova shock in the
interstellar medium with a shock speed vsh = 5000 km s−1 and an unshocked proton number

Fig. 6 Spectra of protons accelerated by a strong shock. The spectra were simulated with a non-linear
Monte-Carlo model which accounts for particle injection and magnetic field amplification by the shock (for
details see Vladimirov et al. 2006). On the left panel the transitions from the thermal-like component to the
high energy tail are marked by pinj. On the right panel different curves correspond to different locations of
the free escape boundary (see in the text)
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density n1 = 1 cm−3. In the left panel the spectra are given for the same position of the free
escape boundary, but for different prescriptions of the scattering model.

5.1 Magnetic Field Amplification in CR-Dominated Shocks

An important predicted feature of strong shocks with efficient CR acceleration is the pos-
sibility to amplify an initial seed magnetic field by orders of magnitude (e.g., Bell and
Lucek 2001; Bell 2004). CR current and CR pressure gradient upstream of the strong shock
could drive magnetic fluctuations on the shock precursor scale length. The CR-shock pre-
cursor scale L is ∼ (c/vsh)λ� which is expected to be above a kpc, moreover, the width is
L � 100 kpc for a shock of a size comparable to that of a galaxy cluster. The precursor
scale size L is � 109 times larger than the subshock transition region where strong small
scale magnetic field fluctuations are directly produced by instabilities of super-Alfvénic
bulk plasma flows illustrated in Fig. 2. That small scale fluctuations are responsible for
bulk plasma motion dissipation process and adiabatic amplification of the transverse mag-
netic field in collisionless shocks. At the same time the collisionless dissipation process is
thought to inject a minor fraction of incoming particles to be accelerated to high energies
by Fermi mechanism. Recent models of diffusive shock acceleration allows a substantial
fraction (say, 30%) of the MHD shock ram pressure to be converted to accelerated particles
filling a vicinity of the shock of the scale L. The large scale current and density gradient of
the accelerated CRs may convert a fraction of the CR energy to magnetic field due to multi-
fluid instabilities of different kinds providing a way to amplify the initial magnetic field by
a factor larger than the shock compression ratio.

Recent non-linear simulations of magnetic field amplification in diffusive shock accel-
eration by a Monte-Carlo model (Vladimirov et al. 2006) and a kinetic model (Amato and
Blasi 2006) confirmed the possibility of a significant effect. The amplitude of the fluctuat-
ing magnetic field energy density WB is of the order of the shock accelerated CR pressure
which is in turn a substantial fraction of the shock ram pressure 0.5ρ1v

2
sh. Here ρ1 is the

shock upstream ambient gas density.
For typical cluster parameters the discussed mechanism could provide a μG range mag-

netic field amplitude in a hundred kpc range scale of CR-modified shock precursor. The
Faraday rotation measure RM provided by a strong CR-dominated shock in a cluster
can reach values of �10 rad m−2 and even a few times higher. For the case of the so-
called Bohm diffusion model the rotation measure RM is proportional to the maximal
energy of the ions in the energy-containing part of the CR-spectrum accelerated by the
shock. Radio observations, Faraday rotation and synchrotron-Compton emission measure-
ments are used to estimate the magnetic fields in clusters (e.g., Carilli and Taylor 2002;
Newman et al. 2002). Large filaments of polarised radio emission of scale size about 400 kpc
were discovered by Govoni et al. (2005) in the halo of the cluster of galaxies Abell 2255 and
by Bagchi et al. (2006) in Abell 3376 (see Fig. 8). They could be connected to large scale
shocks due to accretion/merging activity of the cluster.

5.2 Gas Heating and Entropy Production in Strong CR-Modified Shocks

An exact modelling of a collisionless shock structure taking into account the nonthermal par-
ticle acceleration effect requires the nonperturbative self-consistent description of a multi-
component and multi-scale system including strong MHD-turbulence dynamics. Such a
modelling is not feasible at the moment. Instead, a simplified description of a multi-fluid
strong shock structure can be used with an appropriate parameterisation of the extended
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Fig. 7 Total compression ratio
rtot of a strong MHD shock
modified by efficient particle
acceleration as a function of the
energy escape flux Qesc/�kin
carried by energetic particles,
where �kin = ρ1v3

sh/2. The
upper curve (dotted) corresponds
to an effective adiabatic exponent
γ = 4/3 (relativistic gas), while
the lower (solid) curve
corresponds to γ = 5/3

pre-shock and of the gas subshock. The predicted observable characteristics of the shocks
can be confronted to the observational data. We will now discuss the effects of plasma heat-
ing by modified shocks and then make some specific predictions for possible observational
tests.

In the shocks with efficient high energy particle acceleration the energy flux carried away
by escaping energetic particles Qesc must be accounted for in the energy continuity equa-
tions. The energy loss results in a lower effective adiabatic index, but it allows to increase
the total compression of the gas in the shock downstream.

The total compression ratio rtot of a strong MHD shock modified by an efficient nonther-
mal particle acceleration can be estimated as

rtot = γ + 1

γ −
√

1 + 2(γ 2 − 1)Qesc/ρav
3
sh

, (17)

assuming that the energy density in the shock upstream is dominated by the ram pressure
and that the CR escape is through the cut-off momentum regime (e.g., Malkov and Drury
2001). Here γ is the effective adiabatic exponent. In Fig. 7 we illustrate the dependence
of the compression ratio on Qesc/ρav

3
sh for γ = 4/3 and 5/3 assuming that the effective

adiabatic exponent is between the two values depending on the spectrum of the accelerated
relativistic particles.

The distribution function of nonthermal particles and the bulk flow profile in the shock
upstream region are sensitive to the total compression ratio rtot. Thus, the exact calculation
of the escape flux Qesc can be performed only in fully nonlinear kinetic simulations. Never-
theless, an approximate iterative approach (e.g., in the Monte Carlo model discussed above)
can be used to make the steady-state distribution function consistent with the shock com-
pression assuming some diffusion model. The subshock is the standard gas viscous shock of
a Mach number Msub. For that simplified two-fluid model of a strong CR-modified shock
the effective ion temperature in the downstream T

(2)

i can be estimated for a shock of a given
velocity, if rtot and rsub are known:

T
(2)

i ≈ φ(Msub)
μv2

sh

γgr
2
tot(vsh)

, where φ(Msub) = 2γgM2
sub − (γg − 1)

(γg − 1)M2
sub + 2

. (18)
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Single fluid strong shock heating represents the limit Msub = Ms � 1, since there is
no precursor in that case, resulting in (9). In single-fluid systems the compression ratio
rtot = rsub → (γg +1)/(γg −1) does not depend on the shock velocity and (18) reduces to (9).
However, in multi-fluid shocks the total compression ratio depends on the shock velocity and
could be substantially higher than that in the single-fluid case. This implies somewhat lower
postshock ion temperatures for the strong multi-fluid shock of the same velocity and could
be tested observationally. It is convenient to introduce the scaling rtot(vsh) ∝ v

ξ

sh to describe
the different cases of strong shock heating (see Bykov 2005 for details). Then from Eq. 18,
Ti2 ∝ φ(Msub)v

2(1−ξ)

sh . The subshock Mach number Msub depends, in general, on Ms and
Ma. Thus, an index σ approximates the velocity dependence of φ(Msub) ∝ vσ

sh. Finally, if
Ti2 ∝ va

sh, then the index a = 2(1 − ξ) + σ . For the case of shock precursor heating by CR
generated Alfvén waves, the index a ≈ 1.25 (Bykov 2005).

A distinctive feature of multi-fluid shocks is their high gas compression rtot(vsh) that
could be well above the single fluid shock limit (γg + 1)/(γg − 1) (see Fig. 7). At the same
time entropy production for a strong multi-fluid shock scales as [rtot(vsh)]−(γg+1) and it is
significantly reduced compared to the single-fluid shock of the same velocity. The effects
are due to energetic particle acceleration and magnetic field amplification.

Energetic particles penetrate into the shock upstream region. They are coupled with the
upstream gas through fluctuating magnetic fields (including the Alfvén waves generated
by the energetic particles). Magnetic field dissipation provides gas preheating and entropy
production in the extended shock precursor. Such a heated pre-shock region of kT � 0.5 keV
would appear as an extended filament of width L ∼ (c/vsh)λ� � 3 × 1014ε�B

−1
−6 cm. Here

ε� (in GeV) is the highest energy of the hard branch of the accelerated particle spectrum.
If B−6 ∼ 0.1 in the cluster outskirts and if the hard spectrum of energetic nuclei extends
to ∼ 109 GeV (cf. Norman et al. 1995) we have L ∼ 1 Mpc and even wider. Projected on
a hot X-ray cluster, such filaments could produce a soft X-ray component “excessive” to
that produced by the hot cluster. A warm gas (∼ 0.2 keV) emission filament found with
XMM-Network in the outskirts of the Coma cluster by Finoguenov et al. (2003) could be an
extended heated precursor of a strong multi-fluid accretion shock. For a detailed review of
the soft X-ray/EUV excesses see Durret et al. (2008—Chap. 4, this issue).

5.3 ICM Entropy Production by Multifluid Accretion Shocks

Cold gas falling into the dark matter (DM) dominated gravitational well passes through
a strong accretion shock. The shock is a source of gas entropy production in the in-
tercluster medium (ICM) (e.g., Knight and Ponman 1997; Tozzi and Norman 2001;
Voit et al. 2003). The post-shock entropy K = Kb T/ρ2/3 used in the ICM analysis and sim-
ulations (e.g., Bialek et al. 2001) is related to the standard thermodynamic entropy s through
K ∝ exp(s/cv). In the standard scenario with a single-fluid accretion shock the post-shock
entropy scales Ksf ∝ v2

shρ
−2/3
1 (e.g., Voit et al. 2003).

The multi-fluid nature of the collisionless accretion shock modifies the standard scaling
relation to be

Kmf ∝ v2
sh[rtot(vsh)]−(1+γg)φ(Msub)ρ

(1−γg)

1 . (19)

The compression ratio in CR-shocks is higher than in a strong single-fluid shock of the
same velocity resulting in reduced post-shock entropy production. For example, in the case
of Alfvén heating the post-shock entropy of a multi-fluid shock reduces as Kmf/Ksf ∼
(15/Ma) for Ma > 15 and M2

s > Ma. Here and below in numerical estimations we as-
sume γg = 5/3, though a non-thermal baryonic component could reduce the index γg.
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Fig. 8 Abell 3376 (taken from Bagchi et al. 2006: X-ray emission from XMM-Newton archive data, with
VLA 1.4 GHz radio contours superimposed. The ellipse shows an elliptical fit to the peripheral radio struc-
tures, and the ‘+’ marks its centre. The circles mark the positions of the two brightest cluster galaxies

Since rtot(vsh) and φ(Msub) are shock velocity dependent, the simple scaling K ∝
v2

shρ
−2/3
1 is not valid. In CR-modified shocks Kmf ∝ vν

shρ
(1−γg)

1 or Kmf ∝ T ν/a , where
ν = 2 − (1 + γg)ξ + σ . For the case of Alfvén wave heating the index ν is � 1.25 and
Kmf is ∝ T 0.8 assuming γg = 5/3. Recently Ponman et al. (2003) and Piffaretti et al. (2005)
found that the dispersion in the observed cluster entropy profiles is smaller if an empirical
relation K ∝ T 0.65 is used instead of the standard K ∝ T (see also Pratt et al. 2006).

Consider the simple model of smooth accretion of cold gas through a strong accretion
shock by Voit et al. (2003). The gas of velocity vac accretes at a rate Ṁg through the shock
at a radius rac where

Ṁg = 4πr2
acρ1vac, v2

ac = 2GMξr−1
ac , ξ = 1 − rac/rta. (20)

Here M(t) is the cluster mass and rta is the matter turnaround radius. Then the entropy Kmf

just behind the multi-fluid shock is expressed through T
(2)
i (vac) and ρ2 = rtot(vac)ρ1. In the

Alfvén wave heating case Kmf(t) ∝ (Mt)(1+σ)/3, instead of Ksf(t) ∝ (Mt)2/3 in the single-
fluid regime. A multi-fluid shock results in a slower post-shock entropy production. As we
have noted above, the regime of CR-shock compression depends on the plasma parameter
β in the infalling gas. The plasma parameter β is currently poorly known because the in-
tercluster magnetic fields are not well constrained. The effects of shock modifications are
important for both the models of smooth accretion of cold gas and for accretion of hierar-
chical structures.

Preheating of accreting gas by different physical processes (e.g., due to early star forma-
tion in a protocluster region) was suggested by Evrard and Henry (1991), as a possible reason
for the breaking of the scaling relations for pure gravitational cluster compression by Kaiser
(1986). The observed high metallicity of clusters at different redshifts indicates that strong
starburst activity was highly likely at some stage. The preheating produces some initial
level of gas entropy (“entropy floor”, see e.g., extensive simulations by Bialek et al. 2001;
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Borgani et al. 2001; Borgani et al. 2005). Multi-fluid strong shocks provide a natural al-
ternative way of preheating accreting gas. The non-thermal components are essential for
detailed modelling of global properties of X-ray clusters, including the mass-temperature
and luminosity-temperature relations (Ostriker et al. 2005).

6 Shocks in Large-Scale Structure

Simulations of the cosmic large-scale structure (LSS) predict that about 40–50% of
baryons at epoch z < 2 could reside in the Warm-Hot Intergalactic Medium (WHIM)
with temperatures 105–107 K at moderate overdensities δ ∼ 10 (Cen and Ostriker 1999;
Davé et al. 2001). The WHIM heating is due to shocks driven by gravitationally acceler-
ated flows in the LSS structure formation scenario (e.g., Kang et al. 2007). The simulations
demonstrate that the X-ray and ultraviolet O VI, O VII and O VIII lines and the H I Lyα line
traces the low-density cosmic web filamentary structures. Intervening metal absorption sys-
tems of highly ionised C, N, O, Ne in the soft X-ray spectra of bright AGN were suggested
to trace the WHIM. The detection of shocked WHIM requires very sensitive UV and X-ray
detectors, both for absorption and for emission processes (see, e.g., Kaastra et al. 2008;
Richter et al. 2008—Chaps. 9 and 3, this issue). Dedicated future missions like the Cos-
mic Origin Spectrograph (COS), the X-Ray Evolving Universe Spectrometer (XEUS),
Constellation-X and the Diffuse Intergalactic Oxygen Surveyor (DIOS) will provide high
resolution spectroscopy of the shocked WHIM. The WHIM ions of different charge states
have highly non-equilibrium (anisotropic) initial states just behind a collisionless shock
that relaxes to equilibrium states through Coulomb collisions. As was discussed above a
strong collisionless shock could generate a spectrum of MHD-fluctuations. These MHD-
fluctuations can carry a substantial fraction of the shock ram pressure. The velocity fluctua-
tions will result in non-thermal broadening of the lines, potentially important for simulations
of emission/absorption spectra of the WHIM and observational data analysis. Specific fea-
tures of collisionless shock heating of the WHIM ions are discussed in Bykov et al. (2008—
Chap. 8, this issue). In this paper we discuss only a few observations of clusters of galaxies.

6.1 Evidence for Shocks in Galaxy Clusters

Clusters of galaxies are believed to form within the hierarchical build up of the large scale
structure of the Universe. Small objects collapse first and then merge in a complex manner to
form larger and larger structures. Therefore, once in a while during their formation, clusters
of galaxies undergo so called major merger events. In such events, proto-cluster structures of
similar masses (typical ratios 1:10–1:1) are colliding with super sonic velocities (typically
several 1000 km s−1). These merging events are a source of shocks and turbulence. They
redistribute and amplify magnetic fields, and they are a source of acceleration of relativistic
particles within the intracluster medium. Additionally, it is expected that the accretion of
the diffuse, unprocessed (and therefore relatively cold) matter onto the DM node of the
cosmic web creates a virialisation shock (also called accretion shock), which is expected
to be located far in the cluster periphery (typically a few Mpc from the cluster centre for
massive systems). Some examples of relevant cosmological simulations are presented by
Dolag et al. (2008—Chap. 15, this issue).

X-ray observations, revealing the thermodynamical state of the intracluster medium are
therefore the natural means for searching for the signatures of such non thermal phenomena.
However, due to biases in the observational processes, caused by the complex temperature
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structure of the intracluster medium, such signatures are very hard to detect (for a more
detailed discussion see Mazzotta et al. (2004) and references therein). Nevertheless, some
detections of shocks in galaxy clusters have been revealed by high resolution Chandra and
XMM-Newton observations. For a recent review see Markevitch and Vikhlinin (2007). One
of the most spectacular examples of a merging galaxy clusters is the case of 1E 0657−56
(Markevitch et al. 2002).

The sensitivities of current X-ray instruments are not sufficient to map the state and struc-
ture of the intracluster medium in the periphery of galaxy clusters. However, the discovery
of arc like radio emission in the periphery of some clusters (so called radio relics), are
thought to trace shocks running through the intracluster medium. Spectacular examples are
Abell 3667 (see also Ferrari et al. 2008—Chap. 6, this issue) or the radio relics in Abell 3376
recently discovered by Bagchi et al. (2006), see Fig. 8. Thereby, such radio observations are
currently the only possibility to observe shocks outside the central regions of galaxy clus-
ters. A more detailed discussion of numerical models of such radio relics is provided by
Dolag et al. (2008—Chap. 15, this issue).

Shocks are also expected to trigger star formation, as indicated by numerical simulations
(e.g., Bekki 1999), which will leave detectable imprints in the intracluster medium even
long (several Gyr) after the shock passed through. Multiple supernova explosions in the star
forming regions (superbubbles) will additionally produce copious small scale shocks and
accelerate non-thermal particles (e.g., Bykov 2001). One of the tracers for these processes
can be excess metallicity in the intracluster medium, produced by the enhanced star for-
mation period (e.g., Schindler et al. 2005). Figure 9 shows the inferred metallicity map for
Abell 3376, indicating previous merger activity of the cluster (see Bagchi et al. 2006).

Fig. 9 Metallicity map of the intracluster gas in Abell 3376 (taken from Bagchi et al. 2006)
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7 Summary

Cosmological shocks convert a fraction of the energy of gravitationally accelerated flows to
internal energy of the gas. They heat and compress the gas and can also accelerate energetic
non-thermal particles and amplify magnetic fields. We discussed some specific features of
cosmological shocks.

• The standard Rankine-Hugoniot relations based on the conservation laws for a steady
single-fluid MHD shock allow to calculate the state of the fluid behind the shock once the
upstream state and the shock strength are known. The coplanarity theorem for a plane ideal
MHD shock states that the upstream and downstream bulk velocities, magnetic fields and
the shock normal all lie in the same plane.

• Cosmological plasma shocks are likely to be collisionless as many other astrophysical
shocks observed in the heliosphere and in supernova remnants. We review the basic plasma
processes responsible for the microscopic structure of collisionless shocks.

• Collisionless shock heating of ions results in a non-equilibrium state just behind a very
thin magnetic ramp region with a strongly anisotropic quasi-Maxwellian ion distributions.
The possibility of collisionless heating of electrons by electromagnetic fluctuations in the
magnetic ramp region depends on the extension of the fluctuation spectra to the electron
gyro-scales, and could depend on the shock Mach number. Then the Coulomb equilibration
processes are operating on the scales much larger than the collisionless shock width.

• Extended MHD shock waves propagating in turbulent media could accelerate energetic
particles both by Fermi type acceleration in converging plasma flows and by DC electric field
in quasi-perpendicular shocks. If the acceleration is efficient, then the strong shock could
convert a substantial fraction (more than 10%) of the power dissipated by the upstream bulk
flow to energetic particles (cosmic rays). The compression ratio rtot at such a shock can be
much higher, while the ion temperature behind the shock ∝ r−2

tot and the post-shock entropy
are lower, than that in a standard single fluid shock. The shock structure consists of an
extended precursor and a viscous velocity jump (subshock) indicated in Fig. 5.

• Strong collisionless plasma shocks with an efficient Fermi acceleration of energetic
particles could generate strong MHD waves in the upstream and downstream regions and
strongly amplify the upstream magnetic fields. A distinctive feature of the shock is a pre-
dicted possibility of gas pre-heating in the far upstream region due to MHD wave dissipation,
that can produce an extended filament of temperature � 0.1 keV.

• Shock waves both from the cosmic web formation processes and those due to cluster
merging activity can play an important role in clusters of galaxies. Direct evidences for such
shocks, as traced by radio relics and the temperature jumps in X-ray observations have been
found only in a small number of clusters, and thus we need more observations.
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Abstract The Warm-Hot Intergalactic Medium (WHIM) is thought to contribute about
40–50% to the baryonic budget at the present evolution stage of the universe. The ob-
served large scale structure is likely to be due to gravitational growth of density fluctua-
tions in the post-inflation era. The evolving cosmic web is governed by non-linear gravita-
tional growth of the initially weak density fluctuations in the dark energy dominated cos-
mology. Non-linear structure formation, accretion and merging processes, star forming and
AGN activity produce gas shocks in the WHIM. Shock waves are converting a fraction
of the gravitation power to thermal and non-thermal emission of baryonic/leptonic mat-
ter. They provide the most likely way to power the luminous matter in the WHIM. The
plasma shocks in the WHIM are expected to be collisionless. Collisionless shocks produce a
highly non-equilibrium state with anisotropic temperatures and a large differences in ion and
electron temperatures. We discuss the ion and electron heating by the collisionless shocks
and then review the plasma processes responsible for the Coulomb equilibration and col-
lisional ionisation equilibrium of oxygen ions in the WHIM. MHD-turbulence produced
by the strong collisionless shocks could provide a sizeable non-thermal contribution to the
observed Doppler parameter of the UV line spectra of the WHIM.
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1 Introduction

Cosmological simulations of the large-scale structure (LSS) predict that about 40–50%
of baryons at epoch z < 2 could reside in the Warm-Hot Intergalactic Medium (WHIM)
with temperatures 105–107 K at moderate overdensities δ < 100 (Cen and Ostriker 1999;
Davé et al. 2001; Fang et al. 2002). The WHIM heating is due to shocks driven by grav-
itationally accelerated flows in the LSS structure formation scenario (e.g. Kang et al.
2007). Numerical simulations predict the observational signatures of the web gas as a
function of redshift. The simulations account for feedback interactions between galaxies
and the intergalactic medium, and demonstrate that the X-ray and ultraviolet O VI, O VII
and O VIII lines and the H I Lyman alpha line are good tracers of low-density cosmic
web filamentary structures (e.g. Hellsten et al. 1998; Tripp et al. 2000; Cen et al. 2001;
Furlanetto et al. 2004). Intervening metal absorption systems of highly ionised C, N, O, Ne
in the soft X-ray spectra of bright Active Galactic Nuclei (AGN) were suggested to be tracer
of the WHIM. The predicted distribution of ion column densities in the WHIM absorbers
is steep enough to provide only a few systems with NO VII > 1015 cm−2 along an arbitrary
chosen line of sight (e.g. Fang et al. 2002). Therefore, the detection of the WHIM is partic-
ularly difficult and requires very sensitive UV and X-ray detectors, both for absorption and
for emission processes (e.g. Lehner et al. 2007; Nicastro et al. 2005; Kaastra et al. 2006;
Takei et al. 2007 and Richter et al. 2008; Durret et al. 2008—Chaps. 3 and 4, this issue).
Future projects and namely Cosmic Origin Spectrograph (COS), the X-Ray Evolving Uni-
verse Spectrometer (XEUS), Constellation-X and the Diffuse Intergalactic Oxygen Surveyor
(DIOS) will increase the signal-to-noise ratio in the spectra allowing to study weak systems
with NH I < 1012.5 cm−2 and NO VII < 1015 cm−2. Simulations of spectra of the broad Lyα

absorption lines and the highly ionised oxygen lines in the weak systems require thorough
modelling of physical condition in the plasma (see e.g. Mewe 1990; Paerels and Kahn 2003;
Kawahara et al. 2006). We discuss in this paper the heating and equilibration processes in
the shocked WHIM plasma affecting the spectral simulations. A discussion of collision-
less shock physics relevant to cosmological shocks in the WHIM can be found in Bykov
et al. 2008—Chap. 7, this issue. To this end, in this paper we discuss first some specific
features of collisionless shock heating of ions of different charge states providing highly
non-equilibrium initial states just behind the magnetic ramp region that relaxes to an equi-
librium state through Coulomb collisions, and the relation of the processes to simulations of
emission/absorption spectra of the WHIM and observational data analysis.

2 WHIM Heating and Ion Temperature Evolution

The plasma ion heating in the WHIM is most likely due to cosmological shocks. The Alfvén
Mach number of a shock propagating through an ionised gas of local overdensity δ = ρ/〈ρ〉
at the epoch z in the standard �CDM cosmology is determined by

Ma = vsh(4πρi)
1/2/B ≈ 20.6vs7δ

1/2(1 + z)3/2(�bh
2/0.02)1/2B−1

−9 , (1)

where B−9 is the magnetic field just before the shock, measured in nG and vs7 is the shock
velocity in 107 cm s−1, and 〈ρ〉 is the average density in the Universe.

The sonic Mach number for a shock propagating in a plasma of standard cosmic abun-
dance is

Ms ≈ 8.5vs7 [T4(1 + fei)]−1/2, (2)
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where T4 is the plasma ion temperature measured in 104 K (typical for a preshock pho-
toionised plasma) and fei = Te/Ti. An important plasma parameter is

β = M2
a/M

2
s ≈ 6δ(1 + z)3(�bh

2/0.02)B−2
−9 [T4(1 + fei)].

It is the ratio of the thermal and magnetic pressures. In hot X-ray clusters of galaxies the beta
parameter is ∼100 for ∼µG magnetic fields in the clusters. The most uncertain parameter is
the magnetic field value in the WHIM allowing for both β ∼ 1 and β � 1 cases.

In a supercritical collisionless shock the conversion of kinetic energy of an initially cold
flow to the ion distribution with high kinetic temperature occurs in the thin ion viscous jump.
The width of the ion viscous jump 	vi in a collisionless shock propagating through a plasma
with β ∼ 1 is typically of the order of a ten to a hundred times of the ion inertial length li
defined as li = c/ωpi ≈ 2.3 × 107n−0.5 cm. Here ωpi is the ion plasma frequency. The ion
inertial length in the WHIM can be estimated as

li ≈ 5.1 × 1010δ−1/2(1 + z)−3/2(�bh
2/0.02)−1/2 cm.

The width of the shock transition region for magnetic field is also �10li for a quasi-
perpendicular shock, but it is often about ten times wider for quasi-parallel shocks.

Properties of nonrelativistic shocks in a hot, low magnetised plasma with high β � 1 are
yet poorly studied. Measurements from the ISEE 1 and ISEE 2 spacecrafts were used by Far-
ris et al. (1992) to examine the terrestrial bow shock under high beta conditions. These mea-
surements were compared with and found to be in agreement with the predicted values of the
Rankine-Hugoniot relations using the simple adiabatic approximation and a ratio of specific
heats, γ , of 5/3. Large magnetic field and density fluctuations were observed, but average
downstream plasma conditions well away from the shock were relatively steady, near the
predicted Rankine-Hugoniot values. The magnetic disturbances persisted well downstream
and a hot, dense ion beam was detected leaking from the downstream region of the shock.
The observation proved the existence of collisionless shocks in high beta plasma, but a de-
tailed study of high beta shock structure is needed for cosmological plasmas.

We discuss in the next section the ion heating in collisionless shocks illustrating the most
important features of the process with the results of a hybrid simulation of the oxygen ions
heating in a quasi-perpendicular shock considered earlier by Bykov et al. 2008—Chap. 7,
this issue.

2.1 Collisionless Shock Heating of the Ions

Ion heating mechanisms in collisionless shocks depend on the shock Alfvén Mach number,
the magnetic field inclination angle (θn), plasma parameter β and the composition of the
incoming plasma flow. The structure of a supercritical shock is governed by the ion flows
instabilities (see e.g. Kennel et al. 1985; Lembege et al. 2004; Burgess et al. 2005). In a
quasi-parallel shock (θn � 45°) a mixed effect of a sizeable backstreaming ion fraction and
the ions scattered by the strong magnetic field fluctuations (filling the wide shock transi-
tion region) results in the heating of ions in the downstream region. The ions reflected and
slowed down by an electric potential jump δφ at the shock ramp of a quasi-perpendicular
(θn � 45°) shock constitute a multi-stream distribution just behind a relatively thin magnetic
ramp as it is seen in Figs. 1 and 2 (left panel). The O VII phase densities and distribution
functions were simulated with a hybrid code for a quasi-perpendicular (θn = 80°) shock in
a hydrogen-helium dominated plasma (see Bykov et al. 2008—Chap. 7, this issue). Phase
densities x − vx , x − vy , x − vz of the O VII ion are shown in Fig. 1 in the reference frame
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Fig. 1 O VII phase density in a hybrid simulated quasi-perpendicular shock (80° inclination). The shock is
moving from left to right in the reference frame where the particle reflecting wall is at rest. The figures show
the oxygen phase densities in x–vx , x–vy and x–vz projections from top to bottom respectively. The size of
the simulation box in x-dimension is about 300 li

where the particle reflecting wall (at far right) is at rest and the shock is moving. The shock
is propagating along the x-axis from the left to the right and the magnetic field is in the x–z

plane. The system is periodic in the y dimension. The incoming plasma beam in the simula-
tion was composed of protons (90%), alpha particles (9.9%) and a dynamically insignificant
fraction of oxygen ions (O VII) with the upstream plasma parameter β ∼ 1. The ions do
not change their initial charge states in a few gyro-periods while crossing the cosmological
shock ramp where the Coulomb interactions are negligible.

The simulated data in Fig. 1 show the ion velocities phase mixing resulting in a thermal-
like broad ion distribution at a distance of some hundreds of ion inertial lengths in the shock
downstream (see the right panel in Fig. 2). It is also clear in Fig. 1 that the shocked ion dis-
tribution tends to have anisotropy of the effective temperature. The temperature anisotropy
T⊥ ∼ 3T‖ relative to the magnetic field was found in that simulation. Moreover, the hybrid
simulation shows that the T⊥ of the O VII is about 25 times higher than the effective perpen-
dicular temperature of the protons. Thus the ion downstream temperature declines from the
linear dependence on the ion mass. The simulations show excessive heating of heavy ions
in comparison with protons.

Lee and Wu (2000) proposed a simplified analytical model to estimate the ion perpendic-
ular temperature dependence on Z/A, where mi = Amp. Specifically, the model predicts the
ratio of the ion gyration velocity vig2 in the downstream of a perpendicular shock (θn ∼ 90°)
to the velocity of the incident ion in the shock upstream, v1,

vig2

v1
=

∣∣∣∣∣
(

1 − α
Z

A

)1/2

− Bt1

Bt2

∣∣∣∣∣ , (3)

where α = 2 e δφ/mpv
2
1 < 1, and the potential jump δφ is calculated in the shock normal

frame (see Lee and Wu 2000). The model is valid for the ions with gyroradii larger than the
shock transition width 	vi. It is not a fair approximation for the protons, but it is much better
for temperature estimation of heavy ions just behind the shock magnetic ramp. The model
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Fig. 2 Hybrid simulated O VII distribution function (normalised) as a function of a random velocity com-
ponent δvy = vy − 〈vy 〉 transverse to the downstream magnetic field in a quasi-perpendicular shock (80°
inclination). The shock propagates along the x-axis, while the initial regular magnetic field is in the x–z

plane. In the left panel the distribution in the viscous velocity jump is shown. The right panel shows the
distribution behind the jump at the position of the left end in Fig. 1. Multi-velocity structure of the flow is
clearly seen in the left panel, while it is relaxing to quasi-Maxwellian in the right panel

of ion heating in the fast, supercritical quasi-perpendicular (θn � 45°) shocks of Ma � 3
predicts a higher downstream perpendicular temperature for the ions with larger A/Z.

2.2 Collisionless Heating of the Electrons

The initial electron temperature just behind the viscous ion jump of a cosmological shock
depends on the collisionless heating of the electrons. The only direct measurements of the
electron heating by collisionless shocks are those in the Heliosphere. The interplanetary
shock data compiled by Schwartz et al. (1988) show a modest, though systematic departure
of the electron heating from that which would result from the approximately constant ratio
of the perpendicular temperature to the magnetic field strength (i.e. adiabatic heating). Thus,
some modest non-adiabatic electron collisionless heating is likely present. In the case of a
nonradiative supernova shock propagating through partially ionised interstellar medium the
ratio Te/Ti in a thin layer (typically < 1017 cm) just behind a shock can be tested using the
optical diagnostics of broad and narrow Balmer lines (e.g. Raymond 2001). High resolution
Hubble Space Telescope (HST) Supernova remnant (SNR) images make that approach rather
attractive. A simple scaling Te/Ti ∝ v−2

sh was suggested by Ghavamian et al. (2007) to be
consistent with the optical observations of SNRs.

Strong shocks are thought to transfer a sizeable fraction of the bulk kinetic energy of the
flow into large amplitude nonlinear waves in the magnetic ramp region. The thermal electron
velocities in the ambient medium are higher than the shock speed if the shock Mach number
Ms <

√
mp/me, allowing for a nearly-isotropic angular distribution of the electrons. Non-

resonant interactions of these electrons with large-amplitude turbulent fluctuations in the
shock transition region could result in collisionless heating and pre-acceleration of the elec-
trons (Bykov and Uvarov 1999; Bykov 2005). They calculated the electron energy spectrum
in the vicinity of the shock waves and showed that the heating and pre-acceleration of the
electrons occur on a scale of the order of several hundred ion inertial lengths in the vicinity
of the viscous discontinuity. Although the electron distribution function is in a significantly
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non-equilibrium state near the shock front, its low energy part can be approximated by a
Maxwellian distribution. The effective electron temperature just behind the front, obtained
in this manner, increases with the shock wave velocity as Te ∝ vb

sh with b ≤ 2. They also
showed that if the electron transport in the shock transition region is due to turbulent ad-
vection by strong vortex fluctuations of the scale of about the ion inertial length, then the
nonresonant electron heating is rather slow (i.e. b ≤ 0.5). The highly developed vortex-type
turbulence is expected to be present in the transition regions of very strong shocks. That
would imply that the initial Te/Ti ∝ v

(b−a)

sh just behind the transition region would decrease
with the shock velocity for Ms � 1. Here the index a is defined by the relation Ti ∝ va

sh
for a strong shock. The degree of electron-ion equilibration in a collisionless shock is a
declining function of shock speed. In the case of strong vortex-type turbulence in the shock
transition region one expects in the standard ion heating case with a = 2 and rather small
b to have (a − b) � 2. That Te/Ti scaling is somewhat flatter, but roughly consistent with,
that advocated by Ghavamian et al. (2007). On the other hand in a collisionless shock of a
moderate strength Ms < 10 the electron transport through the magnetic ramp region could
be diffusive, rather than by the turbulent advection by a strong vortexes. That results in a
larger degree of the collisionless electron heating/equilibration in the shocks as it is shown
in Fig. 4 of the paper by Bykov and Uvarov (1999). Recently, Markevitch and Vikhlinin
(2007) argued for the collisionless heating/equilibration of the electron temperature in the
bow shock of Ms ∼ 3 in the 1E 0657–56 cluster.

If the local Mach number Ms of the incoming flow in a strong shock wave exceeds√
mp/me, which could occur in the cluster accretion shocks, the thermal electron distribu-

tion becomes highly anisotropic and high frequency whistler type mode generation effects
could become important. Levinson (1996) performed a detailed study of resonant electron
acceleration by the whistler mode for fast MHD shock waves. Electron heating and Coulomb
relaxation in the strong accretion shocks in clusters of galaxies was discussed in details by
Fox and Loeb (1997).

We summarise this section concluding that a collisionless shock produces in the down-
stream flow a highly non-equilibrium plasma state with strongly different temperatures of
the electrons and ions of different species. Moreover, the postshock ion temperatures are
anisotropic. The width of the collisionless shock transition region is smaller by many orders
of magnitude than the Coulomb mean free path (that is of a kiloparsec range). We consider
now the structure and the processes in the postshock Coulomb equilibration layers in the
WHIM.

3 Coulomb Relaxation of Temperatures in the WHIM

3.1 Relaxation of the Ion Temperature Anisotropy

A plasma flow partly randomised just behind the viscous ion jump in a collisionless shock
transition has an anisotropic velocity distribution with respect to the mean magnetic field. In
Fig. 1 the oxygen phase densities in the vx–x and vy–x projections transverse to the mean
field have a substantially wider distribution than that in the projection vz–x parallel to the
magnetic field. In many cases the ion velocity distributions (like that in Fig. 2 right) can
be approximated with a quasi-Maxwellian distribution introducing some effective kinetic
temperature (more exactly it is the second moment of the distribution). Then the parallel
and perpendicular (to the mean field) temperatures are different and we approximate the 3D
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particle distribution as

f (v⊥, v‖) =
(

m

2πT⊥

)(
m

2πT‖

)1/2

exp

(
−mv2

⊥
2T⊥

− mv2
‖

2T‖

)
. (4)

We will measure the temperatures in energy units in most of the equations below (thus
kBT → T ). Ichimaru and Rosenbluth (1970) (see also a comment by Kaiser 1979) obtained
the following equation to describe the ion anisotropy relaxation

dT⊥
dt

= −1

2

dT‖
dt

= −T⊥ − T‖
τi

. (5)

Here

τ−1
i = 8π1/2niZ

2e4 ln�

15m
1/2
i T

3/2
eff

, (6)

where ln� is the Coulomb logarithm and the effective ion temperature is defined as

1

T
3/2

eff

= 15

4

∫ 1

−1
dμ

μ2(1 − μ2)

[(1 − μ2)T⊥ + μ2T‖]3/2
. (7)

These equations were obtained under the assumption that the electrons have no dynamical
role, but provide a static dielectric background to the ions. We can directly apply (5–7) to
isotropisation of the plasma field particles (i.e. protons in our case). Isotropisation of the
minor ion components is mainly due to their interactions with protons and helium because
of a low metal number density in cosmic plasma.

3.2 Relaxation of the Ion and Electron Temperatures

Following shock heating and the temperature isotropisation a quasi-Maxwellian distribution
will be established within all plasma components, i.e. groups of identical particles, after
a time scale given by (6). The effective temperatures differs strongly between the compo-
nents. All the plasma particles will undergo Coulomb collisions with the protons, alpha
particles and electrons dominating the WHIM plasma, resulting in the temperature equili-
bration. Spitzer (1962) found that the temperature relaxation of a test particle of type a with
plasma field particles can be approximately estimated from

dTa

dt
= Tp − Ta

τap
(8)

where

τ−1
ap = 8(2π)1/2

3

npZ
2e4 ln�

mamp

(
Tp

mp
+ Ta

ma

)−3/2

. (9)

In the thermal equilibrium state the postshock plasma must have a single equilibrium
temperature Teq. In a fully ionised plasma without energy exchange with external compo-
nents (i.e. radiation or plasma wave dissipation) Teq can be found from the condition of
constant pressure in the plane shock downstream resulting in

Teq =
∑

naTa0/
∑

na. (10)
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Fig. 3 Postshock temperature equilibration between the ion and electron components due to the Coulomb
interactions

In cosmic plasmas it is often a fair approximation to estimate Teq from the equation
2Teq = Te + Tp. Then following Sivukhin (1966) the charged particle equilibration can be
approximately described through the equation

ln

∣∣∣∣∣
√

Te − √
Teq√

Te + √
Teq

∣∣∣∣∣ = − t

τeq
− 2

3

(
Te

Teq

)3/2

− 2

(
Te

Teq

)1/2

+ Ce, (11)

where Ce is a constant to be determined from the initial temperature Ta0 of a relaxing com-
ponent a = e,p,

τ−1
eq ≈ 16(2π)1/2

3

npe
4 ln�

memp

(
Teq

me

)−3/2

. (12)

Equations (11) and (12) allow to calculate the structure of relaxation layers to be seen be-
hind a collisionless shock in the WHIM. In Fig. 3 we illustrate the postshock equilibration
of initially cold electrons with the protons initially heated at the ion viscous jump of a col-
lisionless shock transition. The width of the ion viscous jump in cosmological shocks is
negligible compared with the equilibration length xeq = u2τeq, where u2 is the downstream
flow velocity in the shock rest frame. The characteristic column density Neq = n2xeq to be
traversed by protons and electrons in the downstream plasma (of a number density n2) be-
fore the temperature equilibration, as it follows from (12), does not depend on the plasma
number density, and Neq ∝ v4

sh. The corresponding shocked WHIM column density can be
expressed through the shock velocity v7 measured in 100 km s−1, assuming a strong shock
where u2 = vsh/4:

Neq ≈ 5 × 1017v4
7[ln�]−1 cm−2,

or through the shocked WHIM gas temperature T6 (measured in 106 K):

Neq ≈ 2.5 × 1017T 2
6 [ln�]−1 cm−2.
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The Coulomb logarithm for the WHIM condition is ln� ∼ 40. It follows from Fig. 3 that
in the Coulomb relaxation model the postshock plasma column density NH > 3Neq ensures
the equilibration at a level better than 1%.

The metal ions can be initially heated at the shock magnetic ramp to high enough tem-
peratures > ATp (see e.g. Korreck et al. (2007) for a recent analysis of interplanetary col-
lisionless shock observations with Advanced Composition Explorer). However, in a typical
case the depth N > 3Neq is enough for the ion temperature equilibration.

To study UV and X-ray spectra of the weak systems (NH I < 1012.5 cm−2 and NO VII <

1015 cm−2) modelling of shocked filaments of NH � 1017 cm−2 would require an account of
non-equilibrium effects of low electron temperature Te/Teq < 1.

3.3 Effect of Postshock Plasma Micro-Turbulence on the Line Widths

We consider above only the WHIM temperature evolution due to the Coulomb equili-
bration processes. Shocks producing the WHIM could propagate through inhomogeneous
(e.g. clumpy) matter. The interaction of a shock with the density inhomogeneities results
in the generation of MHD-waves (Alfvén Mach and magnetosonic) in the shock down-
stream (see e.g. Vainshtein et al. 1993). The MHD-wave dissipation in the shock down-
stream could selectively heat ions, being a cause of a non-equilibrium Te/Ti ratio. In case
of a strong collisionless shock propagating in a turbulent medium, cosmic ray acceleration
could generate a spectrum of strong MHD-fluctuations (see e.g. Blandford and Eichler 1987;
Bell 2004; Vladimirov et al. 2006). These MHD-fluctuations could carry a substantial frac-
tion of the shock ram pressure to the upstream and then to the downstream providing a
heating source throughout the downstream. The velocity fluctuations could also produce
non-thermal broadening of the lines. The amplitude of bulk velocity fluctuations is about
the Alfvén Mach velocity since δB ∼ B in the shock precursor. The Doppler parameter
b derived from high resolution UV spectra of the WHIM (see e.g. Lehner et al. 2007;
Richter et al. 2008—Chap. 3, this issue):

b2 = 2T

ma
+ b2

nt

would have in the micro-turbulent limit a non-thermal contribution

b2
nt =

2v2
turb

3
= CνB

2

6π〈ρ〉δ .

The factor Cν here accounts for the amplitude and spectral shape of the turbulence. For a
strong MHD-turbulence that was found in the recent models of strong collisionless shocks
with efficient particle acceleration (e.g. Vladimirov et al. 2006) one can get Cν ∼ 1 in the
WHIM, and then

bnt ≈ 4B−9(�bh
2/0.02)−1/2(1 + z)−3/2δ−1/2 km s−1.

The estimation of bnt given above for a strong Alfvén Mach turbulence may be regarded
as an upper limit for a system with a modest MHD turbulence. The non-thermal Doppler
parameter does not depend on the ion mass, but bnt ∝ δ−1/2B(z). Thus the account of bnt

could be important for high resolution spectroscopy of metal lines, especially if the strong
shocks can indeed highly amplify local magnetic fields. That is still to be confirmed, but a
recent high resolution observation of a strong Balmer-dominated shock on the eastern side
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of Tycho’s supernova remnant with the Subaru Telescope supports the existence of a cosmic
ray shock precursor where gas is heated and accelerated ahead of the shock (Lee et al. 2007).
High resolution UV spectroscopy of the WHIM could allow to constrain the intergalactic
magnetic field. Internal shocks in hot X-ray clusters of galaxies have modest Mach numbers
and the effect of the Alfvén Mach turbulence is likely less prominent than that in the strong
accretion shocks in clusters and in the cosmic web filaments. X-ray line broadening by large
scale bulk motions in the hot intracluster medium was discussed in detail by Fox and Loeb
(1997) and Inogamov and Sunyaev (2003).

4 Ionisation State of the WHIM

To simulate absorption spectra of bright quasars in the intervening WHIM filaments (e.g.
Kawahara et al. 2006 as an example of such a modelling) one should solve the ionisation bal-
ance equations for the charge states of metal ions with account taken of all the LTE processes
and also the nonthermal particle contribution (see Porquet et al. 2001 for a discussion of a
role of non-relativistic super-thermal distributions). The ionisation balance equation can be
written as

ṅq = ne

[
nq−1Cq−1 − nqCq − nqαq + nq+1αq+1

]

+
∑

j=H,He,He+
nj

[
nq−1V

ion
j,q−1 − nq(V

rec
j,q + V ion

j,q ) + nq+1V
rec

j,q+1

]

+ nq−1Rq−1 − nqRq.

Here q is the charge state of an element, Cq is the collisional (and autoionisation) rate
q → q + 1, αq are the radiative and the dielectronic ionisation rates q → q − 1 (in cm3 s−1),
V rec

j,q . V ion
j,q are the charge exchange rates with the ion j (in cm3 s−1) and Rq is the pho-

toionisation rate of an ion (in s−1). The rates of different processes can be calculated for
different temperature regimes (see Kaastra et al. 2008—Chap. 9, this issue). We just limit
our discussion here to one example of such a simulation.

In Fig. 4 we illustrate collisional ionisation equilibrium curves of oxygen ions in the
present epoch (at z = 0) as a function of WHIM density δ. The various boundaries separate
regimes under which a certain process does, or does not attain equilibrium over a Hubble
time. We show in Fig. 4 some critical boundaries for kinetic and thermal equilibrium. The
solid line in the upper left hand corner labelled ‘tei < tH’ indicates where electron and pro-
ton fluids reach kinetic equilibrium (proton temperature equal to electron temperature) in
a Hubble time (tH): at low density and high temperature, such equilibrium does not attain.
Low density gas will not radiatively cool over a Hubble time to the left of the boundaries
marked ‘tcool > tH’. The cooling time was calculated for collisionally ionised gas. The solid
curve labelled ‘adiabatic evolution’ indicates the locus of gas that has only undergone adia-
batic compression or expansion since high redshift (initial condition Te ∼ 104 K); all shock-
heated gas will be above this line right after passing through a shock. The shaded area in
the upper right hand corner indicates the regime where the collisional ionisation timescale
is shorter than the photoionisation timescale, for ionisation O VIII → O IX. The two bound-
aries labelled ‘tcoll < tH’ indicate where the collisional ionisation timescale becomes shorter
than the Hubble time. At lower temperature, the ionisation balance cannot be in (collisional)
equilibrium. The steep solid curve labelled ‘trec(Oxygen) > tH’ indicates where the radia-
tive recombination timescale (O IX → O VIII) exceeds the Hubble time since there is no
recombination at low densities.
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Fig. 4 Phase diagram for oxygen in the IGM at redshift z = 0. Density is parameterised by the δ value as
was defined above. The solid line in the upper left hand corner labelled ‘tei < tH ’ indicates where electron
and proton fluids reach equilibrium in a Hubble time (tH). Low density gas will not radiatively cool over a
Hubble time to the left of the boundaries marked ‘tcool > tH’. The three curves are labelled with the metal-
licity, Z, expressed as a fraction of Solar metallicity. The solid curve labelled ‘adiabatic evolution’ indicates
the locus of gas that has only undergone adiabatic compression or expansion since high redshift (initial con-
dition Te ∼ 104 K). Critical boundaries for the ionisation equilibrium of oxygen are: the shaded area in the
upper right hand corner indicates the regime where the collisional ionisation timescale is shorter than the
photoionisation timescale, for ionisation O VIII → O IX. The two boundaries labelled ‘tcoll < tH’ indicate
where the collisional ionisation timescale becomes shorter than the Hubble time. At lower temperature, the
ionisation balance cannot be in (collisional) equilibrium. Upper (solid) curve is for ionisation O VII (O+6)
→ O VIII (O+7), lower (dashed) curve for O VI (O+5) → O VII (O+6). The steep solid curve labelled
‘trec(Oxygen) > tH’ indicates where the radiative recombination timescale (O IX → O VIII) exceeds the
Hubble time (no recombination at low densities)

Note that we illustrate here only the collisional equilibrium case. For the more appro-
priate case of radiative cooling in photoionisation equilibrium, the cooling times will be
even longer, due to the fact that a photoionised plasma is highly overionised compared to
the characteristic ionisation- and excitation potentials, which suppresses the (very effective)
collisional cooling contribution. In our figure, the lines tcool = tH will shift to the right if we
calculate with the probably more realistic case of photoionisation equilibrium. However, as
we argued above the collisional equilibrium is also of interest, since it represents a conserv-
ative case. The range of ionisation states of oxygen in the WHIM filaments can be observed
in the absorption spectra of bright quasars.

5 Conclusions

We discussed some specific features of the WHIM heating processes by collisionless plasma
shocks driven by gravitationally accelerated flows in the LSS structure formation scenario.

• Collisionless shock heating of ions in the WHIM results in a highly non-equilibrium
initial state with a strongly anisotropic quasi-Maxwellian ion distribution just behind a
very thin magnetic ramp region. The ion temperatures just behind the shock depend on
the ion atomic weight, the charge state and the shock magnetic field inclination. The ion
temperatures could decline from a simple linear scaling with the ion mass providing an
excessive heating of heavy ions.
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• The ion and electron temperatures relax to the equilibrium state through Coulomb colli-
sions in a layer of the depth Neq ∼ 1016v4

7 cm−2 behind a shock of velocity v7.
• Strong collisionless plasma shocks with an efficient Fermi acceleration of energetic parti-

cles can generate strong MHD waves in the upstream and downstream regions that will re-
sult in a non-thermal broadening of the emission/absorption lines in the observed WHIM
spectra.
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Abstract We discuss the different physical processes that are important to understand the
thermal X-ray emission and absorption spectra of the diffuse gas in clusters of galaxies and
the warm-hot intergalactic medium. The ionisation balance, line and continuum emission
and absorption properties are reviewed and several practical examples are given that illus-
trate the most important diagnostic features in the X-ray spectra.

Keywords Atomic processes · Radiation mechanisms: thermal · Intergalactic medium ·
X-rays: general

1 Introduction

Thermal X-ray radiation is an important diagnostic tool for studying cosmic sources where
high-energy processes are important. Examples are the hot corona of the Sun and of stars,
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Solar and stellar flares, supernova remnants, cataclysmic variables, accretion disks in binary
stars and around black holes (Galactic and extragalactic), the diffuse interstellar medium
of our Galaxy or external galaxies, the outer parts of Active Galactic Nuclei (AGN), the
hot intracluster medium, the diffuse intercluster medium. In all these cases there is thermal
X-ray emission or absorption.

In the present paper we focus upon the properties of the X-ray spectrum in the diffuse gas
within and between galaxies, clusters and the large scale structures of the Universe. As this
gas has very low densities, the level populations in the atoms are not governed by Saha-like
equations, but instead most of the atoms will be in or near the ground state. This simplifies
the problem considerably. Furthermore, in these tenuous media we need to consider only
gas with small or moderate optical depth; the radiative transport is therefore simple. Stellar
coronae have similar physical conditions, but there the densities are higher so that in several
cases the emergent spectrum has density-dependent features. Due to the low densities in our
sources, these density effects can be ignored in most cases; however, for the lowest density
gas photoionisation effects must be taken into account.

We show in this paper that it is possible to derive many different physical parameters
from an X-ray spectrum: temperature, density, chemical abundances, plasma age, degree of
ionisation, irradiating continuum, geometry etc.

The outline of this paper is as follows. First, we give a brief overview of atomic structure
(Sect. 2). We then discuss a few basic processes that play an important role for the thermal
plasmas considered here (Sect. 3). For the proper calculation of an X-ray spectrum, three
different steps should be considered:

1. the determination of the ionisation balance (Sect. 4),
2. the determination of the emitted spectrum (Sect. 5),
3. possible absorption of the photons on their way towards Earth (Sect. 6).

We then briefly discuss issues like the Galactic foreground emission (Sect. 7), plasma cool-
ing (Sect. 8), the role of non-thermal electrons (Sect. 9), and conclude with a section on
plasma modelling (Sect. 10).

2 A Short Introduction to Atomic Structure

2.1 The Bohr Atom

The electrons in an atom have orbits with discrete energy levels and quantum numbers.
The principal quantum number n corresponds to the energy In of the orbit (in the classical
Bohr model for the hydrogen atom the energy In = EHn−2 with EH = 13.6 eV the Rydberg
energy), and it takes discrete values n =1, 2, 3, . . . . An atomic shell consists of all electrons
with the same value of n.

The second quantum number � corresponds to the angular momentum of the electron,
and takes discrete values � < n. Orbits with � =0, 1, 2, 3 are designated as s, p, d, and f
orbits. A subshell consists of all electrons with the same value of n and �; they are usually
designated as 1s, 2s, 2p, etc.

The spin quantum number s of an electron can take values s = ±1/2, and the combined
total angular momentum j has a quantum number with values between � − 1/2 (for � > 0)
and � + 1/2. Subshells are subdivided according to their j -value and are designated as n�j .
Example: n = 2, � = 1, j = 3/2 is designated as 2p3/2.

There is also another notation that is commonly used in X-ray spectroscopy. Shells with
n =1, 2, 3, 4, 5, 6 and 7 are indicated with K, L, M, N, O, P, Q. A further subdivision is
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made starting from low values of � up to higher values of � and from low values of j up to
higher values of j :

1s 2s 2p1/2 2p3/2 3s 3p1/2 3p3/2 3d3/2 3d5/2 4s etc.
K LI LII LIII MI MII MIII MIV MV NI

2 2 2 4 2 2 4 4 6 2

The third row in this table indicates the maximum number of electrons that can be contained
in each subshell. This so-called statistical weight is simply 2j + 1.

Atoms or ions with multiple electrons in most cases have their shells filled starting from
low to high n and �. For example, neutral oxygen has 8 electrons, and the shells are filled
like 1s22s22p4, where the superscripts denote the number of electrons in each shell. Ions
or atoms with completely filled subshells (combining all allowed j -values) are particularly
stable. Examples are the noble gases: neutral helium, neon and argon, and more general all
ions with 2, 10 or 18 electrons. In chemistry, it is common practise to designate ions by the
number of electrons that they have lost, like O2+ for doubly ionised oxygen. In astronomical
spectroscopic practise, more often one starts to count with the neutral atom, such that O2+
is designated as O III. As the atomic structure and the possible transitions of an ion depend
primarily on the number of electrons it has, there are all kinds of scaling relationships along
so-called iso-electronic sequences. All ions on an iso-electronic sequence have the same
number of electrons; they differ only by the nuclear charge Z. Along such a sequence,
energies, transitions or rates are often continuous functions of Z. A well known example is
the famous 1s−2p triplet of lines in the helium iso-electronic sequence (2-electron systems),
e.g. C V, N VI and O VII.

2.2 Level Notation in Multi-Electron Systems

For ions or atoms with more than one electron, the atomic structure is determined by the
combined quantum numbers of the electrons. These quantum numbers have to be added
according to the rules of quantum mechanics. We will not go into detail here, but refer to
textbooks such as Herzberg (1944). The determination of the allowed quantum states and
the transitions between these states can be rather complicated. Important here is to know
that for each electron configuration (for example 1s 2p) there is a number of allowed terms
or multiplets, designated as 2S+1L, with S the combined electron spin (derived from the
individual s values of the electrons), and L represents the combined angular momentum
(from the individual � values). For L one usually substitutes the alphabetic designations
similar to those for single electrons, namely S for L = 0, P for L = 1, etc. The quantity
2S + 1 represents the multiplicity of the term, and gives the number of distinct energy levels
of the term. The energy levels of each term can be distinguished by J , the combined total
angular momentum quantum number j of the electrons. Terms with 2S + 1 equals 1, 2 or 3
are designated as singlets, doublets and triplets, etc.

For example, a configuration with two equivalent p electrons (e.g., 3p2), has three allowed
terms, namely 1S, 1D and 3P. The triplet term 3P has 2S + 1 = 3 hence S = 1 and L = 1
(corresponding to P), and the energy levels of this triplet are designated as 3P0, 3P1 and 3P2

according to their J values 0, 1 and 2.

2.3 Binding Energies

The binding energy I of K-shell electrons in neutral atoms increases approximately as
I ∼ Z2 with Z being the nuclear charge (see Table 1 and Fig. 1). Also for other shells
the energy increases strongly with increasing nuclear charge Z.



158 J.S. Kaastra et al.

Fig. 1 Energy levels of atomic
subshells for neutral atoms

Table 1 Binding energies E, corresponding wavelengths λ and photoionisation cross sections σ at the edges
of neutral atoms (nuclear charge Z) for abundant elements. Only edges in the X-ray band are given. Note that
1 Mbarn = 10−22 m2

Z E λ σ Z E λ σ

(eV) (Å) (Mbarn) (eV) (Å) (Mbarn)

1s shell: 2s shell:

H 1 13.6 911.8 6.29 O 8 16.6 747.3 1.37

He 2 24.6 504.3 7.58 Si 14 154 80.51 0.48

C 6 288 43.05 0.96 S 16 232 53.44 0.37

N 7 403 30.77 0.67 Ar 18 327 37.97 0.29

O 8 538 23.05 0.50 Ca 20 441 28.11 0.25

Ne 10 870 14.25 0.29 Fe 26 851 14.57 0.15

Mg 12 1308 9.48 0.20 Ni 28 1015 12.22 0.13

Si 14 1844 6.72 0.14 2p1/2 shell:

S 16 2476 5.01 0.096 S 16 169 73.26 1.61

Ar 18 3206 3.87 0.070 Ar 18 251 49.46 1.45

Ca 20 4041 3.07 0.060 Ca 20 353 35.16 0.86

Fe 26 7117 1.74 0.034 Fe 26 726 17.08 0.42

Ni 28 8338 1.49 0.029 Ni 28 877 14.13 0.35

2p3/2 shell:

S 16 168 73.80 3.24

Ar 18 249 49.87 2.97

Ca 20 349 35.53 1.74

Fe 26 713 17.39 0.86

Ni 28 860 14.42 0.73

For ions of a given element the ionisation energies decrease with decreasing ionisation
stage: for lowly ionised ions, a part of the Coulomb force exerted on an electron by the
positively charged nucleus is compensated by the other electrons in the ion, thereby allowing
a wider orbit with less energy. An example is given in Table 2.
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Table 2 Binding energies E,
corresponding wavelengths λ and
photoionisation cross sections σ

at the K-edges of oxygen ions

Ion E λ σ

(eV) (Å) (Mbarn)

(10−22 m2)

O I 544 22.77 0.50

O II 565 21.94 0.45

O III 592 20.94 0.41

O IV 618 20.06 0.38

O V 645 19.22 0.35

O VI 671 18.48 0.32

O VII 739 16.77 0.24

O VIII 871 14.23 0.10

Table 3 Proto-solar abundances for the 15 most common chemical elements. Abundances A are given with
respect to hydrogen. Data from Lodders (2003)

Element Abundance Element Abundance Element Abundance

H ≡ 1 Ne 89.1 × 10−6 S 18.2 × 10−6

He 0.0954 Na 2.34 × 10−6 Ar 4.17 × 10−6

C 288 × 10−6 Mg 41.7 × 10−6 Ca 2.57 × 10−6

N 79.4 × 10−6 Al 3.47 × 10−6 Fe 34.7 × 10−6

O 575 × 10−6 Si 40.7 × 10−6 Ni 1.95 × 10−6

2.4 Abundances

With high spectral resolution and sensitivity, optical spectra of stars sometimes show spec-
tral features from almost all elements of the Periodic Table, but in practise only a few of the
most abundant elements show up in X-ray spectra of cosmic plasmas. In several situations
the abundances of the chemical elements in an X-ray source are similar to (but not neces-
sarily equal to) the abundances for the Sun or a constant fraction of that. There have been
many significant changes over the last several years in the adopted set of standard cosmic
abundances. A still often used set of abundances is that of Anders and Grevesse (1989), but
a more recent one is the set of proto-solar abundances of Lodders (2003), that we list in
Table 3 for a few of the key elements.

In general, for absorption studies the strength of the lines is mainly determined by atomic
parameters that do not vary much along an iso-electronic sequence, and the abundance of
the element. Therefore, in the X-ray band the oxygen lines are the strongest absorption
lines, as oxygen is the most abundant metal. The emissivity of ions in the X-ray band often
increases with a strong power of the nuclear charge. For that reason, in many X-ray plasmas
the strongest iron lines are often of similar strength to the strongest oxygen lines, despite the
fact that the cosmic abundance of iron is only 6% of the cosmic oxygen abundance.
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3 Basic Processes

3.1 Excitation Processes

A bound electron in an ion can be brought into a higher, excited energy level through a
collision with a free electron or by absorption of a photon. The latter will be discussed in
more detail in Sect. 6. Here we focus upon excitation by electrons.

The cross section Qij for excitation from level i to level j for this process can be conve-
niently parametrised by

Qij (U) = πa2
0

wi

EH

Eij

�(U)

U
, (1)

where U = Eij/E with Eij the excitation energy from level i to j , E the energy of the
exciting electron, EH the Rydberg energy (13.6 eV), a0 the Bohr radius and wi the statistical
weight of the lower level i. The dimensionless quantity �(U) is the so-called collision
strength. For a given transition on an iso-electronic sequence, �(U) is not a strong function
of the atomic number Z, or may be even almost independent of Z.

Mewe (1972) introduced a convenient formula that can be used to describe most collision
strengths, written here as follows:

�(U) = A + B

U
+ C

U 2
+ 2D

U 3
+ F lnU, (2)

where A, B , C, D and F are parameters that differ for each transition. The expression
can be integrated analytically over a Maxwellian electron distribution, and the result can be
expressed in terms of exponential integrals. We only mention here that the total excitation
rate Sij (in units of m−3 s−1) is given by

Sij = 8.62 × 10−12 �̄(y)T −1/2e−y

wi

, (3)

with y ≡ Eij/kT and �̄(y) is the Maxwellian-averaged collision strength. For low temper-
atures, y � 1 and �̄(y) = A + B + C + 2D, leading to Sij ∼ T −1/2e−y . The excitation rate
drops exponentially due to the lack of electrons with sufficient energy. In the other limit of
high temperature, y � 1 and �̄(y) = −F lny and hence Sij ∼ T −1/2 lny.

Not all transitions have this asymptotic behaviour, however. For instance, so-called for-
bidden transitions have F = 0 and hence have much lower excitation rates at high energy.
So-called spin-forbidden transitions even have A = B = F = 0.

In most cases, the excited state is stable and the ion will decay back to the ground level by
means of a radiative transition, either directly or through one or more steps via intermediate
energy levels. Only in cases of high density or high radiation fields, collisional excitation or
further radiative excitation to a higher level may become important, but for typical cluster
and ISM conditions these processes are not important in most cases. Therefore, the excita-
tion rate immediately gives the total emission line power.

3.2 Ionisation Processes

3.2.1 Collisional Ionisation

Collisional ionisation occurs when during the interaction of a free electron with an atom or
ion the free electron transfers a part of its energy to one of the bound electrons, which is
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then able to escape from the ion. A necessary condition is that the kinetic energy E of the
free electron must be larger than the binding energy I of the atomic shell from which the
bound electron escapes. A formula that gives a correct order of magnitude estimate of the
cross section σ of this process and that has the proper asymptotic behaviour (first calculated
by Bethe and Born) is the formula of Lotz (1968):

σ = ans ln(E/I)

EI
, (4)

where ns is the number of electrons in the shell and the normalisation a = 4.5 ×
10−24 m2 keV2. This equation shows that high-energy electrons have less ionising power
than low-energy electrons. Also, the cross section at the threshold E = I is zero.

The above cross section has to be averaged over the electron distribution (Maxwellian
for a thermal plasma). For simple formulae for the cross section such as (4) the integration
can be done analytically and the result can be expressed in terms of exponential integrals.
We give here only the asymptotic results for CDI, the total number of direct ionisations per
unit volume per unit time:

kT � I : CDI �
(

2
√

2ans√
πme

)
neni

√
kT e−I/kT

I 2
, (5)

and

kT � I : CDI �
(

2
√

2ans√
πme

)
neni ln(kT/I)

I
√

kT
. (6)

For low temperatures, the ionisation rate therefore goes exponentially to zero. This can be
understood simply, because for low temperatures only the electrons from the exponential
tail of the Maxwell distribution have sufficient energy to ionise the atom or ion. For higher
temperatures the ionisation rate also approaches zero, but this time because the cross section
at high energies is small.

For each ion the direct ionisation rate per atomic shell can now be determined. The total
rate follows immediately by adding the contributions from the different shells. Usually only
the outermost two or three shells are important. That is because of the scaling with I−2 and
I−1 in (5) and (6), respectively.

3.2.2 Photoionisation

This process is very similar to collisional ionisation. The difference is that in the case of
photoionisation a photon instead of an electron is causing the ionisation. Further, the effec-
tive cross section differs from that for collisional ionisation. As an example Fig. 2 shows
the cross section for neutral iron and Na-like iron. For the more highly ionised iron the so-
called “edges” (corresponding to the ionisation potentials I ) occur at higher energies than
for neutral iron. Contrary to the case of collisional ionisation, the cross section at threshold
for photoionisation is not zero. The effective cross section just above the edges sometimes
changes rapidly (the so-called Cooper minima and maxima).

Contrary to collisional ionisation, all the inner shells now have the largest cross section.
For the K-shell one can approximate for E > I

σ(E) � σ0(I/E)3. (7)
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Fig. 2 Photoionisation cross section in barn (10−28 m−2) for Fe I (left) and Fe XVI (right). The p and d
states (dashed and dotted) have two lines each because of splitting into two sublevels with different j (see
Sect. 2.1)

For a given ionising spectrum F(E) (photons per unit volume per unit energy) the total
number of photoionisations follows as

CPI = c

∞∫

0

niσ(E)F (E)dE. (8)

For hydrogenlike ions one can write:

σPI = 64πng(E,n)αa2
0

3
√

3Z2

(
I

E

)3

, (9)

where n is the principal quantum number, α the fine structure constant and a0 the Bohr
radius. The Gaunt factor g(E,n) is of order unity and varies only slowly as a function of E.
It has been calculated and tabulated by Karzas and Latter (1961). The above equation is also
applicable to excited states of the atom, and is a good approximation for all excited atoms
or ions where n is larger than the corresponding value for the valence electron.

3.2.3 Compton Ionisation

Scattering of a photon on an electron generally leads to energy transfer from one of the parti-
cles to the other. In most cases only scattering on free electrons is considered. But Compton
scattering also can occur on bound electrons. If the energy transfer from the photon to the
electron is large enough, the ionisation potential can be overcome leading to ionisation. This
is the Compton ionisation process.

In the Thomson limit the differential cross section for Compton scattering is given by

dσ

d�
= 3σT

16π
(1 + cos2 θ), (10)

with θ the scattering angle and σT the Thomson cross section (6.65 × 10−29 m−2). The
energy transfer 	E during the scattering is given by (E is the photon energy):

	E = E2(1 − cos θ)

mec2 + E(1 − cos θ)
. (11)
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Fig. 3 Compton ionisation cross
section for neutral atoms of H,
He, C, N, O, Ne and Fe

Only those scatterings where 	E > I contribute to the ionisation. This defines a critical
angle θc, given by:

cos θc = 1 − mec2I

E2 − IE
. (12)

For E � I we have σ(E) → σT (all scatterings lead in that case to ionisation) and further for
θc → π we have σ(E) → 0. Because for most ions I � mec2, this last condition occurs for
E � √

Imec2/2 � I . See Fig. 3 for an example of some cross sections. In general, Compton
ionisation is important if the ionising spectrum contains a significant hard X-ray contribu-
tion, for which the Compton cross section is larger than the steeply falling photoionisation
cross section.

3.2.4 Autoionisation and Fluorescence

As we showed above, interaction of a photon or free electron with an atom or ion may lead
to ionisation. In particular when an electron from one of the inner shells is removed, the
resulting ion has a “vacancy” in its atomic structure and is unstable. Two different processes
may occur to stabilise the ion again.

The first process is fluorescence. Here one of the electrons from the outer shells makes
a radiative transition in order to occupy the vacancy. The emitted photon has an energy
corresponding to the energy difference between the initial and final discrete states.

The other possibility to fill the gap is auto-ionisation through the Auger process. In this
case, also one of the electrons from the outer shells fills the vacancy in the lower level. The
released energy is not emitted as a photon, however, but transferred to another electron from
the outer shells that is therefore able to escape from the ion. As a result, the initial ionisation
may lead to a double ionisation. If the final electron configuration of the ion still has holes,
more auto-ionisations or fluorescence may follow until the ion has stabilised.

In Fig. 4 the fluorescence yield ω (probability that a vacancy will be filled by a radiative
transition) is shown for all elements. In general, the fluorescence yield increases strongly
with increasing nuclear charge Z, and is higher for the innermost atomic shells. As a typical
example, for Fe I a K-shell vacancy has ω = 0.34, while an LI -shell vacancy has ω = 0.001.
For O I these numbers are 0.009 and 0, respectively.
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Fig. 4 Left panel: Fluorescence yield ω as a function of atomic number Z for the K and L shells. Right
panel: Distribution of number of electrons liberated after the initial removal of an electron from the K-shell
(solid line) or LI shell (dotted line), including the original photo-electron, for Fe I; after Kaastra and Mewe
(1993)

Fig. 5 Left panel: the Excitation-Autoionisation process for a Li-like ion. Right panel: collisional ionisation
cross section for Fe XVI. The contribution from direct collisional ionisation (DI) and excitation-autoionisation
(EA) are indicated. Adapted from Arnaud and Rothenflug (1985)

3.2.5 Excitation-Autoionisation

In Sect. 3.2.1 we showed how the collision of a free electron with an ion can lead to ion-
isation. In principle, if the free electron has insufficient energy (E < I ), there will be no
ionisation. However, even in that case it is sometimes still possible to ionise, but in a more
complicated way. The process is as follows. The collision can bring one of the electrons in
the outermost shells in a higher quantum level (excitation). In most cases, the ion will return
to its ground level by a radiative transition. But in some cases the excited state is unstable,
and a radiationless Auger transition can occur (see Sect. 3.2.4). The vacancy that is left be-
hind by the excited electron is being filled by another electron from one of the outermost
shells, while the excited electron is able to leave the ion (or a similar process with the role
of both electrons reversed).

Because of energy conservation, this process only occurs if the excited electron comes
from one of the inner shells (the ionisation potential barrier must be taken anyhow). The
process is in particular important for Li-like and Na-like ions, and for several other individ-
ual atoms and ions. As an example we treat here Li-like ions (see Fig. 5, left panel). In that
case the most important contribution comes from a 1s−2p excitation.



Thermal Radiation Processes 165

3.3 Recombination Processes

3.3.1 Radiative Recombination

Radiative recombination is the reverse process of photoionisation. A free electron is cap-
tured by an ion while emitting a photon. The released radiation is the so-called free-bound
continuum emission. It is relatively easy to show that there is a simple relation between the
photoionisation cross section σbf(E) and the recombination cross section σfb, namely the
Milne-relation:

σfb(v) = E2gnσbf(E)

mec2mev2
(13)

where gn is the statistical weight of the quantum level into which the electron is captured
(for an empty shell this is gn = 2n2). By averaging over a Maxwell distribution one gets the
recombination-coefficient to level n:

Rn = nine

∞∫

0

vf (v)σfb(v)dv. (14)

Of course there is energy conservation, so E = 1
2mev

2 + I .
It can be shown that for the photoionisation cross section (9) and for g = 1, constant and

gn = 2n2:

Rn = 128
√

2πn3αa2
0I

3eI/kT nine

3
√

3mekT Z2kT mec3
E1(I/kT ). (15)

With the asymptotic relations for the exponential integrals it can be shown that

kT � I : Rn ∼ T − 1
2 , (16)

kT � I : Rn ∼ ln(I/kT )T −3/2. (17)

Therefore for T → 0 the recombination coefficient approaches infinity: a cool plasma is
hard to ionise. For T → ∞ the recombination coefficient goes to zero, because of the Milne
relation (v → ∞) and because of the sharp decrease of the photoionisation cross section for
high energies.

As a rough approximation we can use further that I ∼ (Z/n)2. Substituting this we find
that for kT � I (recombining plasmas) Rn ∼ n−1, while for kT � I (ionising plasmas)
Rn ∼ n−3. In recombining plasmas in particular many higher excited levels will be populated
by the recombination, leading to significantly stronger line emission. On the other hand, in
ionising plasmas (such as supernova remnants) recombination mainly occurs to the lowest
levels. Note that for recombination to the ground level the approximation (15) cannot be
used (the hydrogen limit), but instead one should use the exact photoionisation cross section
of the valence electron. By adding over all values of n and applying an approximation Seaton
(1959) found for the total radiative recombination rate αRR (in units of m−3 s−1):

αRR ≡
∑

n

Rn = 5.197 × 10−20 Zλ1/2{0.4288 + 0.5 lnλ + 0.469λ−1/3} (18)

with λ ≡ EHZ2/kT and EH the Rydberg energy (13.6 eV). Note that this equation only holds
for hydrogen-like ions. For other ions usually an analytical fit to numerical calculations is
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used:

αRR ∼ T −η (19)

where the approximation is strictly speaking only valid for T near the equilibrium concen-
tration. The approximations (16) and (17) raise suspicion that for T → 0 or T → ∞ (19)
could be a poor choice.

The captured electron does not always reach the ground level immediately. We have seen
before that in particular for cool plasmas (kT � I ) the higher excited levels are frequently
populated. In order to get to the ground state, one or more radiative transitions are required.
Apart from cascade corrections from and to higher levels the recombination line radiation is
essentially given by (15). A comparison of recombination with excitation tells that in partic-
ular for low temperatures (compared to the line energy) recombination radiation dominates,
and for high temperatures excitation radiation dominates. This is also one of the main dif-
ferences between photoionised and collisionally ionised plasmas, as photoionised plasmas
in general have a low temperature compared to the typical ionisation potentials.

3.3.2 Dielectronic Recombination

This process is more or less the inverse of excitation-autoionisation. Now a free electron
interacts with an ion, by which it is caught (quantum level n′′�′′) but at the same time it
excites an electron from (n�) → (n′�′). The doubly excited state is in general not stable, and
the ion will return to its original state by auto-ionisation. However there is also a possibility
that one of the excited electrons (usually the electron that originally belonged to the ion) falls
back by a radiative transition to the ground level, creating therefore a stable, albeit excited
state (n′′�′′) of the ion. In particular excitations with �′ = � + 1 contribute much to this
process. In order to calculate this process, one should take account of many combinations
(n′�′)(n′′�′′).

The final transition probability is often approximated by

αDR = A

T 3/2
e−T 0/T (1 + Be−T 1/T ) (20)

where A, B , T0 and T1 are adjustable parameters. Note that for T → ∞ the asymptotic be-
haviour is identical to the case of radiative recombination. For T → 0 however, dielectronic
recombination can be neglected; this is because the free electron has insufficient energy
to excite a bound electron. Dielectronic recombination is a dominant process in the Solar
corona, and also in other situations it is often very important.

Dielectronic recombination produces more than one line photon. Consider for example
the dielectronic recombination of a He-like ion into a Li-like ion:

e + 1s2 → 1s2p3s → 1s23s + hν1 → 1s22p + hν2 → 1s22s + hν3 (21)

The first arrow corresponds to the electron capture, the second arrow to the stabilising
radiative transition 2p→1s and the third arrow to the radiative transition 3s→2p of the
captured electron. This last transition would have also occurred if the free electron was
caught directly into the 3s shell by normal radiative recombination. Finally, the electron
has to decay further to the ground level and this can go through the normal transitions in a
Li-like ion (fourth arrow). This single recombination thus produces three line photons.
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Fig. 6 Spectrum of a plasma in
collisional ionisation equilibrium
with kT = 2 keV, near the Fe-K
complex. Lines are labelled using
the most common designations in
this field. The Fe XXV “triplet”
consists of the resonance line
(w), intercombination line
(actually split into x and y) and
the forbidden line (z). All other
lines are satellite lines. The
labelled satellites are lines from
Fe XXIV, most of the lines with
energy below the forbidden (z)
line are from Fe XXIII. The
relative intensity of these
satellites is a strong indicator for
the physical conditions in the
source

Because of the presence of the extra electron in the higher orbit, the energy hν1 of the
2p→1s transition is slightly different from the energy in a normal He-like ion. The sta-
bilising transition is therefore also called a satellite line. Because there are many different
possibilities for the orbit of the captured electron, one usually finds a forest of such satellite
lines surrounding the normal 2p→1s excitation line in the He-like ion (or analogously for
other iso-electronic sequences). Fig. 6 gives an example of these satellite lines.

3.4 Charge Transfer Processes

In most cases ionisation or recombination in collisionally ionised plasmas is caused by in-
teractions of an ion with a free electron. At low temperatures (typically below 105 K) also
charge transfer reactions become important. During the interaction of two ions, an electron
may be transferred from one ion to the other; it is usually captured in an excited state, and
the excited ion is stabilised by one or more radiative transitions. As hydrogen and helium
outnumber by at least a factor of 100 any other element (see Table 3), in practise only in-
teractions between those elements and heavier nuclei are important. Reactions with H I and
He I lead to recombination of the heavier ion, and reactions with H II and He II to ionisation.

The electron captured during charge transfer recombination of an oxygen ion (for in-
stance O VII, O VIII) is usually captured in an intermediate quantum state (principal quan-
tum number n = 4–6). This leads to enhanced line emission from that level as compared to
the emission from other principal levels, and this signature can be used to show the presence
of charge transfer reactions. Another signature – actually a signature for all recombining
plasmas – is of course the enhancement of the forbidden line relative to the resonance line
in the O VII triplet (Sect. 5.2.2).

An important example is the charge transfer of highly charged ions from the Solar wind
with the neutral or weakly ionised Geocorona. Whenever the Sun is more active, this process
may produce enhanced thermal soft X-ray emission in addition to the steady foreground
emission from our own Galaxy. See Bhardwaj et al. (2006) for a review of X-rays from
the Solar System. Care should be taken not to confuse this temporary enhanced Geocoronal
emission with soft excess emission in a background astrophysical source.
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4 Ionisation Balance

In order to calculate the X-ray emission or absorption from a plasma, apart from the physi-
cal conditions also the ion concentrations must be known. These ion concentrations can be
determined by solving the equations for ionisation balance (or in more complicated cases
by solving the time-dependent equations). A basic ingredient in these equations are the ion-
isation and recombination rates, that we discussed in the previous section. Here we consider
three of the most important cases: collisional ionisation equilibrium, non-equilibrium ioni-
sation and photoionisation equilibrium.

4.1 Collisional Ionisation Equilibrium (CIE)

The simplest case is a plasma in collisional ionisation equilibrium (CIE). In this case one
assumes that the plasma is optically thin for its own radiation, and that there is no external
radiation field that affects the ionisation balance.

Photo-ionisation and Compton ionisation therefore can be neglected in the case of CIE.
This means that in general each ionisation leads to one additional free electron, because the
direct ionisation and excitation-autoionisation processes are most efficient for the outermost
atomic shells. The relevant ionisation processes are collisional ionisation and excitation-
autoionisation, and the recombination processes are radiative recombination and dielectronic
recombination. Apart from these processes, at low temperatures also charge transfer ionisa-
tion and recombination are important.

We define Rz as the total recombination rate of an ion with charge z to charge z − 1, and
Iz as the total ionisation rate for charge z to z + 1. Ionisation equilibrium then implies that
the net change of ion concentrations nz should be zero:

z > 0 : nz+1Rz+1 − nzRz + nz−1Iz−1 − nzIz = 0 (22)

and in particular for z = 0 one has

n1R1 = n0I0 (23)

(a neutral atom cannot recombine further and it cannot be created by ionisation). Next an
arbitrary value for n0 is chosen, and (23) is solved:

n1 = n0(I0/R1). (24)

This is substituted into (22) which now can be solved. Using induction, it follows that

nz+1 = nz(Iz/Rz+1). (25)

Finally everything is normalised by demanding that

Z∑
z=0

nz = nelement (26)

where nelement is the total density of the element, determined by the total plasma density and
the chemical abundances.

Examples of plasmas in CIE are the Solar corona, coronae of stars, the hot intracluster
medium, the diffuse Galactic ridge component. Figure 7 shows the ion fractions as a function
of temperature for two important elements.
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Fig. 7 Ion concentration of oxygen ions (left panel) and iron ions (right panel) as a function of temperature
in a plasma in Collisional Ionisation Equilibrium (CIE). Ions with completely filled shells are indicated with
thick lines: the He-like ions O VII and Fe XXV, the Ne-like Fe XVII and the Ar-like Fe IX; note that these ions
are more prominent than their neighbours

4.2 Non-Equilibrium Ionisation (NEI)

The second case that we discuss is non-equilibrium ionisation (NEI). This situation occurs
when the physical conditions of the source, like the temperature, suddenly change. A shock,
for example, can lead to an almost instantaneous rise in temperature. However, it takes a
finite time for the plasma to respond to the temperature change, as ionisation balance must
be recovered by collisions. Similar to the CIE case we assume that photoionisation can be
neglected. For each element with nuclear charge Z we write:

1

ne(t)

d

dt
n(Z, t) = A(Z,T (t))n(Z, t) (27)

where n is a vector of length Z + 1 that contains the ion concentrations, and which is nor-
malised according to (26). The transition matrix A is a (Z + 1) × (Z + 1) matrix given
by

A =

⎛
⎜⎜⎜⎜⎜⎜⎜⎜⎜⎜⎜⎝

−I0 R1 0 0 . . .

I0 −(I1 + R1) R2 0

0 I1 . . . . . .

...
. . .

... . . .

. . . RZ−1 0

. . . 0 IZ−2 −(IZ−1 + RZ−1) RZ

. . . 0 IZ−1 −RZ

⎞
⎟⎟⎟⎟⎟⎟⎟⎟⎟⎟⎟⎠

.

We can write the equation in this form because both ionisations and recombinations are
caused by collisions of electrons with ions. Therefore we have the uniform scaling with ne.
In general, the set of equations (27) must be solved numerically. The time evolution of the
plasma can be described in general well by the parameter

U =
∫

nedt. (28)
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The integral should be done over a co-moving mass element. Typically, for most ions equi-
librium is reached for U ∼ 1018 m−3 s. We should mention here, however, that the final
outcome also depends on the temperature history T (t) of the mass element, but in most
cases the situation is simplified to T (t) = constant.

4.3 Photoionisation Equilibrium (PIE)

The third case that we treat are the photoionised plasmas. Usually one assumes equilibrium
(PIE), but there are of course also extensions to non-equilibrium photo-ionised situations.
Apart from the same ionisation and recombination processes that play a role for plasmas
in NEI and CIE, also photoionisation and Compton ionisation are relevant. Because of the
multiple ionisations caused by Auger processes, the equation for the ionisation balance is
not as simple as (22), because now one needs to couple more ions. Moreover, not all rates
scale with the product of electron and ion density, but the balance equations also contain
terms proportional to the product of ion density times photon density. In addition, apart
from the equation for the ionisation balance, one needs to solve simultaneously an energy
balance equation for the electrons. In this energy equation not only terms corresponding
to ionisation and recombination processes play a role, but also several radiation processes
(Bremsstrahlung, line radiation) or Compton scattering. The equilibrium temperature must
be determined in an iterative way. A classical paper describing such photoionised plasmas
is Kallman and McCray (1982).

5 Emission Processes

5.1 Continuum Emission Processes

In any plasma there are three important continuum emission processes, that we briefly men-
tion here: Bremsstrahlung, free-bound emission and two-photon emission.

5.1.1 Bremsstrahlung

Bremsstrahlung is caused by a collision between a free electron and an ion. The emissivity
εff (photons m−3 s−1 J−1) can be written as:

εff = 2
√

2ασTcneniZ
2
eff√

3πE

(
mec

2

kT

) 1
2

gffe
−E/kT , (29)

where α is the fine structure constant, σT the Thomson cross section, ne and ni the electron
and ion density, and E the energy of the emitted photon. The factor gff is the so-called Gaunt
factor and is a dimensionless quantity of order unity. Further, Zeff is the effective charge of
the ion, defined as

Zeff =
(

n2
r Ir

EH

) 1
2

(30)

where EH is the ionisation energy of hydrogen (13.6 eV), Ir the ionisation potential of the
ion after a recombination, and nr the corresponding principal quantum number.
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It is also possible to write (29) as εff = Pffneni with

Pff = 3.031 × 10−21Z2
effgeffe−E/kT

EkeVT
1/2

keV

, (31)

where in this case Pff is in photons × m3 s−1 keV−1 and EkeV is the energy in keV. The total
amount of radiation produced by this process is given by

Wtot = 4.856 × 10−37 W m3

√
TkeV

∞∫

0

Z2
effgffe

−E/kT dEkeV. (32)

From (29) we see immediately that the Bremsstrahlung spectrum (expressed in W m−3

keV−1) is flat for E � kT , and for E > kT it drops exponentially. In order to measure the
temperature of a hot plasma, one needs to measure near E � kT . The Gaunt factor gff can
be calculated analytically; there are both tables and asymptotic approximations available. In
general, gff depends on both E/kT and kT/Zeff.

For a plasma (29) needs to be summed over all ions that are present in order to calculate
the total amount of Bremsstrahlung radiation. For cosmic abundances, hydrogen and helium
usually yield the largest contribution. Frequently, one defines an average Gaunt factor Gff

by

Gff =
∑

i

(
ni

ne

)
Z2

eff,igeff,i . (33)

5.1.2 Free-Bound Emission

Free-bound emission occurs during radiative recombination (Sect. 3.3.1). The energy of the
emitted photon is at least the ionisation energy of the recombined ion (for recombination
to the ground level) or the ionisation energy that corresponds to the excited state (for re-
combination to higher levels). From the recombination rate (see Sect. 3.3.1) the free-bound
emission is determined immediately:

εfb =
∑

i

neniRr. (34)

Also here it is possible to define an effective Gaunt factor Gfb. Free-bound emission is in
practise often very important. For example in CIE for kT = 0.1 keV, free-bound emission is
the dominant continuum mechanism for E > 0.1 keV; for kT = 1 keV it dominates above
3 keV. For kT � 1 keV Bremsstrahlung is always the most important mechanism, and for
kT � 0.1 keV free-bound emission dominates. See also Fig. 8.

Of course, under conditions of photoionisation equilibrium free-bound emission is even
more important, because there are more recombinations than in the CIE case (because T is
lower, at comparable ionisation).

5.1.3 Two Photon Emission

This process is in particular important for hydrogen-like or helium-like ions. After a collision
with a free electron, an electron from a bound 1s shell is excited to the 2s shell. The quantum-
mechanical selection rules do not allow that the 2s electron decays back to the 1s orbit by a
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Fig. 8 Emission spectra of plasmas with solar abundances. The histogram indicates the total spectrum, in-
cluding line radiation. The spectrum has been binned in order to show better the relative importance of
line radiation. The thick solid line is the total continuum emission, the thin solid line the contribution due
to Bremsstrahlung, the dashed line free-bound emission and the dotted line two-photon emission. Note the
scaling with EeE/kT along the y-axis

radiative transition. Usually the ion will then be excited to a higher level by another collision,
for example from 2s to 2p, and then it can decay radiatively back to the ground state (1s).
However, if the density is very low (ne � ne,crit, (36)–(37)), the probability for a second
collision is very small and in that case two-photon emission can occur: the electron decays
from the 2s orbit to the 1s orbit while emitting two photons. Energy conservation implies
that the total energy of both photons should equal the energy difference between the 2s and
1s level (E2phot = E1s − E2s). From symmetry considerations it is clear that the spectrum
must be symmetrical around E = 0.5E2phot, and further that it should be zero for E = 0 and
E = E2phot. An empirical approximation for the shape of the spectrum is given by:

F(E) ∼ √
sin(πE/E2phot). (35)

An approximation for the critical density below which two photon emission is important
can be obtained from a comparison of the radiative and collisional rates from the upper (2s)
level, and is given by (Mewe et al. 1986):

H-like : ne,crit = 7 × 109 m−3Z9.5 (36)

He-like : ne,crit = 2 × 1011 m−3(Z − 1)9.5. (37)
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For example for carbon two photon emission is important for densities below 1017 m−3,
which is the case for many astrophysical applications. Also in this case one can determine
an average Gaunt factor G2phot by averaging over all ions. Two photon emission is important
in practise for 0.5 � kT � 5 keV, and then in particular for the contributions of C, N and O
between 0.2 and 0.6 keV. See also Fig. 8.

5.2 Line Emission Processes

Apart from continuum radiation, line radiation plays an important role for thermal plasmas.
In some cases the flux, integrated over a broad energy band, can be completely dominated
by line radiation (see Fig. 8). The production process of line radiation can be broken down
in two basic steps: the excitation and the emission process.

5.2.1 Excitation Process

An atom or ion must first be brought into an excited state before it can emit line photons.
There are several physical processes that can contribute to this.

The most important process is usually collisional excitation (Sect. 3.1), in particular for
plasmas in CIE. The collision of an electron with the ion brings it in an excited state.

A second way to excite the ion is by absorbing a photon with the proper energy. We
discuss this process in more detail in Sect. 6.

Alternatively, inner shell ionisation (either by the collision with a free electron,
Sect. 3.2.1 or by the photoelectric effect, Sect. 3.2.2) brings the ion in an excited state.

Finally, the ion can also be brought in an excited state by capturing a free electron in one
of the free energy levels above the ground state (radiative recombination, Sect. 3.3.1), or
through dielectronic recombination (Sect. 3.3.2).

5.2.2 Line Emission

It does not matter by whatever process the ion is brought into an excited state j , whenever it
is in such a state it may decay back to the ground state or any other lower energy level i by
emitting a photon. The probability per unit time that this occurs is given by the spontaneous
transition probability Aij (units: s−1) which is a number that is different for each transition.
The total line power Pij (photons per unit time and volume) is then given by

Pij = Aijnj (38)

where nj is the number density of ions in the excited state j . For the most simple case of
excitation from the ground state g (rate Sgj ) followed by spontaneous emission, one can sim-
ply approximate ngneSgj = njAgj . From this equation, the relative population nj/ng � 1 is
determined, and then using (38) the line flux is determined. In realistic situations, however,
things are more complicated. First, the excited state may also decay to other intermediate
states if present, and also excitations or cascades from other levels may play a role. Further-
more, for high densities also collisional excitation or de-excitation to and from other levels
becomes important. In general, one has to solve a set of equations for all energy levels of
an ion where all relevant population and depopulation processes for that level are taken into
account. For the resulting solution vector nj , the emitted line power is then simply given
by (38).

Note that not all possible transitions between the different energy levels are allowed.
There are strict quantum mechanical selection rules that govern which lines are allowed; see
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for instance Herzberg (1944) or Mewe (1999). Sometimes there are higher order processes
that still allow a forbidden transition to occur, albeit with much smaller transition probabili-
ties Aij . But if the excited state j has no other (fast enough) way to decay, these forbidden
lines occur and the lines can be quite strong, as their line power is essentially governed by
the rate at which the ion is brought into its excited state j .

One of the most well known groups of lines is the He-like 1s–2p triplet. Usually the
strongest line is the resonance line, an allowed transition. The forbidden line has a similar
strength as the resonance line, for the low density conditions in the ISM and intracluster
medium, but it can be relatively enhanced in recombining plasmas, or relatively reduced in
high density plasmas like stellar coronal loops. In between both lines is the intercombina-
tion line. In fact, this intercombination line is a doublet but for the lighter elements both
components cannot be resolved. But see Fig. 6 for the case of iron.

5.2.3 Line Width

For most X-ray spectral lines, the line profile of a line with energy E can be approximated
with a Gaussian exp (−	E2/2σ 2) with σ given by σ/E = σv/c where the velocity disper-
sion is

σ 2
v = σ 2

t + kTi/mi. (39)

Here Ti is the ion temperature (not necessarily the same as the electron temperature), and σt

is the root mean squared turbulent velocity of the emitting medium. For large ion temper-
ature, turbulent velocity or high spectral resolution this line width can be measured, but in
most cases the lines are not resolved for CCD type spectra.

5.2.4 Resonance Scattering

Resonance scattering is a process where a photon is absorbed by an atom and then re-emitted
as a line photon of the same energy into a different direction. As for strong resonance lines
(allowed transitions) the transition probabilities Aij are large, the time interval between
absorption and emission is extremely short, and that is the reason why the process effectively
can be regarded as a scattering process. We discuss the absorption properties in Sect. 6.3,
and have already discussed the spontaneous emission in Sect. 5.2.2.

Resonance scattering of X-ray photons is potentially important in the dense cores of some
clusters of galaxies for a few transitions of the most abundant elements, as first shown by
Gil’fanov et al. (1987). The optical depth for scattering can be written conveniently as (cf.
also Sect. 6.3):

τ = 4240f N24(
ni
nZ

)( nZ
nH

)( M
TkeV

)1/2

EkeV{1 + 0.0522Mv2
100

TkeV
}1/2

, (40)

where f is the absorption oscillator strength of the line (of order unity for the strongest spec-
tral lines), EkeV the energy in keV, N24 the hydrogen column density in units of 1024 m−2, ni

the number density of the ion, nZ the number density of the element, M the atomic weight
of the ion, TkeV the ion temperature in keV (assumed to be equal to the electron temperature)
and v100 the micro-turbulence velocity in units of 100 km/s. Resonance scattering in clusters
causes the radial intensity profile on the sky of an emission line to become weaker in the
cluster core and stronger in the outskirts, without destroying photons. By comparing the ra-
dial line profiles of lines with different optical depth, for instance the 1s−2p and 1s−3p lines
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of O VII or Fe XXV, one can determine the optical depth and hence constrain the amount of
turbulence in the cluster.

Another important application was proposed by Churazov et al. (2001). They show that
for WHIM filaments the resonance line of the O VII triplet can be enhanced significantly
compared to the thermal emission of the filament due to resonant scattering of X-ray back-
ground photons on the filament. The ratio of this resonant line to the other lines of the triplet
therefore can be used to estimate the column density of a filament.

5.3 Some Important Line Transitions

In Tables 4 and 5 we list the 100 strongest emission lines under CIE conditions. Note that
each line has its peak emissivity at a different temperature. In particular some of the H-like
and He-like transitions are strong, and further the so-called Fe-L complex (lines from n = 2
in Li-like to Ne-like iron ions) is prominent. At longer wavelengths, the L-complex of Ne
Mg, Si and S gives strong soft X-ray lines. At very short wavelengths, there are not many
strong emission lines: between 6–7 keV, the Fe-K emission lines are the strongest spectral
features.

6 Absorption Processes

6.1 Continuum Versus Line Absorption

X-rays emitted by cosmic sources do not travel unattenuated to a distant observer. This
is because intervening matter in the line of sight absorbs a part of the X-rays. With low-
resolution instruments, absorption can be studied only through the measurement of broad-
band flux depressions caused by continuum absorption. However, at high spectral resolution
also absorption lines can be studied, and in fact absorption lines offer more sensitive tools to
detect weak intervening absorption systems. We illustrate this in Fig. 9. At an O VIII column
density of 1021 m−2, the absorption edge has an optical depth of 1%; for the same column
density, the core of the Lyα line is already saturated and even for 100 times lower column
density, the line core still has an optical depth of 5%.

Fig. 9 Continuum (left) and Lyα (right) absorption spectrum for a layer consisting of O VIII ions with
column densities as indicated
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Table 4 The strongest emission lines for a plasma with proto-solar abundances (Lodders 2003) in the X-ray
band 43 Å < λ < 100 Å. At longer wavelengths sometimes a few lines from the same multiplet have been
added. All lines include unresolved dielectronic satellites. Tmax (K) is the temperature at which the emissivity
peaks, Qmax = P/(nenH), with P the power per unit volume at Tmax, and Qmax is in units of 10−36 W m3

E λ −log log Ion Iso-el. Lower Upper

(eV) (Å) Qmax Tmax seq. level level

126.18 98.260 1.35 5.82 Ne VIII Li 2p 2P3/2 3d 2D5/2

126.37 98.115 1.65 5.82 Ne VIII Li 2p 2P1/2 3d 2D3/2

127.16 97.502 1.29 5.75 Ne VII Be 2s 1S0 3p 1P1

128.57 96.437 1.61 5.47 Si V Ne 2p 1S0 3d 1P1

129.85 95.483 1.14 5.73 Mg VI N 2p 4S3/2 3d 4P5/2,3/2,1/2

132.01 93.923 1.46 6.80 Fe XVIII F 2s 2P3/2 2p 2S1/2

140.68 88.130 1.21 5.75 Ne VII Be 2p 3P1 4d 3D2,3

140.74 88.092 1.40 5.82 Ne VIII Li 2s 2S1/2 3p 2P3/2

147.67 83.959 0.98 5.86 Mg VII C 2p 3P 3d 3D,1D,3F

148.01 83.766 1.77 5.86 Mg VII C 2p 3P2 3d 3P2

148.56 83.457 1.41 5.90 Fe IX Ar 3p 1S0 4d 3P1

149.15 83.128 1.69 5.69 Si VI F 2p 2P3/2 (3P)3d 2D5/2

149.38 83.000 1.48 5.74 Mg VI N 2p 4S3/2 4d 4P5/2,3/2,1/2

150.41 82.430 1.49 5.91 Fe IX Ar 3p 1S0 4d 1P1

154.02 80.501 1.75 5.70 Si VI F 2p 2P3/2 (1D) 3d 2D5/2

159.23 77.865 1.71 6.02 Fe X Cl 3p 2P1/2 4d 2D5/2

165.24 75.034 1.29 5.94 Mg VIII B 2p 2P3/2 3d 2D5/2

165.63 74.854 1.29 5.94 Mg VIII B 2p 2P1/2 3d 2D3/2

170.63 72.663 1.07 5.76 S VII Ne 2p 1S0 3s 3P1,2

170.69 72.635 1.61 6.09 Fe XI S 3p 3P2 4d 3D3

171.46 72.311 1.56 6.00 Mg IX Be 2p 1P1 3d 1D2

171.80 72.166 1.68 6.08 Fe XI S 3p 1D2 4d 1F3

172.13 72.030 1.44 6.00 Mg IX Be 2p 3P2,1 3s 3S1

172.14 72.027 1.40 5.76 S VII Ne 2p 1S0 3s 1P1

177.07 70.020 1.18 5.84 Si VII O 2p 3P 3d 3D,3P

177.98 69.660 1.36 6.34 Fe XV Mg 3p 1P1 4s 1S0

177.99 69.658 1.57 5.96 Si VIII N 2p 4S3/2 3s 4P5/2,3/2,1/2

179.17 69.200 1.61 5.71 Si VI F 2p 2P 4d 2P, 2D

186.93 66.326 1.72 6.46 Fe XVI Na 3d 2D 4f 2F

194.58 63.719 1.70 6.45 Fe XVI Na 3p 2P3/2 4s 2S1/2

195.89 63.294 1.64 6.08 Mg X Li 2p 2P3/2 3d 2D5/2

197.57 62.755 1.46 6.00 Mg IX Be 2s 1S0 3p 1P1

197.75 62.699 1.21 6.22 Fe XIII Si 3p 3P1 4d 3D2

198.84 62.354 1.17 6.22 Fe XIII Si 3p 3P0 4d 3D1

199.65 62.100 1.46 6.22 Fe XIII Si 3p 3P1 4d 3P0

200.49 61.841 1.29 6.07 Si IX C 2p 3P2 3s 3P1

203.09 61.050 1.06 5.96 Si VIII N 2p 4S3/2 3d 4P5/2,3/2,1/2

203.90 60.807 1.69 5.79 S VII Ne 2p 1S0 3d 3D1

204.56 60.610 1.30 5.79 S VII Ne 2p 1S0 3d 1P1

223.98 55.356 1.00 6.08 Si IX C 2p 3P 3d 3D,1D,3F



Thermal Radiation Processes 177

Table 4 (Continued)

E λ −log log Ion Iso-el. Lower Upper

(eV) (Å) Qmax Tmax seq. level level

234.33 52.911 1.34 6.34 Fe XV Mg 3s 1S0 4p 1P1

237.06 52.300 1.61 6.22 Si XI Be 2p 1P1 3s 1S0

238.43 52.000 1.44 5.97 Si VIII N 2p 4S3/2 4d 4P5/2,3/2,1/2

244.59 50.690 1.30 6.16 Si X B 2p 2P3/2 3d 2D5/2

245.37 50.530 1.30 6.16 Si X B 2p 2P1/2 3d 2D3/2

251.90 49.220 1.45 6.22 Si XI Be 2p 1P1 3d 1D2

252.10 49.180 1.64 5.97 Ar IX Ne 2p 1S0 3s 3P1,2

261.02 47.500 1.47 6.06 S IX O 2p 3P 3d 3D,3P

280.73 44.165 1.60 6.30 Si XII Li 2p 2P3/2 3d 2D5/2

283.46 43.740 1.46 6.22 Si XI Be 2s 1S0 3p 1P1

6.2 Continuum Absorption

Continuum absorption can be calculated simply from the photoionisation cross sections, that
we discussed already in Sect. 3.2.2. The total continuum opacity τcont can be written as

τcont(E) ≡ NHσcont(E) =
∑

i

Niσi(E) (41)

i.e. by averaging over the various ions i with column density Ni . Accordingly, the continuum
transmission T (E) of such a clump of matter can be written as T (E) = exp (−τcont(E)). For
a worked out example see also Sect. 6.6.

6.3 Line Absorption

When light from a background source shines through a clump of matter, a part of the radia-
tion can be absorbed. We discussed already the continuum absorption. The transmission in
a spectral line at wavelength λ is given by

T (λ) = e−τ(λ) (42)

with

τ(λ) = τ0ϕ(λ) (43)

where ϕ(λ) is the line profile and τ0 is the opacity at the line centre λ0, given by:

τ0 = αhλf Ni

2
√

2πmeσv

. (44)

Apart from the fine structure constant α and Planck’s constant h, the optical depth also de-
pends on the properties of the absorber, namely the ionic column density Ni and the velocity
dispersion σv. Furthermore, it depends on the oscillator strength f which is a dimensionless
quantity that is different for each transition and is of order unity for the strongest transitions.

In the simplest approximation, a Gaussian profile ϕ(λ) = exp−(λ − λ0)
2/b2) can be

adopted, corresponding to pure Doppler broadening for a thermal plasma. Here b = √
2σ
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Table 5 As Table 4, but for λ < 43 Å

E λ −log log Ion Iso-el. Lower Upper

(eV) (Å) Qmax Tmax seq. level level

291.52 42.530 1.32 6.18 S X N 2p 4S3/2 3d 4P5/2,3/2,1/2

298.97 41.470 1.31 5.97 C V He 1s 1S0 2s 3S1 (f)

303.07 40.910 1.75 6.29 Si XII Li 2s 2S1/2 3p 2P3/2

307.88 40.270 1.27 5.98 C V He 1s 1S0 2p 1P1 (r)

315.48 39.300 1.37 6.28 S XI C 2p 3P 3d 3D,1D,3F

336.00 36.900 1.58 6.19 S X N 2p 4S3/2 4d 4P5/2,3/2,1/2

339.10 36.563 1.56 6.34 S XII B 2p 2P3/2 3d 2D5/2

340.63 36.398 1.56 6.34 S XII B 2p 2P1/2 3d 2D3/2

367.47 33.740 1.47 6.13 C VI H 1s 2S1/2 2p 2P1/2 (Lyα)

367.53 33.734 1.18 6.13 C VI H 1s 2S1/2 2p 2P3/2 (Lyα)

430.65 28.790 1.69 6.17 N VI He 1s 1S0 2p 1P1 (r)

500.36 24.779 1.68 6.32 N VII H 1s 2S1/2 2p 2P3/2 (Lyα)

560.98 22.101 0.86 6.32 O VII He 1s 1S0 2s 3S1 (f)

568.55 21.807 1.45 6.32 O VII He 1s 1S0 2p 3P2,1 (i)

573.95 21.602 0.71 6.33 O VII He 1s 1S0 2p 1P1 (r)

653.49 18.973 1.05 6.49 O VIII H 1s 2S1/2 2p 2P1/2 (Lyα)

653.68 18.967 0.77 6.48 O VIII H 1s 2S1/2 2p 2P3/2 (Lyα)

665.62 18.627 1.58 6.34 O VII He 1s 1S0 3p 1P1

725.05 17.100 0.87 6.73 Fe XVII Ne 2p 1S0 3s 3P2

726.97 17.055 0.79 6.73 Fe XVII Ne 2p 1S0 3s 3P1

738.88 16.780 0.87 6.73 Fe XVII Ne 2p 1S0 3s 1P1

771.14 16.078 1.37 6.84 Fe XVIII F 2p 2P3/2 3s 4P5/2

774.61 16.006 1.55 6.50 O VIII H 1s 2S1/2 3p 2P1/2,3/2 (Lyβ)

812.21 15.265 1.12 6.74 Fe XVII Ne 2p 1S0 3d 3D1

825.79 15.014 0.58 6.74 Fe XVII Ne 2p 1S0 3d 1P1

862.32 14.378 1.69 6.84 Fe XVIII F 2p 2P3/2 3d 2D5/2

872.39 14.212 1.54 6.84 Fe XVIII F 2p 2P3/2 3d 2S1/2

872.88 14.204 1.26 6.84 Fe XVIII F 2p 2P3/2 3d 2D5/2

896.75 13.826 1.66 6.76 Fe XVII Ne 2s 1S0 3p 1P1

904.99 13.700 1.61 6.59 Ne IX He 1s 1S0 2s 3S1 (f)

905.08 13.699 1.61 6.59 Ne IX He 1s 1S0 2s 3S1 (f)

916.98 13.521 1.35 6.91 Fe XIX O 2p 3P2 3d 3D3

917.93 13.507 1.68 6.91 Fe XIX O 2p 3P2 3d 3P2

922.02 13.447 1.44 6.59 Ne IX He 1s 1S0 2p 1P1 (r)

965.08 12.847 1.51 6.98 Fe XX N 2p 4S3/2 3d 4P5/2

966.59 12.827 1.44 6.98 Fe XX N 2p 4S3/2 3d 4P3/2

1009.2 12.286 1.12 7.04 Fe XXI C 2p 3P0 3d 3D1

1011.0 12.264 1.46 6.73 Fe XVII Ne 2p 1S0 4d 3D1

1021.5 12.137 1.77 6.77 Ne X H 1s 2S1/2 2p 2P1/2 (Lyα)

1022.0 12.132 1.49 6.76 Ne X H 1s 2S1/2 2p 2P3/2 (Lyα)

1022.6 12.124 1.39 6.73 Fe XVII Ne 2p 1S0 4d 1P1

1053.4 11.770 1.38 7.10 Fe XXII B 2p 2P1/2 3d 2D3/2
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Table 5 (Continued)

E λ −log log Ion Iso-el. Lower Upper

(eV) (Å) Qmax Tmax seq. level level

1056.0 11.741 1.51 7.18 Fe XXIII Be 2p 1P1 3d 1D2

1102.0 11.251 1.73 6.74 Fe XVII Ne 2p 1S0 5d 3D1

1352.1 9.170 1.66 6.81 Mg XI He 1s 1S0 2p 1P1 (r)

1472.7 8.419 1.76 7.00 Mg XII H 1s 2S1/2 2p 2P3/2 (Lyα)

1864.9 6.648 1.59 7.01 Si XIII He 1s 1S0 2p 1P1 (r)

2005.9 6.181 1.72 7.21 Si XIV H 1s 2S1/2 2p 2P3/2 (Lyα)

6698.6 1.851 1.43 7.84 Fe XXV He 1s 1S0 2p 1P1 (r)

6973.1 1.778 1.66 8.17 Fe XXVI H 1s 2S1/2 2p 2P3/2 (Lyα)

with σ the normal Gaussian root-mean-square width. The full width at half maximum of
this profile is given by

√
ln 256σ or approximately 2.35σ . One may even include a turbulent

velocity σt into the velocity width σv, such that

σ 2
v = σ 2

t + kT /mi (45)

with mi the mass of the ion (we have tacitly changed here from wavelength to velocity units
through the scaling 	λ/λ0 = 	v/c).

The equivalent width W of the line is calculated from

W = λσ

c

∞∫

−∞

[
1 − exp (−τ0e

−y2/2)
]
dy. (46)

For the simple case that τ0 � 1, the integral can be evaluated as

τ0 � 1 : W = αhλ2f Ni

2mec
= 1

2
α

hν

mec2
f λ2Ni. (47)

A Gaussian line profile is only a good approximation when the Doppler width of the line
is larger than the natural width of the line. The natural line profile for an absorption line is a
Lorentz profile ϕ(λ) = 1/(1 + x2) with x = 4π	ν/A. Here 	ν is the frequency difference
ν − ν0 and A is the total transition probability from the upper level downwards to any level,
including all radiative and Auger decay channels.

Convolving the intrinsic Lorentz profile with the Gaussian Doppler profile due to the
thermal or turbulent motion of the plasma, gives the well-known Voigt line profile

ϕ = H(a,y) (48)

where

a = Aλ/4πb (49)

and y = c	λ/bλ. The dimensionless parameter a (not to be confused with the a in (4))
represents the relative importance of the Lorentzian term (∼A) to the Gaussian term (∼b).
It should be noted here that formally for a > 0 the parameter τ0 defined by (44) is not exactly
the optical depth at line centre, but as long as a � 1 it is a fair approximation. For a � 1 it
can be shown that H(a,0) → 1/a

√
π .
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6.4 Some Important X-ray Absorption Lines

There are several types of absorption lines. The most well-known are the normal strong
resonance lines, which involve electrons from the outermost atomic shells. Examples are
the 1s–2p line of O VII at 21.60 Å, the O VIII Lyα doublet at 18.97 Å and the well known
2s–2p doublet of O VI at 1032 and 1038 Å. See Richter et al. 2008—Chap. 3, this issue, for
an extensive discussion on these absorption lines in the WHIM.

The other class are the inner-shell absorption lines. In this case the excited atom is often
in an unstable state, with a large probability for the Auger process (Sect. 3.2.4). As a result,
the parameter a entering the Voigt profile (49) is large and therefore the lines can have strong
damping wings.

In some cases the lines are isolated and well resolved, like the O VII and O VIII 1s–2p
lines mentioned above. However, in other cases the lines may be strongly blended, like for
the higher principal quantum number transitions of any ion in case of high column densities.
Another important group of strongly blended lines are the inner-shell transitions of heavier
elements like iron. They form so-called unresolved transition arrays (UTAs); the individual
lines are no longer recognisable. The first detection of these UTAs in astrophysical sources
was in a quasar (Sako et al. 2001).

In Table 6 we list the 70 most important X-ray absorption lines for λ < 100 Å. The
importance was determined by calculating the maximum ratio W/λ that these lines reach
for any given temperature.

Note the dominance of lines from all ionisation stages of oxygen in the 17–24 Å band.
Furthermore, the Fe IX and Fe XVII lines are the strongest iron features. These lines are
weaker than the oxygen lines because of the lower abundance of iron; they are stronger than
their neighbouring iron ions because of somewhat higher oscillator strengths and a relatively
higher ion fraction (cf. Fig. 7).

Note that the strength of these lines can depend on several other parameters, like turbulent
broadening, deviations from CIE, saturation for higher column densities, etc., so some care
should be taken when the strongest line for other physical conditions are sought.

6.5 Curve of Growth

In most practical situations, X-ray absorption lines are unresolved or poorly resolved. As a
consequence, the physical information about the source can only be retrieved from basic pa-
rameters such as the line centroid (for Doppler shifts) and equivalent width W (as a measure
of the line strength).

As outlined in Sect. 6.3, the equivalent width W of a spectral line from an ion i depends,
apart from atomic parameters, only on the column density Ni and the velocity broadening
σv. A useful diagram is the so-called curve of growth. Here we present it in the form of a
curve giving W versus Ni for a fixed value of σv.

The curve of growth has three regimes. For low column densities, the optical depth at line
centre τ0 is small, and W increases linearly with Ni , independent of σv (47). For increasing
column density, τ0 starts to exceed unity and then W increases only logarithmically with
Ni . Where this happens exactly, depends on σv. In this intermediate logarithmic branch
W depends both on σv and Ni , and hence by comparing the measured W with other lines
from the same ion, both parameters can be estimated. At even higher column densities,
the effective opacity increases faster (proportional to

√
Ni ), because of the Lorentzian line

wings. Where this happens depends on the Voigt parameter a (49). In this range of densities,
W does not depend any more on σv.
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Table 6 The most important X-ray absorption lines with λ < 100 Å. Calculations are done for a plasma in
CIE with proto-solar abundances (Lodders 2003) and only thermal broadening. The calculations are done for a
hydrogen column density of 1024 m−2, and we list equivalent widths for the temperature Tmax (in K) where it
reaches a maximum. Equivalent widths are calculated for the listed line only, not taking into account blending
by other lines. For saturated, overlapping lines, like the O VIII Lyα doublet near 18.97 Å, the combined
equivalent width can be smaller than the sum of the individual equivalent widths

λ Ion Wmax log λ Ion Wmax log

(Å) (mÅ) Tmax (Å) (mÅ) Tmax

9.169 Mg XI 1.7 6.52 31.287 N I 5.5 4.04

13.447 Ne IX 4.6 6.38 33.426 C V 7.0 5.76

13.814 Ne VII 2.2 5.72 33.734 C VI 12.9 6.05

15.014 Fe XVII 5.4 6.67 33.740 C VI 10.3 6.03

15.265 Fe XVII 2.2 6.63 34.973 C V 10.3 5.82

15.316 Fe XV 2.3 6.32 39.240 S XI 6.5 6.25

16.006 O VIII 2.6 6.37 40.268 C V 17.0 5.89

16.510 Fe IX 5.6 5.81 40.940 C IV 7.2 5.02

16.773 Fe IX 3.0 5.81 41.420 C IV 14.9 5.03

17.396 O VII 2.8 6.06 42.543 S X 6.3 6.14

17.768 O VII 4.4 6.11 50.524 SI X 11.0 6.14

18.629 O VII 6.9 6.19 51.807 S VII 7.6 5.68

18.967 O VIII 8.7 6.41 55.305 SI IX 14.0 6.06

18.973 O VIII 6.5 6.39 60.161 S VII 12.2 5.71

19.924 O V 3.2 5.41 61.019 SI VIII 11.9 5.92

21.602 O VII 12.1 6.27 61.070 SI VIII 13.2 5.93

22.006 O VI 5.1 5.48 62.751 Mg IX 11.1 5.99

22.008 O VI 4.1 5.48 68.148 SI VII 10.1 5.78

22.370 O V 5.4 5.41 69.664 SI VII 10.9 5.78

22.571 O IV 3.6 5.22 70.027 SI VII 11.3 5.78

22.739 O IV 5.1 5.24 73.123 SI VII 10.7 5.78

22.741 O IV 7.2 5.23 74.858 Mg VIII 17.1 5.93

22.777 O IV 13.8 5.22 80.449 SI VI 13.0 5.62

22.978 O III 9.4 4.95 80.577 SI VI 12.7 5.61

23.049 O III 7.1 4.96 82.430 Fe IX 14.0 5.91

23.109 O III 15.1 4.95 83.128 SI VI 14.2 5.63

23.350 O II 7.5 4.48 83.511 Mg VII 14.2 5.82

23.351 O II 12.6 4.48 83.910 Mg VII 19.8 5.85

23.352 O II 16.5 4.48 88.079 Ne VIII 15.2 5.80

23.510 O I 7.2 4.00 95.385 Mg VI 15.5 5.67

23.511 O I 15.0 4.00 95.421 Mg VI 18.7 5.69

24.779 N VII 4.6 6.20 95.483 Mg VI 20.5 5.70

24.900 N VI 4.0 5.90 96.440 SI V 16.8 5.33

28.465 C VI 4.6 6.01 97.495 Ne VII 22.8 5.74

28.787 N VI 9.8 6.01 98.131 Ne VI 16.7 5.65

In Fig. 10 we show a few characteristic examples. The examples of O I and O VI illustrate
the higher W for UV lines as compared to X-ray lines (cf. (47)) as well as the fact that inner
shell transitions (in this case the X-ray lines) have larger a-values and hence reach sooner the
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Fig. 10 Equivalent width versus column density for a few selected oxygen absorption lines. The curves have
been calculated for Gaussian velocity dispersions σ = b/

√
2 of 10, 50 and 250 km s−1, from bottom to top

for each line. Different spectral lines are indicated with different line styles

square root branch. The example of O VII shows how different lines from the same ion have
different equivalent width ratios depending on σv, hence offer an opportunity to determine
that parameter. The last frame shows the (non)similarities for similar transitions in different
ions. The innershell nature of the transition in O VI yields a higher a value and hence an
earlier onset of the square root branch.

6.6 Galactic Foreground Absorption

All radiation from X-ray sources external to our own Galaxy has to pass through the inter-
stellar medium of our Galaxy, and the intensity is reduced by a factor of e−τ(E) with the
optical depth τ(E) = ∑

i σi(E)
∫

ni(�)d�, with the summation over all relevant ions i and
the integration over the line of sight d�. The absorption cross section σi(E) is often taken to
be simply the (continuum) photoionisation cross section, but for high-resolution spectra it
is necessary to include also the line opacity, and for very large column densities also other
processes such as Compton ionisation or Thomson scattering.

For a cool, neutral plasma with cosmic abundances one often writes

τ = σeff(E)NH (50)

where the hydrogen column density NH ≡ ∫
nHdx. In σeff(E) all contributions to the ab-

sorption from all elements as well as their abundances are taken into account.
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Fig. 11 Left panel: Neutral interstellar absorption cross section per hydrogen atom, scaled with E3. The most
important edges with associated absorption lines are indicated, as well as the onset of Thompson scattering
around 30 keV. Right panel: Contribution of the various elements to the total absorption cross section as a
function of energy, for Solar abundances

Fig. 12 Left panel: Column density for which the optical depth becomes unity. Right panel: Distance for
which τ = 1 for three characteristic densities

The relative contribution of the elements is also made clear in Fig. 11. Below 0.28 keV
(the carbon edge) hydrogen and helium dominate, while above 0.5 keV in particular oxygen
is important. At the highest energies, above 7.1 keV, iron is the main opacity source.

Yet another way to represent these data is to plot the column density or distance for which
the optical depth becomes unity (Fig. 12). This figure shows that in particular at the lowest
energies X-rays are most strongly absorbed. The visibility in that region is thus very limited.
Below 0.2 keV it is extremely hard to look outside our Milky Way.

The interstellar medium is by no means a homogeneous, neutral, atomic gas. In fact, it
is a collection of regions all with different physical state and composition. This affects its
X-ray opacity. We briefly discuss here some of the most important features.

The ISM contains cold gas (<50 K), warm, neutral or lowly ionised gas (6 000–10 000 K)
as well as hotter gas (a few million K). We have seen before (see Sect. 3.2.2) that for ions
the absorption edges shift to higher energies for higher ionisation. Thus, with instruments of
sufficient spectral resolution, the degree of ionisation of the ISM can be deduced from the
relative intensities of the absorption edges. Cases with such high column densities are rare,
however (and only occur in some AGN outflows), and for the bulk of the ISM the column
density of the ionised ISM is low enough that only the narrow absorption lines are visible
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Fig. 13 Left panel: Simulated 100 ks absorption spectrum as observed with the Explorer of Diffuse Emis-
sion and Gamma-ray Burst Explosions (EDGE), a mission proposed for ESA’s Cosmic Vision program. The
parameters of the simulated source are similar to those of 4U 1820-303 (Yao and Wang 2006). The plot shows
the residuals of the simulated spectrum if the absorption lines in the model are ignored. Several characteristic
absorption features of both neutral and ionised gas are indicated.
Right panel: Simulated spectrum for the X-ray binary 4U 1820-303 for 100 ks with the WFS instrument of
EDGE. The simulation was done for all absorbing oxygen in its pure atomic state, the models plotted with
different line styles show cases where half of the oxygen is bound in CO, water ice or olivine. Note the effec-
tive shift of the absorption edge and the different fine structure near the edge. All of this is well resolved by
EDGE, allowing a determination of the molecular composition of dust in the line of sight towards this source.
The absorption line at 0.574 is due to highly ionised O VII

(see Fig. 9). These lines are only visible when high spectral resolution is used (see Fig. 13).
It is important to recognise these lines, as they should not be confused with absorption line
from within the source itself. Fortunately, with high spectral resolution the cosmologically
redshifted absorption lines from the X-ray source are separated well from the foreground
hot ISM absorption lines. Only for lines from the Local Group this is not possible, and the
situation is here complicated as the expected temperature range for the diffuse gas within
the Local Group is similar to the temperature of the hot ISM.

Another ISM component is dust. A significant fraction of some atoms can be bound in
dust grains with varying sizes, as shown below (from Wilms et al. 2000):

H He C N O Ne Mg Si S Ar Ca Fe Ni
0 0 0.5 0 0.4 0 0.8 0.9 0.4 0 0.997 0.7 0.96

The numbers represent the fraction of the atoms that are bound in dust grains. Noble gases
like Ne and Ar are chemically inert hence are generally not bound in dust grains, but other
elements like Ca exist predominantly in dust grains. Dust has significantly different X-ray
properties compared to gas or hot plasma. First, due to the chemical binding, energy levels
are broadened significantly or even absent. For example, for oxygen in most bound forms
(like H2O) the remaining two vacancies in the 2p shell are effectively filled by the two elec-
trons from the other bound atom(s) in the molecule. Therefore, the strong 1s–2p absorption
line at 23.51 Å (527 eV) is not allowed when the oxygen is bound in dust or molecules, be-
cause there is no vacancy in the 2p shell. Transitions to higher shells such as the 3p shell are
possible, however, but these are blurred significantly and often shifted due to the interactions
in the molecule. Each constituent has its own fine structure near the K-edge (Fig. 13, right
panel). This fine structure offers therefore the opportunity to study the (true) chemical com-
position of the dust, but it should be said that the details of the edges in different important
compounds are not always (accurately) known, and can differ depending on the state: for
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Fig. 14 Typical Cosmic X-ray
background spectrum. The thick
solid line indicates the total
spectrum, the dashed line the
absorbed power law contribution
due to unresolved point sources.
The contribution of the local hot
bubble is indicated by the thin,
grey line. It dominates the line
emission below ∼0.2 keV. The
other thermal components are not
indicated separately, but they are
included in the total; they
contribute most of the line flux
above 0.2 keV. The calculation is
done with a spectral resolution of
1 eV

example water, crystalline and amorphous ice all have different characteristics. On the other
hand, the large scale edge structure, in particular when observed at low spectral resolution,
is not so much affected. For sufficiently high column densities of dust, self-shielding within
the grains should be taken into account, and this reduces the average opacity per atom.

Finally, we mention here that dust also causes scattering of X-rays. This is in par-
ticular important for higher column densities. For example, for the Crab nebula (NH =
3.2 × 1025 m−2), at an energy of 1 keV about 10% of all photons are scattered in a halo,
of which the widest tails have been observed out to a radius of at least half a degree; the
scattered fraction increases with increasing wavelength.

7 Galactic Foreground Emission

The interstellar medium of our Galaxy is a complex medium. While all phases of the ISM
can be seen in X-ray absorption towards bright X-ray sources (see previous section), only
the hot phase is seen in emission and contributes to the cosmic X-ray background.

This cosmic X-ray background has different components. Kuntz and Snowden (2000)
distinguish four different components as outlined below. First, there is an absorbed power-
law like component, consisting mostly of unresolved extragalactic point sources. With high
spatial resolution like for example available on Chandra, a large part of this component
can be resolved into the individual point sources. The second component is the so-called
Local Hot Bubble, most likely a large, old supernova remnant embedding our Solar system.
The million degree gas of this diffuse medium is almost unabsorbed, as it is nearby and
there is little intervening neutral gas. Finally, there are the soft and hard diffuse components,
consisting of absorbed, diffuse thermal emission which arises from the disk of our Galaxy
but may also contain contributions from a Galactic halo and distant WHIM emission.

Figure 14 shows a simulated spectrum of the total X-ray background. Note however that
the details of this spectrum may differ significantly for different parts of the sky. There
are variations on large scales, from the Galactic plane to the poles. There are also smaller
scale variations. For instance, there are large loops corresponding to old supernova rem-
nants or (super)bubbles, and large molecular cloud complexes obscuring the more distant
background components.
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Fig. 15 Cooling curves �(T )

for plasmas of different
composition, under CIE
conditions. From top to bottom:
1, 0.3, 0.1, 0.01 and 0.001 times
Solar abundances. After
Sutherland and Dopita (1993)

8 Cooling Function

The cooling of a plasma by thermal radiation is usually expressed by the cooling function
�(T ). This is essentially the bolometric power P emitted as thermal radiation by the plasma,
normalised by the emission measure Y = nenHV . Accordingly, the characteristic cooling
time, defined as the thermal energy of the plasma divided by the emitted power, tcool =
3
2 (1 + ni/ne)kT/�nH.

Cooling is important for the evolution of several plasmas such as the cool cores of clusters
but also for the global evolution of the WHIM. A set of useful cooling curves are given by
Sutherland and Dopita (1993). An example is shown in Fig. 15. These are valid under CIE
conditions. When photoionisation is important, modifications are needed. Here we have
normalised � to the emission measure of the plasma, but note that sometimes other scalings
are being used (for example expressions containing the ion density ni or n2

e ). Note that the
Solar abundances used in Fig. 15 are the older values of Anders and Grevesse (1989) which
differ significantly from more recent estimates, for example Lodders (2003), in particular
for important coolants such as iron (new values 26% lower) and oxygen (new values 32%
lower). The big hump at low temperatures is produced mainly by line radiation, while the
high temperature ∼T 0.5 tail above 107 K is mainly produced by Bremsstrahlung.

Finally, a more recent set of cooling curves, suited in particular for lower temperatures
and primordial gas, was published by Maio et al. (2007).

9 Ionisation and Excitation by Non-thermal Electrons

In most cases, astrophysical plasmas are modelled using Maxwellian velocity distributions,
even under NEI or PIE conditions. Often this is justified, but there are situations where
deviations from a Maxwellian distribution occur. Examples are accelerated electrons pene-
trating cooler regions, as may occur in or near shocks or flares. We refrain here from a full
discussion, but only mention here that spectral codes such as SPEX (Sect. 10.1) allow the
calculation of the ionisation balance and the emanating spectrum under such circumstances,
provided the true electron distribution can be approximated by the sum of non-relativistic
Maxwellians. When there are strong relativistic electron contributions, this approach cannot
be used anymore as here relativistic corrections to the cross sections are needed, which are
usually not taken into account in most plasma codes.
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10 Plasma Modelling

10.1 Available Codes

There are several spectral codes available that can be used to model hot plasmas. Without
being complete, we mention here briefly the following codes. For a more extensive review,
see Raymond (2005).

First, there are codes which calculate predominantly spectra in Collisional Ionisation
Equilibrium:

1. CHIANTI1 (named after the wine region near Firenze, Landi et al. 2006) evolved from
early work by Landini and Monsignori Fossi (1970); originally, it focused on the calcu-
lation of Solar spectra and hence EUV lines are well represented in this code.

2. APEC2 (Astrophysical Plasma Emission Code (Smith et al. 2001) evolved from the origi-
nal Raymond and Smith (1977) code; originally, the main goal was to calculate the emis-
sivity and cooling curve properly. This model is available in the popular fitting package
XSPEC3 (Arnaud 1996).

3. Mekal (after MEwe, KAastra & Liedahl; see Mewe et al. 1995) evolved from early work
by Mewe and collaborators starting from 1970 onwards. The Mekal model is also incor-
porated in XSPEC.

The Mekal model is now part of the SPEX package,4 (Kaastra et al. 1996b). SPEX is
a spectral fitting package developed at SRON Utrecht based on the original CIE models of
Mewe and collaborators. It has grown significantly and also contains NEI and a few simple
PIE models; more models are under development. The package offers the opportunity to
plot or tabulate also various physical parameters of interest of the model, apart from the
spectrum, and the atomic physics used in the Mekal model has been significantly updated in
the SPEX version as compared to the older version available in XSPEC. A majority of all
plots shown in this paper were produced using SPEX.

There are also models focusing upon photo-ionised plasmas. We mention here two codes
(apart from SPEX):

1. XSTAR5 evolved from the original work of Kallman and McCray (1982), focusing upon
the X-ray band. It is relatively straightforward to use and there are options to use it with
XSPEC.

2. Cloudy6 (Ferland et al. 1998) evolved from work by Ferland and collaborators that origi-
nally was meant to model optical emission line regions. It gradually evolved to the X-ray
band. It is somewhat more complicated to use, but has more options than XSTAR.

10.2 Important Parameters

In order to calculate X-ray spectra for collisional plasmas, there is a set of parameters that
determine the spectral shape and flux. The two most important parameters are the electron

1http://www.arcetri.astro.it/science/chianti/chianti.html.
2http://cxc.harvard.edu/atomdb.
3http://heasarc.gsfc.nasa.gov/docs/xanadu/xspec.
4http://www.sron.nl/spex.
5http://heasarc.gsfc.nasa.gov/docs/software/xstar/xstar.html.
6http://www.nublado.org.

http://www.arcetri.astro.it/science/chianti/chianti.html
http://cxc.harvard.edu/atomdb
http://heasarc.gsfc.nasa.gov/docs/xanadu/xspec
http://www.sron.nl/spex
http://heasarc.gsfc.nasa.gov/docs/software/xstar/xstar.html
http://www.nublado.org
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temperature Te and emission measure Y of the gas. The emission measure is sometimes
not well or even incorrectly defined. We follow here the definition used in SPEX, namely
Y = ∫

nenHdV where ne and nH are the electron and hydrogen density (whether ionised or
not). Sometimes people use “n2” in this expression, but it is not always obvious whether ion
density, baryon density, electron density, total particle density or something else is meant.
The next important parameters are the abundances of the elements; these do not only deter-
mine the line emission spectrum, but also affect the continuum emission (Sect. 5.1). Note
that the abundances also affect the precise values of ne/nH and ni/nH. For a fully ionised
plasma with proto-solar abundances (Lodders 2003) these ratios are 1.201 and 1.097, re-
spectively (for the older Anders and Grevesse (1989) abundances these ratios are 1.209 and
1.099).

For ionising plasmas (NEI) also the parameter U = ∫
nedt (see (28)) is important, as this

describes the evolution of a shocked or recombining gas towards equilibrium.
When high spectral resolution observations are available, other parameters are important,

like the ion temperature and turbulent velocity. These parameters determine the width of
the spectral lines (see Sect. 5.2.2 and Sect. 6.3). Note that in non-equilibrium plasmas, the
electron and ion temperatures are not necessarily the same. In an extreme case, the supernova
remnant SN 1006, Vink et al. (2003) measured an oxygen ion temperature that is 350 times
larger than the electron temperature of 1.5 keV. SPEX has also options to approximate the
spectra when there are non-Maxwellian tails to the electron distribution (Sect. 9). These tails
may be produced by non-thermal acceleration mechanisms (Petrosian et al. 2008—Chap. 9,
this issue).

In general, for the low densities encountered in the diffuse ISM of galaxies, in clusters
and in the WHIM, the absolute electron density is not important (except for the overall
spectral normalisation through the emission measure Y ). Only in the higher density regions
of for example stars X-ray line ratios are affected by density effects, but this is outside the
scope of the present paper.

However, if the density becomes extremely low, such as in the lowest density parts of the
WHIM, the gas density matters, as in such situations photoionisation by the diffuse radiation
field of galaxies or the cosmic background becomes important. But even in such cases, it is
not the spectral shape but the ionisation (im)balance that is affected most. In those cases
essentially the ratio of incoming radiation flux to gas density determines the photoionisation
equilibrium.

10.3 Multi-Temperature Emission and Absorption

Several astrophysical sources cannot be characterised by a single temperature. There may be
various reasons for this. It may be that the source has regions with different temperatures that
cannot be spatially resolved due to the large distance to the source, the low angular resolution
of the X-ray instrument, or superposition of spectra along the line of sight. Examples of these
three conditions are stellar coronae (almost point sources as seen from Earth), integrated
cluster of galaxies spectra, or spectra along the line of sight through the cooling core of a
cluster, respectively. But also in other less obvious cases multi-temperature structure can be
present. For example Kaastra et al. (2004) showed using deprojected spectra that at each
position in several cool core clusters there is an intrinsic temperature distribution. This may
be due to unresolved smaller regions in pressure equilibrium with different densities and
hence different temperatures.

The most simple solution is to add as many temperature components as are needed to
describe the observed spectrum, but there are potential dangers to this. The main reason is
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Fig. 16 Reconstructed DEM distribution for a simulated spectrum containing two equally strong isothermal
components of 0.6 and 2.4 keV (left panel) or a uniform distribution between 0.6 and 2.4 keV (right panel).
Thick solid line: the input model; thin solid line: regularisation method; dot-dashed line: polynomial method;
dashed line: genetic algorithm; dotted line: two broadened Gaussian components. The corresponding best-fit
spectra differ in χ2 by less than 2 for each case. Obviously, small scale detail cannot be recovered but bulk
properties such as the difference between a bimodal DEM distribution (left panel) or a flat distribution (right
panel) can be recovered. From (Kaastra et al. 1996a). See that paper for more details

temperature sensitivity. Most spectral temperature indicators (line fluxes, Bremsstrahlung
exponential cut-off) change significantly when the temperature is changed by a factor of
two. However, for smaller temperature changes, the corresponding spectral changes are
also minor. For example, a source with two components of equal emission measure Y and
kT = 0.99 and 1.01 keV, respectively, is almost indistinguishable from a source with the
emission measure 2Y and temperature 1.00 keV. Obviously, the most general case is a con-
tinuous differential emission measure distribution (DEM) D(T ) ≡ dY (T )/dT . Typically,
in each logarithmic temperature range with a width of a factor of two, one can redistrib-
ute the differential emission measure D(T ) in such a way that the total emission measure
as integrated over that interval as well as the emission-measure weighted temperature re-
main constant. The resulting spectra are almost indistinguishable. This point is illustrated
in Fig. 16.

There are several methods to reconstruct D(T ). We refer here to Kaastra et al. (1996a) for
more details. All these methods have been implemented in SPEX. They have been applied
to stellar coronae or Solar spectra, but recently also to clusters of galaxies. See for example
Kaastra et al. (2004). In the last case, an analytical power-law approximation D(T ) ∼ T 1/α

has been used.
Also for photo-ionised plasmas a similar technique can be applied. Instead of the tem-

perature T , one uses the ionisation parameter ξ (XSTAR users) or U (Cloudy users). In
some cases (like Seyfert 2 galaxies with emission spectra) one recovers D(ξ) from the ob-
served emission spectra; in other cases (like Seyfert 1 galaxies with absorption spectra), a
continuum model is applied to the observed spectrum, and D(ξ) is recovered from the ab-
sorption features in the spectrum. Most of what has been said before on D(T ) also applies
to this case, i.e. the resolution in ξ and the various methods to reconstruct the continuous
distribution D(ξ).
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Abstract In this paper we review the possible radiation mechanisms for the observed non-
thermal emission in clusters of galaxies, with a primary focus on the radio and hard X-ray
emission. We show that the difficulty with the non-thermal, non-relativistic Bremsstrahlung
model for the hard X-ray emission, first pointed out by Petrosian (Astrophys. J. 557, 560,
2001) using a cold target approximation, is somewhat alleviated when one treats the problem
more exactly by including the fact that the background plasma particle energies are on aver-
age a factor of 10 below the energy of the non-thermal particles. This increases the lifetime
of the non-thermal particles, and as a result decreases the extreme energy requirement, but
at most by a factor of three. We then review the synchrotron and so-called inverse Compton
emission by relativistic electrons, which when compared with observations can constrain the
value of the magnetic field and energy of relativistic electrons. This model requires a low
value of the magnetic field which is far from the equipartition value. We briefly review the
possibilities of gamma-ray emission and prospects for GLAST observations. We also present
a toy model of the non-thermal electron spectra that are produced by the acceleration mech-
anisms discussed in an accompanying paper Petrosian and Bykov (Space Sci. Rev., 2008,
this issue, Chap. 11).
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1 Introduction

The observed signatures of the non-thermal (NT) activity in the intra-cluster medium (ICM)
were described in details by Rephaeli et al. (2008—Chap. 5, this issue) and Ferrari et al.
(2008—Chap. 6, this issue). Here we give a brief summary. The first and least controversial
radiative signature comes from radio observations. Synchrotron emission by a population of
relativistic electrons is the only possible model for the production of this radiation. In the
case of the Coma cluster, the radio spectrum may be represented by a broken power law
(Rephaeli 1979), or a power law with a rapid steepening (Thierbach et al. 2003), or with an
exponential cutoff (Schlickeiser et al. 1987), implying the presence of electrons with similar
spectra. Unfortunately, from radio observations alone one cannot determine the energy of
the electrons or the strength of the magnetic field. Additional observations or assumptions
are required. Equipartition or minimum total (relativistic particles plus fields) energy argu-
ments imply a population of relativistic electrons with Lorentz factor γ ∼ 104 and magnetic
field strength of B ∼ µG, in rough agreement with the Faraday rotation measurements (e.g.,
Kim et al. 1990). Rephaeli (1979) and Schlickeiser et al. (1987) also pointed out that the
electrons responsible for the radio emission, should also produce a spectrum of hard X-
ray (HXR) photons (similar to that observed in the radio band), via inverse Compton (IC)
scattering of the Cosmic Microwave Background (CMB) photons. This emission is esti-
mated to be the dominant emission component around 50 keV. Detection of HXR radiation
could break the degeneracy and allow determination of the magnetic field and the energy of
the radiating electrons. In fact, because the energy density of the CMB radiation (tempera-
ture T0) uCMB = 4 × 10−13(T0/2.8 K)4 erg cm−3 is larger than the magnetic energy density
uB = 3 × 10−14(B/µG)2 erg cm−3, one expects a higher flux of HXR than radio radiation.

As already described in the above mentioned papers by Rephaeli et al. and Ferrari et al.,
recently there has been growing evidence for this and other signatures of the NT activity.
Excess HXR and extreme ultraviolet (EUV) radiation are observed at the high and low ends
of the usual soft X-ray (SXR) thermal Bremsstrahlung (TB) radiation. Figure 1 shows all the
flux νF (ν) (or equivalently the energy density νu(ν) = 4νF (ν)/c) of the above mentioned
and other radiation for the Coma cluster. However, for the excess radiation not only the
exact mechanisms are controversial but even their NT nature is questioned. The observed
spectra of the excess radiation often can be fit by thermal spectra with higher and lower
temperatures than that needed for the SXR observations with almost the same confidence
as with a NT power law. The most natural NT process for these excesses (specially for
HXRs) is the IC scattering of the CMB photons. However, the relatively high observed HXR
fluxes require a large number of relativistic electrons, and consequently a relatively low
magnetic field for a given observed radio flux. For Coma, this requires the (volume averaged)
magnetic field to be B̄ ∼ 0.1–0.3 µG, while equipartition gives B̄ ∼ 0.4 µG and Faraday
rotation measurements give the (average line-of-sight) field of B̄ ∼ 3 µG (Giovannini et al.
1993; Kim et al. 1990; Clarke et al. 2001; Clarke 2003). In general the Faraday rotation
measurements of most clusters give B > 1 µG; see e.g. Govoni et al. (2003). Because of
this apparent difficulty, various authors (see, e.g. Enßlin et al. 1999; Blasi 2000) suggested
that the HXR radiation is due to non-thermal Bremsstrahlung by a second population of
NT electrons with a power law distribution in the 10 to 100 keV range. In what follows
we examine the merits and shortcomings of the mechanisms proposed to interpret these
observations. We first consider the EUV observations briefly and then address the thermal
and NT (IC and non-thermal Bremsstrahlung) radiation model for the HXR observations.
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Fig. 1 The flux of all observed electromagnetic radiation for the Coma cluster including cosmic microwave
background (CMB), cosmic background light (CBL) and static magnetic field (obtained from their energy
density u(ν) as νF (ν) = (c/4) × νu(ν)). The spectra shown for the EUV and HXR range are schematic and
the upper limit in gamma ray range is from EGRET (Sreekumar et al. 1996). From Petrosian (2003)

2 EUV Emission

The EUV excess in the 0.07 to 0.14 keV range was first detected by the Extreme Ultra-
violet Explorer from Coma (Lieu et al. 1996) and some other clusters. There are claimed
detections of similar excess emissions in the 0.1 to 0.4 keV band by Rosat, BeppoSAX and
XMM-Newton. The observational problems related to the EUV and soft excesses are dis-
cussed by Durret et al. (2008—Chap. 4, this issue). Initially, these excesses were attributed
to thermal emission by a cooler (kT ∼ 2 keV) component, but there are several theoretical
arguments against this possibility, most notable is that the expected line emission is not ob-
served. The alternative model is the IC scattering by CMB photons, which, in principle, can
be easily fitted over the small range of observations. However, this will require a population
of lower energy (γ ∼ 103) electrons, indicating that the power law distribution required for
production of radio radiation must be extended to lower energies with a power law index
p ∼ 3. This of course will mean an order of magnitude more energy in electrons and it
makes equipartition less likely (see also the discussion at the end of Sect. 3.2.2).

In summary, some of the observations of the EUV emission are widely questioned and
their theoretical modelling is quite problematic.
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Fig. 2 Radiative, cold target Coulomb collision loss and other relevant timescales as a function of energy for
the specified ICM conditions. The solid lines from top to bottom give the IC plus synchrotron, total radiative
and total loss timescales. From Petrosian (2001)

3 Hard X-ray Emission

The two possibilities here are Bremsstrahlung (thermal or non-thermal) emission by a non-
relativistic electron population and IC emission by extreme relativistic electrons which are
also responsible for the observed radio emission. There are difficulties in both cases but as
we show below the IC is the most likely interpretation. Figure 2 gives the timescales for the
relevant processes for typical ICM conditions.

3.1 Bremsstrahlung Emission

Bremsstrahlung radiation in the HXR (20 to 100 keV) range requires electrons of com-
parable or somewhat larger energies. As pointed out by Petrosian (2001, P01 for short),
and as evident from Fig. 2, for such nonrelativistic electrons NT Bremsstrahlung losses
are negligible compared to elastic Coulomb losses. A thermal Bremsstrahlung interpre-
tation of this emission requires temperatures well above the virial value (see also be-
low). Very generally, for a particle of energy E interacting with background electrons and



Nonthermal Radiation Mechanisms 195

protons of much lower energy (cold target), the energy yield in Bremsstrahlung photons
Ybrem ≡ Ėbrem/ĖCoul = (4α ln�/3π)(E/mec2) ∼ 3 × 10−6(E/25 keV). Here α is the fine
structure constant and ln�, the Coulomb logarithm, is ∼ 40 for ICM conditions (for details
see Petrosian 1973). Note that this result is independent of the spectrum of emitting elec-
trons which could be a Maxwellian of higher temperature (Thot ∼ 30 keV) or a power law of
mean energy Ē � kT of the background particles.1 As pointed out in P01, for continuous
production of a HXR luminosity of LHXR (∼ 4 × 1043 erg s−1 estimated for Coma, see Ta-
ble 1), a power of LHXR/YBrem (∼ 1049 erg s−1 for Coma) must be continuously fed into the
ICM. This will increase the ICM temperature to T ∼ 108 K after 6 × 107 yr, or to 1010 K in
a Hubble time. An obvious conclusion here is that the HXR Bremsstrahlung emission phase
must be very short lived. It should also be noted that such a hot gas or such high energy
electrons cannot be confined in the ICM by gravity and will escape it in a crossing time of
∼ 3 × 106 yr unless it is confined by the magnetic field or by scattering. From Fig. 2 we see
that the Coulomb scattering time, which is comparable to the Coulomb loss time, is equal
to the crossing time so that the escape time of the particles will be comparable to these.
Therefore, for confinement for periods exceeding the loss time we need a shorter scattering
mean free path or timescale. For example, for the scattering timescale shown in this figure
the escape time will be larger than the total electron loss time at all energies.

These estimates of short timescales are based on energy losses of electrons in a cold
plasma which is an excellent approximation for electron energies E � kT (or for Thot �
T ). As E nears kT the Coulomb energy loss rate increases and the Bremsstrahlung yield
decreases. For E/kT > 4 we estimate that this increase will be at most about a factor of 3
(see below).

An exact treatment of the particle spectra in the energy regime close to the thermal pool
requires a solution of non-linear kinetic equations instead of the quasi-linear approach jus-
tified for high energy particles where they can be considered as test particles. Apart from
Coulomb collisions, also collisionless relaxation processes could play a role in the shaping
of supra-thermal particle spectra (i.e. in the energy regime just above the particle kinetic tem-
perature). We have illustrated the effect of fast collisionless relaxation of ions in a post-shock
flow in Figs. 1 and 2 of Bykov et al. (2008—Chap. 8, this issue). The relaxation problem has
some common features with N-body simulations of cluster virialisation discussed in other
papers of this volume where collisionless relaxation effects are important. The appropriate
kinetic equations to describe both of the effects are non-linear integro-differential equations
and thus by now some simplified approximation schemes were used.

In a recent paper Dogiel et al. (2007) using linear Fokker-Planck equations for test parti-
cles concluded that in spite of the short lifetime of the test particles the “particle distribution”
lifetime is longer and a power law tail can be maintained by stochastic turbulent acceleration
without requiring the energy input estimated above. In what follows we address this prob-
lem not with the test particles and cold plasma assumption, but by carrying out a calculation
of lifetimes of NT high energy tails in the ICM plasma. The proposed approach is based
on still linearised, but more realistic kinetic equations for Coulomb relaxation of an initial
distribution of NT particles.

1As shown in Petrosian and Bykov (2008—Chap. 11, this issue), also from the acceleration point of view
for this scenario, the thermal and NT cases cannot be easily distinguished from each other. The acceleration
mechanism energises the plasma and modifies its distribution in a way that both heating and acceleration take
place.
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3.1.1 Hot Plasma Loss Times and Thermalisation

The energy loss rate or relaxation into a thermal distribution of high energy electrons in
a magnetised plasma can be treated by the Fokker-Planck transport equation for the gyro-
phased average distribution along the length s of the field lines F(t,E,μ, s), where μ stands
for the pitch angle cosine. Assuming an isotropic pitch angle distribution and a homoge-
neous source (or more realistically integrating over the whole volume of the region) the
transport equation describing the pitch angle averaged spectrum, N(E, t) ∝ ∫ ∫

Fdsdμ, of
the particles can be written as (see Petrosian and Bykov 2008—Chap. 11, this issue for more
details):

∂N

∂t
= ∂2

∂E2
[DCoul(E)N ] + ∂

∂E
[ĖCoulN ], (1)

where DCoul(E) and ĖCoul(E) describe the energy diffusion coefficient and energy loss (+)
or gain (−) rate due to Coulomb collisions. We have ignored Bremsstrahlung and IC and
synchrotron losses, which are negligible compared to Coulomb losses at low energies and
for typical ICM conditions.

As mentioned above, the previous analysis was based on an energy loss rate due to
Coulomb collisions with a “cold” ambient plasma (target electrons having zero velocity):

Ėcold
Coul = mec2/(τCoulβ), where τCoul = (4πr2

0 ln�cn)−1, (2)

v = cβ is the particle velocity and r0 = e2/(mec2) = 2.8 × 10−13 cm is the classical elec-
tron radius. For ICM density of n = 10−3 cm−3, and a Coulomb logarithm ln� = 40,
τCoul = 2.7 × 107 yr. Note that the diffusion coefficient is zero for a cold target so that
∂N
∂t

= τ−1
Coul

∂
∂E

[N/β] from which one can readily get the results summarised above. As stated
above this form of the loss rate is a good approximation when the NT electron velocity
v � vth, where vth = √

2kT/me is the thermal velocity of the background electrons. This
approximation becomes worse as v → vth and breaks down completely for v < vth, in which
case the electron may gain energy rather than lose energy as is always the case in the cold-
target scenario. A more general treatment of Coulomb loss is therefore desired. Petrosian
and East (2008, PE07 herafter) describe such a treatment. We summarise their results be-
low. For details the reader is referred to that paper and the references cited therein.

Let us first consider the energy loss rate. This is obtained from the rate of exchange of
energy between two electrons with energies E and E′ which we write as

〈
E〉/
t = mec2G(E,E′)/τCoul. (3)

Here G(E,E′) is an antisymmetric function of the two variables such that the higher energy
electrons loses and the lower one gains energy (see e.g. Nayakshin and Melia 1998). From
their (24)–(26) we can write

G(E,E′) =

⎧⎪⎨
⎪⎩

−β ′−1, if E′ > E,E � mec2;

β−1, if E′ < E,E′ � mec2;

mec2(E′−1 − E−1), if E,E′ � mec2.

(4)

The general Coulomb loss term is obtained by integrating over the particle distribution:

Ė
gen
Coul(E, t) = mec2

τCoul

∫ ∞

0
G(E,E′)N(E′, t)dE′. (5)
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For non-relativistic particles this reduces to

Ė
gen
Coul(E, t) = Ėcold

Coul

(∫ E

0
N(E′, t)dE′ −

∫ ∞

E

(β/β ′)N(E′, t)dE′
)

. (6)

Similarly, the Coulomb diffusion coefficient can be obtained from

〈(
E)2〉

t

= (mec2)2H(E,E′)
τCoul

(7)

as D
gen
Coul(E, t) = (m2

ec4/τCoul)
∫ ∞

0 H(E,E′)N(E′, t)dE′. From (35) and (36) of Nayakshin
and Melia (1998)2 we get

H(E,E′) =

⎧⎪⎨
⎪⎩

β2/(3β ′), if E′ > E,E � mec2;

β ′2/(3β), if E′ < E,E′ � mec2;

1/2, if E,E′ � mec2.

(8)

Again, for nonrelativistic energies the Coulomb diffusion coefficient becomes

D
gen
Coul(E, t) = Ėcold

Coulmec2β2

3

(∫ E

0
(β ′/β)2N(E′, t)dE′ +

∫ ∞

E

(β/β ′)N(E′, t)dE′
)

. (9)

Thus, the determination of the distribution N(E, t) involves solution of the combined
integro-differential equations (1), (6) and (9), which can be solved iteratively. However, in
many cases these equations can be simplified considerably. For example, if the bulk of the
particles have a Maxwellian distribution

N(E′) = n(2/
√

π)(kT/mec2)−3/2E′1/2e−E′/kT , (10)

with kT � mec2, then integrating over this energy distribution, and after some algebra, the
net energy loss (gain) rate and the diffusion coefficient can be written as (see references in
PE07):

Ėhot
Coul = Ėcold

Coul

[
erf(

√
x) − 4

√
x

π
e−x

]
, (11)

and

DCoul(E) = Ėcold
Coul

(
kT

mec2

)[
erf(

√
x) − 2

√
x

π
e−x

]
, with x ≡ E

kT
, (12)

where erf(x) = 2√
π

∫ x

0 e−t2
dt is the error function.

The numerical results presented below are based on another commonly used form of the
transport equation in the code developed by Park and Petrosian (1995, 1996), where the
diffusion term in (1) is written as ∂

∂E
[D(E) ∂

∂E
N(E)]. This requires modification of the loss

term to

Ėeff
Coul = Ėhot

Coul +
dDCoul

dE
= Ėhot

Coul

[
1 − 1

x

1

γ (γ + 1)

]
, (13)

2Note that the first term in their (35) should have a minus sign and that the whole quantity is too large by a
factor of 2; see also Blasi (2000) for other typos.
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Fig. 3 Various timescales for Coulomb collisions for hot and cold plasma with typical ICM parameters
from (2), (11), (12) and (13). Note that the as we approach the energy E → kT the loss time increases and
eventually becomes negative (or gain time) at low energies. The portions below the spike show the absolute
value of these timescales. From Petrosian and East (2008)

where we have used (11) and (12). Figure 3 shows the loss and diffusion times,

τCoul = E/ĖCoul (14)

and

τdiff = E2/DCoul(E), (15)

based on the above equations.
As a test of this algorithm PE07 show that an initially narrow distribution of particles (say,

Gaussian with mean energy E0 and width 
E � E0) subject only to Coulomb collisions
approaches a Maxwellian with kT = 2E0/3 with a constant total number of particles within
several times the theoretically expected thermalisation time, which is related to our τCoul as
(see Spitzer 1962 or Benz 2002)

τtherm = 3.5τCoul(kT/mec2)1.5 = 2τCoul(E0/mec2)1.5. (16)

Using the above equations one can determine the thermalisation or the energy loss
timescale of supra-thermal tails into a background thermal distribution. Figure 4 shows two
examples of the evolution of an injected power-law distribution of electrons. The left panel
shows this evolution assuming a constant temperature background plasma, which would be
the case if either the energy of the injected electrons was negligible compared to that of
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Fig. 4 Evolution of a NT power law tail (with isotropic angular distribution) of electrons subject to elastic
Coulomb collisions with background thermal plasma electrons with initial temperature kT = 1 keV, showing
gradual degradation of the power law NT tail (starting at energy E0 with spectral index δ). Left panel: Here
we assume that the energy input by the NT tail is negligible or carried away by some other means; i.e. the
temperature of the plasma is forced to remain constant. Right panel: Here the energy of the NT particles
remains in the system so that their thermalisation heats the plasma. In both cases the NT tails are reduced by
a factor of ten within less than 100 × τtherm or < 3 times the cold target loss time at the injected energy. From
Petrosian and East (2008)

the background electrons, or if the energy lost by the injected particles is lost by some other
means. The right panel does not make these assumptions and allows the whole distribution to
evolve. As is clearly seen in this figure, the energy lost by the NT particles heats the plasma.
It is also evident that the NT tail is peeled away starting with low energies and progressing
to higher ones. The NT tail becomes negligible within less than 100 times the thermalisa-
tion time of the background particles. These times are only about three times larger than the
timescale one gets based on a cold target assumption for E0 = 20 keV particles. The change
in the electron lifetime agrees also with Fig. 3 of Dogiel et al. (2007). But our results do
not support the other claims in their paper about the longer lifetime of the “distribution of
particles” (for more details see PE07).

In summary the above results show that the conclusions based on the cold plasma ap-
proximation are good order of magnitude estimates and that using the more realistic hot
plasma relations changes these estimates by factors of less than three. The upshot of this is
that the required input energy will be lower by a similar factor and the time scale for heating
will be longer by a similar factor compared to the estimates made in P01.

3.2 Emission from Relativistic Electrons

The radiative efficiency of relativistic electrons is much higher than that of nonrelativis-
tic ones because of lower Coulomb losses (see Fig. 2). For ICM conditions electrons with
GeV or higher energies lose energy via synchrotron and IC mechanisms. At such energies
the Bremsstrahlung rate receives contributions from both electron-electron and electron-
ion interactions and its loss rate becomes larger than Coulomb rate but remains below IC
and synchrotron rates. Nevertheless, Bremsstrahlung emission could be the main source of
gamma-ray radiation in the GLAST range (> GeV). In this section we first compare the first
two processes and explore whether the same population of electrons can be responsible for
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both radio and HXR emissions. Then we consider Bremsstrahlung and other processes for
the gamma-ray range.

3.2.1 Hard X-ray and Radio Emission

As stated in the introduction, relativistic electrons of similar energies (γ > 103) can be
responsible for both the IC-HXR and synchrotron-radio emission. The IC and synchrotron
fluxes depend on the photon (CMB in our case) and magnetic field energy densities and
their spectra depend on the spectrum of the electrons (see e.g. Rybicki and Lightman 1979).
For a power law distribution of relativistic electrons, N(γ ) = Ntotal(p − 1)γ −pγ

p−1
min , and for

γ > γmin, the spectrum of both radiation components, from a source at redshift z ≡ Z − 1
and co-moving coordinate r(Z), is given by

νFi(ν) = cr2
0NtotalγminuiAi(p)(ν/νcr,i )

2−α/(4πd2
L(Z), (17)

where dL(Z) = (c/H0)Zr(Z) is the luminosity distance and α = (p + 1)/2 is the photon
number spectral index.3 This also assumes that the relativistic electrons and the magnetic
field have similar spatial distribution so that the spatial distribution of HXRs and radio emis-
sion are the same (see e.g. Rephaeli 1979). The clusters are unresolved at HXRs so at this
time this is the most reasonable and simplest assumption. A larger HXR flux will be the
result if the electron and B field distributions are widely separated (see e.g., Brunetti et al.
2001).

For synchrotron νcr,synch = 3γ 2
minνB⊥/2, with νB⊥ = eB⊥/(2πmec) and usynch = B2/(8π),

and for IC, ui is the soft photon energy density and νcr,IC = γ 2
min〈hν〉. For black body photons

uIC = (8π5/15)(kT )4/(hc)3 and 〈hν〉 = 2.8 kT . Ai are some simple functions of the elec-
tron index p and are of the order of unity and are given in Rybicki and Lightman (1979).
Given the cluster redshift we know the temperature of the CMB photons (T = T0Z) and that
νcr,IC ∝ Z and uIC ∝ Z4 so that we have

R = FHXR/Fradio ∝ Z2+α/Bα
⊥. (18)

Consequently, from the observed ratio of fluxes we can determine the strength of the mag-
netic field.

For Coma, this requires the volume averaged magnetic field to be B̄ ∼ 0.1 µG, while
equipartition gives B̄ ∼ 0.4 µG and Faraday rotation measurements give the average line of
sight field of B̄l ∼ 3 µG (Giovannini et al. 1993; Kim et al. 1990; Clarke et al. 2001; Clarke
2003). In general the Faraday rotation measurements of most clusters give B > 1 µG; see
e.g. Govoni et al. 2003. However, there are several factors which may resolve this discrep-
ancy. Firstly, the last value assumes a chaotic magnetic field with a scale of a few kpc which
is not a directly measured quantity (see e.g., Carilli and Taylor 2002).4 Secondly, the accu-
racy of these results has been questioned (Rudnick and Blundell 2003; but see Govoni and
Feretti 2004 for an opposing point of view). Thirdly, as shown by Goldshmidt and Rephaeli
(1993), and also pointed out by Brunetti et al. (2001), a strong gradient in the magnetic field

3These expressions are valid for spectral index p > 3 or α > 2. For smaller indices an upper energy limit
γmax must also be specified and the above expressions must be modified by other factors which are omitted
here for the sake of simplification.
4The average line of sight component of the magnetic field in a chaotic field of scale λchaos will be roughly
λchaos/R times the mean value of the magnetic field, where R is the size of the region.
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can reconcile the difference between the volume and line-of-sight averaged measurements.
Finally, as pointed out by P01, this discrepancy can be alleviated by a more realistic electron
spectral distribution (e.g. the spectrum with exponential cutoff suggested by Schlickeiser
et al. (1987) and/or a non-isotropic pitch angle distribution). In addition, for a population
of clusters observational selection effects come into play and may favour Faraday rotation
detection in high B clusters which will have a weaker IC flux relative to synchrotron. The
above discussion indicates that the Faraday rotation measurements are somewhat controver-
sial and do not provide a solid evidence against the IC model.

We now give some of the details relating the various observables in the IC model. We
assume some proportional relation (e.g. equipartition) between the energies of the magnetic
field and non-thermal electrons

Ee = Ntotal
p − 1

p − 2
γminmec2 = ζ

B2

8π

4πR3

3
, (19)

where R = θdA/2 is the radius of the (assumed) spherical cluster with measured angular
diameter θ and angular diameter distance dA(Z) = (c/H0)r(Z)/Z, and equipartition with
electrons is equivalent to ζ = 1.

From the three equations (17), (18) and (19) we can determine the three unknowns B,Ee

(or Ntotal) and FHXR purely in terms of ζ, γmin, and the observed quantities (given in Table 1)
z, θ and the radio flux νFradio(ν). The result is5

(B/µG)α+2 = 0.20ζ−1

(
F(1.4GHz)

Jy

)(
5′

θ

)3( 104

γmin

)2α−3
Z3−α

r(Z)
, (20)

Ntotal = 2.3 × 1065 α − 3/2

α − 1
ζ

(
103γmin

)(
θ

5′

)3(
B

µG

)2(
r(Z)

Z

)3

, (21)

and

εFHXR(ε) = 0.034 × F0

(
Ntotal

1065

)(
104

γmin

)2α−4(
ε

5.9 keV

)2−α(
Z

r(Z)

)2

, (22)

where we have defined F0 ≡ 10−11 erg cm−2 s−1. Note also that in all these expressions
one may use the radius of the cluster R = 3.39 Mpc (θ/5′)r(Z)/Z instead of the angular
radius θ .

Table 1 presents a list of clusters with observed HXR emission and some other promising
candidates. To obtain numerical estimates of the above quantities in addition to the observ-
ables Fradio, θ and redshift z we need the values of ζ and γmin. Very little is known about
these two parameters and how they may vary from cluster to cluster. From the radio obser-
vations at the lowest frequency we can set an upper limit on γmin; for Coma e.g., assuming
B ∼ µG we get γmin < 4 × 103 (µG/B). We also know that the cut off energy cannot be too
low because for p > 3 most of the energy of electrons (Ee = ∫ ∞

γmin
γ 2N(γ )dγ ) resides in the

low energy end of the spectrum. As evident from Fig. 2 electrons with γ < 100 will lose
their energy primarily via Coulomb collisions and heat the ICM. Thus, extending the spectra
below this energy will cause excessive heating. A conservative estimate will be γmin ∼ 103.

5Here we have set the Hubble constant H0 = 70 km s−1 Mpc−1, the CMB temperature T0 = 2.8 K, and the

radio frequency ν = 1.4 GHz. In general B2+α ∝ H0να−1,Ntotal ∝ H−3
0 and FHXR ∝ H2

0T2+α
0 . We have

also assumed an isotropic distribution of the electron pitch angles and set B = B⊥(4/π).
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Table 1 Observed and estimated properties of clusters

Cluster z kT a F1.4 GHz
b θc,b FSXR Bd FHXR

e

(keV) (mJy) (arcmin) (F0)f (µG) (F0)f

Coma 0.023 7.9 52 30 33 0.40 1.4 (1.6)

A 2256 0.058 7.5 400 12 5.1 1.1 1.8 (1.0)

1ES 0657−55.8 0.296 15.6 78 5 3.9 1.2 0.52 (0.5)

A 2219 0.226 12.4 81 8 2.4 0.86 1.0

A 2163 0.208 13.8 55 6 3.3 0.97 0.50 (1.1)

MCS J0717.5+3745 0.550 13 220 3 3.5 2.6 0.76

A 1914 0.171 10.7 50 4 1.8 1.3 0.22

A 2744 0.308 11.0 38 5 0.76 1.0 0.41

aFrom Allen and Fabian (1998), except 1ES 0657—55.8 data from Liang et al. (2000)

bData for Coma from Kim et al. (1990); A 2256, A 2163, A 1914 and A 2744 from Giovannini et al. (1999);
1ES 0657—55.8 from Liang et al. (2000); A 2219 from Bacchi et al. (2003)
cApproximate largest angular extent

dEstimates based on equipartition

eEstimates assuming ζγmin = 106, with observed values in parentheses: Coma (Rephaeli et al. 1999;
Rephaeli and Gruber 2002; Fusco-Femiano et al. 1999, 2003); Abell 2256 (Fusco-Femiano et al. 2000, 2004;
Rephaeli and Gruber 2003); 1ES 0657—55.8 (Petrosian et al. 2006); Abell 2163 (Rephaeli et al. 2006) these
last authors also give a volume averaged B ∼ 0.4 ± 0.2 µG
fF0 ≡ 10−11 erg cm−2 s−1

Even less is known about ζ . The estimated values of the magnetic fields B for the simple
case of α = 2, equipartition (i.e. ζ = 1) and low energy cut off γmin = 103 are given in the
7th column of Table 1. As expected these are of the order of a few µG; for significantly
stronger field, the predicted HXR fluxes will be below what is detected (or even potentially
detectable). For α = 2 the magnetic field B ∝ (ζγmin)

−1/4 and FHXR ∝ (ζγmin)
1/2 so that for

sub-µG fields and FHXR ∼ F0 we need ζγmin ∼ 106. Assuming γmin = 103 and ζ = 103 we
have calculated the expected fluxes integrated in the range of 20–100 keV (which for α = 2
is equal to 1.62 × [20 keVFHXR(20 keV)]), shown on the last column of Table 1. The varia-
tion of this flux with redshift based on the observed parameters, θ and Fradio(ν = 1.4 GHz) of
Coma and A 2256 are plotted in Fig. 5 for three values of α = 1.75,2.0 and 2.25 (p = 2.5,3
and 3.5) and assuming a constant physical radius R which is a reasonable assumption. We
also plot the same assuming a constant angular diameter. This could be the case due to
observational selection bias if diffuse radio emission is seen mainly from sources with θ

near the resolution of the telescopes. These are clearly uncertain procedures and can give
only semi-quantitative measures. However, the fact that the few observed values (given in
parenthesis) are close to the predicted values is encouraging.

In summary we have argued that the IC is the most likely process for production of HXR
(and possibly EUV) excesses in clusters of galaxies. The high observed HXR fluxes however
imply that the situation is very far from equipartition.

Our estimates indicate that ζ ∼ 106/γmin > 103. In addition to the caveats enumerated
above we note that, as described by Petrosian and Bykov (2008—Chap. 11, this issue), the
sources generating the magnetic fields and the high energy electrons may not be identical so
that equipartition might not be what one would expect.
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Fig. 5 Predicted variations of the HXR flux with redshift assuming a constant physical diameter (solid and
dashed lines) or constant angular diameter (dotted and long-dashed lines), using the Coma cluster (dotted
and solid) and A 2256 (long or short dashed) parameters assuming ζ = γmin = 103. In each group, the IC
photon spectral index α = 2.25,2.0,1.75, from top to bottom. Filled circles are based on observations and
stars based on the estimates given in Table 1. From Petrosian et al. (2006)

The spectrum of the required high energy electrons is best constrained by the radio obser-
vations. In Fig. 1 we showed two possible synchrotron spectra. The corresponding electron
spectra are shown in Fig. 6 along with the Maxwellian distribution of thermal electrons. The
low end of the NT spectra are constrained by requiring that their Coulomb loss rate be small
so that there will not be an excessive heating of the background particles. These span the
kind of NT electron spectrum that the acceleration model, discussed by Petrosian and Bykov
2008—Chap. 11, this issue, must produce.

3.2.2 Gamma-ray Emission

There have been several estimates of the expected gamma-ray flux, specifically from Coma
(see e.g. Atoyan and Völk 2000; Bykov et al. 2000; Reimer et al. 2004; Blasi et al. 2007).
The EGRET upper limit shown in Fig. 1 does not provide stringent constraints but GLAST
with its much higher sensitivity can shed light on the processes described above. Several
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Fig. 6 The spectrum of electrons required for production of radio and HXR radiation based on the syn-
chrotron and IC models. Values representing the Coma cluster are used. The low energy peak shows the
distribution of thermal electrons along with a NT tail that would be required if the HXRs are produced by
the non-thermal Bremsstrahlung mechanism. The low end of the high energy NT electrons are constrained
to avoid excessive heating. The corresponding radio synchrotron spectra are shown in Fig. 1. From Petrosian
(2003)

processes can produce gamma-ray radiation. Among electronic processes one expects IC
and Bremsstrahlung radiation if electrons have sufficiently high energies. If the electron
spectrum that accounts for radio and HXR emission can be extended to Lorentz factors
of 3 × 105 (say with spectral index p = 3–4) then the IC scattering of CMB photons can
produce 100 MeV radiation with a νF (ν) flux comparable to the HXR fluxes (∼ 10−11–
10−12 erg cm−2 s−1) which can easily be detected by GLAST (the former actually disagrees
with the EGRET upper limit shown in Fig. 1). The lifetime of such electrons is less than
107 years so that whatever the mechanism of their production (injection from galaxies or
AGN, secondary electrons from proton-proton interactions, see the discussion by Petrosian
and Bykov 2008—Chap. 11, this issue), these electrons must be produced throughout the
cluster within times shorter than their lifetime. A second source could be electrons with
γ > 104 scattering against the far infrared background (or cosmic background light) which
will produce > 10 MeV photons but with a flux which is more than 100 times lower than
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the HXR flux (assuming a cosmic background light to CMB energy density ratio of < 10−2)
which would be comparable to the GLAST one year threshold of ∼ 10−13 erg cm−2 s−1.
IC scattering of more abundant SXR photons by these electrons could produce > 100 MeV
gamma-rays but the rate is suppressed by the Klein-Nishina effect. Only lower energy elec-
trons γ < 102 will not suffer from this effect and could give rise to 100 MeV photons. As
shown in Fig. 6 this is the lowest energy that a p = 3 spectrum can be extended to without
causing excessive heating (see P01). These also may be the most abundant electrons because
they have the longest lifetime (see Fig. 2). The expected gamma-ray flux will be greater than
the GLAST threshold.

High energy electrons can also produce NT Bremsstrahlung photons with energies some-
what smaller than their energy. Thus, radio and HXR producing electrons will produce
greater than 1 GeV photons. Because for each process the radiative loss rate roughly scales
as Ė = E/τloss, the ratio of the of gamma-ray to HXR fluxes will be comparable to the
inverse of the loss times of Bremsstrahlung τbrem and IC τIC shown in Fig. 2 (∼ 10−2 for
γ ∼ 104), which is just above the GLAST threshold.

Finally hadronic processes by cosmic rays (mainly p–p scattering) can give rise to
∼ 100 MeV and greater gamma-rays from the decay of π0 produced in these scatterings.
The π± decays give the secondary electrons which can contribute to the above radiation
mechanisms. This is an attractive scenario because for cosmic ray protons the loss time
is long and given an appropriate scattering agent, they can be confined in the ICM for a
Hubble time (see, Berezinsky et al. 1997 and the discussion by Petrosian and Bykov 2008—
Chap. 11, this issue). It is difficult to estimate the fluxes of this radiation because at the
present time there are no observational constraints on the density of cosmic ray protons in
the ICM. There is theoretical speculation that their energy density may be comparable to
that of the thermal gas in which case the gamma-ray flux can be easily detected by GLAST.
Reimer et al. (2004) estimate that GLAST can detect gamma-rays from the decay of π0’s if
the cosmic ray proton energy is about 10% of the cluster thermal energy.

4 Summary

In this paper we address the processes that produce radio, EUV and HXR radiation in the
ICM. First we consider NT Bremsstrahlung as the source of HXRs which, as shown earlier
(P01), faces the difficulty of its low yield compared to Coulomb losses. We describe results
from a more detailed analysis of the lifetimes of NT electron tails (or bumps) in a hot ICM
than that presented in P01, where cold target loss rates were used. We find that the lifetimes
of NT tails is increased by a factor of < 3 so that the above difficulty becomes less severe
but production of HXRs via NT Bremsstrahlung remains problematical. Next we discuss
the expected radiative signature of relativistic electrons and show that radio and HXR ob-
servations can be explained by synchrotron and IC scattering of CMB photons. But now one
requires a low magnetic field which is far from equipartition with the electrons. Finally we
give a rough estimate of the gamma-ray signature of the relativistic electrons and point out
several possible scenarios in which the gamma-ray fluxes might exceed the GLAST thresh-
old. Based on these results we present an average spectrum of electrons that is required and
possible extensions of it into the low energy regime. Production of these spectra is discussed
by Petrosian and Bykov (2008—Chap. 11, this issue).
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Abstract In this paper we review the possible mechanisms for production of non-thermal
electrons which are responsible for the observed non-thermal radiation in clusters of galax-
ies. Our primary focus is on non-thermal Bremsstrahlung and inverse Compton scattering,
that produce hard X-ray emission. We first give a brief review of acceleration mechanisms
and point out that in most astrophysical situations, and in particular for the intracluster
medium, shocks, turbulence and plasma waves play a crucial role. We also outline how
the effects of the turbulence can be accounted for. Using a generic model for turbulence
and acceleration, we then consider two scenarios for production of non-thermal radiation.
The first is motivated by the possibility that hard X-ray emission is due to non-thermal
Bremsstrahlung by nonrelativistic particles and attempts to produce non-thermal tails by ac-
celerating the electrons from the background plasma with an initial Maxwellian distribution.
For acceleration rates smaller than the Coulomb energy loss rate, the effect of energising the
plasma is to primarily heat the plasma with little sign of a distinct non-thermal tail. Such tails
are discernible only for acceleration rates comparable or larger than the Coulomb loss rate.
However, these tails are accompanied by significant heating and they are present for a short
time of < 106 years, which is also the time that the tail will be thermalised. A longer period
of acceleration at such rates will result in a runaway situation with most particles being ac-
celerated to very high energies. These more exact treatments confirm the difficulty with this
model, first pointed out by Petrosian (Astrophys. J. 557:560, 2001). Such non-thermal tails,
even if possible, can only explain the hard X-ray but not the radio emission which needs
GeV or higher energy electrons. For these and for production of hard X-rays by the inverse
Compton model, we need the second scenario where there is injection and subsequent accel-
eration of relativistic electrons. It is shown that a steady state situation, for example arising
from secondary electrons produced from cosmic ray proton scattering by background pro-
tons, will most likely lead to flatter than required electron spectra or it requires a short escape
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time of the electrons from the cluster. An episodic injection of relativistic electrons, presum-
ably from galaxies or AGN, and/or episodic generation of turbulence and shocks by mergers
can result in an electron spectrum consistent with observations but for only a short period of
less than one billion years.

Keywords Intergalactic medium · Particle acceleration · Galaxies: clusters: general

1 Introduction

In this paper we attempt to constrain the acceleration models based on the observations de-
scribed in the papers by Durret et al. (2008), Rephaeli et al. (2008) and Ferrari et al. (2008)—
Chaps. 4–6, this issue, and the required spectrum of the accelerated electrons shown in Fig. 6
of Petrosian et al. (2008)—Chap. 10, this issue. However, before addressing these details we
first compare various acceleration processes and stress the importance of plasma waves or
turbulence (PWT) as an agent of scattering and acceleration, and then describe the basic
scenario and equations for treatment of these processes. As pointed out below there is grow-
ing evidence that PWT plays an important role in acceleration of particles in general, and
in clusters of galaxies in particular. The two most commonly used acceleration mechanisms
are the following.

1.1 Electric Field Acceleration

Electric fields parallel to magnetic fields can accelerate charged particles and can arise as
a result of magnetic field reconnection in a current sheet or other situations. For fields less
than the so-called Dreicer field, defined as ED = kT/(eλCoul), where

λCoul ∼ 15 kpc

(
T

108 K

)2 (
10−3 cm−3

n

)
(1)

is the collision (electron-electron or proton-proton) mean free path,1 the rate of acceleration
is less than the rate of collision losses and only a small fraction of the particles can be ac-
celerated into a non-thermal tail of energy E < LeED. For the ICM ED ∼ 10−14 V cm−1

and L ∼ 1024 cm so that sub-Dreicer fields can only accelerate particles up to 100’s
of keV, which is far below the 10’s of GeV electrons required by observations. Super-
Dreicer fields, which seem to be present in many simulations of reconnection (Drake 2006;
Cassak et al. 2006; Zenitani and Hoshino 2005), accelerate particles at a rate that is faster
than the collision or thermalisation time τtherm. This can lead to a runaway and an unsta-
ble electron distribution which, as shown theoretically, by laboratory experiments and by
the above mentioned simulations, most probably will give rise to PWT (Boris et al. 1970;
Holman 1985).

In summary the electric fields arising as a result of reconnection cannot be the sole
agent of acceleration in the ICM, because there are no large scale magnetically dominated
cosmological flows, but it may locally produce an unstable particle momentum distribution
which will produce PWT that can then accelerate particles.

1The proton-proton or ion-ion mean free path will be slightly smaller because of the larger value of the
Coulomb logarithm lnΛ ∼ 40 in the ICM.
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1.2 Fermi Acceleration

Nowadays this process has been divided into two kinds. In the original Fermi process par-
ticles of velocity v moving along magnetic field lines (strength B) with a pitch angle cosμ

undergo random scattering by moving agents with a velocity u. Because the head-on (energy
gaining) collisions are more probable than trailing (energy losing) collisions, on average, the
particles gain energy at a rate proportional to (u/v)2Dμμ, where Dμμ is the pitch angle dif-
fusion rate. This, known as a second order Fermi process is what we shall call stochastic
acceleration. In general, the most likely agent for scattering is PWT. An alternative process
is what is commonly referred to as a first order Fermi process, where the actual acceleration
occurs when particles cross a shock or a region of converging flow. Upon crossing the shock
the fractional gain of momentum δp/p ∝ ush/v. Ever since the 1970s, when several authors
demonstrated that a very simple version of this process leads to a power law spectrum that
agrees approximately with observations of the cosmic rays, shock acceleration is commonly
invoked in space and astrophysical plasmas. However, this simple model, though very ele-
gant, has some shortcomings specially when applied to electron acceleration in non-thermal
radiating sources. Moreover, some of the features that make this scenario for acceleration
of cosmic rays attractive are not present in most radiating sources where one needs efficient
acceleration of electrons to relativistic energies from a low energy reservoir.

The original, test particle theory of diffusive shock acceleration (DSA), although very
elegant and independent of geometry and other details (e.g. Blandford and Ostriker 1978)
required several conditions such as injection of seed particles and of course turbulence.
A great deal of work has gone into addressing these aspects of the problem and there
has been a great deal of progress. It is clear that nonlinear effects (see e.g. Drury 1983;
Blandford and Eichler 1987; Jones and Ellison 1991; Malkov and Drury 2001) and losses
(specially for electrons) play an important role and modify the resultant spectra and effi-
ciency of acceleration. Another important point is the source of the turbulence or the scat-
tering agents. A common practice is to assume Bohm diffusion (see e.g. Ellison et al. 2005).
In addition, second order acceleration effects could modify the particle spectra accelerated
by shocks (see e.g. Schlickeiser et al. 1993; Bykov et al. 2000). Although there are indi-
cations that turbulence may be generated by the shocks and the accelerated particle up-
stream, many details (e.g. the nature and spectrum of the turbulence) need to be addressed
more quantitatively. There has been progress on the understanding of generation of the mag-
netic field and turbulence on strong shocks (Bell and Lucek 2001; Amato and Blasi 2006;
Vladimirov et al. 2006) as required in recent observations of supernova remnants (see e.g.
Völk et al. 2005). There is also some evidence for these processes from observations of he-
liospheric shocks (see e.g. Kennel et al. 1986; Ellison et al. 1990). Basic features of particle
acceleration by cosmological shocks were discussed by Bykov et al. (2008)—Chap. 7, this
issue, so we will concentrate here on the stochastic acceleration perspective.

1.3 Stochastic Acceleration

The PWT needed for scattering can also accelerate particles stochastically with a rate
DEE/E2, where DEE is the energy diffusion coefficient, so that shocks may not be al-
ways necessary. In low beta plasmas, βp = 2(vs/vA)2 < 1 (here the Alfv́en velocity vA =√

B2/4πρ, the sound velocity vs = √
kT/m, ρ = nm is the mass density and n is the number

density of the gas) and for relativistic particles the PWT-particle interactions are dominated
by Alfv́enic turbulence, in which case the rate of energy gain DEE/E2 = (vA/v)2Dμμ �
Dμμ, so that the first order Fermi process is more efficient. However, at low energies and/or
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in very strongly magnetised plasmas, where vA can exceed c, the speed of light,2 the accel-
eration rate may exceed the scattering rate (see Pryadko and Petrosian 1997), in which case
low energy electrons are accelerated more efficiently by PWT than by shocks.3

Irrespective of which process dominates the particle acceleration, it is clear that PWT
has a role in all of them. Thus, understanding of the production of PWT and its interaction
with particles is extremely important. Moreover, turbulence is expected to be present in most
astrophysical plasmas including the ICM and in and around merger or accretion shocks, be-
cause the ordinary and magnetic Reynolds numbers are large. Indeed turbulence may be
the most efficient channel of energy dissipation. In recent years there has been a substan-
tial progress in the understanding of MHD turbulence (Goldreich and Sridhar 1995, 1997;
Lithwick and Goldreich 2003; Cho and Lazarian 2002, 2006). These provide new tools for
a more quantitative investigation of turbulence and the role it plays in many astrophysical
sources.

2 Turbulence and Stochastic Acceleration

2.1 Basic Scenario

The complete picture of stochastic acceleration by PWT is a complex and not yet fully
understood or developed process. However, one might envision the following scenario.

Turbulence or plasma waves can be generated in the ICM on some macroscopic scale
L ∼ 300 kpc (some fraction of the cluster size or some multiple of galactic sizes) as a result
of merger events or by accretion or merger shocks. That these kind of motions or flows
with velocity comparable to or somewhat greater than the virial velocity uL ∼ 1000 km s−1

will lead to PWT is very likely, because in the ICM the ordinary Reynolds number Re =
uLL/ν � 1. Here ν ∼ vthλscat/3 is the viscosity, vth = √

kT/m ∼ uL(T /108)1/2 and λscat is
the mean free path length. The main uncertainty here is in the value of λscat. For Coulomb
collisions λscat ∼ 15 kpc (Eq. 1) and Re ∼ 100 is just barely large enough for generation
of turbulence. However, in a recent paper Brunetti and Lazarian (2007) argue that in the
presence of a magnetic field of B ∼ μG, vA ∼ 70(B/μG)(10−3 cm−3/n)1/2 km s−1 is much
smaller than vth so that the turbulence will be super-Alfvénic, in which case the mean free
path may be two orders of magnitude smaller4 yielding Re ∼ 104. We know this also to
be true from a phenomenological consideration. In a cluster the hot gas is confined by the
gravitational field of the total (dark and ‘visible’) matter. Relativistic particles, on the other
hand, can cross the cluster (radius R) on a timescale of Tcross = 3 × 106 (R/Mpc) years
and can escape the cluster (see Fig. 4 below), unless confined by a chaotic magnetic field
or a scattering agent such as turbulence, with a mean free path λscat � R. If so, then the
escape time Tesc ∼ Tcross(R/λscat) = T 2

cross/τscat. The curve marked with arrows in this figure
shows the maximum value of the required τscat so that the escape time is longer than the
energy loss time τloss. As is evident from this figure, for a GeV electron to be confined for
a Hubble timescale, or Tesc ∼ 1010 years, we need τscat ∼ 3 × 104 years or λscat < 10 kpc.

2Note that the Alfv́en group velocity vg = c
√

v2
A/(v2

A + c2) is always less than c.

3In practice, i.e. mathematically, there is little difference between the two mechanisms (Jones 1994), and the
acceleration by turbulence and shocks can be combined (see below).
4Plasma instabilities, possibly induced by the relativistic particles, can be another agent of decreasing the
effective particle mean free path (Schekochihin et al. 2005).
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Some observations related to this are discussed by Petrosian et al. (2008)—Chap. 10, this
issue; see also Vogt and Enßlin (2005). Numerous numerical simulations also agree with this
general picture. There is evidence for large scale bulk flows in the simulations of merging
clusters (e.g. Roettiger et al. 1996; Ricker and Sarazin 2001), and that these are converted
into turbulence with energies that are a substantial fraction of the thermal energy of the
clusters (e.g. Sunyaev et al. 2003; Dolag et al. 2005). For more details see Brunetti and
Lazarian (2007).

Once the PWT is generated it can undergo two kind of interactions. The first is dissipa-
tionless cascade from wave vectors kmin ∼ L−1 to smaller scales. The cascade is governed
by the rates of wave-wave interactions. For example, in the case of weak turbulence, that
can be considered as a superposition of weakly interacting wave packets, the three wave
interactions can be represented as

ω(k1) + ω(k2) = ω(k3) and k1 + k2 = k3, (2)

where k is the wave vector, and the wave frequency, ω(k), is obtained from the plasma
dispersion relation. One can interpret Eq. 2 as energy-momentum conservation laws for
weakly coupled plasma waves in a close analogy to the optical waves. The interaction rates
can be represented by the wave diffusion coefficient Dij or the cascade time τcas ∼ k2/Dij .
The largest uncertainty is in the diffusion coefficient. Because of the nonlinear nature of
the interactions this coefficient depends on the wave spectrum W(k). As mentioned above
there has been considerable progress in this area in the past two decades and there are some
recipes how to calculate the diffusion coefficients.

The second is damping of the PWT by wave-particle interaction which terminates the dis-
sipationless cascade, say at an outer scale kmax when the damping rate Γ (kmax) = τ−1

cas (kmax).
The range kmin < k < kmax is called the inertial range. The damping rate can be obtained
from the finite temperature dispersion relations (see below). The energy lost from PWT
goes into heating the background plasma and/or accelerating particles into a non-thermal
tail. These processes are described by the diffusion coefficients DEE and Dμμ introduced
above. These coefficients are obtained from consideration of the wave-particle interactions
which are often dominated by resonant interactions, specially for low beta (magnetically
dominated) plasma, such that

ω(k) − k cos θvμ = nΩ/γ, (3)

for waves propagating at an angle θ with respect to the large scale magnetic field, and a
particle of velocity v, Lorentz factor γ , pitch angle cosμ and gyrofrequency Ω = eB/mc.
Both cyclotron (the term in the right hand side of Eq. 3) and Cerenkov resonance (the second
term in the left hand side) play important roles in the analysis (see for details e.g. Akhiezer
et al. 1975). Here, when the harmonic number n (not to be confused with the density) is
equal to zero, the process is referred to as the transit time damping. For gyroresonance
damping by waves propagating parallel to the field lines (θ = 0) n = ±1. For obliquely
propagating waves, in principle one gets contributions from all harmonics n = ±1,±2, . . . ,
but for practical purposes most of the contribution comes from the lowest harmonics n = ±1
(see Pryadko and Petrosian 1998).

2.2 Dispersion Relations

It is clear from the above description that at the core of the evaluation of wave-wave or
wave-particle interactions (and all the coefficients of the kinetic equations described below)
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lies the plasma dispersion relation ω(k). It describes the characteristics of the waves that
can be excited in the plasma, and the rates of wave-wave and wave-particle interactions.

In the MHD regime for a cold plasma

ω = vAk cos θ and ω = vAk (4)

for the Alfvén and the fast (magneto-sonic) waves, respectively. Beyond the MHD regime a
multiplicity of wave modes can be present and the dispersion relation is more complex and
is obtained from the following expressions (see e.g. Sturrock 1994):

tan2 θ = −P (n2
r − R)(n2

r − L)

(Sn2
r − RL)(n2

r − P )
, (5)

where nr = kc/ω is the refractive index, S = 1
2 (R + L), and

P = 1 −
∑

i

ω2
pi

ω2
, R = 1 −

∑
i

ω2
pi

ω2

(
ω

ω + εiΩi

)
, and

L = 1 −
∑

i

ω2
pi

ω2

(
ω

ω − εiΩi

)
.

(6)

Here ω2
pi = 4πniq

2
i /mi and Ωi = |qi |B/mic are the plasma and gyro frequencies, εi =

qi/|qi |, and ni , qi , and mi are the density, charge, and mass of the background particles. For
fully ionised plasmas such as that in the ICM it is sufficient to include terms due to electron,
proton and α particles. Figure 1 shows the dispersion surfaces (depicted by the curves) ob-
tained from the above expressions along with the resonant planes in the (ω,k‖, k⊥) space.
Intersections between the dispersion surfaces and the resonant planes define the resonant
wave-particle interactions and the particle kinetic equation coefficients. One can also envi-
sion a similar graphic description of the three wave interactions (Eq. 2) using the intersec-
tions of the curved dispersion surfaces. However, such calculations have been carried out
only in the MHD regime using the simple relations of Eq. 4, which is already a complicated
procedure (see e.g. Chandran 2005).

The above dispersion relations are good approximations for low beta plasmas but in the
ICM the plasma beta is large:

βp = 8πnkT/B2 = 3.4 × 102(n/10−3 cm−3)(μG/B)2(T /108 K). (7)

For high beta plasmas the dispersion relation is modified, specially for higher frequencies
ω ∼ kvth. For example, in the MHD regime, in addition to the Alfvén mode one gets fast
and slow modes with the dispersion relation (see e.g. Sturrock 1994)

(ω/k)2 = 1

2

[
(v2

A + v2
s ) ±

√
v4

A + v4
s − 2v2

Av2
s cos 2θ

]
, (8)

and the more general dispersion relation (Eq. 5) is modified in a more complicated way (see
e.g. André 1985 or Swanson 1989). The finite temperature imparts an imaginary part ωi to
the wave frequency that gives the damping rate Γ (k) as long as ωi < ωr, the real part of the
frequency.5 For more details see e.g. Barnes and Scargle (1973); Swanson (1989); Pryadko

5Note that the ‘thermal’ effects change ωr only slightly so that often the real part, the resonant interaction
rate and the particle diffusion coefficients can be evaluated using the simpler cold plasma dispersion relation
depicted in Fig. 1.
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Fig. 1 Dispersion relation (curves) surfaces for a cold fully ionised H and He (10% by number) plasma
and resonance condition (flat) surfaces showing the regions around the electron (top panel) and proton
(bottom panel) gyro-frequencies. Only waves with positive k‖, k⊥ (or 0 < θ < π/2) are shown. The mir-
ror image with respect to the (ω,k⊥) plane gives the waves propagating in the opposite direction. From
high to low frequencies, we have one of the electromagnetic branches (green), upper-hybrid branch (pur-
ple), lower-hybrid branch, which also includes the whistler waves (pink), fast-wave branches (yellow), and
Alfvén branch (black). The effects of a finite temperature modify these curves at frequencies ω ∼ kvth, where
vth = √

2kT/m is the thermal velocity (see e.g. André 1985). The resonance surfaces are for electrons with
v = 0.3c and |μ| = 1.0 (top panel: upper, brown n = 1, lower, light blue n = 0) and 4He (bottom panel:
middle, brown n = 1) and 3He (bottom panel: upper, brown n = 1) ions with |μ| = 1.0 and v = 0.01c. The
resonance surfaces for the latter two are the same when n = 0 (bottom panel: lower)

and Petrosian (1998, 1999); Cranmer and van Ballegooijen (2003); Brunetti and Lazarian
(2007). In general, these rates and the modification of the dispersion relation are known for
Maxwellian (sometimes anisotropic) energy distributions of the plasma particles. For non-
thermal distributions the damping rates can be evaluated as described Petrosian et al. (2006)
using the coupling described in Eq. 11 below.

2.3 Kinetic Equations and Their Coefficients

2.3.1 Wave Equation

Adopting the diffusion approximation (see e.g. Zhou and Matthaeus 1990), one can obtain
the evolution of the spatially integrated wave spectrum W(k, t) from the general equation
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∂W

∂t
= ∂

∂ki

[
Dij

∂

∂kj

W

]
− Γ (k)W − W

T W
esc(k)

+ Q̇W , (9)

where Q̇W is the rate of generation of PWT at kmin, T W
esc is the escape time, and Dij and

Γ describe the cascade and damping of the waves. The calculation of the damping rate is
complicated but as described above it is well understood, but there are many uncertainties
about the treatment of the cascade process or the form of Dij . This is primarily because of
incompleteness of the theoretical models and insufficiency of observational or experimental
data. There are some direct observations in the Solar wind (e.g. Leamon et al. 1998) and
indirect inferences in the interstellar medium (see e.g. Armstrong et al. 1995). There is some
hope (Inogamov and Sunyaev 2003) of future observations in the ICM. Attempts in fitting
the Solar wind data have provided some clues about the cascade diffusion coefficients (see
Leamon et al. 1999; Jiang et al. 2008).

2.3.2 Particle Acceleration and Transport

As described by Petrosian et al. (2008)—Chap. 10, this issue, the general equation for treat-
ment of particles is the Fokker-Planck equation which for ICM conditions can be simplified
considerably. As pointed out above we expect a short mean free path and fast scatterings
for all particles. When the scattering time τscat = λscat/v ∼ 〈1/Dμμ〉 is much less than the
dynamic and other timescales, the particles will have an isotropic pitch angle distribution.
The pitch-angle averaged and spatially integrated particle distribution is obtained from6

∂N(E, t)

∂t
= ∂

∂E

[
DEE

∂N(E, t)

∂E
− (A − ĖL)N(E, t)

]
− N(E, t)

T
p

esc
+ Q̇p. (10)

Here DEE/E2 is the energy diffusion, due to scattering by PWT as described above and
due to Coulomb collisions as discussed by Petrosian et al. (2008)—Chap. 10, this issue,
A(E)/E ∼ aDEE/E2, with a(E) = (2 − γ −2)/(1 + γ −1) is the rate of direct acceleration
due to interactions with PWT and all other agents, e.g., direct first order Fermi acceleration
by shocks, ĖL/E is the energy loss rate of the particles (due to Coulomb collisions and
synchrotron and IC losses, see Fig. 4 in Petrosian et al. (2008)—Chap. 10, this issue), and
Q̇p and the term with the escape times T

p
esc describe the source and leakage of particles.7

The above two kinetic equations are coupled by the fact that the coefficients of one
depend on the spectral distribution of the other; the damping rate of the waves depends
on N(E, t) and the diffusion and accelerations rates of particles depend on the wave
spectrum W(k, t). Conservation of energy requires that the energy lost by the waves
Ẇtot ≡

∫
Γ (k)W(k)d3k must be equal to the energy gained by the particles from the waves;

Ė = ∫ [A(E) − Ash]N(E)dE. Representing the energy transfer rate between the waves and
particles by �(k,E) this equality implies that

Γ (k) =
∫ ∞

0
dE N(E)�(k,E), A(E) =

∫ ∞

0
d3kW(k)�(k,E) + Ash, (11)

where we have added Ash to represent contributions of other (non-stochastic acceleration)
processes affecting the direct acceleration, e.g., shocks.

6The derivation of this equation for the stated conditions and some other details can be found in the Appendix.
7In what follows we will assume that the waves are confined to the ICM so that T W

esc → ∞ and in some cases

we will assume no escape of particles and let T
p
esc → ∞.
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If the damping due to non-thermal particles is important then the wave and particle ki-
netic equations (9) and (10) are coupled and attempts have been made to obtain solutions
of the coupled equations (Miller et al. 1996; Brunetti and Blasi 2005). However, most often
the damping rate is dominated by the background thermal particles so that the wave and
non-thermal particle kinetic equations decouple. This is a good approximation in the ICM
when dealing with relativistic electrons so that for determination of the particle spectra all
we need is the boundaries of the inertial range (kmin, kmax), the wave spectral index q in
this range (most likely 5/3 < q < 3/2), and the shape of the spectrum above kmax which is
somewhat uncertain (see Jiang et al. 2008).

3 Particle Acceleration in Clusters of Galaxies

We now address the problem of particle acceleration in clusters of galaxies. The current
information on the ICM does not allow us to treat the problem as outlined above by solving
the coupled kinetic equations. In what follows we make reasonable assumptions about the
turbulence and the particle diffusion coefficients, and then solve the particle kinetic equation
to determine N(E, t). We first consider the apparently simple scenario of acceleration of
the background thermal particles. Based on some general arguments, Petrosian (2001, P01
hereafter) showed that this is not a viable mechanism. Here we describe results from a more
accurate calculation and show that this indeed is the case. This leads us to consider the
transport and acceleration of high energy particles injected into the ICM by other processes.

3.1 Acceleration of Background Particles

The source particles to be accelerated are the ICM hot electrons subject to diffusion in energy
space by turbulence and Coulomb collisions, acceleration by turbulence or shocks, and en-
ergy losses due to Coulomb collisions.8 We start with an ICM of kT = 8 keV, n = 10−3 cm−3

and assume a continuous injection of turbulence so that its density remains constant resulting
in a time independent diffusion and acceleration rates. The results described below is from
a recent paper by Petrosian and East (2007, PE07 hereafter). Following this paper we as-
sume a simple but generic energy dependence of these coefficients. Specifically we assume
a simple acceleration rate or timescale

τac = E/A(E) = aD(E)/E2 = τ0(1 + Ec/E)p. (12)

Figure 2 shows a few examples of these time scales along with the effective Coulomb (plus
IC and synchrotron) loss times as described in Fig. 3 of Petrosian et al. (2008)—Chap. 10,
this issue.

We then use Eq. 10 to obtain the time evolution of the particle spectra. After each time
step we use the resultant spectrum to update the Coulomb coefficients as described by Pet-
rosian et al. (2008)—Chap. 10, this issue. At each step the electron spectrum can be divided
into a quasi-thermal and a ‘non-thermal’ component. A best fit Maxwellian distribution to
the quasi-thermal part is obtained, and we determine a temperature and the fraction of the
thermal electrons. The remainder is labelled as the non-thermal tail. (For more details see
PE07.) The left and middle panels of Fig. 3 show two spectral evolutions for two different

8In our numerical results we do include synchrotron, IC and Bremsstrahlung losses. But these have an in-
significant effect in the case of nonrelativistic electrons under investigation here.
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Fig. 2 Acceleration and loss
timescales for ICM conditions
based on the model described in
the text. We use the effective
Coulomb loss rate given by
Petrosian et al.
(2008)—Chap. 10, this issue, and
the IC plus synchrotron losses for
a CMB temperature of
TCMB = 3 K and an ICM
magnetic field of B = 1 µG. We
also use the simple acceleration
scenario of Eq. 12 for
Ec = 0.2mec2 (∼ 100 keV) and
for the three specified values of p

and times τ0/τCoul (from
Petrosian and East 2007)

values of acceleration time τ0/τCoul = 0.013 and 2.4, respectively, and for Ec = 25 keV and
p = 1 (τCoul = λCoul/v = 2.7 × 107 years). The last spectrum in each case is for time t = τ0,
corresponding to an equal energy input for all cases. The initial and final temperatures, the
fraction of particles in the quasi-thermal component Nth, and the ratio of non-thermal to ther-
mal energies Rnonth are shown for each panel. The general feature of these results is that the
turbulence causes both acceleration and heating in the sense that the spectra at low energies
resemble a thermal distribution but also have a substantial deviation from this quasi-thermal
distribution at high energies which can be fitted by a power law over a finite energy range.
The distribution is broad and continuous, and as time progresses it becomes broader and
shifts to higher energies; the temperature increases and the non-thermal ‘tail’ becomes more
prominent. There is very little evidence for a distinct non-thermal tail for τ0 > τCoul and most
of the turbulent energy goes into heating (top right panel). Note that this also means that for
a steady state case where the rate of energy gained from turbulence is equal to radiative
energy loss rate (in this case thermal Bremsstrahlung, with time scale � τCoul) there will
be an insignificant non-thermal component. There is no distinct non-thermal tail except at
unreasonably high acceleration rate (top left panel). Even here there is significant heating
(almost doubling of the temperature) within a short time (∼ 3 × 105 years). At such rates
of acceleration most particles will end up at energies much larger than the initial kT and
in a broad non-thermal distribution. We have also calculated spectra for different values of
the cutoff energy Ec and index p. As expected for larger (smaller) values of Ec and smaller
(higher) values of p the fraction of non-thermal particles is lower (higher).

The evolution in time of the temperature (in units of its initial value), the fraction of
the electrons in the ‘non-thermal’ component, the energy ratio Rnonth as well as an index
δ = −d lnN(E)/d lnE for the non-thermal component are shown in the bottom panel of
Fig. 3. All the characteristics described above are more clearly evident in this panel and
similar ones for p = −1 and +1. In all cases the temperature increases by more than a factor
of 2. This factor is smaller at higher rates of acceleration. In addition, high acceleration rates
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Fig. 3 Upper left panel: Evolution with time of electron spectra in the presence of a constant level of turbu-
lence that accelerates electrons according to Eq. 12 with τ0/τCoul = 0.013, Ec = 0.2 (∼ 100 keV) and p = 1.
For the last spectrum obtained for time t = τ0, the low end of the spectrum is fitted to a thermal component
(dashed curve). The residual ‘non-thermal’ part is shown by the dotted curve. We also give the initial and
final values of the temperature, the fraction of electrons in the thermal component Nth, and the ratio of energy
of the non-thermal component to the thermal components Rnonth. Upper right panel: Same as above except
for τ0/τCoul = 2.4. Note that now there is only heating and not much of acceleration. Lower panel: Evolution
with time (in units of τ0) of electron spectral parameters, T (t)/T0, Nth, Rnonth and the power-law index δ for
indicated values of τ0/τCoul and for p = 0 and Ec = 100 keV. Note that for models with the same value of p

at t = τ0 roughly the same amount of energy has been input into the ICM (from Petrosian and East 2007)

produce flatter non-thermal tails (smaller δ) and a larger fraction of non-thermal particles
(smaller Nth) and energy (Rnonth).

It should be noted that the general aspects of the above behaviour are dictated by the
Coulomb collisions and are fairly insensitive to the details of the acceleration mecha-
nism which can affect the spectral evolution somewhat quantitatively but not its qualita-
tive aspects. At low acceleration rates one gets mainly heating and at high acceleration rate
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a prominent non-thermal tail is present but there is also substantial heating within one ac-
celeration timescale which for such cases is very short. Clearly in a steady state situation
there will be an insignificant non-thermal component. These findings support qualitatively
findings by P01 and do not support the presence of distinct non-thermal tails advocated by
Blasi (2000) and Dogiel et al. (2007), but agree qualitatively with the more rigorous analy-
sis of Wolfe and Melia (2006). For further results, discussions and comparison with earlier
works see PE07.

We therefore conclude that the acceleration of background electrons stochastically or
otherwise and non-thermal bremsstrahlung are not a viable mechanism for production of
non-thermal hard X-ray excesses observed in some clusters of galaxies.

3.2 Acceleration of Injected Particles

The natural way to overcome the above difficulties is to assume that the radio and the hard
X-ray radiation are produced by relativistic electrons injected in the ICM, the first via syn-
chrotron and the second via the inverse Compton scattering of CMB photons. The energy
loss rate of relativistic electrons can be approximated by (see P01)

ĖL(E)/Ep = (1 + (E/Ep)
2)/τloss, (13)

where

τloss = Ep/(4π r2
0mec3n lnΛ) and Ep � mec2

[
9nmec2 lnΛ

8uph + B2/π

]1/2

(14)

are twice the loss time and the energy where the total loss curve reaches its maxi-
mum9 (see Fig. 4). Here r0 = e2/(mec2) = 2.82 × 10−13 cm is the classical electron ra-
dius, uph and B2/8π are photon (primarily CMB) and magnetic field energy densities.
For the ICM B ∼ μG, n = 10−3 cm−3 and the Coulomb logarithm lnΛ = 40 so that
τloss = 6.3 × 109 years and Ep = 235mec2.

The electrons are scattered and gain energy if there is some turbulence in the ICM. The
turbulence should be such that it resonates with the injected relativistic electrons and not
the background thermal nonrelativistic electrons for the reasons described in the previous
section. Relativistic electrons will interact mainly with low wavevector waves in the inertial
range where W(k) ∝ k−q with the index q ∼ 5/3 or 3/2 for a Kolmogorov or Kraichnan
cascade. There will be little interaction with nonrelativistic background electrons if the tur-
bulence spectrum is cut off above some maximum wave vector kmax whose value depends
on viscosity and magnetic field. The coefficients of the transport equation (Eq. 10) can then
be approximated by power laws

D(E) = DEq, A(E) = aDEq−1. (15)

For a stochastic acceleration model at relativistic energies a = 2, but if in addition to scatter-
ing by PWT there are other agents of acceleration (e.g. shocks) then the coefficient a will be
larger than 2. In this model the escape time is determined by the crossing time Tcross ∼ R/c

and the scattering time τscat ∼ D−1
μμ. We can then write Tesc ∼ Tcross(1 + Tcross/τscat). Some

examples of these are shown in Fig. 4. However, the escape time is also affected by the

9We ignore the Bremsstrahlung loss and the weak dependence on E of Coulomb losses at nonrelativistic
energies. We can also ignore the energy diffusion rate due to Coulomb scattering.
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Fig. 4 Comparison of the energy dependence of the total loss time (radiative plus Coulomb; thick solid
line) with timescales for scattering τscat (lower dashed line), acceleration τac (thin solid lines), crossing time
τcross ∼ R/cβ (long dashed lines) and escape time Tesc ∼ τ2

cross/τscat (upper dashed line) of electrons. At low
energies the scattering and escape times are dominated by Coulomb scattering but at high energies turbulence
scattering becomes more important. The acceleration is constant at low energies (A(E) ∝ E) but increases at
high energies, corresponding to an acceleration rate A(E) → a constant at high E or to a turbulence spectral
index q = 1. A chaotic magnetic field with scale of 10 kpc will increase the crossing time to the primed curve.
The arrows show the maximum scattering times for which the escape times are equal or longer than the total
loss times. The critical energies where the acceleration time is equal to the escape time, the Coulomb and
inverse Compton loss times are shown by filled circles

geometry of the magnetic field (e.g. the degree of its entanglement). In what follows we use
a power law form Tesc = TescE

s for the escape time. In addition to these relations we also
need the spectrum and rate of injection to obtain the spectrum of radiating electrons. Clearly
there are several possibilities. We divide the models into two categories: steady state and
time dependent. In each case we first consider only the effects of losses, which means D = 0
in the above expressions, and then the effects of both acceleration and losses.

3.2.1 Steady State Cases

By steady state we mean variation timescales of order or larger than the Hubble time which is
also longer than the maximum loss time τloss/2. Given a particle injection rate Q̇ = Q̇0f (E)

(with
∫

f (E)dE = 1) steady state is possible if Tesc = Q̇0/
∫

N(E)E−sdE.
In the absence of acceleration (D = 0) Eq. 10 can be solved analytically. For the ex-

amples of escape times given in Fig. 4 (Tesc > τloss) one gets the simple cooling spectra
N = (Q̇τloss/Ep)

∫ ∞
E

f (E)dE/(1+(E/Ep)
2), which gives a spectral index break at Ep from
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index p0 −1 below to p0 +1 above Ep, for an injected power law f (E) ∝ E−p0 . For p0 = 2
this will give a high energy power law in rough agreement with the observations but with
two caveats. The first is that the spectrum of the injected particles must be cutoff below
E ∼ 100mec2 to avoid excessive heating and the second is that this scenario cannot produce
the broken power law or exponential cutoff we need to explain the radio spectrum of Coma
(see Fig. 6 and the discussion in Petrosian et al. (2008)—Chap. 10, this issue). A break is
possible only if the escape time is shorter than τ0 in which case the solution of the kinetic
equation for a power law injected spectrum (p0 > 1 and s > −1) leads to the broken power
law

N(E) = Q0

{
Tesc(E/Ep)

−p0+s if E � Ecr,

τloss(E/Ep)
−p0−1/(s + 1) if Ecr � E,

(16)

where Ecr = Ep((s + 1)(Tesc/τloss)
−1/(s+1). Thus, for p0 ∼ 3 and s = 0 and Tesc � 0.02τloss

we obtain a spectrum with a break at Ecr ∼ 104, in agreement with the radio data (Rephaeli
1979 model). However, this also means that a large fraction of the E < Ep electrons es-
cape from the ICM, or more accurately from the turbulent confining region, with a flux of
Fesc(E) ∝ N(E)/Tesc(E). Such a short escape time means a scattering time which is only
ten times shorter than the crossing time and a mean free path of about ∼ 0.1R ∼ 100 kpc.
This is in disagreement with the Faraday rotation observations which imply a tangled mag-
netic field equivalent to a ten times smaller mean free path. The case for a long escape time
was first put forth by Jaffe (1977).

Thus it appears that in addition to injection of relativistic electrons we also need a steady
presence or injection of PWT to further scatter and accelerate the electrons. The final spec-
trum of electrons will depend on the acceleration rate and its energy dependence. In general,
when the acceleration is dominant one expects a power law spectrum. Spectral breaks ap-
pear at critical energies when this rate becomes equal to and smaller than other rates such
as the loss or escape rates (see Fig. 4). In the energy range where the losses can be ig-
nored electrons injected at energy E0 (f (E) = δ(E − E0)) one expects a power law above
(and below, which we are not interested in) this energy. In the realistic case of long Tesc

(and/or when the direct acceleration rate is larger than the rate of stochastic acceleration
(i.e. a � 1) then spectral index of the electrons will be equal to −q + 1 requiring a tur-
bulence spectral index of q = 4 which is much larger than expected values of 5/3 or 3/2
(see Park and Petrosian 1995). This spectrum will become steeper (usually cut off expo-
nentially) above the energy where the loss time becomes equal to the acceleration time
τac = E/A(E) or at Ecr = (EpaDτloss)

1/(3−q). Steeper spectra below this energy are possi-
ble only for shorter Tesc. The left panel of Fig. 5 shows the dependence of the spectra on
Tesc for q = 2 and s = 0 (acceleration and escape times independent of E). The spectral
index just above E0 is p = √

9/4 + 2τac/Tesc − 1.5. In the limit when Tesc → ∞ the distrib-
ution approaches a relativistic Maxwellian distribution N ∝ E2e−E/Ecr . For a cut-off energy
Ecr ∼ 104 this requires an acceleration time of ∼ 108 years and for a spectral index of p = 3
below this energy we need Tesc ∼ τac/18 ∼ 5 × 106 years which is comparable to the un-
hindered crossing time. This is too short. As shown in Fig. 4 any scattering mean free path
(or magnetic field variation scale) less than the cluster size will automatically give a longer
escape time and a flatter than required spectrum. For further detail on all aspects of this case
see Park and Petrosian (1995), P01 and Liu et al. (2006).

In summary there are several major difficulties with the steady state model.
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Fig. 5 Left panel: The steady state electron spectra injected at energy E0 and subject to continuous acceler-
ation by turbulence with spectral index q = 2 for different values of the ratio Tesc/τloss. For very high values
of this ratio we get a relativistic Maxwellian distribution (from Liu et al. 2006). Right panel: Evolution with
time of a power law injected spectrum (top line) subject to Coulomb and inverse Compton (plus synchrotron)
losses as given by Eq. 17. Solid lines for b = 2 (t/τ0 = 10−n; n = 3, 2, 1, 0), and dashed lines for b = 60
(t/τ0 = 10−2.18+n/3; n = 0, 1, 2, 3, 4). The heavy portions show the energy range of the electrons needed
for production of radio and hard X-rays. Note that τ0 in the label is the same as τloss in the text

3.2.2 Time Dependent Models

We are therefore led to consider time dependent scenarios with time variation shorter than
the Hubble time. The time dependence may arise from the episodic nature of the injection
process (e.g. varying AGN activity) and/or from episodic nature of turbulence generation
process (see e.g. Cassano and Brunetti 2005). In this case we need solutions of the time
dependent equation (Eq. 10). We start with the generic model of a prompt single-epoch
injection of electrons with Q(E, t) = Q(E)δ(t − t0). More complex temporal behaviour
can be obtained by the convolution of the injection time profile with the solutions described
below. The results presented below are from P01. Similar treatments of the following cases
can be found in Brunetti et al. (2001) and Brunetti and Lazarian (2007).

It is clear that if there is no re-acceleration, electrons will lose energy first at highest and
lowest energies due to inverse Compton and Coulomb losses, respectively. Particles will be
peeled away from an initial power law with the low and high energy cut-offs moving grad-
ually toward the peak energy Ep. A more varied and complex set of spectra can be obtained
if we add the effects of diffusion and acceleration. Simple analytic solutions for the time
dependent case are possible only for special cases. Most of the complexity arises because
of the diffusion term which plays a vital role in shaping the spectrum for a narrow injection
spectrum. For some examples see Park and Petrosian (1996). Here we limit our discussion
to a broad initial electron spectrum in which case the effects of this term can be ignored
until sharp features are developed. Thus, if we set D(E) = 0, which is a particularly good
approximation when a � 1, and if for the purpose of demonstration if we again consider
the simple case of constant acceleration time (q = 2 and A(E) = aDE), then the solution
of Eq. 10 gives

N(E, t) = exp{−t/Tesc}Q0
[T+ − (E/Ep) tan(δt/τloss)/δ]p0−2

cos2(δt/τloss)[T−(E/Ep) + tan(δt/τloss)/δ]p0
, (17)
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where δ2 = 1 − b2/4, b = aDτ0E
2
p = τloss/τac and T± = 1 ± b tan(δt/τloss)/(2δ). Note that

b = 0 correspond to the case of no acceleration described above. This solution is valid for
b2 < 4. For b2 > 4 we are dealing with an imaginary value for δ so that tangents and cosines
become hyperbolic functions with δ2 = b2/4 − 1. For δ = 0 or b = 2 this expression reduces
to

N(E, t) = exp{−t/Tesc}Q0
[1 − (E/Ep − 1)t/τloss]p0−2

[E/Ep − (E/Ep − 1)t/τloss]p0
. (18)

The right panel of Fig. 5 shows the evolution of an initial power law spectrum subjected
to weak acceleration (b = 2, solid lines) and a fairly strong rate of acceleration (b = 60,
dashed line). As expected with acceleration, one can push the electron spectra to higher
levels and extend it to higher energies. At low rates of acceleration the spectrum evolves
toward the generic case of a flat low energy part with a fairly steep cutoff above Ep. At
higher rates, and for some periods of time comparable to τac, the cut off energy Ecr will be
greater than Ep and there will be a power law portion below it.10 As evident from this figure
there are periods of time when in the relevant energy range (thick solid lines) the spectra
resemble what is needed for describing the radio and hard X-ray observations from Coma
described in Fig. 6 of Petrosian et al. (2008)—Chap. 10, this issue.

In summary, it appears that a steady state model has difficulties and that the most likely
scenario is episodic injection of relativistic particles and/or turbulence and shocks which
will re-accelerate the existing or injected relativistic electrons into a spectral shape con-
sistent with observations. However these spectra are short lived, lasting for periods of less
than a billion years.

4 Summary and Conclusion

We have given a brief overview of particle acceleration in astrophysical plasmas in general,
and acceleration of electrons in the ICM in particular. We have pointed out the crucial role
plasma waves and turbulence play in all acceleration mechanisms and outlined the equa-
tions that describe the generation, cascade and damping of these waves and the coupling of
these processes to the particle kinetics and energising of the plasma and acceleration in both
relativistic and nonrelativistic regimes.

We have applied these ideas to the ICM of clusters of galaxies with the aim of production
of electron spectra which can explain the claimed hard X-ray emission either as non-thermal
bremsstrahlung emission by nonrelativistic electrons or as inverse Compton emission via
scattering of CMB photons by a population of relativistic electrons. It is shown that the first
possibility which can come about by accelerating background electrons into a non-thermal
tail is not a viable mechanism, as was pointed earlier in P01. The primary reason for this
difficulty is due to the short Coulomb collision and loss timescales. Quite generally, it can
be stated that at low rates of acceleration one obtains a hotter plasma and an insignificant
non-thermal tail. Discernible tails can be obtained at higher rates of acceleration but only
for very short periods of time. For periods on the order of a billion year such rates will also
cause excessive heating and will lead to runaway conditions where most of the electrons are

10At even later times than shown here on gets a large pile up at the cut off energy (see P01). This latter feature
is of course artificial because we have neglected the diffusion term which will smooth out such features (see
Brunetti and Lazarian 2007).
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accelerated to relativistic energies, at which they are no longer bound to the cluster, unless
there exists a strong scattering agent.

This leads us to the model where hard X-rays are produced by the inverse Compton
process and relativistic electrons. Moreover, even if the hard X-ray radiation turns out to be
not present, or one finds a way to circumvent the above difficulties, we still require the pres-
ence of relativistic electrons to explain the radio emission. These electrons must be injected
into the ICM by some other means. They can come from galaxies, specially when they are
undergoing an active nuclear (or AGN) phase. Or they may be due to interactions of cosmic
ray protons with thermal protons and the resultant pion decays. We have shown that just in-
jection may not be sufficient, because for reasonable injected spectra the transport effects in
the ICM modify the spectrum such that the effective radiating spectrum is inconsistent with
what is required. Thus, a re-acceleration in the ICM is necessary and turbulence and merger
shocks may be the agent of this acceleration. In this case, it also appears that a steady state
scenario, like the hadronic mechanism described above, will in general give a flatter than
required spectrum unless the electrons escape the ICM unhindered. This requirement is not
reasonable because the expected tangled magnetic field will increase this time. But, more
importantly, the presence of turbulence necessary for re-acceleration will result in a short
mean free path and a much longer escape time.

A more attractive scenario is if the injection of electrons and/or the production of turbu-
lence is episodic. For example for a short lived electron injected phase (from say an AGN)
but a longer period of presence of turbulence one can determine the spectral evolution of the
electrons subject to acceleration and losses. We have shown that for some periods of time
lasting several times the acceleration timescales one can obtain electron spectra consistent
with what is required by observations. The same will be true for a hadronic source if there
is a short period of production of turbulence. In either case we are dealing with periods on
the order of several hundreds of million years to a billion years, which is comparable with
timescales expected from merging of Mpc size clusters with velocities of several thousands
of km s−1 which are theoretically reasonable and agree with observations (see e.g. Bradaĉ
et al. 2006).
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appendix

Appendix: Particle Kinetic Equations

In this section we describe some of the mathematical details required for investigation of
the acceleration and transport of all charged particles stochastically and by shocks, and the
steps and conditions that lead to the specific kinetic equations (Eq. 10) used in this and the
previous chapters.

5.1 Stochastic Acceleration by Turbulence

In strong magnetic fields, the gyro-radii of particles are much smaller than the scale of the
spatial variation of the field, so that the gyro-phase averaged distribution of the particles
depends only on four variables: time, spatial coordinate z along the field lines, the mo-
mentum p, and the pitch angle cosμ. In this case, the evolution of the particle distribution,
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f (t, z,p,μ), can be described by the Fokker-Planck equation as they undergo stochastic ac-
celeration by interaction with plasma turbulence (diffusion coefficients Dpp , Dμμ and Dpμ),
direct acceleration (with rate ṗG), and suffer losses (with rate ṗL) due to other interactions
with the plasma particles and fields:

∂f

∂t
+ vμ

∂f

∂z
= 1

p2

∂

∂p
p2

[
Dpp

∂f

∂p
+ Dpμ

∂f

∂μ

]

+ ∂

∂μ

[
Dμμ

∂f

∂μ
+ Dμp

∂f

∂p

]

− 1

p2

∂

∂p
[p2(ṗL − ṗG)f ] + J̇ . (19)

Here βc is the velocity of the particles and J̇ (t, z,p,μ) is a source term, which could
be the background plasma or some injected spectrum of particles. The kinetic coefficients
in the Fokker-Planck equation can be expressed through correlation functions of stochastic
electromagnetic fields (see e.g. Melrose 1980; Berezinskii et al. 1990; Schlickeiser 2002).
The effect of the mean magnetic field convergence or divergence can be accounted for by
adding

cβd lnB

ds

∂

∂μ

(
(1 − μ2)

2
f

)
(20)

to the right hand side.
Pitch-angle isotropy: At high energies and in weakly magnetised plasmas with Alfvén ve-

locity βA ≡ vA/c � 1 the ratio of the energy and pitch angle diffusion rates Dpp/p2Dμμ ≈
(βA/β)2 � 1, and one can use the isotropic approximation which leads to the diffusion-
convection equation (see e.g. Dung and Petrosian 1994; Kirk et al. 1988):

F(z, t,p) ≡ 1

2

∫ 1

−1
dμf (t, z,p,μ), Q̇(t, z,p) ≡ 1

2

∫ 1

−1
dμJ̇ (μ, z, t,p), (21)
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κ1 = v2
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−1
dμ
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Dμμ

,

κ2 = 1

4
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−1
dμ(1 − μ2)

Dμp

pDμμ

,

κ3 = 1

2

∫ 1

−1
dμ(Dpp − D2

μp/Dμμ)p2.

At low energies, as shown by Pryadko and Petrosian (1997), specially for strongly magne-
tised plasmas (α � 1, βA > 1), Dpp/p2 � Dμμ, and then stochastic acceleration is more
efficient than acceleration by shocks (Dpp/p2 � ṗG). In this case the pitch angle depen-
dence may not be ignored.

∂f μ
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p2Dμ
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∂f μ

∂p
− 1
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∂

∂p
[p2ṗLf μ] + J̇ μ. (23)
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However, Petrosian and Liu (2004) find that these dependences are in general weak and one
can average over the pitch angles.

5.2 Acceleration in Large Scale Turbulence and Shocks

In an astrophysical context it often happens that the energy is released at scales much larger
than the mean free path of energetic particles. If the produced large scale MHD turbulence is
supersonic and superalfvénic then MHD shocks are present in the system. The particle dis-
tribution within such a system is highly intermittent. Statistical description of intermittent
systems differs from the description of homogeneous systems. There are strong fluctuations
of particle distribution in shock vicinities. A set of kinetic equations for the intermittent sys-
tem was constructed by Bykov and Toptygin (1993), where the smooth averaged distribution
obeys an integro-differential equation (due to strong shocks), and the particle distribution in
the vicinity of a shock can be calculated once the averaged function was found.

The pitch-angle averaged distribution function N(r,p, t) of non-thermal particles (with
energies below some hundreds of GeV range in the cluster case) averaged over an ensemble
of turbulent motions and shocks satisfies the kinetic equation

∂f

∂t
− ∂

∂rα

χαβ

∂f

∂rβ

= GL̂f + 1

p2

∂

∂p
p4D

∂f

∂p
+ AL̂2N + 2BL̂P̂ f + J̇ (p). (24)

The source term J̇ (t, r,p) is determined by injection of particles. The integro-differential
operators L̂ and P̂ are given by

L̂ = 1

3p2

∂

∂p
p3−γ

∫ p

0
dp′p′γ ∂

∂p′ , P̂ = p

3

∂

∂p
. (25)

The averaged kinetic coefficients A, B , D, G, and χαβ = χ δαβ are expressed in terms of
the spectral functions that describe correlations between large scale turbulent motions and
shocks, the particle spectra index γ depends on the shock ensemble properties (see Bykov
and Toptygin 1993). The kinetic coefficients satisfy the following renormalisation equations:

χ = κ1(p) + 1

3

∫
d3k dω

(2π)4

[
2T + S

iω + k2χ
− 2k2χS

(iω + k2χ)2

]
, (26)

D = χ

9

∫
d3k dω

(2π)4

k4S(k,ω)

ω2 + k4χ2
, (27)

A = χ

∫
d3k dω

(2π)4

k4φ̃(k,ω)

ω2 + k4χ2
, (28)

B = χ

∫
d3k dω

(2π)4

k4μ̃(k,ω)

ω2 + k4χ2
. (29)

Here G = (1/τsh + B). T (k,ω) and S(k,ω) are the transverse and longitudinal parts of
the Fourier components of the turbulent velocity correlation tensor. Correlations between
velocity jumps on shock fronts are described by φ̃(k,ω), while μ̃(k,ω) represents shock-
rarefaction correlations. The introduction of these spectral functions is dictated by the inter-
mittent character of a system with shocks.

The test particle calculations showed that the low energy branch of the particle distrib-
ution would contain a substantial fraction of the free energy of the system after a few ac-
celeration times. Thus, to calculate the efficiency of the shock turbulence power conversion
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to the non-thermal particle component, as well as the particle spectra, we have to account
for the backreaction of the accelerated particles on the shock turbulence. To do that, Bykov
(2001) supplied the kinetic equations Eqs. 24–29 with the energy conservation equation for
the total system including the shock turbulence and the non-thermal particles, resulting in
temporal evolution of particle spectra.
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Abstract Modern cosmological observations allow us to study in great detail the evolu-
tion and history of the large scale structure hierarchy. The fundamental problem of accurate
constraints on the cosmological parameters, within a given cosmological model, requires
precise modelling of the observed structure. In this paper we briefly review the current most
effective techniques of large scale structure simulations, emphasising both their advantages
and shortcomings. Starting with basics of the direct N -body simulations appropriate to mod-
elling cold dark matter evolution, we then discuss the direct-sum technique GRAPE, particle-
mesh (PM) and hybrid methods, combining the PM and the tree algorithms. Simulations of
baryonic matter in the Universe often use hydrodynamic codes based on both particle meth-
ods that discretise mass, and grid-based methods. We briefly describe Eulerian grid methods,
and also some variants of Lagrangian smoothed particle hydrodynamics (SPH) methods.
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Keywords Cosmology: theory · Large-scale structure of universe · Hydrodynamics ·
Method: numerical, N -body simulations

1 Introduction

In the hierarchical picture of structure formation, small objects collapse first and then merge
to form larger and larger structures in a complex manner. This formation process reflects on
the intricate structure of galaxy clusters, whose properties depend on how the thousands of
smaller objects that the cluster accretes are destroyed or survive within the cluster gravita-
tional potential. These merging events are the source of shocks, turbulence and acceleration
of relativistic particles in the intracluster medium, which, in turn, lead to a redistribution or
amplification of magnetic fields, and to the acceleration of cosmic rays. In order to model
these processes realistically, we need to resort to numerical simulations which are capa-
ble of resolving and following correctly the highly non-linear dynamics. In this paper, we
briefly describe the methods which are commonly used to simulate galaxy clusters within a
cosmological context.

Usually, choosing the simulation setup is a compromise between the size of the region
that one has to simulate to fairly represent the object(s) of interest, and the resolution needed
to resolve the objects at the required level of detail. Typical sizes of the simulated volume are
a megaparsec scale for an individual galaxy, tens to hundreds of megaparsecs for a galaxy
population, and several hundreds of megaparsecs for a galaxy cluster population. The mass
resolution varies from ≈ 105 M� up to ≈ 1010 M�, depending on the object studied, while,
nowadays, one can typically reach the resolution of a few hundred parsec for individual
galaxies and above the kiloparsec scale for cosmological boxes.

2 N -Body (Pure Gravity)

Over most of the cosmic time of interest for structure formation, the Universe is dominated
by dark matter. The most favourable model turned out to be the so-called cold dark matter
(CDM) model. The CDM can be described as a collisionless, non-relativistic fluid of parti-
cles of mass m, position x and momentum p. In an expanding background Universe (usually
described by a Friedmann-Lemaître model), with a = (1 + z)−1 being the Universe scale
factor, x is the comoving position and the phase-space distribution function f (x,p, t) of the
dark-matter fluid can be described by the collisionless Boltzmann (or Vlasov) equation

∂f

∂t
+ p

ma2
∇f − m∇�

∂f

∂p
= 0 (1)

coupled with the Poisson equation

∇2�(x, t) = 4πGa2 [ρ(x, t) − ρ̄(t)] , (2)

where � is the gravitational potential and ρ̄(t) is the background density. The proper mass
density

ρ(x, t) =
∫

f (x,p, t)d3p (3)

can be inferred by integrating the distribution function over the momenta p = ma2ẋ.
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This set of equations represents a high-dimensional problem. It is therefore usually
solved by sampling the phase-space density by a finite number N of tracer particles. The
solution can be found through the equation of motion of the particles (in comoving coordi-
nates),

dp
dt

= −m∇� (4)

and

dx
dt

= p
ma2

. (5)

Introducing the proper peculiar velocity v = aẋ these equations can be written as

dv
dt

+ v
ȧ

a
= −∇�

a
. (6)

The time derivative of the expansion parameter, ȧ, can be obtained from the Friedmann
equation

ȧ = H0

√
1 + �0(a−1 − 1) + ��(a2 − 1), (7)

where we have assumed the dark energy to be equivalent to a cosmological constant. For a
more detailed description of the underlying cosmology and related issues, see for example
Peebles (1980) or others.

There are different approaches: to solve directly the motion of the tracer particles, or to
solve the Poisson equation. Some of the most common methods will be described briefly in
the following sections.

2.1 Direct Sum (GRAPE, GPU)

The most direct way to solve the N -body problem is to sum directly the contributions of all
the individual particles to the gravitational potential

�(r) = −G
∑

j

mj

(|r − rj |2 + ε2)
1
2

. (8)

In principle, this sum would represent the exact (Newtonian) potential which generates the
particles’ acceleration. As mentioned before, the particles do not represent individual dark
matter particles, but should be considered as Monte Carlo realisations of the mass distri-
bution, and therefore only collective, statistical properties can be considered. In such sim-
ulations, close encounters between individual particles are irrelevant to the physical prob-
lem under consideration, and the gravitational force between two particles is smoothed by
introducing the gravitational softening ε. This softening reduces the spurious two-body re-
laxation which occurs when the number of particles in the simulation is not large enough
to represent correctly a collisionless fluid. This situation however is unavoidable, because
the number of dark matter particles in real systems is orders of magnitude larger than the
number that can be handled in a numerical simulation. Typically, ε is chosen to be 1/20–
1/50 of the mean inter-particle separation within the simulation. In general, this direct-sum
approach is considered to be the most accurate technique, and is used for problems where
superior precision is needed. However this method has the disadvantage of being already
quite CPU intensive for even a moderate number of particles, because the computing time
is ∝ N2, where N is the total number of particles.
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Rather than searching for other software solutions, an alternative approach to solve the
N2-bottleneck of the direct-sum technique is the GRAPE (GRAvity PipE) special-purpose
hardware (see e.g. Ito et al. 1993 and related articles). This hardware is based on custom
chips that compute the gravitational force with a hardwired Plummer force law (8). This
hardware device thus solves the gravitational N -body problem with a direct summation
approach at a computational speed which is considerably higher than that of traditional
processors.

For the force computation, the particle coordinates are first loaded onto the GRAPE
board, then the forces for several positions (depending on the number of individual GRAPE
chips installed in the system) are computed in parallel. In practise, there are some technical
complications when using the GRAPE system. One is that the hardware works internally
with special fixed-point formats or with limited floating point precision (depending on the
version of the GRAPE chips used) for positions, accelerations and masses. This results in
a reduced dynamic range compared to the standard IEEE floating point arithmetic. Further-
more, the communication time between the host computer and the GRAPE system can be
an issue in certain circumstances. However, newer versions of the GRAPE chips circumvent
this problem, and can also be combined with the tree algorithms (which are described in
detail in the next section), see Fukushige et al. (1991), Makino (1991), Athanassoula et al.
(1998), Kawai et al. (2000).

By contrast, the graphic processing unit (GPU) on modern graphic cards now provides
an alternative tool for high-performance computing. The original purpose of the GPU is
to serve as a graphics accelerator for speeding up the image processing, thereby allowing
one to perform simple instructions on multiple data. It has therefore become an active area
of research to use the GPUs of the individual members of computer clusters. Although
very specialised, many of those computational algorithms are also needed in computational
astrophysics, and therefore the GPU can provide significantly more computing power than
the host system; thereby providing a high performance with typically large memory size
and at relatively low cost, which represents a valid alternative to special purpose hardware
like GRAPE. For recent applications to astrophysical problems see Schive et al. (2007) and
references therein.

2.2 Tree

The primary method of solving the N -body problem is a hierarchical multipole expansion,
commonly called a tree algorithm. This method groups distant particles into larger cells,
allowing their gravity to be accounted for by means of a single multipole force. Instead of
requiring N − 1 partial force evaluations per particle, as needed in a direct-summation ap-
proach, the gravitational force on a single particle can be computed with substantially fewer
operations, because distant groups are treated as “macro” particles in the sum. In this manner
the sum usually reduces to N log(N) operations. Note however that this scaling is only true
for homogeneous particle distributions, whereas the scaling for strongly inhomogeneous
distributions, as present in evolved cosmological structures, can be less efficient.

In practise, the hierarchical grouping that forms the basis of the multipole expansion is
most commonly obtained by a recursive subdivision of space. In the approach of Barnes and
Hut (1986), a cubical root node is used to encompass the full mass distribution; the cube
is repeatedly subdivided into eight daughter nodes of half the side-length each, until one
ends up with ‘leaf’ nodes containing single particles (see Fig. 1). Forces are then obtained
by “walking” the tree. In other words, starting at the root node, a decision is made as to
whether or not the multipole expansion of the node provides an accurate enough partial
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Fig. 1 Schematic illustration of the Barnes and Hut (1986) oct-tree in two dimensions. The particles are first
enclosed in a square (root node). This square is then iteratively subdivided into four squares of half the size,
until exactly one particle is left in each final square (leaves of the tree). In the resulting tree structure, each
square can be the progenitor of up to four siblings. Taken from Springel et al. (2001b)

force. If the answer is ‘yes’, the multipole force is used and the walk along this branch of
the tree can be terminated; if the answer is ‘no’, the node is “opened”, i.e. its daughter nodes
are considered in turn. Clearly, the multipole expansion is in general appropriate for nodes
that are sufficiently small and distant. Most commonly one uses a fixed angle (typically
≈ 0.5 rad) as opening criteria.

It should be noted that the final result of the tree algorithm will in general only repre-
sent an approximation to the true force. However, the error can be controlled conveniently
by modifying the opening criterion for tree nodes, because a higher accuracy is obtained
by walking the tree to lower levels. Provided that sufficient computational resources are in-
vested, the tree force can then be made arbitrarily close to the well-specified correct force.
Nevertheless evaluating the gravitational force via a tree leads to an inherent asymmetry
in the interaction between two particles. It is worth mentioning that there are extensions
to the standard tree, the so-called fast multipole methods, which avoid these asymmetries,
and therefore have better conservation of momentum. For an N -body application of such a
technique see Dehnen (2000) and references therein. However, these methods compute the
forces for all the particles at every time step and can not take advantage of using individual
time steps for different particles.

2.3 Particle-Mesh Methods

The Particle-Mesh (PM) method treats the force as a field quantity by computing it on a
mesh. Differential operators, such as the Laplacian, are replaced by finite difference approx-
imations. Potentials and forces at particle positions are obtained by interpolation on the array
of mesh-defined values. Typically, such an algorithm is performed in three steps. First, the
density on the mesh points is computed by assigning densities to the mesh from the parti-
cle positions. Second, the density field is transformed to Fourier space, where the Poisson
equation is solved, and the potential is obtained using Green’s method. Alternatively, the po-
tential can be determined by solving Poisson’s equation iteratively with relaxation methods.
In a third step the forces for the individual particles are obtained by interpolating the deriv-
atives of the potentials to the particle positions. Typically, the amount of mesh cells N used
corresponds to the number of particles in the simulation, so that when structures form, one
can have large numbers of particles within individual mesh cells, which immediately illus-
trates the shortcoming of this method; namely its limited resolution. On the other hand, the
calculation of the Fourier transform via a Fast Fourier Transform (FFT) is extremely fast, as
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it only needs of order N logN operations, which is the advantage of this method. Note that
here N denotes the number of mesh cells. In this approach the computational costs do not
depend on the details of the particle distribution. Also this method can not take advantage of
individual time steps, as the forces are always calculated for all particles at every time step.

There are many schemes to assign the mass density to the mesh. The simplest method is
the “Nearest-Grid-Point” (NGP). Here, each particle is assigned to the closest mesh point,
and the density at each mesh point is the total mass assigned to the point divided by the cell
volume. However, this method is rarely used. One of its drawbacks is that it gives forces
that are discontinuous. The “Cloud-in-a-Cell” (CIC) scheme is a better approximation to
the force: it distributes every particle over the nearest 8 grid cells, and then weighs them
by the overlapping volume, which is obtained by assuming the particle to have a cubic
shape of the same volume as the mesh cells. The CIC method gives continuous forces, but
discontinuous first derivatives of the forces. A more accurate scheme is the “Triangular-
Shaped-Cloud” (TSC) method. This scheme has an assignment interpolation function that
is piecewise quadratic. In three dimensions it employs 27 mesh points (see Hockney and
Eastwood 1988).

In general, one can define the assignment of the density ρm on a grid xm with spacing δ

from the distribution of particles with masses mi and positions xi , by smoothing the particles
over n times the grid spacing (h = nδ). Therefore, having defined a weighting function

W(xm − xi ) =
∫

Ŵ

(
x − xm

h

)
S(x − xi , h)dx, (9)

where Ŵ (x) is 1 for |x| < 0.5 and 0 otherwise, the density ρm on the grid can be written as

ρm = 1

h3

∑
i

miW(xi − xm). (10)

The shape function S(x, h) then defines the different schemes. The aforementioned NGP,
CIC and TSC schemes are equivalent to the choice of 1, 2 or 3 for n and the Dirac δ func-
tion δ(x), Ŵ (x/h) and 1 − |x/h| for the shape function S(x, h), respectively.

In real space, the gravitational potential � can be written as the convolution of the mass
density with a suitable Green’s function g(x):

�(x) =
∫

g(x − x′)ρ(x′)dx′. (11)

For vacuum boundary conditions, for example, the gravitational potential is

�(x) = −G
∫

ρ(x′)
|x − x′|dx′, (12)

with G being the gravitational constant. Therefore the Green’s function, g(x) =
−G/|x|, represents the solution of the Poisson equation ∇2�(x) = 4πGρ(x), recalling that
∇2

x (|x − x′|)−1 = 4πδ(x − x′). By applying the divergence theorem to the integral form of
the above equation, it is then easy to see that, in spherical coordinates,

∫
V

∇2

(
1

r

)
dV =

∫
S

∇
(

1

r

)
dS =

∫ 2π

0

∫ π

0

∂

∂r

(
1

r

)
r2sin(θ)dθdφ = −4π. (13)

Periodic boundary conditions are usually used to simulate an “infinite universe”, however
zero padding can be applied to deal with vacuum boundary conditions.
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In the PM method, the solution to the Poisson equation is easily found in Fourier space,
where (11) becomes a simple multiplication

�̂(k) = ĝ(k) ρ̂(k). (14)

Note that ĝ(k) has only to be computed once, at the beginning of the simulation.
After the calculation of the potential via Fast Fourier Transform (FFT) methods, the force

field f(x) at the position of the mesh points can be obtained by differentiating the potential,
f(x) = ∇�(x). This can be done by a finite-difference representation of the gradient. In a
second order scheme, the derivative with respect to the x coordinate at the mesh positions
m = (i, j, k) can be written as

f
(x)
i,j,k = −�i+1,j,k − �i−1,j,k

2h
. (15)

A fourth order scheme for the derivative would be written as

f
(x)
i,j,k = −4

3

�i+1,j,k − �i−1,j,k

2h
+ 1

3

�i+2,j,k − �i−2,j,k

4h
. (16)

Finally, the forces have to be interpolated back to the particle positions as

f(xi ) =
∑
m

W(xi − xm)fm, (17)

where it is recommended to use the same weighting scheme as for the density assignment;
this ensures pairwise force symmetry between particles and momentum conservation.

The advantage of such PM methods is the speed, because the number of operations scales
with N +Nglog(Ng), where N is the number of particles and Ng the number of mesh points.
However, the disadvantage is that the dynamical range is limited by Ng , which is usually lim-
ited by the available memory. Therefore, particularly for cosmological simulations, adaptive
methods are needed to increase the dynamical range and follow the formation of individual
objects.

In the Adaptive Mesh Refinement (AMR) techniques, the Poisson equation on the re-
finement meshes can be treated as a Dirichlet boundary problem for which the boundary
values are obtained by interpolating the gravitational potential from the parent grid. In such
algorithms, the boundaries of the refinement meshes can have an arbitrary shape; this fea-
ture narrows the range of solvers that one can use for partial differential equation (PDEs).
The Poisson equation on these meshes can be solved using the relaxation method (Hockney
and Eastwood 1988; Press et al. 1992), which is relatively fast and efficient in dealing with
complicated boundaries. In this method the Poisson equation

∇2� = ρ (18)

is rewritten in the form of a diffusion equation,

∂�

∂τ
= ∇2� − ρ. (19)

The point of the method is that an initial solution guess � relaxes to an equilibrium solution
(i.e., solution of the Poisson equation) as τ → ∞. The finite-difference form of (2) is:

�n+1
i,j,k = �n

i,j,k + τ

2

(
6∑

nb=1

�n
nb − 6�n

i,j,k

)
− ρi,j,kτ, (20)
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Fig. 2 A slice through the refinement structure (the base grid is not shown) in a �CDM simulation (left
panel) and the corresponding slice through the particle distribution (middle panel). The area enclosed by the
square is enlarged in the right panel. Taken from Kravtsov et al. (1997)

where the summation is performed over a cell’s neighbours. Here,  is the actual spatial
resolution of the solution (potential), while τ is a fictitious time step (not related to the
actual time integration of the N -body system). This finite difference method is stable when
τ ≤ 2/6. More details can be found in Press et al. (1992) and also Kravtsov et al. (1997).
Figure 2, from Kravtsov et al. (1997), shows an example of the mesh constructed to calculate
the potential in a cosmological simulation.

2.4 Hybrids (TreePM/P 3M)

Hybrid methods can be constructed as a synthesis of the particle-mesh method and the tree
algorithm. In TreePM methods (Xu 1995; Bode et al. 2000; Bagla 2002; Bagla and Ray
2003) the potential is explicitly split in Fourier space into a long-range and a short-range
part according to �k = �

long
k + �short

k , where

�
long
k = �k exp(−k2r2

s ), (21)

with rs describing the spatial scale of the force-split. The long range potential can be com-
puted very efficiently with mesh-based Fourier methods.

The short-range part of the potential can be solved in real space by noting that for rs 
 L

the short-range part of the real-space solution of the Poisson equation is given by

�short(x) = −G
∑

i

mi

ri

erfc

(
ri

2rs

)
. (22)

Here ri is the distance of any particle i to the point x. Thus the short-range force can be
computed by the tree algorithm, except that the force law is modified by a long-range cut-
off factor.

Such hybrid methods can result in a very substantial improvement of the performance
compared to ordinary tree methods. In addition one typically gains accuracy in the long-
range force, which is now basically exact, and not an approximation as in the tree method.
Furthermore, if rs is chosen to be slightly larger than the mesh scale, force anisotropies, that
exist in plain PM methods, can be suppressed to essentially arbitrarily low levels. A TreePM
approach also maintains all the most important advantages of the tree algorithm, namely its
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Fig. 3 Force decomposition and force error of the TreePM scheme in the case when two stacked meshes are
used. The left panel illustrates the strength of the short-range (dot-dashed), intermediate-range (thick solid),
and long-range (solid) force as a function of distance in a periodic box. The spatial scales of the two splits are
marked with vertical dashed lines. The right panel shows the error distribution of the PM force. The outer
matching region exhibits a very similar error characteristic as the inner match of tree- and PM-force. In both
cases, for separations of order the fine or coarse mesh scale (dotted lines), respectively, force errors of up
to 1–2% arise, but the r.m.s. force error stays well below 1%, and the mean force tracks the correct result
accurately. Taken from Springel (2005)

insensitivity to clustering, its essentially unlimited dynamical range, and its precise control
of the softening scale of the gravitational force.

Figure 3 shows how the force matching works in the GADGET-2 code (Springel 2005),
where such a hybrid method is further extended to two subsequent stacked FFTs combined
with the tree algorithm. This extension enables one to increase the dynamic range, which,
in turn, improves the computational speed in high resolution simulations of the evolution of
galaxy clusters within a large cosmological volume.

Although used much earlier (because much easier to implement), the P3M method can
be seen as a special case of the TreePM, where the tree is replaced by the direct sum. Note
that also in the tree algorithm the nearest forces are calculated by a direct sum, thus the
P3M approach formally corresponds to extending the direct sum of the tree method to the
scale where the PM force computation takes over. Couchman (1991) presented an improved
version of the P3M method, by allowing spatially adaptive mesh refinements in regions with
high particle density (Adaptive P3M or AP3M). The improvement in the performance made
it very attractive and several cosmological simulations were performed with this technique,
including the Hubble Volume simulations (Evrard et al. 2002).

2.5 Time-Stepping and Integration

The accuracy obtained when evolving the system depends on the size of the time step and
on the integrator scheme used. Finding the optimum size of time step is not trivial. A very
simple criterion often used is

t = α
√

ε/|a|, (23)

where |a| is the acceleration obtained at the previous time step, ε is a length scale, which
can typically be associated with the gravitational softening, and α is a tolerance parameter.
More details about different time step criteria can be found for example in Power et al.
(2003) and references therein. For the integration of the variables (positions and velocities)
of the system, we only need to integrate first order equations of the form ẏ = f (y), e.g.
ordinary differential equations (ODEs) with appropriate initial conditions. Note that we can
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first solve this ODE for the velocity v and then treat ẋ = v as an independent ODE, at
basically no extra cost.

One can distinguish implicit and explicit methods for propagating the system from step n

to step n+1. Implicit methods usually have better properties, however they need to solve the
system iteratively, which usually requires inverting a matrix which is only sparsely sampled,
and has the dimension of the total number of the data points, namely grid or particle points.
Therefore, N -body simulations mostly adopt explicit methods.

The simplest (but never used) method to perform the integration of an ODE is called
Euler’s method; here the integration is just done by multiplying the derivatives with the
length of the time step. The explicit form of such a method can be written as

yn+1 = yn + f(yn)t, (24)

whereas the implicit version is written as

yn+1 = yn + f(yn+1)t. (25)

Note that in the latter equation yn+1 appears on the left and right side, which makes it clear
why it is called implicit. Obviously the drawback of the explicit method is that it assumes
that the derivatives (e.g. the forces) do not change during the time step.

An improvement to this method can be obtained by using the mean derivative during the
time step, which can be written with the implicit mid-point rule as

yn+1 = yn + f[0.5(yn + yn+1)]t. (26)

An explicit rule using the forces at the next time step is the so-called predictor-corrector
method, where one first predicts the variables for the next time step

y0
n+1 = yn + f(yn)t (27)

and then uses the forces calculated there to correct this prediction (the so-called corrector
step) as

yn+1 = yn + 0.5[f(yn) + f(y0
n+1)]t. (28)

This method is accurate to second order.
In fact, all these methods are special cases of the so-called Runge-Kutta method (RK),

which achieves the accuracy of a Taylor series approach without requiring the calculation of
higher order derivatives. The price one has to pay is that the derivatives (e.g. forces) have to
be calculated at several points, effectively splitting the interval t into special subsets. For
example, a second order RK scheme can be constructed by

k1 = f(yn) (29)

k2 = f(yn + k1t) (30)

yn+1 = yn + 0.5(k1 + k2)t. (31)

In a fourth order RK scheme, the time interval t also has to be subsampled to calculate the
mid-points, e.g.

k1 = f(yn, tn) (32)
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k2 = f(yn + k1t/2, tn + t/2) (33)

k3 = f(yn + k2t/2, tn + t/2) (34)

k4 = f(yn + k3t/2, tn + t) (35)

yn+1 = yn +
(

k1

6
+ k2

3
+ k3

3
+ k4

6

)
t. (36)

More details on how to construct the coefficient for an n-th order RK scheme are given in
e.g. Chapra and Canale (1997).

Another possibility is to use the so-called leap-frog method, where the derivatives (e.g.
forces) and the positions are shifted in time by half a time step. This feature can be used to
integrate directly the second order ODE of the form ẍ = f(x). Depending on whether one
starts with a drift (D) of the system by half a time step or one uses the forces at the actual
time to propagate the system (kick, K), one obtains a KDK version

vn+1/2 = vn + f(xn)t/2 (37)

xn+1 = xn + vn+1/2t (38)

vn+1 = vn+1/2 + f(xn+1)t/2 (39)

or a DKD version of the method

xn+1/2 = xn + vnt/2 (40)

vn+1 = vn + f(xn+1/2)t (41)

xn+1 = xn+1/2 + vn+1t/2. (42)

This method is accurate to second order, and, as will be shown in the next paragraph, also
has other advantages. For more details see Springel (2005).

It is also clear that, depending on the application, a lower order scheme applied with
more, and thus smaller, time steps can be more efficient than a higher order scheme, which
enables the use of larger time steps. In the upper rows of Fig. 4, we show the numeri-
cal integration of a Kepler problem (i.e. two point-like masses with large mass difference
which orbit around each other like a planet-sun system) of high eccentricity e = 0.9, us-
ing second-order accurate leap-frog and Runge-Kutta schemes with fixed time step. There
is no long-term drift in the orbital energy for the leap-frog result (left panel); only a small
residual precession of the elliptical orbit is observed. On the other hand, the second-order
Runge-Kutta integrator, which has formally the same error per step, fails catastrophically
for an equally large time step (middle panel). After only 50 orbits, the binding energy has
increased by ∼ 30%. If we instead employ a fourth-order Runge-Kutta scheme using the
same time step (right panel), the integration is only marginally more stable, now giving a
decline of the binding energy of ∼ 40% over 200 orbits. Note however that such a higher
order integration scheme requires several force evaluations per time step, making it compu-
tationally much more expensive for a single step than the leap-frog, which requires only one
force evaluation per step. The underlying mathematical reason for the remarkable stability
of the leap-frog integrator lies in its symplectic properties. For a more detailed discussion,
see Springel (2005).
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Fig. 4 The upper two rows show a Kepler problem of high eccentricity evolved with different simple time
integration schemes, using an equal time step in all cases. Even though the leap-frog (upper left panel) and the
second order Runge-Kutta (upper right panel) produce comparable errors in a single step, the long term stabil-
ity of the integration is very different. Even a computationally much more expensive fourth order Runge-Kutta
scheme (middle row), with a smaller error per step, performs dramatically worse than the leap-frog in this
problem. The lower row shows the same using leap-frog schemes with a variable time step from step to step,
based on the t ∝ 1/

√|a| criterion commonly employed in cosmological simulations. As a result of the vari-
able time steps, the integration is no longer manifestly time reversible, and long term secular errors develop.
Interestingly, the error in the KDK (Kick-Drift-Kick) variant grows four times more slowly than in the DKD
(Drift-Kick-Drift) variant, despite being of equal computational cost. Taken from Springel (2005)
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In cosmological simulations, we are confronted with a large dynamic range in timescales.
In high-density regions, like at the centres of galaxies, the required time steps are orders of
magnitude smaller than in the low-density regions of the intergalactic medium, where a large
fraction of the mass resides. Hence, evolving all the particles with the smallest required time
step implies a substantial waste of computational resources. An integration scheme with
individual time steps tries to cope with this situation more efficiently. The principal idea is
to compute forces only for a certain group of particles in a given kick operation (K), with the
other particles being evolved on larger time steps being usually just drifted (D) and ‘kicked’
more rarely.

The KDK scheme is hence clearly superior once one allows for individual time steps, as
shown in the lower row of Fig. 4. It is also possible to try to recover the time reversibility
more precisely. Hut et al. (1995) discuss an implicit time step criterion that depends both
on the beginning and on the end of the time step, and, similarly, Quinn et al. (1997) discuss
a binary hierarchy of trial steps that serves a similar purpose. However, these schemes are
computationally impractical for large collisionless systems. Fortunately, however, in this
case, the danger of building up large errors by systematic accumulation over many periodic
orbits is much smaller, because the gravitational potential is highly time-dependent and the
particles tend to make comparatively few orbits over a Hubble time.

2.6 Initial Conditions

Having robust and well justified initial conditions is one of the key points of any numerical
effort. For cosmological purposes, observations of the large–scale distribution of galaxies
and of the CMB agree to good precision with the theoretical expectation that the growth
of structures starts from a Gaussian random field of initial density fluctuations; this field is
thus completely described by the power spectrum P (|k|) whose shape is theoretically well
motivated and depends on the cosmological parameters and on the nature of Dark Matter.

To generate the initial conditions, one has to generate a set of complex numbers with a
randomly distributed phase φ and with amplitude normally distributed with a variance given
by the desired spectrum (e.g. Bardeen et al. 1986). This can be obtained by drawing two
random numbers φ in ]0,1] and A in ]0,1] for every point in k-space

δ̂k = √−2P (|k|)ln(A)ei2πφ. (43)

To obtain the perturbation field generated from this distribution, one needs to generate the
potential �(q) on a grid q in real space via a Fourier transform, e.g.

�(q) =
∑

k

δ̂k

k2
eikq. (44)

The subsequent application of the Zel’dovich approximation (Zel’dovich 1970) enables one
to find the initial positions

x = q − D+(z)�(q) (45)

and velocities

v = Ḋ+(z)∇�(q) (46)

of the particles, where D+(z) and Ḋ+(z) indicate the cosmological linear growth factor
and its derivative at the initial redshift z. A more detailed description can be found in e.g.
Efstathiou et al. (1985).
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Fig. 5 Shown is a slice to the particle distribution with the imposed displacement, taken from the same
cosmological initial conditions, once based on an originally regular grid (left panel) and once based on an
originally glass like particle distribution (right panel)

There are two further complications which should be mentioned. The first is that one can
try to reduce the discreteness effect that is induced on the density power spectrum by the
regularity of the underlying grid of the particle positions q that one has at the start. This can
be done by constructing an amorphous, fully relaxed particle distribution to be used, instead
of a regular grid. Such a particle distribution can be constructed by applying negative gravity
to a system and evolving it for a long time, including a damping of the velocities, until it
reaches a relaxed state, as suggested by White (1996). Figure 5 gives a visual impression on
the resulting particle distributions.

A second complication is that, even for studying individual objects like galaxy clusters,
large-scale tidal forces can be important. A common approach used to deal with this problem
is the so-called “zoom” technique: a high resolution region is self-consistently embedded in
a larger scale cosmological volume at low resolution (see e.g. Tormen et al. 1997). This ap-
proach usually allows an increase of the dynamical range of one to two orders of magnitude
while keeping the full cosmological context. For galaxy simulations it is even possible to
apply this technique on several levels of refinements to further improve the dynamical range
of the simulation (e.g. Stoehr et al. 2003). A frequently used, publicly available package to
create initial conditions is the COSMICS package by Bertschinger (1995).

2.7 Resolution

There has been a long standing discussion in the literature to understand what is the optimal
setup for cosmological simulations, and how many particles are needed to resolve certain
regions of interest. Note that the number of particles needed for convergence also depends
on what quantity one is interested in. For example, mass functions, which count identified
halos, usually give converging results at very small particle numbers per halo (≈30–50),
whereas structural properties, like a central density or the virial radius, converge only at
significantly higher particle numbers (≈ 1000). As we will see in a later chapter, if one
wants to infer hydrodynamical properties like baryon fraction or X-ray luminosity, values
converge only for halos represented by even more particles (≈ 10 000).
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Fig. 6 Mean inner density
contrast as a function of the
enclosed number of particles in
4 series of simulations varying
the number of particles in the
high-resolution box, from 323

to 2563. Each symbol
corresponds to a fixed fraction of
the virial radius, as shown by the
labels on the right. The number
of particles needed to obtain
robust results increases with
density contrast, roughly as
prescribed by the requirement
that the collisional relaxation
timescale should remain longer
than the age of the Universe.
According to this, robust
numerical estimates of the mass
profile of a halo are only possible
to the right of the curve labelled
trelax ∼ 0.6t0. Taken from Power
et al. (2003)

Recently, Power et al. (2003) performed a comprehensive series of convergence tests de-
signed to study the effect of numerical parameters on the structure of simulated CDM halos.
These tests explore the influence of the gravitational softening, the time stepping algorithm,
the starting redshift, the accuracy of force computations, and the number of particles in the
spherically-averaged mass profile of a galaxy-sized halo in the CDM cosmogony with a
non-null cosmological constant (�CDM). Power et al. (2003), and the references therein,
suggest empirical rules that optimise the choice of these parameters. When these choices
are dictated by computational limitations, Power et al. (2003) offer simple prescriptions to
assess the effective convergence of the mass profile of a simulated halo. One of their main
results is summarised in Fig. 6, which shows the convergence of a series of simulations with
different mass resolution on different parts of the density profile of a collapsed object. This
figure clearly demonstrates that the number of particles within a certain radius needed to
obtain converging results depends on the enclosed density.

In general, both the size and the dynamical range or resolution of the simulations have
been increasing very rapidly over the last decades. Figure 7 shows a historical compilation
of large N -body simulations: their size growth, thanks to improvements in the algorithms,
is faster than the underlying growth of the available CPU power.

2.8 Code Comparison for Pure Gravity

In the last thirty years cosmology has turned from a science of order-of-magnitude estimates
to a science with accuracies of 10% or less in its measurements and theoretical predictions.
Crucial observations along the way were the measurement of the cosmic microwave back-
ground radiation, and large galaxy surveys. In the future such observations will yield even
higher accuracy (1%) over a much wider dynamical range. Such measurements will provide
insight into several topics, e.g. the nature of dark energy (expressed by the equation of state
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Fig. 7 Moore’s empirical law
shows that the computing power
typically doubles every
18 months. This figure shows the
size of N -body simulations as a
function of their running date.
Clearly, specially recently, the
improvement in the algorithms
allowed the simulation to grow
faster than the improvement of
the underlying CPU power.
Kindly provided by Volker
Springel

w = p/ρ with p being the pressure and ρ the density). In order to make optimal use of
the observations, theoretical calculations of at least the same level of accuracy are required.
As physics in the highly non-linear regime, combined with complicated gas physics and
astrophysical feedback processes are involved, this represents a real challenge.

Different numerical methods have therefore to be checked and compared continuously.
The most recent comparison of ten commonly-used codes from the literature has been per-
formed in an extensive comparison program. The ten codes used for the comparison per-
formed by Heitmann et al. (2007) cover a variety of methods and application arenas. The
simulation methods employed include parallel particle-in-cell (PIC) techniques (the PM
codes MC2 and PMM, the Particle-Mesh/Adaptive Mesh Refinement (AMR) codes ENZO
and FLASH), a hybrid of PIC and direct N -body (the AP3M code Hydra), tree algorithms
(the treecodes PKDGRAV and HOT), and hybrid tree-PM algorithms (GADGET-2, TPM,
and TreePM).

The results from the code comparisons are satisfactory and not unexpected, but also
show that much more work is needed in order to attain the required accuracy for upcoming
surveys. The halo mass function is a very stable statistic, the agreement over wide ranges
of mass being better than 5%. Additionally, the low mass cutoff for individual codes can be
reliably predicted by a simple criterion.

The internal structure of halos in the outer regions of ∼R200 also appears to be very
similar between different simulation codes. Larger differences between the codes in the inner
region of the halos occur if the halo is not in a relaxed state: in this case, time stepping issues
might also play an important role (e.g. particle orbit phase errors, global time mismatches).
For halos with a clear single centre, the agreement is very good and predictions for the
fall-off of the profiles from resolution criteria hold as expected. The investigation of the
halo counts as a function of density revealed an interesting problem with the TPM code,
the simulation suffering from a large deficit in medium density regimes. The AMR codes
showed a large deficit of small halos over almost the entire density regime, as the base grid
of the AMR simulation sets a resolution limit that is too low for the halos, as can be seen in
Fig. 8.
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Fig. 8 A recent comparison of the predicted number of halos as a function of density for ten different
cosmological codes. Left panel: halos with 10–40 particles, right panel: halos with 41–2500 particles. The
lower panels show the residuals with respect to GADGET-2. Both panels show the deficit of small halos in
ENZO and FLASH over most of the density region—only at very high densities do the results catch up. The
behaviour of the TPM simulation is interesting: not only does this simulation have a deficit of small halos
but the deficit is very significant in medium density regions, in fact falling below the two Adaptive Mesh
Refinement codes. The slight excess of small halos shown in the TreePM run vanishes completely if the halo
cut is raised to 20 particles per halo and the TreePM results are in that case in excellent agreement with
GADGET-2. Adapted from Heitmann et al. (2007)

The power spectrum measurements revealed definitively more scatter among the different
codes than expected. The agreement in the nonlinear regime is at the 5–10% level, even
on moderate spatial scales around k = 10h Mpc−1. This disagreement on small scales is
connected to differences of the codes in the inner regions of the halos. For more detailed
discussion see Heitmann et al. (2007) and references therein.

In a detailed comparison of ENZO and GADGET, O’Shea et al. (2005) already pointed
out that to reach reasonable good agreement, relatively conservative criteria for the adaptive
grid refinement are needed. Furthermore, choosing a grid resolution twice as high as the
mean inter-particle distance of the dark matter particles is recommended, to improve the
small scale accuracy of the calculation of the gravitational forces.

3 Hydro Methods

The baryonic content of the Universe can typically be described as an ideal fluid. There-
fore, to follow the evolution of the fluid, one usually has to solve the set of hydrodynamic
equations

dv
dt

= −∇P

ρ
− ∇�, (47)
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dρ

dt
+ ρ∇v = 0 (48)

and

du

dt
= −P

ρ
∇ · v − �(u,ρ)

ρ
, (49)

which are the Euler equation, continuity equation and the first law of thermodynamics, re-
spectively. They are closed by an equation of state, relating the pressure P to the internal
energy (per unit mass) u. Assuming an ideal, monatomic gas, this will be

P = (γ − 1)ρu (50)

with γ = 5/3. In the next sections, we will discuss how to solve this set of equations, ne-
glecting radiative losses described by the cooling function �(u,ρ); in Sect. 4.1 we will give
examples of how radiative losses or additional sources of heat are included in cosmological
codes. We can also assume that the ∇� term will be solved using the methods described in
the previous section.

As a result of the high nonlinearity of gravitational clustering in the Universe, there
are two significant features emerging in cosmological hydrodynamic flows; these features
pose more challenges than the typical hydrodynamic simulation without self-gravity. One
significant feature is the extremely supersonic motion around the density peaks developed by
gravitational instability, which leads to strong shock discontinuities within complex smooth
structures. Another feature is the appearance of an enormous dynamic range in space and
time, as well as in the related gas quantities. For instance, the hierarchical structures in the
galaxy distribution span a wide range of length scales, from the few kiloparsecs resolved in
an individual galaxy to the several tens of megaparsecs characterising the largest coherent
scale in the Universe.

A variety of numerical schemes for solving the coupled system of collisional baryonic
matter and collisionless dark matter have been developed in the past decades. They fall into
two categories: particle methods, which discretise mass, and grid-based methods, which
discretise space. We will briefly describe both methods in the next two sections.

3.1 Eulerian (Grid)

The set of hydrodynamical equations for an expanding Universe reads

∂v
∂t

+ 1

a
(v · ∇)v + ȧ

a
v = − 1

aρ
∇P − 1

a
∇�, (51)

∂ρ

∂t
+ 3ȧ

a
ρ + 1

a
∇ · (ρv) = 0 (52)

and

∂

∂t
(ρu) + 1

a
v · ∇(ρu) = −(ρu + P )

(
1

a
∇ · v + 3

ȧ

a

)
(53)

respectively, where the right term in the last equation reflects the expansion in addition to
the usual P dV work.

The grid-based methods solve these equations based on structured or unstructured grids,
representing the fluid. One distinguishes primitive variables, which determine the thermody-
namic properties, (e.g. ρ, v or P ) and conservative variables which define the conservation
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Fig. 9 Reconstruction of the principal variables (un) on the grid using different methods, like piecewise
constant (PCM), piecewise linear (PLM) or piecewise parabolic (PPM). The reconstruction scheme then
allows one to calculate cell averages (ūn) as well as the left and right-hand sided values on the cell boundaries
(ul

n±0.5, ur
n±0.5)

laws, (e.g. ρ, ρv or ρu). Early attempts were made using a central difference scheme, where
fluid is only represented by the centred cell values (e.g. central variables, un in Fig. 9 and
derivatives are obtained by the finite-difference representation, similar to (15) and (16), see
for example Cen (1992). Such methods will however break down in regimes where discon-
tinuities appear. These methods therefore use artificial viscosity to handle shocks (similar
to the smoothed particle hydrodynamics method described in the next section). Also, by
construction, they are only first-order accurate.

More modern approaches use reconstruction schemes, which, depending on their order,
take several neighbouring cells into account to reconstruct the field of any hydrodynamical
variable. Figure 9 illustrates three different reconstruction schemes, with increasing order of
accuracy, as piecewise constant method (PCM), piecewise linear method (PLM, e.g. Colella
and Glaz 1985) and piecewise parabolic method (PPM, Colella and Woodward 1984). The
shape of the reconstruction fn,u(x) is then used to calculate the total integral of a quantity
over the grid cell, divided by the volume of each cell (e.g. cell average, ûn), rather than
pointwise approximations at the grid centres (e.g. central variables, un).

ûn =
∫ xn+0.5

xn−0.5

fn,u(x)dx. (54)

They are also used to calculate the left and right-hand sided values at the cell boundaries
(e.g. ul

n±0.5, u
r
n±0.5), which are used later as initial conditions to solve the Riemann prob-

lem. To avoid oscillations (e.g. the development of new extrema), additional constraints are
included in the reconstruction. For example, in the PLM reconstruction this is ensured by
using so-called slope limiters which estimate the maximum slope allowed for the reconstruc-
tion. One way is to demand that the total variation among the interfaces does not increase
with time. Such so-called total variation diminishing schemes (TVD, Harten 1983), nowa-
days provide various different slope limiters suggested by different authors. In our example



248 K. Dolag et al.

illustrated by Fig. 9, the so called minmod slope limiter

ui = minmod (�(ui+1 − ui), (ui+1 − ui−1)/2, θ(ui − ui−1)) , (55)

where ui is the limiter slope within the cell i and θ = [1,2], would try to fix the slope
f ′

n−1,u(xn−1) and f ′
n,u(xn), such as to avoid that ul

n−0.5 becomes larger than ur
n−0.5. The so

called Aldaba-type limiter

ui = 2(ui+1 − ui)(ui − ui−1) + ε

(ui+1 − ui)2 + (ui − ui−1)2 + ε2

1

2
(ui+1 − ui−1), (56)

where ε is a small positive number to avoid problems in homogeneous regions, would try
to avoid that ul

n−0.5 is getting larger than un and that ur
n−0.5 is getting smaller than un−1, e.g.

that a monotonic profile in ui is preserved.
In the PPM (or even higher order) reconstruction this enters as an additional condition

when finding the best-fitting polynomial function. The additional cells which are involved
in the reconstruction are often called the stencil. Modern, high order schemes usually have
stencils based on at least 5 grid points and implement essentially non-oscillatory (ENO;
Harten et al. 1987) or monoticity preserving (MP) methods for reconstruction, which main-
tain high-order accuracy. For every reconstruction, a smoothness indicator Sm

n can be con-
structed, which is defined as the integral over the sum of the squared derivatives of the
reconstruction over the stencil chosen, e.g.

Sm
n =

2∑
l=1

∫ xn+m

xn−m

(x)2l−1
(
∂l

xf
m
n,u(x)

)2
dV. (57)

In the ENO schemes, a set of candidate polynomials pm
n with order 2m + 1 for a set of sten-

cils based on different numbers of grid cells m are used to define several different recon-
struction functions f m

n,u. Then, the reconstruction with the lowest smoothness indicator Sm
n

is chosen. In this way the order of reconstruction will be reduced around discontinuities, and
oscillating behaviour will be suppressed.

To improve on the ENO schemes in robustness and accuracy one can, instead of selecting
the reconstruction with the best smoothness indicator Sm

n , construct the final reconstruction
by building the weighted reconstruction

f̂u(x) =
∑
m

wmf m
n,u(x), (58)

where the weights wm are a proper function of the smoothness indicators Sm
n . This procedure

is not unique. Jiang and Shu (1996) proposed defining

wm = αm∑
l αl

(59)

with

αl = Cl

(ε + Sl
n)

β
, (60)

where Cl , ε and β are free parameters, which for example can be taken from Levy et al.
(1999). This are the so-called weighted essentially non-oscillatory (WENO) schemes. These
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Fig. 10 The Riemann problem:
The upper panel shows the initial
state, the lower panel shows the
evolved problem for the case of
no relative motion between the
two sides (u1 = u5 = 0). The
solid lines mark the pressure P ,
the dashed dotted lines the
density ρ and the dotted line the
velocity v. Kindly provided by
Ewald Müller

schemes can simultaneously provide a high-order resolution for the smooth part of the solu-
tion and a sharp, monotonic shock or contact discontinuity transition. For a review on ENO
and WENO schemes, see e.g. Shu (1998).

After the left and right-hand values at the cell boundaries (e.g. interfaces) are recon-
structed, the resulting Riemann problem is solved, e.g. the evolution of two constant states
separated by a discontinuity. This can be done either analytically or approximately, using
left and right-handed values at the interfaces as a jump condition.

With the solution one obtains, the fluxes across these boundaries for the time step can be
calculated and the cell averages ûn can be updated accordingly. In multiple dimensions, all
these steps are performed for each coordinate direction separately, taking only the interface
values along the individual axes into account. There are attempts to extend the reconstruc-
tion schemes, to directly reconstruct the principal axis of the Riemann problem in multiple
dimensions, so that then it has to be solved only once for each cell. However the complexity
of reconstructing the surface of shocks in three dimensions has so far seen to be untraceable.

How to solve the general Riemann problem, e.g. the evolution of a discontinuity initially
separating two states, can be found in text books (e.g. Courant and Friedrichs 1948). Here
we give only the evolution of a shock tube as an example. This corresponds to a system
where both sides are initially at rest. Figure 10 shows the initial and the evolved system. The
latter can be divided into 5 regions. The values for regions 1 and 5 are identical to the initial
configuration. Region 2 is a rarefaction wave which is determined by the states in regions 1
and 3. Therefore we are left with 6 variables to determine, namely ρ3, P3, v3 and ρ4, P4, v4,
where we have already eliminated the internal energy ui in all regions, as it can be calculated
from the equation of state. As there is no mass flux through the contact discontinuity, and
as the pressure is continuous across the contact discontinuity, we can eliminate two of the
six variables by setting v3 = v4 = vc and P3 = P4 = Pc. The general Rankine-Hugoniot
conditions, describing the jump conditions at a discontinuity, read

ρlvl = ρrvr (61)
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ρlv
2
l + Pl = ρrv

2
r + Pr (62)

vl

(
ρl(v

2
l /2 + ul) + Pl

) = vr

(
ρr(v

2
r /2 + ur) + Pr

)
, (63)

where we have assumed a coordinate system which moves with the shock velocity vs.
Assuming that the system is at rest in the beginning, e.g. v1 = v5 = 0, the first Rankine-
Hugoniot condition for the shock between region 4 and 5 moving with a velocity vs (note
the implied change of the coordinate system) is in our case

m = ρ5vs = ρ4(vs − vc) (64)

and therefore the shock velocity becomes

vs = ρ4vc

ρ4 − ρ5
. (65)

The second Rankine-Hugoniot condition is

mvc = ρ4(vs − vc)vc = Pc − P5, (66)

which, combined with the first, can be written as

ρ4

(
ρ4vc

ρ4 − ρ5
− vc

)
vc = Pc − P5, (67)

which, slightly simplified, leads to a first condition

(P5 − Pc)

(
1

ρ5
− 1

ρ4

)
= −v2

c . (68)

The third Rankine-Hugoniot condition is

m

(
ε4 + v2

c

2
− ε5

)
= Pcvc, (69)

which, by eliminating m, can be written as

ε4 − ε5 = Pc + P5

Pc − P5

v2
c

2
. (70)

Using the first condition (68) and assuming an ideal gas for the equation of state, one gets

1

γ − 1

(
Pc

ρ4
− P5

ρ5

)
= Pc + P5

2ρ4ρ5
, (71)

which leads to the second condition

Pc − P5

Pc + P5
= γ

ρ4 − ρ5

ρ4 + ρ5
. (72)

The third condition comes from the fact that the entropy (∝ ln(P/ργ ) stays constant in the
rarefaction wave, and therefore one can write it as

P1

Pc
=

(
ρ1

ρ3

)γ

. (73)
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The fourth condition comes from the fact that the Riemann Invariant

v +
∫

c

ρ
dρ (74)

is a constant, which means that

vc +
∫

c3

ρ3
dρ = v1 +

∫
c1

ρ1
dρ, (75)

where c = √
γP/ρ denotes the sound velocity, with which the integral can be written as

∫
c

ρ
dρ = 2

γ − 1

√
γP

ρ
. (76)

Therefore, the fourth condition can be written as

vc + 2

γ − 1

√
γPc

ρ3
= 2

γ − 1

√
γP1

ρ1
. (77)

Combining all 4 conditions (68, 72, 73 and 77) and defining the initial density ratio λ =
ρ1/ρ5 one gets the non linear, algebraic equation

ρ1

ρ5

1

λ

(1 − P )2

γ (1 + P ) − 1 + P
= 2γ

(γ − 1)2

[
1 −

(
P

λ

)(γ−1)/(2γ )
]2

(78)

for the pressure ratio P = Pc/P5. Once Pc is known from solving this equation, the remain-
ing unknowns can be inferred step by step from the four conditions.

There are various approximate methods to solve the Riemann problem, including the so-
called ROE method (e.g. Powell et al. 1999), HLL/HLLE method (e.g. see Harten et al. 1983;
Einfeldt 1988; Einfeldt et al. 1991) and HLLC (e.g. see Li 2005). A description of all these
methods is outside the scope of this review, so we redirect the reader to the references given
or textbooks like LeVeque (2002).

At the end of each time step, one has to compute the updated central values un from
the updated cell average values ûn. Normally, this would imply inverting (54), which is
not trivial in the general case. Therefore, usually an additional constraint is placed on the
reconstruction method, namely that the reconstruction fulfills un = ûn. In this case the last
step is trivial.

In general, the grid-based methods suffer from limited spatial resolution, but they work
extremely well in both low- and high-density regions, as well as in shocks. In cosmological
simulations, accretion flows with large Mach numbers (e.g. M > 100) are very common.
Here, following the total energy in the hydrodynamical equations, one can get inaccurate
thermal energy, leading to negative pressure, due to discretisation errors when the kinetic
energy dominates the total energy. In such cases, as suggested by Ryu et al. (1993) and
Bryan et al. (1995), the numerical schemes usually switch from formulations solving the
total energy to formulations based on solving the internal energy in these hypersonic flow
regions.

In the cosmological setting, there are the TVD-based codes including those of Ryu et al.
(1993) and Li et al. (2006) (CosmoMHD), the moving-mesh scheme (Pen 1998) and the
PLM-based code ART (Kravtsov et al. 1997; Kravtsov 2002). The PPM-based codes include
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those of Stone and Norman (1992) (Zeus), Bryan et al. (1995) (ENZO), Ricker et al. (2000)
(COSMOS) and Fryxell et al. (2000) (FLASH). There is also the WENO-based code by Feng
et al. (2004).

3.2 Lagrangian (SPH)

The particle methods include variants of smoothed particle hydrodynamics (SPH; Gingold
and Monaghan 1977; Lucy 1977) such as those of Evrard (1988), Hernquist and Katz (1989),
Navarro and White (1993), Couchman et al. (1995) (Hydra), Steinmetz (1996a) (GRAPE-
SPH), Owen et al. (1998), and Springel et al. (2001a), Springel (2005) (GADGET). The
SPH method solves the Lagrangian form of the Euler equations and can achieve good spa-
tial resolutions in high-density regions, but it works poorly in low-density regions. It also
suffers from degraded resolution in shocked regions due to the introduction of a sizable arti-
ficial viscosity. Agertz et al. (2007) argued that whilst Eulerian grid-based methods are able
to resolve and treat dynamical instabilities, such as Kelvin-Helmholtz or Rayleigh-Taylor,
these processes are poorly resolved by existing SPH techniques. The reason for this is that
SPH, at least in its standard implementation, introduces spurious pressure forces on particles
in regions where there are steep density gradients, in particular near contact discontinuities.
This results in a boundary gap of the size of an SPH smoothing kernel radius, over which
interactions are severely damped. Nevertheless, in the cosmological context, the adaptive
nature of the SPH method compensates for such shortcomings, thus making SPH the most
commonly used method in numerical hydrodynamical cosmology.

3.2.1 Basics of SPH

The basic idea of SPH is to discretise the fluid by mass elements (e.g. particles), rather than
by volume elements as in the Eulerian methods. Therefore it is immediately clear that the
mean inter-particle distance in collapsed objects will be smaller than in underdense regions;
the scheme will thus be adaptive in spatial resolution by keeping the mass resolution fixed.
For a comprehensive review see Monaghan (1992). To build continuous fluid quantities, one
starts with a general definition of a kernel smoothing method

〈A(x)〉 =
∫

W(x − x′, h)A(x′)dx′, (79)

which requires that the kernel is normalised (i.e.
∫

W(x, h)dx = 1) and collapses to a delta
function if the smoothing length h approaches zero, namely W(x, h) → δ(x) for h → 0.

One can write down the continuous fluid quantities (e.g. 〈A(x)〉) based on the discretised
values Aj represented by the set of the individual particles mj at the position xj as

〈Ai〉 = 〈A(xi )〉 =
∑

j

mj

ρj

AjW(xi − xj , h) , (80)

where we assume that the kernel depends only on the distance modulus (i.e. W(|x − x′|, h))
and we replace the volume element of the integration, dx = d3x, with the ratio of the mass
and density mj/ρj of the particles. Although this equation holds for any position x in space,
here we are only interested in the fluid representation at the original particle positions xi ,
which are the only locations where we will need the fluid representation later on. It is im-
portant to note that for kernels with compact support (i.e. W(x, h) = 0 for |x| > h) the
summation does not have to be done over all the particles, but only over the particles within
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the sphere of radius h, namely the neighbours around the particle i under consideration.
Traditionally, the most frequently used kernel is the B2-spline, which can be written as

W(x,h) = σ

hν

⎧⎪⎪⎪⎪⎪⎨
⎪⎪⎪⎪⎪⎩

1 − 6
(x

h

)2 + 6
(x

h

)3
, 0 ≤ x

h
< 0.5,

2
(

1 − x

h

)3
, 0.5 ≤ x

h
< 1,

0, 1 ≤ x

h
,

(81)

where ν is the dimensionality (e.g. 1, 2 or 3) and σ is the normalisation

σ =

⎧⎪⎪⎪⎪⎪⎨
⎪⎪⎪⎪⎪⎩

16

3
, ν = 1,

80

7π
, ν = 2,

8

π
, ν = 3.

(82)

Sometimes, spline kernels of higher order are used for very special applications; however
the B2 spline kernel turns out to be the optimal choice in most cases.

When one identifies Ai with the density ρi , ρi cancels out on the right hand side of (80),
and we are left with the density estimate

〈ρi〉 =
∑

j

mjW(xi − xj , h), (83)

which we can interpret as the density of the fluid element represented by the particle i.
Now even derivatives can be calculated as

∇ 〈Ai〉 =
∑

j

mj

ρj

Aj∇iW(xi − xj , h), (84)

where ∇i denotes the derivative with respect to xi . A pairwise symmetric formulation of
derivatives in SPH can be obtained by making use of the identity

(ρ∇) · A = ∇(ρ · A) − ρ · (∇A), (85)

which allows one to re-write a derivative as

∇ 〈Ai〉 = 1

ρi

∑
j

mj (Aj − Ai)∇iW(xi − xj , h). (86)

Another way of symmetrising the derivative is to use the identity

∇A

ρ
= ∇

(
A

ρ

)
+ A

ρ2
∇ρ, (87)

which then leads to the following form of the derivative:

∇ 〈Ai〉 = ρi

∑
j

mj

(
Aj

ρ2
j

+ Ai

ρ2
i

)
∇iW(xi − xj , h). (88)
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3.2.2 The Fluid Equations

By making use of these identities, the Euler equation can be written as

dvi

dt
= −

∑
j

mj

(
Pj

ρ2
j

+ Pi

ρ2
i

+ �ij

)
∇iW(xi − xj , h). (89)

By combining the above identities and averaging the result, the term −(P/ρ)∇ · v from the
first law of thermodynamics can similarly be written as

dui

dt
= 1

2

∑
j

mj

(
Pj

ρ2
j

+ Pi

ρ2
i

+ �ij

)(
vj − vi

)∇iW(xi − xj , h). (90)

Here we have added a term �ij which is the so-called artificial viscosity. This term is
usually needed to capture shocks and its construction is similar to other hydro-dynamical
schemes. Usually, one adopts the form proposed by Monaghan and Gingold (1983) and Bal-
sara (1995), which includes a bulk viscosity and a von Neumann-Richtmeyer viscosity term,
supplemented by a term controlling angular momentum transport in the presence of shear
flows at low particle numbers (Steinmetz 1996b). Modern schemes implement a form of
the artificial viscosity as proposed by Monaghan (1997) based on an analogy with Riemann
solutions of compressible gas dynamics. To reduce this artificial viscosity, at least in those
parts of the flows where there are no shocks, one can follow the idea proposed by Morris
and Monaghan (1997): every particle carries its own artificial viscosity, which eventually
decays outside the regions which undergo shocks. A detailed study of the implications on
the ICM of such an implementation can be found in Dolag et al. (2005).

The continuity equation does not have to be evolved explicitly, as it is automatically
fulfilled in Lagrangian methods. As shown earlier, density is no longer a variable but can
be, at any point, calculated from the particle positions. Obviously, mass conservation is
guaranteed, unlike volume conservation: in other words, the sum of the volume elements
associated with all of the particles might vary with time, especially when strong density
gradients are present.

3.2.3 Variable Smoothing Length

Usually, the smoothing length h will be allowed to vary for each individual particle i and
is determined by finding the radius hi of a sphere which contains n neighbours. Typically,
different numbers n of neighbours are chosen by different authors, ranging from 32 to 80.
In principle, depending on the kernel, there is an optimal choice of neighbours (e.g. see
Silverman 1986 or similar books). However, one has to find a compromise between a large
number of neighbours, leading to larger systematics but lower noise in the density esti-
mates (especially in regions with large density gradients) and a small number of neigh-
bours, leading to larger sample variances for the density estimation. In general, once every
particle has its own smoothing length, a symmetric kernel W(xi − xj , hi, hj ) = W̄ij has
to be constructed to keep the conservative form of the formulations of the hydrodynami-
cal equations. There are two main variants used in the literature: one is the kernel average
W̄ij = (W(xi − xj , hi)+W(xi − xj , hj ))/2, the other is an average of the smoothing length
W̄ij = W(xi − xj , (hi + hj )/2). The former is the most commonly used approach.

Note that in all of the derivatives discussed above, it is assumed that h does not de-
pend on the position xj . Thus, by allowing the smoothing length hi to be variable for each
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particle, one formally neglects the correction term ∂W/∂h, which would appear in all the
derivatives. In general, this correction term cannot be computed trivially and therefore many
implementations do not take it into account. It is well known that such formulations are poor
at conserving numerically both internal energy and entropy at the same time, independently
of the use of internal energy or entropy in the formulation of the first law of thermodynam-
ics, see Hernquist (1993). In the next subsection, we present a way of deriving the equations
which include these correction terms ∂W/∂h; this equation set represents a formulation
which conserves numerically both entropy and internal energy.

3.2.4 The Entropy Conservation Formalism

To derive a better formulation of the SPH method, Springel and Hernquist (2002) started
from the entropic function A = P/ργ , which will be conserved in adiabatic flows. The
internal energy per unit mass can be inferred from this entropic function as

ui = Ai

γ − 1
ρ

γ−1
i (91)

at any time, if needed. Entropy will be generated by shocks, which are captured by the
artificial viscosity �ij and therefore the entropic function will evolve as

dAi

dt
= 1

2

γ − 1

ρ
γ−1
i

∑
j

mj�ij

(
vj − vi

)∇iW̄ij . (92)

The Euler equation can be derived starting by defining the Lagrangian of the fluid as

L(q, q̇) = 1

2

∑
i

mi ẋ2
i − 1

γ − 1

∑
i

miAiρ
γ−1
i (93)

which represents the entire fluid and has the coordinates q = (x1, . . . ,xN,h1, . . . , hN). The
next important step is to define constraints, which allow an unambiguous association of hi

for a chosen number of neighbours n. This can be done by requiring that the kernel volume
contains a constant mass for the estimated density,

φi(q) = 4π

3
h3

i ρi − nmi = 0. (94)

The equation of motion can be obtained as the solution of

d

dt

∂L

∂q̇i

− ∂L

∂qi

=
∑

j

λj

∂φj

∂qi

, (95)

which—as demonstrated by Springel and Hernquist (2002)—can be written as

dvi

dt
= −

∑
j

mj

(
fj

Pj

ρ2
j

∇iW(xi − xj , hj ) + fi

Pi

ρ2
i

∇iW(xi − xj , hi) + �ij∇iW̄ij

)
, (96)

where we already have included the additional term due to the artificial viscosity �ij , which
is needed to capture shocks. The coefficients fi incorporate fully the variable smoothing
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Fig. 11 One-dimensional velocity dispersion profile (left panel) and gas temperature profile (right panel) of
the cluster at z = 0 of the Santa Barbara Comparison Project (Frenk et al. 1999). The solid line is the profile
averaged over the 12 simulations. The symbols correspond to individual simulations. The crosses in the left
panel correspond to a dark-matter only simulation. The top panels show the residual from the mean profile.
Taken from Frenk et al. (1999)

length correction term and are defined as

fi =
(

1 + hi

3ρi

∂ρi

∂hi

)−1

. (97)

Note that in addition to the correction terms, which can be easily calculated together with
the density estimation, this formalism also avoids all the ambiguities we saw in the deriva-
tions of the equations in the previous section. This formalism defines how the kernel av-
erages (symmetrisation) have to be taken, and also fixes hi to unambiguous values. For a
detailed derivation of this formalism and its conserving capabilities see Springel and Hern-
quist (2002).

3.3 Code Comparison

The Eulerian and Lagrangian approaches described in the previous sections should provide
the same results when applied to the same problem, like the interaction of multi-phase fluids
(Agertz et al. 2007). To verify that the code correctly solves the hydrodynamical set of
equations, each code is usually tested against problems whose solution is known analytically.
In practise, these are shock tubes or spherical collapse problems. In cosmology, a relevant
test is to compare the results provided by the codes when they simulate the formation of
cosmic structure, when finding an analytic solution is impractical; for example O’Shea et al.
(2005) compare the thermodynamical properties of the intergalactic medium predicted by
the GADGET (SPH-based) and ENZO (grid-based) codes. Another example of a comparison
between grid-based and SPH-based codes can be found in Kang et al. (1994).

A detailed comparison of hydrodynamical codes which simulate the formation and evo-
lution of a cluster was provided by the Santa Barbara Cluster Comparison Project (Frenk
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et al. 1999). Frenk et al. (1999) comprised 12 different groups, each using a code either
based on the SPH technique (7 groups) or on the grid technique (5 groups). Each simulation
started with identical initial conditions of an individual massive cluster in a flat CDM model
with zero cosmological constant. Each group was free to decide resolution, boundary condi-
tions and the other free parameters of their code. The simulations were performed ignoring
radiative losses and the simulated clusters were compared at z = 0.5 and z = 0.

The resulting dark matter properties were similar: it was found a 20% scatter around the
mean density and velocity dispersion profiles (left panel of Fig. 11). A similar agreement
was also obtained for many of the gas properties, like the temperature profile (right panel of
Fig. 11) or the ratio of the specific dark matter kinetic energy and the gas thermal energy.

Somewhat larger differences are present for the inner part of the temperature or entropy
profiles and more recent implementations have not yet cured this problem. The largest dis-
crepancy was in the total X-ray luminosity. This quantity is proportional to the square of
the gas density, and resolving the cluster central region within the core radius is crucial:
the simulations resolving this region had a spread of 2.6 in the total X-ray luminosity,
compared to a spread of 10 when all the simulations were included. Frenk et al. (1999)
also concluded that a large fraction of the discrepancy, when excluding the X-ray lumi-
nosity result, was due to differences in the internal timing of the simulations: these dif-
ferences produce artificial time shifts between the outputs of the various simulations even
if the outputs are formally at the same cosmic time. This reflects mainly the underly-
ing dark matter treatment, including chosen force accuracy, different integration schemes
and choice of time steps used, as described in the previous sections. A more worrisome
difference between the different codes is the predicted baryon fraction and its profile
within the cluster. Here modern schemes still show differences (e.g. see Ettori et al. 2006;
Kravtsov et al. 2005), which makes it difficult to use simulations to calibrate the systematics
in the cosmological test based on the cluster baryon fraction.

To date, the comparisons described in the literature show a satisfactory agreement be-
tween the two approaches, with residual discrepancies originating from the known weak-
nesses which are specific to each scheme. A further limitation of these comparisons is that,
in most cases, the simulations are non-radiative. However, at the current state of the art, per-
forming comparisons of simulations including radiative losses is not expected to provide ro-
bust results. As described in the next section, the first relevant process that needs to be added
is radiative cooling: however, depending on the square of the gas density, cooling increases
with resolution without any indication of convergence, see for example Fig. 13, taken from
Borgani et al. (2006). At the next level of complexity, star formation and supernova feed-
back occur in regions which have a size many orders of magnitude smaller than the spatial
resolution of the cosmological simulations. Thus, simulations use phenomenological recipes
to describe these processes, and any comparison would largely test the agreement between
these recipes rather than identify the inadequacy of the numerical integration schemes.

4 Adding Complexity

In this section, we will give a brief overview of how astrophysical processes, that go beyond
the description of the gravitational instability and of the hydrodynamical flows are usually
included in simulation codes.

4.1 Cooling

We discuss here how the �(u,ρ) term is usually added in the first law of thermodynamics,
described by (49), and its consequences.
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Fig. 12 The top panel shows the
total cooling curve (solid line)
and its composition from
different processes for a
primordial mixture of H and He.
The bottom panel shows how the
total cooling curve will change as
a function of different metallicity,
as indicated in the plot
(in absolute values). The part
below 104 K also takes into
account cooling by molecules
(e.g. HD and H2) and metal lines.
Taken from Maio et al. (2007)

In cosmological applications, one is usually interested in structures with virial tempera-
tures larger than 104 K. In standard implementations of the cooling function �(u,ρ), one
assumes that the gas is optically thin and in ionisation equilibrium. It is also usually as-
sumed that three-body cooling processes are unimportant, so as to restrict the treatment to
two-body processes. For a plasma with primordial composition of H and He, these processes
are collisional excitation of H I and He II, collisional ionisation of H I, He I and He II, stan-
dard recombination of H II, He II and He III, dielectric recombination of He II, and free-free
emission (Bremsstrahlung). The collisional ionisation and recombination rates depend only
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Fig. 13 The fraction of cooled
baryons fc as a function of the
mass of the gas particle, for
4 different clusters at different
resolutions is shown. Filled
symbols are for the runs including
kinetic feedback (e.g. winds), the
open circles are re-simulations of
one of the clusters with wind
feedback turned off. The asterisk
is for one of the clusters run at
very high resolution using fewer,
but 8 times heavier, gas particles
than normal, so that the gas
particle mass is similar to that of
the DM particles in the
high-resolution region. Taken
from Borgani et al. (2006)

on temperature. Therefore, in the absence of ionising background radiation one can solve
the resulting rate equation analytically. This leads to a cooling function �(u)/ρ2 as illus-
trated in the top panel of Fig. 12. In the presence of ionising background radiation, the
rate equations can be solved iteratively. Note that for a typical cosmological radiation back-
ground (e.g. UV background from quasars, see Haardt and Madau 1996), the shape of the
cooling function can be significantly altered, especially at low densities. For a more de-
tailed discussion see for example Katz et al. (1996). Additionally, the presence of metals
will drastically increase the possible processes by which the gas can cool. As it becomes
computationally very demanding to calculate the cooling function in this case, one usually
resorts to a pre-computed, tabulated cooling function. As an example, the bottom panel of
Fig. 12, at temperatures above 105 K, shows the tabulated cooling function by Sutherland
and Dopita (1993) for different metallicities of the gas, keeping the ratios of the different
metal species fixed to solar values. Note that almost all implementations solve the above
rate equations (and therefore the cooling of the gas) as a “sub time step” problem, decou-
pled from the hydrodynamical treatment. In practise this means that one assumes that the
density is fixed across the time step. Furthermore, the time step of the underlying hydrody-
namical simulation are in general, for practical reasons, not controlled by or related to the
cooling time-scale. The resulting uncertainties introduced by these approximations have not
yet been deeply explored and clearly leave room for future investigations.

For the formation of the first objects in halos with virial temperatures below 104 K, the
assumption of ionisation equilibrium no longer holds. In this case, one has to follow the non-
equilibrium reactions, solving the balance equations for the individual levels of each species
during the cosmological evolution. In the absence of metals, the main coolants are H2 and
H+

2 molecules (see Abel et al. 1997). HD molecules can also play a significant role. When
metals are present, many more reactions are available and some of these can contribute
significantly to the cooling function below 104 K. This effect is clearly visible in the bottom
panel of Fig. 12, for T < 104 K. For more details see Galli and Palla (1998) or Maio et al.
(2007) and references therein.
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4.2 Star Formation and Feedback

Including radiative losses in simulations causes two numerical problems. Firstly, cooling
is a runaway process and, at the typical densities reached at the centres of galaxy clusters,
the cooling time becomes significantly shorter than the Hubble time. As a consequence, a
large fraction of the baryonic component can cool down and condense out of the hot phase.
Secondly, since cooling is proportional to the square of the gas density, its efficiency is quite
sensitive to the presence of the first collapsing small halos, where cooling takes place, and
therefore on numerical resolution.

To deal with these issues, one has to include in the code a suitable recipe to convert the
reservoir of cold and dense gas into collisionless stars. Furthermore, this stellar component
should represent the energy feedback from supernova explosions, which ideally would heat
the cold gas, so as to counteract the cooling catastrophe.

As for star formation, a relatively simple recipe is that originally introduced by (Katz
et al. 1996), which is often used in cosmological simulations. According to this prescription,
for a gas particle to be eligible to form stars, it must have a convergent flow,

∇vi < 0 , (98)

and have density in excess of some threshold value, e.g.

ρi > 0.1 atoms cm−3. (99)

These criteria are complemented by requiring the gas to be Jeans unstable, that is

hi

ci

>
1√

4πGρi

, (100)

where hi is either the SPH smoothing length or the mesh size for Eulerian codes and ci is the
local sound speed. This indicates that the individual resolution element gets gravitationally
unstable. At high redshift, the physical density can easily exceed the threshold given in (99),
even for particles not belonging to virialised halos. Therefore one usually applies a further
condition on the gas overdensity,

ρi

ρmean
> 55.7, (101)

which restricts star formation to collapsed, virialised regions. Note that the density criterion
is the most important one. Particles fulfilling it in almost all cases also fulfill the other two
criteria.

Once a gas particle is eligible to form stars, its star formation rate can be written as

dρ∗
dt

= −dρi

dt
= c∗ρi

t∗
, (102)

where c∗ is a dimensionless star formation rate parameter and t∗ the characteristic timescale
for star formation. The value of this timescale is usually taken to be the maximum of the
dynamical time tdyn = (4πGρi)

−0.5 and the cooling time tcool = ui/(dui/dt). In principle,
to follow star formation, one would like to produce continuously collisionless star parti-
cles. However, for computational and numerical reasons, one approximates this process by
waiting for a significant fraction of the gas particle mass to have formed stars according
to the above rate; when this is accomplished, a new, collisionless “star” particle is created
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from the parent star-forming gas particle, whose mass is reduced accordingly. This process
takes place until the gas particle is entirely transformed into stars. In order to avoid spuri-
ous numerical effects, which arise from the gravitational interaction of particles with widely
differing masses, one usually restricts the number of star particles (so called generations)
spawned by a gas particle to be relatively small, typically 2–3. Note that it is also common
to restrict the described star-formation algorithm to only convert a gas particle into a star
particle, which correspond to the choice of only one generation. In this case star and gas
particles have always the same mass.

To get a more continuous distribution of star particle masses, the probability of forming
a star can be written as

p = 1 − exp

(
−c∗

t

tg

)
(103)

and a random number is used to decide when to form a star particle.
According to this scheme of star formation, each star particle can be identified with a

Simple Stellar Population (SSP), i.e. a coeval population of stars characterised by a given
assumed initial mass function (IMF). Further, assuming that all stars with masses larger than
8 M� will end as type-II supernovae (SN II), one can calculate the total amount of energy
(typically 1051 erg per supernova) that each star particle can release to the surrounding gas.
Under the approximation that the typical lifetime of massive stars which explode as SN II
does not exceed the typical time step of the simulation, this is done in the so-called “instan-
taneous recycling approximation”, with the feedback energy deposited in the surrounding
gas in the same step.

Improvements with respect to this model include an explicit sub-resolution description
of the multi-phase nature of the interstellar medium, which provides the reservoir of star
formation. Such a sub grid model tries to model the global dynamical behaviour of the
interstellar medium in which cold, star-forming clouds are embedded in a hot medium.

One example is the multi-phase sub-grid model suggested by Springel and Hernquist
(2003), in which a star-forming gas particle has a multi-phase nature, with a cold phase
describing cold clouds embedded in pressure equilibrium within a hot medium. According
to this model, star formation takes place in a self-regulated way. Within this model (as within
other models), part of the feedback energy is channelled back into kinetic energy, effectively
leading to a quasi self-consistent modelling of galactic outflows, driven by the star-forming
regions. Once an efficient form of kinetic feedback is included, the amount of stars formed
in simulations turns out to converge when resolution is varied. An example of the predicted
stellar component in different galaxy clusters for varying spatial resolutions, taken from
Borgani et al. (2006) is shown in Fig. 13.

A further direction for improvement is provided by a more accurate description of stel-
lar evolution, and of the chemical enrichment associated with star forming particles. More
accurate models require that energy feedback and metals are released not just by SN II, but
also by SN Ia and low and intermediate mass stars, thereby avoiding the instantaneous recy-
cling approximation (e.g., see Borgani et al. 2008—Chap. 18, this issue, for a more detailed
discussion of this point).

4.3 Additional Physics

A number of other physical processes, besides those related to star formation and SN feed-
back, are in general expected to play a role in the evolution of the cosmic baryons and, as
such, should be added into the treatment of the hydrodynamical equations. For instance,
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Fig. 14 Maps for the SZ decrement for a simulated galaxy cluster. The original map extracted from the
hydrodynamic simulation, and the same map in the simulated observation (t = 34 h) which assumes the AMI
interferometric response, are shown in the left and right panel, respectively. The side of each map corresponds
to 16 arcmin. The colour scale is shown at the bottom of each panel. Taken from Bonaldi et al. (2007)

magnetic fields or the effect of a population of relativistic particles as described in detail
in the review by Dolag et al. (2008)—Chap. 12, this issue. Other processes, whose effect
has been studied in cosmological simulations of galaxy clusters include thermal conduction
(Jubelgas et al. 2004; Dolag et al. 2004), radiative transfer to describe the propagation of
photons in a medium (e.g. Iliev et al. 2006 and references therein), growth of black holes
and the resulting feedback associated with the extracted energy (e.g. Sijacki et al. 2007 and
references therein). A description of these processes is far outside the scope of this review
and we point the interested reader to the original papers cited above.

5 Connecting Simulations to Observations

Both the recent generation of instruments and an even more sophisticated next generation
of instruments (at various wavelengths) will allow us to study galaxy clusters in rich detail.
Therefore, when comparing observations with simulations, instrumental effects like resolu-
tion and noise, as well as more subtle effects within the observational processes, have to be
taken into account to separate true features from instrumental effects and biases. Therefore,
the building up of synthetic instruments to “observe” simulations becomes more and more
important.

As an example, Fig. 14 shows the difference between a Sunyaev-Zel’dovich map ob-
tained from a simulated galaxy cluster, and how it would be observed with the AMI1 in-
strument, assuming the response according to the array configuration of the radio dishes
and adding the appropriate noise. Here a 34 hours observation has been assumed, and the
CLEAN deconvolution algorithm applied. For details see Bonaldi et al. (2007).

1http://www.mrao.cam.ac.uk/telescope/ami

http://www.mrao.cam.ac.uk/telescope/ami
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Fig. 15 Composite
ugr + riz + izy image of a
simulated galaxy cluster
including its simulated lensing
signal, having its imprint in
several strong lensing features.
To construct the surface
brightness distributions of both
the cluster members and of the
background galaxies, shapelet
decompositions were used. For
each cluster galaxy the
morphological classifications and
spectral energy distribution
inferred from the semi-analytic
modelling based on the merger
trees from the underlying cluster
simulation were used to
realistically model the optical
appearance of the cluster. The
field of view is 100′′ × 100′′ and
an exposure of 1000 s for each
band was assumed. Taken from
Meneghetti et al. (2007)

Another example of a synthetic observation by a virtual telescope is shown in Fig. 15,
which shows an optical image of a simulated galaxy cluster with several strong lensing
features. Here, Meneghetti et al. (2007) investigated the capability of the planned DUNE
mission to measure the properties of gravitational arcs, including instrumental effects as
well as the disturbance by light from the cluster galaxies. Shapelet decompositions—based
on galaxy images retrieved from the GOODS-ACS archive—were used to describe the sur-
face brightness distributions of both the cluster members and the background galaxies. For
the cluster members the morphological classifications inferred from the semi-analytic mod-
elling, based on the merger tree of the underlying cluster simulations were used to assign a
spectral energy distribution to each. Several sources of noise like photon noise, sky back-
ground, seeing, and instrumental noise are included. For more details see Meneghetti et al.
(2007).

Thanks to its high temperature (around 108 K) and its high density (up to 10−3 parti-
cles per cm3) the intra-cluster medium is an ideal target to be studied by X-ray telescopes.
Therefore, so far, most effort towards understanding systematic in the observational process
of galaxy clusters has been spent interpreting X-ray observations.

For a direct comparison of the simulations with X-ray observations one has to calculate
from the simulated physical quantities (density, temperature, . . .) the observed quantities
(e.g. surface brightness). The other way—going from observations to physical quantities—
is much more difficult and would require a number of assumptions. Fortunately, the ICM is
usually optically thin, so that absorption of photons within the ICM does not have to be taken
into account. Hence to obtain an X-ray image of the modelled cluster, one has to choose a
projection direction and integrate over all the emission of the elements along the line of sight
for each pixel in the image. The X-ray emission at each element is usually approximated as
the product of the square of the density and the cooling function. As X-ray detectors are
only sensitive in a certain energy range, one must be careful to take the correct range. For
very realistic images one needs to taken into account also the effects of the X-ray telescopes
and detectors (e.g. the limited resolution of the X-ray telescope (point spread function) or
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Fig. 16 Simulated photon images in the 0.7–2 keV energy band of a simulated galaxy cluster using XMAS-2.
The images are binned to 3.2 arcsec. They include background, vignetting effects, out-of-time events and
the telescope optical paths. From top left to bottom right are simulations for the MOS1, PN, and MOS2
instruments on board of the XMM-Newton satellite and for the ACIS-S3 instrument on board of the Chandra
satellite. Kindly provided by Elena Rasia, see Rasia et al. (2006, 2007)

the energy and angle dependent sensitivity (detector response matrix and vignetting). As
observed images also depend on the distance of the cluster and the (frequency dependent)
absorption of the X-ray emission in the Galaxy these should also be accounted for. For an
exact prediction, the emitted spectrum of each element has to be taken into account, as well
as many of the effects mentioned above are energy dependent.

Even more difficult is the comparison of quantities derived from spectral analyses such as
ICM temperature and ICM metallicity, or their projections in profiles and maps. A pixel in
an observed temperature map, for example, is derived using all the photons within the pixel
area, and the derived spectrum is fitted with a single model of a hot plasma (see Kaastra
et al. 2008—Chap. 9, this issue). These photons, however, come from different positions
along the line of sight, that have different emissivities, different temperature and different
metallicities. So the spectrum is actually a composite of many different spectra. Obviously
such a multi-temperature spectrum cannot be fitted very well by a single temperature model.
Sometimes temperature maps are produced in an even cruder way using the ratio of two or
more energy bands. These are called hardness ratio maps.

To calculate temperatures, temperature profiles or temperature maps are calculated using
mostly emission weighted temperatures, i.e. summing the temperature of all elements along
the line of sight, weighted by their emission

T =
∫

WT dV∫
WdV

(104)
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with T being the gas temperature and W a weighting factor. Usually W is proportional to
the emissivity of each gas element,

W = �(T )n2 (105)

where �(T ) is the cooling curve and n the gas density.
This simple procedure does not of course take into account the shape of the spectra

corresponding to gas of different temperatures. It therefore gives only a rough estimate of
the actual temperature. With numerical simulations it was investigated how accurate these
emission weighted temperatures are, by comparing them with temperatures obtained by ac-
tually adding spectra, so-called spectroscopic temperatures. It was found that the emission-
weighted temperatures are systematically higher than the spectroscopic temperatures (Math-
iesen and Evrard 2001; Gardini et al. 2004; Mazzotta et al. 2004). To overcome this prob-
lem, Mazzotta et al. (2004) suggested an approximation to the spectroscopic temperature,
the “spectroscopic-like” temperature Tsl

Tsl =
∫

n2T α/T 1/2dV∫
n2T α/T 3/2dV

(106)

which yields for α = 0.75 a good estimate of the spectroscopic temperature. In addition the
simulated M–T relation is strongly affected, if the emission-weighted temperature is used
(Rasia et al. 2005).

The inhomogeneous temperature and metal distribution was also found to be responsible
also for inaccurate metallicity measurements. Rasia et al. (2007) studied with numerical
simulations, together with the programme X-MAS2, how well the elements Fe, O, Mg and
Si can be measured in clusters of different temperature. They find that Fe and Si are generally
measurable with good accuracy, while O and Mg can be considerably overestimated in hot
clusters. Using simulations and the programme SPEX (see Kaastra et al. 2008—Chap. 9, this
issue) Kapferer et al. (2007) found that due to the metal inhomogeneities the metal mass in
clusters is systematically underestimated—in extreme cases by up to a factor of three.

An example of synthetic X-ray observations is shown in Fig. 16. Here XMAS-2 is used
to produce photon images from a simulated galaxy cluster. Shown are simulations for the
MOS1, PN, and MOS2 instruments on board the XMM-Newton satellite, and for the ACIS-
S3 instrument on board the Chandra satellite. They include instrumental effects like back-
ground, vignetting and response for the individual instruments. For more details see Rasia
et al. (2006) and Rasia et al. (2007).

6 Outlook

In the future, the demand on precision in both simulation techniques and captured com-
plexity of the physical processes within the simulations will be quite challenging. Recent
leading simulations are already extremely difficult to analyse due to their enormous size
and complexity, and they will surely continue to grow. In fact, the next generation of su-
percomputers will grow more in the number of accessible CPUs than on the speedup of the
individual CPUs and this fact will make the analysis of the simulations as challenging as
performing the simulations itself. To keep a comparable level of accuracy, the interpretation
of a simulation of the next generation of high precision experiments will need to massively
involve virtual telescopes as described in the previous section. This will increase the need
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of involving complex analysis pipelines for “observing” simulations, and might lead to a
new branch of virtual observers in the astrophysics community, similar to the already, new
formed branch of computational astrophysicists.
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Abstract Modern hydrodynamical simulations offer nowadays a powerful means to trace
the evolution of the X-ray properties of the intra-cluster medium (ICM) during the cos-
mological history of the hierarchical build up of galaxy clusters. In this paper we review
the current status of these simulations and how their predictions fare in reproducing the
most recent X-ray observations of clusters. After briefly discussing the shortcomings of the
self-similar model, based on assuming that gravity only drives the evolution of the ICM,
we discuss how the processes of gas cooling and non-gravitational heating are expected to
bring model predictions into better agreement with observational data. We then present re-
sults from the hydrodynamical simulations, performed by different groups, and how they
compare with observational data. As terms of comparison, we use X-ray scaling relations
between mass, luminosity, temperature and pressure, as well as the profiles of temperature
and entropy. The results of this comparison can be summarised as follows: (a) simulations,
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which include gas cooling, star formation and supernova feedback, are generally successful
in reproducing the X-ray properties of the ICM outside the core regions; (b) simulations
generally fail in reproducing the observed “cool core” structure, in that they have serious
difficulties in regulating overcooling, thereby producing steep negative central temperature
profiles. This discrepancy calls for the need of introducing other physical processes, such as
energy feedback from active galactic nuclei, which should compensate the radiative losses
of the gas with high density, low entropy and short cooling time, which is observed to reside
in the innermost regions of galaxy clusters.

Keywords Cosmology: numerical simulations · Galaxies: clusters · Hydrodynamics ·
X-ray: galaxies

1 Introduction

Clusters of galaxies form from the collapse of exceptionally high density perturbations hav-
ing typical size of ∼ 10 Mpc in a comoving frame. As such, they mark the transition be-
tween two distinct regimes in the study of the formation of cosmic structures. The evolution
of structures involving larger scales is mainly driven by the action of gravitational insta-
bility of the dark matter (DM) density perturbations and, as such, it retains the memory of
the initial conditions. On the other hand, galaxy-sized structures, which form from initial
fluctuations on scales of ∼ 1 Mpc, evolve under the combined action of gravity and of com-
plex gas-dynamical and astrophysical processes. On such scales, gas cooling, star formation
and the subsequent release of energy and metal feedback from supernovae (SN) and active
galactic nuclei (AGN) have a deep impact on the observational properties of the diffuse gas
and of the galaxy population.

In this sense, clusters of galaxies can be used as invaluable cosmological tools and astro-
physical laboratories (see Rosati et al. 2002 and Voit 2005 for reviews). These two aspects
are clearly interconnected with each other. From the one hand, the evolution of the pop-
ulation of galaxy clusters and their overall baryonic content provide in principle powerful
constraints on cosmological parameters. On the other hand, for such constraints to be robust,
one has to understand in detail the physical properties of the intra-cluster medium (ICM) and
its interaction with the galaxy population.

The simplest model to predict the properties of the ICM and their evolution has been
proposed by Kaiser (1986). This model is based on the assumption that the evolution of the
thermodynamical properties of the ICM is determined only by gravity, with gas heated to the
virial temperature of the hosting DM halos by accretion shocks (Bykov et al. 2008—Chap. 7,
this issue). Since gravitational interaction does not introduce any preferred scale, this model
has been called “self-similar”1. As we shall discuss, this model provides precise predictions
on the shape and evolution of scaling relations between X-ray luminosity, entropy, total and
gas mass, which have been tested against numerical hydrodynamical simulations (e.g., Eke
et al. 1998, Bryan and Norman 1998). These predictions have been recognised for several
years to be at variance with a number of observations. In particular, the observed relation be-
tween X-ray luminosity and temperature (e.g., Markevitch 1998; Arnaud and Evrard 1999;

1Strictly speaking, self-similarity also requires that no characteristic scales are present in the underlying
cosmological model. This means that the Universe must obey the Einstein–de-Sitter expansion law and that
the shape of the power spectrum of density perturbations is a featureless power law. In any case, the violation
of self-similarity introduced by the standard cosmological model is negligible with respect to that related to
the non-gravitational effects acting on the gas.
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Osmond and Ponman 2004) is steeper and the measured level of gas entropy higher than
expected (e.g., Ponman et al. 2003; Pratt and Arnaud 2005), especially for poor clusters and
groups. This led to the concept that more complex physical processes, related to the heating
from astrophysical sources of energy feedback, and radiative cooling of the gas in the central
cluster regions, play a key role in determining the properties of the diffuse hot baryons.

Although semi-analytical approaches (e.g., Tozzi and Norman 2001; Voit 2005, and ref-
erences therein) offer invaluable guidelines to this study, it is only with hydrodynamical
simulations that one can capture the full complexity of the problem, so as to study in detail
the existing interplay between cosmological evolution and the astrophysical processes.

In the last years, ever improving code efficiency and supercomputing capabilities have
opened the possibility to perform simulations over fairly large dynamical ranges, thus al-
lowing to resolve scales of a few kiloparsecs (kpc), which are relevant for the formation
of single galaxies, while capturing the global cosmological environment on scales of tens
or hundreds of Megaparsecs (Mpc), which are relevant for the evolution of galaxy clusters.
Starting from first attempts, in which only simplified heating schemes were studied (e.g.,
Navarro et al. 1995; Bialek et al. 2001; Borgani et al. 2002), a number of groups have stud-
ied the effect of introducing also cooling (e.g., Katz and White 1993; Lewis et al. 2000;
Muanwong et al. 2001; Davé et al. 2002; Tornatore et al. 2003), of more realistic sources of
energy feedback (e.g., Borgani et al. 2004; Kay et al. 2007; Nagai et al. 2007a; Sijacki et al.
2007), of thermal conduction (e.g., Dolag et al. 2004), and of non-thermal pressure support
from magnetic fields (e.g., Dolag et al. 2001) and cosmic rays (e.g., Pfrommer et al. 2007).

In this paper, we will review the recent advancement performed in this field of computa-
tional cosmology and critically discuss the comparison between simulation predictions and
observations, by restricting the discussion to the thermal effects. As such, this paper comple-
ments the reviews by Borgani et al. (2008—Chap. 18, this issue), which reviews the study
of the ICM chemical enrichment and by Dolag et al. (2008b—Chap. 15, this issue), which
reviews the study of the non-thermal properties of the ICM from simulations. We refer to
the reviews by Dolag et al. (2008a—Chap. 12, this issue) for a description of the techniques
of numerical simulations and by Kaastra et al. (2008—Chap. 9, this issue) for an overview
of the observed thermal properties of the ICM.

The scheme of the presentation is as follows. In Sect. 2 we briefly discuss the self-similar
model of the ICM and how the action of non-gravitational heating and cooling are expected
to alter the predictions of this model. Sections 3 and 4 overview the results obtained on
the comparison between observed and simulated scaling relations and profiles of X-ray ob-
servable quantities, respectively. In Sect. 5 we summarise and critically discuss the results
presented.

2 Modelling the ICM

2.1 The Self-Similar Scaling

The simplest model to predict the observable properties of the ICM is based on the as-
sumption that gravity only determines the thermodynamical properties of the hot diffuse gas
(Kaiser 1986). Since gravity does not have preferred scales, we expect clusters of different
sizes to be the scaled version of each other. This is the reason why this model has been called
self-similar.

If, at redshift z, we define M�c to be the mass contained within the radius r�c , encom-
passing a mean density �c times the critical density ρc(z), then M�c ∝ ρc(z)�cr

3
�c

. The
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critical density of the universe scales with redshift as ρc(z) = ρc0E
2(z), where E(z) is given

by

E(z) = [
(1 + z)3�m + (1 + z)2�k + ��

]1/2
, (1)

where �m and �� are the density parameters associated to the non-relativistic matter and to
the cosmological constant, respectively, �k = 1−�m −�� and we neglect any contribution
from relativistic species.

Therefore, the cluster size r�c scales with z and M�c as r�c ∝ M
1/3
�c

E−2/3(z), so that,
assuming hydrostatic equilibrium, cluster mass scales with temperature T as

M�c ∝ T 3/2E−1(z). (2)

If ρgas is the gas density, the corresponding X-ray luminosity is

LX =
∫

V

(
ρgas

μmp

)2

�(T )dV, (3)

where �(T ) ∝ T 1/2 for pure thermal Bremsstrahlung emission. If gas accretes along with
DM by gravitational instability during the formation of the cluster halo, then we expect that
ρgas(r) ∝ ρM(r), so that

LX ∝ M�cρcT
1/2 ∝ T 2E(z). (4)

Another useful quantity characterising the thermodynamical properties of the ICM is the
entropy (Voit 2005) which, in X-ray studies of the ICM, is usually defined as

K = kBT

μmpρ
2/3
gas

, (5)

where kB is the Boltzmann constant, μ the mean molecular weight (� 0.58 for a plasma of
primordial composition) and mp the proton mass. With the above definition, the quantity K

is the constant of proportionality in the equation of state of an adiabatic mono-atomic gas,
P = Kρ

5/3
gas . Using the thermodynamic definition of specific entropy, s = cV ln(P/ρ

5/3
gas ) (cV :

heat capacity at constant volume), one obtains s = kB lnK3/2 + s0, where s0 is a constant.
Another quantity, often called “entropy” in the cluster literature, which we will also use in
the following, is

S = kBT n−2/3
e , (6)

where ne is the electron number density. According to the self-similar model, this quantity,
computed at a fixed overdensity �c, scales with temperature and redshift according to

S�c ∝ T (1 + z)−2. (7)

As already mentioned in the introduction, a number of observational facts from X-ray
data point against the simple self-similar picture. The steeper slope of the LX–T rela-
tion (Markevitch 1998; Arnaud and Evrard 1999; Osmond and Ponman 2004), LX ∝ T α

with α � 3 for clusters and possibly larger for groups, the excess entropy in poor clus-
ters and groups (Ponman et al. 2003; Pratt and Arnaud 2005; Piffaretti et al. 2005)
and the decreasing trend of the gas mass fraction in poorer systems (Lin et al. 2003;
Sanderson et al. 2003) all point toward the presence of some mechanism which significantly
affects the ICM thermodynamics.
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2.2 Heating and Cooling the ICM

The first mechanism, that has been introduced to break the ICM self-similarity, is non-
gravitational heating (e.g., Evrard and Henry 1991; Kaiser 1991; Tozzi and Norman 2001).
The idea is that by increasing the gas entropy with a given extra heating energy per gas par-
ticle Eh prevents gas from sinking to the centre of DM halos, thereby reducing gas density
and X-ray emissivity. This effect will be large for small systems, whose virial temperature
is kBT � Eh, while leaving rich clusters with kBT � Eh almost unaffected. Therefore, we
expect that the X-ray luminosity and gas content are relatively more suppressed in poorer
systems, thus leading to a steepening of the LX–T relation.

The notion of non-gravitational heating has been first implemented in non–radiative (i.e.
neglecting the effect of cooling) hydrodynamical simulations by either injecting entropy
in an impulsive way at a given redshift (Navarro et al. 1995; Bialek et al. 2001), or by
adding energy in a redshift-modulated way, so as to mimic the rate of SN explosions from
an external model of galaxy formation (Borgani et al. 2002). In Fig. 1 we show the different
efficiency that different heating mechanisms have in breaking the self-similar behaviour of
the entropy profiles in objects of different mass, ranging from a Virgo-like cluster to a poor
galaxy group. According to the self-similar model, the profiles of reduced entropy, S/T ,
should be independent of the cluster mass. This is confirmed by the left panel, which also
shows that these profiles have a slope consistent with that predicted by a model in which
gas is shock heated by spherical accretion in a DM halo, under the effect of gravity only
(Tozzi and Norman 2001). The central panel shows instead the effect of adding energy from
SN, whose rate is that predicted by a semi-analytical model of galaxy formation. In this
case, which corresponds to a total heating energy of about 0.3 keV/particle, the effect of
extra heating starts being visible, but only for the smaller system. It is only with the pre–
heating scheme, based on imposing an entropy floor of 50 keV cm2, that self-similarity is
clearly broken. While this heating scheme is effective in reproducing the observed LX–T

relation, it produces large isentropic cores, a prediction which is at variance with respect to
observations (e.g., Donahue et al. 2006).

Fig. 1 Profiles of reduced entropy, S/T , for non-radiative simulations (from Borgani et al. 2001). The left
panel is for simulations including only gravitational heating, the central panel is for runs including SN feed-
back as predicted by a semi-analytical model of galaxy formation and the right panel is with pre-heating with
an entropy threshold at redshift z = 3. Solid, short-dashed and long-dashed curves are for a 3 keV cluster,
for a 1 keV group and for a 0.5 keV group, respectively. The dotted straight line in the left panel shows the
analytical prediction by Tozzi and Norman (2001) for the entropy profile associated to gravitational heating



274 S. Borgani et al.

Fig. 2 Left panel: the relation between entropy and temperature for gas having a fixed value of the cooling
time (from Voit and Bryan 2001). The crosses with error bars are observational data on the entropy measured
at one-tenth of the virial radius for clusters and groups by Ponman et al. (1999). Right panel: a comparison
between observations (error bars with crosses; Ponman et al. (1999) and simulations, including radiative
cooling and star formation (numbers), for the entropy in the central regions of galaxy groups and clusters.
The solid line shows the prediction of the self-similar model (from Davé et al. 2002)

Although it may look like a paradox, radiative cooling has been also suggested as a possi-
ble alternative to non-gravitational heating to increase the entropy level of the ICM and sup-
pressing the gas content in poor systems. As originally suggested by Voit and Bryan (2001),
cooling provides a selective removal of low-entropy gas from the hot X-ray emitting phase
(see also Wu and Xue 2002). As a consequence, while the global entropy of the baryons de-
creases, the entropy of the X-ray emitting gas increases. This is illustrated in the left panel
of Fig. 2 (from Voit and Bryan 2001). In this plot, each of the two curves separates the upper
portion of the entropy–temperature plane, where the gas has cooling time larger than the
age of the system, from the lower portion, where gas with short cooling time resides. This
implies that only gas having a relatively high entropy will be observed as X-ray emitting,
while the low-entropy gas will be selectively removed by radiative cooling. The comparison
with observational data of clusters and groups, also reported in this plot, suggests that their
entropy level may well be the result of this removal of low-entropy gas operated by radiative
cooling. This analytical prediction has been indeed confirmed by radiative hydrodynamical
simulations. The right panel of Fig. 2 shows the results of the simulations by Davé et al.
(2002) on the temperature dependence of the central entropy of clusters and groups. Quite
apparently, the entropy level in simulations is well above the prediction of the self-similar
model, by a relative amount which increases with decreasing temperature, and in reasonable
agreement with the observed entropy level of poor clusters and groups.

Although cooling may look like an attractive solution, it suffers from the drawback that a
too large fraction of gas is converted into stars in the absence of a source of heating energy
which regulates the cooling runaway. Indeed, while observations indicate that only about 10
per cent of the baryon content of a cluster is in the stellar phase (e.g., Balogh et al. 2001; Lin
et al. 2003), radiative simulations, like those shown in Fig. 2, convert into stars up to ∼ 50
per cent of the gas.

Another paradoxical consequence of cooling is that it increases the temperature of the hot
X-ray emitting gas at the centre of clusters. This is shown in the left panel of Fig. 3 (from
Tornatore et al. 2003), which compares the temperature profiles for the non-radiative run of
a Virgo-like cluster with a variety of radiative runs, based on different ways of supplying
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Fig. 3 Left panel: temperature profiles from hydrodynamical simulations of a ∼ 3 keV galaxy cluster. In all
panels the dotted and the solid curves correspond to a non-radiative run and to a run including cooling and star
formation. The other curves are for different recipes of gas heating (from Tornatore et al. 2003). Right panel:
the relation between temperature and overdensity for gas particles within 0.1r200 for SPH simulations of a
cluster of mass � 1014 h−1M�. Upper (green) points are for a run which includes feedback through galactic
winds with a velocity of 500 km s−1, while the lower (red) points are for a run based on assuming stronger
winds (sw), with a twice as large velocity. Both runs include a model of chemical enrichment (Borgani et
al. 2008—Chap. 18, this issue) which assumes an Initial Mass Function for star formation by Arimoto and
Yoshii 1987 (AY). The points in the bottom right corner are star-forming gas particles

non-gravitational heating. The effect of introducing cooling is clearly that of steepening
the temperature profiles in the core regions, while leaving it unchanged at larger radii. The
reason for this is that cooling causes a lack of central pressure support. As a consequence,
gas starts flowing in sub-sonically from more external regions, thereby being heated by
adiabatic compression. As we shall discuss in Sect. 4, this feature of cooling makes it quite
difficult to reproduce the structure of the cool cores observed in galaxy clusters.

Steepening of the central temperature profiles and overcooling are two aspects of the
same problem. In principle, the solution to this problem should be provided by a suitable
scheme of gas heating which regulates star formation, while maintaining pressurised gas
in the hot phase. The right panel of Fig. 3 compares the temperature–density phase dia-
grams for gas particles lying in the central region of an SPH-simulated cluster, when using
two different feedback efficiencies. The two simulations include cooling, star formation and
feedback in the form of galactic winds powered by SN explosions, following the scheme in-
troduced by Springel and Hernquist (2003a). The upper (green) and the lower (red) clouds of
high temperature particles correspond to a wind velocity of 500 km s−1 and of 1000 km s−1,
respectively. This plot illustrates another paradoxical effect: in the same way that cooling
causes an increase of the temperature of the hot phase, supplying energy with an efficient
feedback causes a decrease of the temperature. The reason for this is that extra energy com-
pensates radiative losses, thereby maintaining the pressure support for gas which would
otherwise have a very short cooling time, thereby allowing it to survive on a lower adiabat.
It is also worth reminding that cooling efficiency increases with the numerical resolution
(e.g., Balogh et al. 2001; Borgani et al. 2006). Therefore, for a feedback mechanism to work
properly, it should be able to stabilise the cooling efficiency in a way which is independent
of resolution.
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In the light of these results, it is clear that the observed lack of self-similarity in the
X-ray properties of clusters cannot be simply explained on the grounds of a single effect.
The emerging picture is that the action of cooling and of feedback energy, e.g. associated
to SN explosions and AGN, should combine in a self-regulated way. As we shall discuss
in the following sections, hydrodynamical simulations of galaxy clusters in a cosmological
context demonstrate that achieving this heating/cooling balance is not easy and represents
nowadays one of the most challenging tasks in the numerical study of clusters.

As an example, we show in Fig. 4 how the gas density of a simulated cluster changes,
both at z = 2 (left panels) and at z = 0 (right panels), when cooling and star formation
are combined with different forms of non-gravitational heating (from Borgani et al. 2005).
The comparison of the top and central panels shows the effect of increasing the kinetic en-
ergy carried by galactic outflows by a factor of six. The stronger winds are quite efficient
in stopping star formation in the small halos, which are washed out, and make the larger
ones slightly puffier, while preserving the general structure of the cosmic web surrounding
the Lagrangian cluster region. Comparing the top and the bottom panels shows instead the
effect of adding to galactic winds also the effect of an entropy floor. Although the energy
budget of the feedback schemes of the central and bottom panels are quite comparable, the
effect on the gas distribution is radically different. Imposing an entropy floor at z = 3 with
an impulsive heating generates a much smoother gas density distribution, both at z = 2 and
at z = 0. In this case, the filamentary structure of the gas distribution is completely erased,
while only the largest halos are able to retain part of their gas content. This demonstrates
that a fixed amount of energy feedback can provide largely different results on the ICM ther-
modynamical properties, depending on the epoch and on the density at which it is released.

3 Scaling Relations

So far, we have qualitatively discussed how simple models of pre-heating and radiative cool-
ing can reproduce the observed violation of self-similarity in the X-ray properties of galaxy
clusters. In this and in the following sections we will focus the discussion on a more detailed
comparison between simulation results and observational data, and on the implications of
this comparison on our current understanding of the feedback mechanisms which regulate
star formation and the evolution of the galaxy population. As a starting point for the compar-
ison between observed and simulated X-ray cluster properties, we describe how observable
quantities are computed from hydrodynamical simulations and how they compare to the
analogous quantities derived from observational data.

As for the X-ray luminosity, it is computed by summing the contributions to the emis-
sivity, εi , carried by all the gas elements (particles in a SPH run and cells in an Eulerian
grid-based run), LX = ∑

i εi , where the sum extends over all the gas elements within the
region where LX is computed. The contribution from the i-th gas element is usually written
as

εi = ne,inH,i�(Ti,Zi)dVi, (8)

where ne,i and nH,i are the number densities of electrons and of hydrogen atoms, respec-
tively, associated to the i-th gas element of given density ρi , temperature Ti and metallicity
Zi . Furthermore, �(T ,Z) is the temperature- and metallicity-dependent cooling function
(e.g., Sutherland and Dopita 1993) computed within a given energy band, while dVi = mi/ρi

is the volume of the i-th gas element, having mass mi .
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Fig. 4 The maps of the gas density for simulations of a Virgo-like cluster at z = 2 and z = 0 (left and
right panels, respectively), including cooling, star formation and different forms of non-gravitational heating.
Upper panels are for a run which includes galactic winds with a velocity of about 340 km s−1, the central
panels is for galactic winds with velocity of about 830 km s−1 and the bottom panels is for galactic winds
as in the top panels, but also adding a pre-heating with an entropy threshold of 100 keV cm2 at z = 3. At
z = 0 the size of the box is of 11.7h−1 Mpc, while at z = 2 is corresponds to 17.5h−1 Mpc comoving (from
Borgani et al. 2005)

As for the temperature, different proxies to its X-ray observational definition have been
proposed in the literature, which differ from each other in the expression for the weight
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assigned to each gas element. In general, the ICM temperature can be written as

T =
∑

i wiTi∑
i wi

, (9)

where Ti is the temperature of the i-gas element, which contributes with the weight wi . The
mass-weighted definition of temperature, Tmw, is recovered for wi = mi (mi : mass of the
i-th gas element), which also coincides with the electron temperature Te for a fully ionised
plasma. A more observation-oriented estimate of the ICM temperature is provided by the
emission-weighted definition, Tew, which is obtained for wi = εi (e.g., Evrard et al. 1996).
The idea underlying this definition is that each gas element should contribute to the overall
spectrum according to its emissivity.

Mazzotta et al. (2004) pointed out that the thermal complexity of the ICM is such that
the overall spectrum is given by the superposition of several single-temperature spectra,
each one associated to one thermal phase. In principle, the superposition of several single-
temperature spectra cannot be described by a single-temperature spectrum. However, when
fitting it to a single-temperature model in a typical finite energy band, where X-ray tele-
scopes are sensitive, the cooler gas phases are relatively more important in providing the
high-energy cut-off of the spectrum and, therefore, in determining the temperature result-
ing from the spectral fit. In order to account for this effect, Mazzotta et al. (2004) in-
troduced a spectroscopic-like temperature, Tsl, which is recovered from (9) by using the
weight wi = ρimiT

α−3/2. By using α = 0.75, this expression for Tsl was shown to repro-
duce within few percent the temperature obtained from the spectroscopic fit, at least for
clusters with temperature above 2–3 keV. More complex fitting expressions have been pro-
vided by Vikhlinin (2006), who generalised the spectroscopic-like temperature to the cases
of lower temperature and arbitrary metallicity.

3.1 The Luminosity–Temperature Relation

The LX–T relation represented the first observational evidence against the self-similar
model. This relation has been shown by several independent analyses to have a slope,
LX ∝ T α , with α � 3 for T � 2 keV (e.g., White et al. 1997), with indications for a flat-
tening to α � 2.5 for the most massive systems (Allen and Fabian 1998). The scatter in this
relation is largely contributed by the cool-core emission, so that it significantly decreases
when excising the cores (Markevitch 1998) or removing cool-core systems (Arnaud and
Evrard 1999). A change of behaviour is also observed at the scales of groups, T � 2 keV,
which generally displays a very large scatter (Osmond and Ponman 2004).

Hydrodynamical simulations by Bialek et al. (2001) and by Borgani et al. (2002) demon-
strated that simple pre-heating models, based on the injection of entropy at relatively high
redshift, can reproduce the observed slope of the LX–T relation. Davé et al. (2002) showed
that a similar result can also be achieved with simulations including cooling only, the price
to be paid being a large overcooling. Muanwong et al. (2002) and Tornatore et al. (2003)
demonstrated that combining cooling with pre-heating models can eventually decrease the
total amount of stars to an acceptable level, while still providing a slope of the LX–T relation
close to the observed one.

In Fig. 5 we show the comparison between observations and simulations in which the
non-gravitational gas heating assumes the energy budget made available by the SN explo-
sions, whose rate is computed from the simulated star formation rate. The left panel shows
the results from the SPH GADGET simulations by Borgani et al. (2004). These simulations
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Fig. 5 Left panel: The relation between bolometric X-ray luminosity and emission-weighted temperature for
simulations by Borgani et al. (2004), including cooling, star formation and feedback in the form of galactic
winds (green circles), compared with observational data for clusters (Arnaud and Evrard 1999; Markevitch
1998) and groups (Helsdon and Ponman 2000). Right panel: the relation between X-ray luminosity, estimated
outside the core regions, and the spectroscopic-like temperature, for simulations which include cooling, star
formation and a form of “targeted” feedback (from Kay et al. 2007). Observational data for clusters are the
same as in the left panel

included the same model of kinetic feedback used in the simulations shown in the top panel
of Fig. 4. This feedback model was shown by Springel & Hernquist (2003b) to be quite
successful in producing a cosmic star formation history similar to the observed one. Quite
apparently, these simulations provided a reasonable relation at the scale of clusters, T � 3
keV, while failing to produce slope and scatter at the scale of groups.

The right panel show the results by Kay et al. (2007), which these authors plotted only
for systems with T > 2 keV. Kay et al. also used SPH simulations based on the GADGET
code, but with a different feedback scheme. In this scheme, energy made available by SN
explosions is assigned in a “targeted” way to suitably chosen gas particles, which surround
the star-forming regions, so that their entropy is raised in such a way to prevent them from
cooling. Therefore, while the amount of energy is self-consistently computed from star for-
mation, the way in which it is thermalised to the gas is suitably tuned. These simulations
predict a too high normalisation of the LX–T relation. This result is interpreted by Kay et
al. (2007) as due to the fact that their simulations produce too low temperatures for clusters
of a given mass, as a consequence of the incorrect cool-core structure.

Besides the slope of the local LX–T relation, also its evolution carries information about
the thermodynamical history of the ICM. Thanks to the increasing statistics of distant
clusters observed in the last years with Chandra and XMM-Newton, a number of authors
analysed this evolution out to the highest redshifts, z � 1.3, where clusters have been de-
tected so far. These analyses generally indicate that the amplitude of the LX–T relation has a
positive evolution out to z � 0.5–0.6 (e.g., Arnaud et al. 2002; Lumb et al. 2004; Kotov and
Vikhlinin 2005), with hints for a possible inversion of this trend at higher redshift (e.g., Et-
tori et al. 2004b; Maughan et al. 2006; Branchesi et al. 2007). In the attempt of interpreting
these results, Voit (2005) showed that radiative cooling, combined with a modest amount of
pre-heating with extra entropy, predicts an evolution of the LX–T relation slower than that
of the self-similar model, also with an inversion of the trend at high redshift. Although in
qualitative agreement with observations, these models have however difficulties in following
the observed positive evolution at z � 0.5 (e.g., see Fig. 14 by Maughan et al. 2006).
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Fig. 6 Left panel: A comparison of the evolution of the LX–T relation for the simulated clusters by Borgani
et al. (2004) and the Chandra data analysed by Ettori et al. (2004b) (from Ettori et al. 2004a). The “plus”
symbols are the relation at z = 0, with the dotted and the dashed lines providing the best-fit relations when
the slope is kept fixed at 2 and is left free, respectively. The squares, the triangles and the crosses show the
simulation results at z = 0.5, 0.7 and 1, respectively. The small and the big dots show the observational data at
0.5 < z < 0.8 and at z > 0.8, respectively. The lower panel shows the ratio between the measured luminosities
at z = 0 (“plus” symbols) and at z = 1 (crosses) and the corresponding best-fitting power laws. Right panel:
normalisation of the LX–T relation as a function of redshift, for the simulated clusters by Muanwong et al.
(2006) in the radiative run with no feedback (solid line), in a run including an impulsive pre-heating at z = 4.5
(dashed line), and in a run including a form of “targeted” feedback (dot-dashed line)

As for the comparison with numerical predictions, Ettori et al. (2004a) analysed the evo-
lution of the LX–T relation from the radiative simulation by Borgani et al. (2004), which
includes the effect of SN feedback in the form of galactic winds. As a result, they found that
the normalisation of this relation for the simulated clusters at high redshift is higher than
for real clusters (see left panel of Fig. 6). Muanwong et al. (2006) analysed three sets of
simulated clusters, based on radiative cooling only, on gas pre-heating at high redshift and
on the same “targeted” SN feedback model used by Kay et al. (2007). As shown in the right
panel of Fig. 6, they found that these three models predicts rather different evolutions of the
LX–T relation, thus confirming it to be a sensitive test for the thermodynamical history of
the ICM. However, so far none of the numerical models proposed is able to account for the
observational indication for an inversion of the LX–T evolution at z � 0.5. This represents
still an open issue, whose implications for a realistic modelling of the ICM physics are still
to be understood.

3.2 The Mass–Temperature Relation

The relation between total collapsed mass and temperature has received much consider-
ation both from the observational and the theoretical side, in view of its application for
the use of galaxy clusters as tools to measure cosmological parameters (e.g., Voit 2005;
Borgani 2007). The relation between ICM temperature and total mass should be primar-
ily dictated by the condition of hydrostatic equilibrium. For this reason, the expectation is
that this relation should have a rather small scatter and be insensitive to the details of the
heating/cooling processes. For a spherically symmetric system, the condition of hydrostatic
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equilibrium translates into the mass estimator (e.g. Sarazin 1988)

M(< r) = − rkBT (r)

Gμmp

[
d lnρgas(r)

d ln r
+ d lnT (r)

d ln r

]
. (10)

Here M(< r) is the total mass within the cluster-centric distance r , while T (r) is the tem-
perature measured at r . As shown in the previous section, the processes of heating/cooling
are expected to modify the gas thermodynamics only in the central cluster regions, while
the bulk of the ICM is dominated by gravitational processes. This implies that, in principle,
the total mass estimate from (10) should be rather stable. However, since the X-ray spectro-
scopic temperature is sensitive to the thermal complexity of the ICM in the central regions
(e.g., Mazzotta et al. 2004), a change of temperature and density profile in these regions may
translate into a sizable effect in the mass–temperature relation provided by (10).

Equation (10) has been often applied in the literature by modelling the gas density profile
with a β-model (Cavaliere and Fusco-Femiano 1976),

ρgas(r) = ρ0

[1 + (r/rc)2]3β/2
, (11)

where rc is the core radius, and assuming either isothermal gas or a polytropic gas, ρgas ∝
T γ−1, to account for the presence of temperature gradients. In this case, (10) can be recast
in the form

M(< r) � 1.1 × 1014βγ
T (r)

keV

r

h−1 Mpc

(r/rc)
2

1 + (r/rc)2
. (12)

Based on the analysis of non-radiative cluster simulations, Schindler (1996) and Evrard
et al. (1996) argued that the X-ray temperature provides a rather precise determination of
the cluster mass, with an intrinsic scatter of only about 15 per cent at r500. Finoguenov et al.
(2001) applied (12) to ROSAT imaging and ASCA spectroscopic data (see also Nevalainen
et al. 2000). They found that the resulting M–T relation has a normalisation about 40 per
cent lower than that from the simulations by Evrard et al. (1996). Although introducing the
effect of cooling, star formation and SN feedback provides a 20 per cent lower normalisa-
tion, this was not yet enough to recover agreement with observations. Independent analyses
(Muanwong et al. 2002; Borgani et al. 2004) showed that applying to simulated clusters
(12), which is used to estimate masses of real clusters, leads to a mass underestimate of
about 20 per cent. This bias in the mass estimate is enough to bring the simulated and the
observed M–T relations into reasonable agreement. These analyses were still based on the
emission-weighted temperature in the simulation analysis.

Rasia et al. (2005) showed that using the spectroscopic-like definition, Tsl, leads to a
mass underestimate of up to ∼ 30 per cent with respect to the true cluster mass. This result
is shown in Fig. 7. The left panel reports the relation between Tsl for simulated clusters and
the true total cluster mass, also compared with the observed M–T relation by Finoguenov et
al. (2001). Quite apparently, the relation from simulations lies well above the observational
one. However, this difference is much reduced in the right panel, where the masses of the
simulated clusters are computed by applying (12). The reason for this difference between
“true” and “recovered” masses is partly due to the violation of hydrostatic equilibrium, as-
sociated to subsonic gas bulk motions (e.g., Rasia et al. 2004; Nagai et al. 2007b) and partly
to the poor fit provided by the β-model (e.g., Ascasibar et al. 2003) when extended to large
radii. It is also interesting to note that the mass estimator of (12) under-predicts the intrinsic
scatter of the M–T relation from the simulations. This is due to the fact that the equation
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Fig. 7 The relation between mass and spectroscopic-like temperature within r500. Red circles and green
triangles are for simulations, which include cooling, star formation and feedback from galactic winds, while
squares with error bars are the observational data by Finoguenov et al. (2001). Left panel: M500 exactly
computed by summing the mass of all the particles within r500. Right panel: M500 estimated as in the obser-
vational data, by using the equation of hydrostatic equilibrium for a polytropic β-model. From Rasia et al.
(2005)

of hydrostatic equilibrium imposes a strong correlation between ICM temperature and total
mass. Any scatter is then associated to a cluster-by-cluster variation of the parameters β

and γ , which may not be fully representative of the diversity of the ICM structure among
different objects.

Using XMM-Newton and Chandra data, different authors (e.g., Arnaud et al. 2005;
Vikhlinin et al. 2005) applied the equation of hydrostatic equilibrium by avoiding the as-
sumption of a simple beta-model for the gas density profile. As a result, the observed and
the simulated M–T relations turned out to agree with each other, especially when simulated
clusters are analysed in the same way as real clusters (e.g., Rasia et al. 2006; Nagai et al.
2007b). The left panel of Fig. 8 shows the comparison between the observational results by
Arnaud et al. (2005) and simulations. Here the discrepancy with respect to the non-radiative
runs by Evrard et al. (1996) is alleviated when including the effect of star formation and
SN feedback (Borgani et al. 2004). In a similar way, the right panel shows the comparison
between the observed M–T relation by Vikhlinin et al. (2005) and the simulations by Na-
gai et al. (2007a) who computed cluster masses by using the same method applied to the
Chandra data. This plot further demonstrates the good level of agreement between simulated
and observed M–T relation, once the 10–15 percent violation of hydrostatic equilibrium is
taken into account.

3.3 The Mass–“Pressure” Relation

To first approximation, the ICM can be represented by a smooth gas distribution in pressure
equilibrium within the cluster potential well. Therefore, the expectation is that gas pressure
should be the quantity that is more directly correlated to the total collapsed mass. For this
reason, any pressure-related observational quantity should provide a robust minimum-scatter
proxy to the cluster mass. One such observable is the Comptonisation parameter, measured
through the Sunyaev-Zeldovich effect (SZE; e.g., Carlstrom et al. 2002, for a review), which
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Fig. 8 Left panel: the observed mass–temperature relation at r500 for nearby clusters observed with
XMM-Newton, compared with M–T relations from simulations (from Arnaud et al. 2005). The solid line
is the best fit to observations, while the dotted line is the best fit only to a subsample of hot clusters.
The short-dashed line is the relation from the non-radiative simulations by Evrard et al. (1996), while the
long-dashed line is the relation from the radiative simulations by Borgani et al. (2004). Right panel: the M–T

relation at r500 from the radiative simulations by Nagai et al. (2007a); circles: z = 0; squares: z = 0.6, which
include cooling, star-formation and an inefficient form of SN feedback, compared to Chandra observations
for a set of nearby relaxed clusters by Vikhlinin et al. (2005); stars with error bars. Masses of simulated
clusters have been computed by using the same estimator, based on the hydrostatic equilibrium, applied to
the Chandra data. Masses of both simulated and observed clusters have been rescaled with redshift according
to the evolution predicted by the self-similar model

is proportional to the ICM pressure integrated along the line of sight. Observations of the
SZ effect are now reaching a high enough quality for extended sets of clusters, to allow
correlating the SZ signal with X-ray observable quantities. For instance, Bonamente et al.
(2007) analysed a set of 38 massive clusters in the redshift range 0.14 ≤ z ≤ 0.89, for which
both SZE imaging from the OVRO/BIMA interferometric array and Chandra X-ray obser-
vations are available. As a result, they found that the slope and the evolution of the scalings
of the Comptonisation parameter with gas mass, total mass and X-ray temperature are all in
agreement with the prediction of the self-similar model.

In an attempt to provide an X-ray observable related to the pressure, Kravtsov et al.
(2006) introduced the quantity YX = MgasT , defined by the product of the total gas mass
times the temperature, both measured within a given aperture. With this definition, YX rep-
resents the X-ray counterpart of the Compton-y parameter, measured from the SZ effect. By
computing this quantity for a set of simulated clusters, Kravtsov et al. (2006) showed that
YX has a very tight correlation with the cluster mass, with a remarkably small scatter of only
8 per cent. The application to Chandra observations of a set of nearby relaxed clusters also
shows that this relation has a comparably small scatter. Again, once masses of simulated and
observed clusters are computed by applying the same hydrostatic estimator, the normalisa-
tion of the YX–M relation from models and data closely agree with each other (Nagai et al.
2007a; see left panel of Fig. 9). Since mass is determined in this case from temperature, YX

and M are not independent quantities and, therefore, the scatter in their scaling relation may
be underestimated.

Maughan (2007) computed YX for an extended set of clusters extracted from the Chandra
archive, in the redshift range 0.1 < z < 1.3. The results of his analysis, shown in the right
panel of Fig. 9, indicate that YX is also tightly correlated with the X-ray luminosity through
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Fig. 9 Left panel: the relation between YX = MgasTX and M500. Points with error bars are for Chandra
observational data (from Nagai et al. 2007a). Masses of simulated clusters have been computed by using the
same estimator, based on the hydrostatic equilibrium, applied to the Chandra data. Masses of both simulated
and observed clusters have been rescaled with redshift according to the evolution predicted by the self-similar
model. Right panel: the relation between YX and the X-ray luminosity, both estimated within r500, for a set
of clusters at 0.1 < z < 1.3 extracted from the Chandra archive (from Maughan 2007). Luminosities have
been rescaled according to the redshift dependence expected from self-similar evolution

a relation which evolves in a self-similar way. Again, since the gas mass is obtained from the
X-ray surface brightness, YX and LX are not independent quantities, thus possibly leading
to an underestimate of the intrinsic scatter in their scaling relation.

3.4 The Gas Mass Fraction

The measurement of the baryon mass fraction in nearby galaxy clusters has been recognised
for several years to be a powerful method to measure the cosmological density parameter
(e.g., White et al. 1993; Mohr et al. 1999), while its redshift evolution provides constraints
on the dark energy content of the Universe (e.g., Allen et al. 2002; Ettori et al. 2003, and
references therein). Since diffuse gas dominates the baryon budget of clusters, a precise
measurement of the ICM total mass represents a fundamental step in the application of this
cosmological test. While this method relies on the basic assumption that all clusters contain
baryons in a cosmic proportion, a number of observational evidences show that the gas mass
fraction is smaller in lower temperature systems (Lin et al. 2003; Sanderson et al. 2003).
This fact forces one to restrict the application to the most massive and relaxed systems. In
addition, since X-ray measurements of the gas mass fraction are generally available only out
to a fraction of the cluster virial radius, the question then arises as to whether the gas fraction
in these regions is representative of the cosmic value. Indeed, observational evidence has
been found for an increase of the gas mass fraction with radius (e.g., Castillo-Morales and
Schindler 2003).

In this respect, hydrodynamical simulations offer a way to check how the gas mass is
distributed within individual clusters and as a function of the cluster mass, thus possibly
providing a correction for such biases. Indeed, Allen et al. (2004) resorted to the set of SPH
clusters simulated by Eke et al. (1998) to calibrate the correction factor that one needs to
apply to extrapolate the baryon fraction computed at r2500, which is the typical radius at
which it is measured, to the cosmic value. However, since this set of simulations does not
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Fig. 10 Left panel: the gas fraction (filled circles) and the baryon fraction (open circles) for cluster simula-
tions which include cooling and star formation. Squares indicate runs where cooling is switched off at z < 2,
while triangles are for non-radiative simulations (from Kravtsov et al. 2005). Right panel: the gas fraction
(diamonds) and the baryon fraction (circles) within r500 for SPH simulations of clusters, which include dif-
ferent gas physics. G: gravitational heating only; GV: G with a scheme for reduced SPH gas viscosity; FwW:
radiative runs with feedback and weak galactic winds; FwWC: like FwW with also thermal conduction, with
an efficiency of one-third of the Spitzer value; F: radiative runs with no winds; FsW: radiative runs with
strong winds. Blue, green and red symbols refer to redshifts z = 0, 0.7 and 1 (from Ettori et al. 2006). The
shaded area indicates the range of values of the observed gas fraction (Ettori and Fabian 1999)

include the effects of cooling, star formation and feedback heating, it is not clear whether
they provide a reliable description of the gas distribution within real clusters.

Kravtsov et al. (2005) used high resolution simulations, based on an Eulerian code, for
a set of clusters using both non-radiative and radiative physics. They found that including
cooling and star formation has a substantial effect on the total baryon fraction in the central
cluster regions, where it is even larger than the cosmic value. As shown in the left panel
of Fig. 10, at the virial radius the effect is actually inverted, with the baryon fraction of
radiative runs lying below that of the non-radiative runs. In addition, they also compared
results obtained from Eulerian and SPH codes and found small, but systematic, differences
between the resulting baryon fractions.

Ettori et al. (2006) performed a similar test, based on SPH simulations, but focusing on
the effect of changing in a number of ways the description of the relevant physical processes,
such as gas viscosity, feedback strength and thermal conduction. The results of their analy-
sis, which is shown in the right panel of Fig. 10, demonstrated that the baryon fraction is
generally stable but only at rather large radii, � r500. They also showed that changing the
description of the relevant ICM physical processes changes the extrapolation of the baryon
fraction from the central regions, relevant for X-ray measurements, while also slightly af-
fecting the redshift evolution.

On the one hand, these results show that simulations can be used as calibration instru-
ments for cosmological applications of galaxy clusters. On the other hand, they also demon-
strate that for this calibration to reach the precision required to constrain the dark energy
content of the Universe, one needs to include in simulations the relevant physical processes
which determine the ICM observational properties.
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4 Profiles of X-ray Observables

4.1 The Temperature Profiles

Already ASCA observations, despite their modest spatial resolution, have established that
most of the clusters show significant departures from isothermality, with negative temper-
ature gradients characterised by a remarkable degree of similarity, out to the largest radii
sampled (e.g., Markevitch et al. 1998). Besides confirming the presence of these gradients,
Beppo-SAX observations (e.g., De Grandi 2002) showed that they do not extend down to the
innermost cluster central regions, where instead an isothermal regime is observed, possibly
followed by a decline of the temperature towards the centre, at least for relaxed clusters. The
much improved sensitivity of the Chandra satellite provides now a more detailed picture of
the central temperature profiles (e.g., Vikhlinin et al. 2005; Baldi et al. 2007). At the same
time, a number of analyses of XMM–Newton observations now consistently show the pres-
ence of a negative gradient at radii � 0.1r200 (e.g., Piffaretti et al. 2005; Pratt et al. 2007,
and references therein). Relaxed clusters are generally shown to have a smoothly declining
profile toward the centre, reaching values which are about half of the overall virial cluster
temperature in the innermost sampled regions, with non-relaxed clusters having, instead, a
larger variety of temperature profiles. The emerging picture suggests that gas cooling is re-
sponsible for the decline of the temperature in the central regions, while some mechanism
of energy feedback should be responsible for preventing overcooling, thereby suppressing
the mass deposition rate and the resulting star formation.

As for hydrodynamical simulations, they have shown to be generally rather successful
in reproducing the declining temperature profiles outside the core regions (e.g., Loken et al.
2002; Roncarelli et al. 2006), where gas cooling is relatively unimportant. On the other hand,
as we have already discussed in Sect. 2.2, including gas cooling has the effect of steepening
the T -profiles in the core regions, in clear disagreement with observations. The problem
of the central temperature profiles in radiative simulations has been consistently found by
several independent analyses (e.g., Valdarnini 2003; Borgani et al. 2004; Nagai et al. 2007a)
and is interpreted as due to the difficulty that currently implemented feedback schemes have
in balancing the cooling runaway.

As an example, we show in the left panel of Fig. 11 the comparison between simu-
lated and observed temperature profiles, recently presented by Nagai et al. (2007a), which is
based on a set of clusters simulated with an Adaptive Mesh Refinement (AMR) code. This
plot clearly shows that the central profiles of simulated clusters are far steeper than the ob-
served ones, by an amount which increases when cooling and star formation are turned on.
Although this result is in qualitative agreement with other results based on SPH codes, an
eye-ball comparison with the left panel of Fig. 3 shows a significant difference of the profiles
in the central regions for the non-radiative runs. Indeed, while SPH simulations generally
show a flattening at r � 0.1rvir, Eulerian simulations are instead characterised by continu-
ously rising profiles. While this difference is reduced when cooling is turned on, it clearly
calls for the need of performing detailed comparisons between different simulation codes,
in the spirit of the Santa Barbara Cluster Comparison Project (e.g., Frenk et al. 1999), and
to understand in detail the reason for these differences.

As discussed above, the steep temperature profiles predicted in the central regions wit-
ness the presence of overcooling. Viceversa, the fact that a feedback mechanism is able
to produce the correct temperature profiles does not guarantee in itself that overcooling is
prevented. Indeed, Kay et al. (2007) found that their “targeted” scheme of SN feedback pro-
duces temperature profiles which are in reasonable agreement with observations (see the
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Fig. 11 Left panel: the temperature profiles in AMR simulations of clusters (thick curves) and in real clusters
(thin curves). The simulation results are the average over 16 numerical clusters. The solid line is for runs with
cooling and star formation, while the dashed line is for non-radiative simulations. The observational curves
are for clusters with different temperatures (from Nagai et al. 2007a). Right panel: Temperature profiles at
z = 1 (top) and at z = 0 (bottom) from a set of SPH simulated clusters including cooling, star-formation
and a “targeted” scheme of SN feedback (from Kay et al. 2007). Median and 10/90 percentiles are shown.
Solid and dashed lines are for irregular and regular clusters, respectively. The vertical dashed line indicates
the smallest scale which is numerically resolved. In the bottom panel, the heavy green line shows the profile
from Chandra observations of cool core clusters (Vikhlinin et al. 2005), while the yellow shaded area is for a
XMM-Newton sample of nearby clusters (Pratt et al. 2007)

right panel of Fig. 11). However, even with this efficient feedback scheme, the resulting
stellar fraction within clusters was still found to be too high, � 25 per cent, thus indicating
the presence of a substantial overcooling in their simulations.

Clearly, resolving the discrepancy between observed and simulated central temperature
profiles requires that simulations are able to produce the correct thermal structure of the
observed “cool cores”. This means that a suitable feedback should compensate the radiative
losses of the gas at the cluster centre, while keeping it at about ∼ 1/3 of the virial tem-
perature. A number of analyses converge to indicate that AGN should represent the natural
solution to this problem. Considerable efforts have been spent to investigate how cooling
can be self-consistently regulated by feedback from a central AGN in static cluster poten-
tials (e.g., Churazov et al. 2001; Omma et al. 2004; Brighenti and Mathews 2006; Sternberg
et al. 2007, and reference therein), while only quite recently these studies have been ex-
tended to clusters forming in a cosmological context (e.g., Heinz et al. 2006; Sijacki et al.
2007). Although the results of these analyses are quite promising, we still lack for a detailed
comparison between observational data and an extended set of cosmological simulations of
clusters, convincingly showing that AGN feedback is able to provide the correct ICM ther-
mal structure for objects spanning a wide range of masses, from poor groups to rich massive
clusters.
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4.2 The Entropy Profiles

As already mentioned in Sect. 2, a convenient way of characterising the thermodynamical
properties of the ICM is through the entropy, which, in X-ray cluster studies, is usually de-
fined as S = T/n

2/3
e (see the review by Voit 2005, for a detailed discussion about the role

of entropy in cluster studies). Since the current numerical description of the heating/cooling
interplay in the central cluster regions is unable to reproduce the observed temperature struc-
ture, there is no surprise that simulations have difficulties also in accounting for the observed
entropy structure. However, while the ICM thermodynamics is sensitive to complex phys-
ical processes in the core regions, one expects simulations to fare much better in the outer
regions, say at r > 0.2 r200, where the gas dynamics should be dominated by gravitational
processes. This expectation is also supported by the agreement between the observed and
the simulated slope of the temperature profiles outside cluster cores.

If gravity were the only process at work, then the prediction of the self-similar model is
that S ∝ T . Therefore, by plotting profiles of the reduced entropy, S/T , one expects them
to fall on the top of each other for clusters of different temperatures. However, observations
revealed that this is not the case. Indications from ASCA data (Ponman et al. 2003) showed
that entropy profiles of poor clusters and groups have an amplitude which is higher than
that expected for rich clusters from the above scaling argument. This result has been sub-
sequently confirmed by the XMM-Newton data analysed by Pratt and Arnaud (2005) and
by Piffaretti et al. (2005). Quite remarkably, a relatively higher entropy for groups is found
not only in the central regions, where it can arise as a consequence of the heating/cooling
processes, but extends to all radii sampled by X-ray observations, out to � 0.5r500. These
analyses consistently indicate that S ∝ T α , with α � 0.65, instead of α = 1 as expected from
self-similar scaling.

Ponman et al. (2003) and Voit et al. (2003) interpreted this entropy excess in poor clus-
ters and groups as the effect of entropy amplification generated by shocks from smoothed
gas accretion. The underlying idea is the following. In the hierarchical scenario for structure
formation, a galaxy group is expected to accrete from relatively smaller filaments and merg-
ing sub-groups than a rich cluster does. Suppose now to heat the gas with a fixed amount
of specific energy (or entropy). Such a diffuse heating will be more effective to smooth the
accretion pattern of a group than that of a rich cluster, just as a consequence of the lower vir-
ial temperature of the structures falling into the former object. In this case, accretion shocks
take place at a lower density and, therefore, are more efficient in generating entropy. While
predictions from the semi-analytical approach by Voit et al. (2003) are in reasonable agree-
ment with observational results, one may wonder whether these predictions are confirmed
by full hydrodynamical simulations.

To tackle this problem, Borgani et al. (2005) performed a series of SPH hydrodynamical
simulations of four galaxy clusters and groups, with temperature in the range 0.5–3 keV,
using both non-radiative and radiative runs, also exploring a variety of heating recipes. As a
result, they found that galactic ejecta powered by an even extremely efficient SN feedback
are not able to generate the observed level of entropy amplification. This result is shown in
the left panel of Fig. 12 where the profiles of reduced entropy are plotted for the simulated
structures in the case of moderate (upper panel) and very strong (bottom panel) galactic
outflows. Borgani et al. also showed that only adding an entropy floor at z = 3 provides
an efficient smoothing of the gas accretion pattern and, therefore, a substantial degree of
entropy amplifications (see Fig. 4). Although this diffuse pre-heating provides an adequate
entropy amplification at large radii, the price to pay is that the entropy level is substantially
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Fig. 12 Left panel: the profile of reduced entropy, S/T , for a series of SPH GADGET runs of one cluster
and three groups, including cooling, star formation and feedback from galactic winds. The top panel is for
runs in which the winds have a velocity of about 360 km s−1, while the bottom panel is for an extreme
wind model with a velocity of 830 km s−1 (from Borgani et al. 2005). The straight dotted line marks the
slope S ∝ R0.95 which is the best-fitting to the observed entropy profiles (Pratt and Arnaud 2005; Piffaretti
et al. 2005). Right panel: the relation between entropy computed at r500 for clusters and groups identified
in AMR ENZO cosmological simulations (from Younger and Bryan 2007), compared with the observational
results by Ponman et al. (2003); symbols with error bars. Shown are four different cases of entropy injection
at z = 10: no pre-heating (open triangles), 78 keV cm2 (filled circles), 155 keV cm2 (stars), 311 keV cm2

(filled triangles). The solid line is a power-law fit to the self-similar prediction from the simulations

increased in the central regions. This is at variance with high-resolution Chandra measure-
ments of low entropy gas in the innermost cluster regions, where it reaches values as low as
∼ 10 keV cm2 (Donahue et al. 2006).

A similar analysis has also been performed by Younger and Bryan (2007), who used a set
of AMR non-radiative cosmological simulations performed with the ENZO code (O’Shea
et al. 2004), with gas entropy boosted at high redshift, z = 10. In keeping with previous
analyses, they found that pre-heated simulations are generally able to reproduce the observed
luminosity–temperature and mass–temperature relations. However, differently from Borgani
et al. (2005), even the most extreme pre-heating scheme does not provide an appreciable
degree of entropy amplification. This result is shown in the right panel of Fig. 12. The
deviations from self-similarity for the entropy computed at r500 are always too small to
reconcile the simulations with the observational data by Ponman et al. (2003). A possible
reason for the different results with respect to the analysis by Borgani et al. is due to the
higher redshift of pre-heating, z = 10 instead of 3, used by Younger & Bryan. Furthermore,
grid-based codes are known to produce entropy profiles that, in the central part of the halos,
r � 0.2r200, are flatter than those produced by SPH codes (e.g., Voit et al. 2005). Therefore,
the question arises as to whether different numerical schemes of hydrodynamics react in
different ways to pre-heating. It would be highly recommendable that future simulation
comparison projects will include tests of how different codes behave in the presence of
simple schemes of non-gravitational heating.
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5 Summary

In this paper we reviewed the current status of the comparison between cosmological hy-
drodynamical simulations of the X-ray properties of the intra-cluster medium (ICM) and
observations. We first presented the basic predictions of the self-similar model, based on the
assumption that only gravitational processes drive the evolution of the ICM. We then showed
how a number of observational facts are at variance with these predictions, with poor clusters
and groups characterised by a relatively lower density and higher entropy of the gas. This
calls for the need of introducing some extra physical processes, such as non-gravitational
heating and radiative cooling, which are able to break the self-similarity between objects of
different size. The results based on simulations, which include these effects, can be sum-
marised as follows.

(1) The observed scaling relation between X-ray luminosity and temperature can be re-
produced by simulations including cooling only, but at the expense of producing a too large
fraction of cooled gas. Introducing ad-hoc schemes of entropy injection at high redshift
(the so-called pre-heating) can eventually produce the correct LX–T relation. However, no
simulations have been presented so far, in which a good agreement with observations is
achieved by using a feedback scheme in which the energy release and thermalisation from
SN or AGN is self-consistently computed by the simulated star formation or accretion onto
a cosmologically evolving population of black holes.

(2) Simulations which include cooling, star formation and SN feedback, correctly repro-
duce the observed mass–temperature and “pressure”–temperature relations. Quite interest-
ingly, this agreement is achieved once the masses of simulated clusters are estimated by
applying the same mass estimators, based on the assumption of hydrostatic equilibrium,
which are applied to the analysis of real clusters. The violation of hydrostatic equilibrium,
related to the non-thermal pressure support from subsonic gas motions, would otherwise
contribute to a ∼ 20 per cent overestimate of the normalisation of the above scaling rela-
tions for simulated clusters.

(3) Both non-radiative and radiative runs naturally predict the observed negative gradients
of the temperature profiles outside the cluster core regions, r � 0.2r200. This suggests that
the ICM thermal structure in these regions is indeed dominated by the action of gravitational
processes, such as heating from shocks associated to supersonic gas accretion.

(4) Introducing cooling has the effect of steepening the temperature profiles in the inner-
most regions, as a consequence of the adiabatic compression of inflowing gas, caused by the
lack of pressure support. Therefore, gas in the cores of simulated clusters generally lies in a
high-temperature phase, which is very well separated from the cold (∼ 104 K) phase. This
is at variance with the observed “cool core” structure of real clusters, which show instead
the presence of a fair amount of gas, down to a limiting temperature of ∼ 1/3 of the virial
temperature, which formally has a rather short cooling time. The presence of this gas makes
the observed temperature profiles of relaxed clusters to peak at r � 0.2r200, thereby decreas-
ing by about a factor two in the innermost sampled regions. The discrepancy between the
simulated and the observed “cool core” calls for the need of introducing in cluster simula-
tions a suitable feedback mechanism which is able to compensate the radiative losses, keeps
pressurised gas in the central regions, and suppresses the mass deposition rate.

(5) Simulations are generally rather successful in reproducing the observed slope of the
entropy profiles outside the core regions, S ∝ rα with α � 1. This slope is also close to that
predicted by models based on gravitational heating from spherical accretion, thus lending
further support to the picture that gravity drives the evolution of the ICM outside the core
regions. Quite intriguingly, however, the normalisation of the profiles out to the largest sam-
pled radii, � r500, is observed to have a milder temperature dependence than expected from
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the self-similar model, S ∝ T α with α � 0.65 instead of α � 1. This entropy excess in poor
systems can be reproduced in simulations only by adding a diffuse pre-heating mechanism,
which smoothes the pattern of gas accretion, thereby leading to an amplification of entropy
generation from shocks in poorer systems. However, this mechanism is able to provide the
correct explanation only for clusters with temperature T � 3 keV. Generating entropy ampli-
fication in hotter systems would require an exceedingly large amount of pre-heating, which
would generate too shallow entropy profiles.

In general, the above results demonstrate the capability of cosmological hydrodynamical
simulations to predict the correct thermodynamical properties of the ICM outside the cen-
tral regions of galaxy clusters. On the other hand, even simulations based on an efficient SN
feedback fail in preventing overcooling and providing the correct description of the ther-
modynamical ICM properties in the central regions. The “cool core” failure of simulations
based on stellar feedback is also witnessed by the exceedingly massive and blue central
galaxies that are generally produced (see also Borgani et al. 2008—Chap. 18, this issue).

The fact that cool cores are observed for systems spanning at least two orders of mag-
nitude in mass, from ∼ 1013M� to ∼ 1015M�, suggests that only one self-regulated mech-
anism should be mainly responsible for this, rather than the combination of several mech-
anisms possibly acting over different time-scales. Although AGN are generally thought to
naturally provide such a mechanism, a detailed comparison between observational data and
an extended set of cluster simulations, including this kind of feedback is still lacking. Fur-
thermore, understanding in detail the role of AGN in determining the ICM properties re-
quires addressing in detail two major issues. Firstly, the accretion process onto the central
black hole involves scales of the order of the parsec, while the X-ray observable effects
involve scales of ∼ 10–100 kpc. This requires understanding the cross-talk between two
ranges of scales, which differ by at least four orders of magnitude. Secondly, the total en-
ergy budget available from AGN is orders of magnitude larger than that required to regulate
cooling flows. Therefore, one needs ultimately to understand the channels for the thermalisa-
tion of the released energy and how this naturally takes place without resorting to any ad-hoc
tuning. These problems definitely need to be addressed by simulations of the next genera-
tion, which will be aimed at understanding in detail the evolution of the cosmic baryons and
the observational X-ray properties of galaxy clusters.
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Abstract In this paper we review the current predictions of numerical simulations for the
origin and observability of the warm hot intergalactic medium (WHIM), the diffuse gas that
contains up to 50 per cent of the baryons at z ∼ 0. During structure formation, gravitational
accretion shocks emerging from collapsing regions gradually heat the intergalactic medium
(IGM) to temperatures in the range T ∼ 105–107 K. The WHIM is predicted to radiate most
of its energy in the ultraviolet (UV) and X-ray bands and to contribute a significant fraction
of the soft X-ray background emission. While O VI and C IV absorption systems arising in
the cooler fraction of the WHIM with T ∼ 105–105.5 K are seen in FUSE and Hubble Space
Telescope observations, models agree that current X-ray telescopes such as Chandra and
XMM-Newton do not have enough sensitivity to detect the hotter WHIM. However, future
missions such as Constellation-X and XEUS might be able to detect both emission lines and
absorption systems from highly ionised atoms such as O VII, O VIII and Fe XVII.
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1 Introduction

The cosmic baryon abundance was first inferred by applying the theory of primordial nucle-
osynthesis to observations of light element abundances (e.g., Olive et al. 2000) and has been
confirmed by observations of the cosmic microwave background radiation (CMB). A re-
cent measurement from the Wilkinson Microwave Anisotropy Probe reveals that �bh

2 =
0.0223+0.0007

−0.0009, where the Hubble parameter is h = 0.73+0.03
−0.04 (Spergel et al. 2007). At z > 2

most of the baryons are thought to reside in the diffuse, photoionised intergalactic medium
(IGM) with T ∼ 104–105 K, traced by the Lyα forest1 (e.g., Rauch et al. 1997; Weinberg et
al. 1997; Schaye 2001). The gas traced by the Lyα forest, together with the mass in galax-
ies, fully accounts for the cosmic baryon abundance at z ∼ 2 and confirms the prediction of
nucleosynthesis theories and the CMB measurements.

However, when the mass of stars, interstellar gas and plasma in clusters of galaxies at
redshift z ∼ 0 is considered, only a small fraction of the mass budget can be accounted for
(e.g., Persic and Salucci 1992; Fukugita et al. 1998; Fukugita and Peebles 2004). While the
gas traced by Lyα forest may account for about a third of the low-z baryons (e.g., Danforth
and Shull 2007), the majority of the baryons remain invisible. Unless the baryon budget at
high redshift has been overestimated by two different measurements, a large amount of the
low redshift baryons must be “missing”.

One of the basic predictions of cosmological, gas-dynamical simulations is the distribu-
tion of baryons in the universe. How many baryons are locked in stars? How many reside
in clusters and filaments? What is the state of the diffuse gas? Simulations of structure for-
mation predict that the missing baryons problem is measure of our technological limitations
rather than a real problem. In other words, the baryons are out there, but we cannot see them
because they reside in gas that is too dilute to be detected in emission and too hot to be
traced by Lyα absorption.

The idea of gravitational heating of the intergalactic gas was first suggested by Sunyaev
and Zel’dovich (1972) and subsequently developed (e.g., Nath and Silk 2001; Furlanetto and
Loeb 2004; Rasera and Teyssier 2006). While the largest structures in the universe form,
the IGM is heated by gravitational shocks that efficiently propagate from the collapsing
regions to the surrounding medium. Simulations predict that gas compressed and heated by
shocks can reach temperatures of 108 K in rich clusters of galaxies, while filaments and
mildly overdense regions are heated to temperatures in the range 105 to 107 K (e.g., Cen
and Ostriker 1999; Davé et al. 2001; Cen and Ostriker 2006). The latter are commonly
known as the Warm-Hot Intergalactic Medium (WHIM), which represents about half the
total baryonic mass in the universe at z ∼ 0.

At T ∼ 105–107 K, the IGM is collisionally ionised and becomes transparent to Lyα

radiation. As a consequence, the H I Lyα forest does not trace the bulk of the gas mass at
low redshift. Although the shock-heated IGM emits radiation in the UV and in the soft X-ray
bands, the total energy radiated away by mildly overdense gas is orders of magnitude too
small to be detected by current instruments. Similarly, the absorption from such a gas along
the line of sight to a bright X-ray source is too weak to be resolved by current spectrographs
(Richter et al. 2008—Chap. 3, this issue).

1Since the diffuse intergalactic medium is highly ionised, the baryon density inferred from Lyα forest ob-
servations is inversely proportional to the assumed ionisation rate. Since independent constraints on the UV
intensity are only accurate to a factor of few at best, we cannot prove that most of the baryons reside in the
forest.
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In this paper, we review the predictions of numerical simulations for the properties and
the observability of the WHIM. In Sect. 2 we briefly mention the numerical techniques used
to simulate the IGM and we discuss the mechanisms that produce the WHIM, namely heat-
ing by gravitational accretion shocks and other, non-gravitational, heating processes. A more
detailed description of the numerical techniques themselves can be found in Dolag et al.
(2008—Chap. 12, this issue). Section 3 describes the contribution of the WHIM emission
to the soft X-ray background. The current predictions for the detectability of the WHIM
in emission and absorption are discussed in Sect. 4 and in Sect. 5 respectively. Section 6
briefly reports on the effect of the WHIM on the CMB radiation and Sect. 7 discusses the
magnetisation of the IGM. We draw our conclusions in Sect. 8.

2 Origin and Properties of the WHIM

2.1 Numerical Techniques

In this subsection, we briefly discuss the numerical techniques that have been used to inves-
tigate the IGM and the WHIM in particular. However, we refer the reader to the review of
Dolag et al. (2008—Chap. 12, this issue) for a thorough description of specific simulation
techniques).

The most common approach to model the WHIM is through cosmological hydrodynami-
cal simulations. The strength of hydrodynamical simulations is that the basic gas dynamical
processes that determine the evolution of the diffuse gas are directly simulated and that it
is possible to make virtual observations of the WHIM with existing or future instruments.
However, ad hoc empirical prescriptions are needed to include processes such as galactic
winds and feedback from active galactic nuclei (AGN), whose physics is still poorly un-
derstood and in any case would require a resolution far beyond the current standards to be
included self-consistently. Hydrodynamical simulations of the WHIM have typically used
either Smoothed Particle Hydrodynamics (SPH, e.g., Hellsten et al. 1998; Croft et al. 2001;
Davé et al. 2001; Yoshikawa et al. 2004; Yoshikawa and Sasaki 2006; Dolag et al. 2006),
a uniform grid (e.g., Cen and Ostriker 1999, 2006), or Adaptive Mesh Refinement (AMR,
e.g., Kravtsov et al. 2002) to solve the gas dynamics.

Several properties of the WHIM, including the impact of gravitational and non-
gravitational heating processes on the IGM, and the observability of emission lines and
absorption systems in UV and X-ray spectra, have been successfully investigated with ana-
lytical and semi-analytical techniques (Perna and Loeb 1998; Pen 1999; Nath and Silk 2001;
Valageas et al. 2002; Viel et al. 2003; Furlanetto et al. 2004; Viel et al. 2005; Furlanetto et
al. 2005; Rasera and Teyssier 2006).

2.2 Gravitational Heating

Theoretical predictions and numerical simulations agree that the heating of the IGM is fu-
elled by the gravitational accretion shocks emerging during the collapse of cosmic structures
(e.g., Cen and Ostriker 1999; Davé et al. 2001; Nath and Silk 2001; Valageas et al. 2002;
Kang et al. 2005; Cen and Ostriker 2006; Bykov et al. 2008—Chap. 7, this issue). Simula-
tions suggest that the distribution of the warm-hot gas closely reflects the distribution of the
shock waves, and therefore the underlying density field. The role of shock waves in heating
the IGM has been investigated using cosmological hydrodynamical simulations by Kang
et al. (2005), who find that the fastest shocks can be found around clusters and groups of
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Fig. 1 The temperature vs. overdensity plane at z = 3, 2, 1, and 0. The gas mostly resides in three phases:
a cool, photoionised, diffuse IGM (tail to lower left); the warm-hot shocked IGM; and gas condensed into
stars and star forming clouds (tail to lower right). The solid lines indicate an approximate separation between
these phases. From Davé et al. (1999)

galaxies, while the slowest shocks usually propagate across low density regions like sheets
and filaments. This reflects the fact that the infall velocity is a measure of the depth of the
potential well. Furlanetto et al. (2005) reach similar conclusions using analytical techniques
and find that the shocks with the highest temperatures are associated with the most massive
virialised objects, up to distances larger than their virial radii.

The WHIM gas is organised in a complex structure of filaments and sheets, that generally
reflects the dynamics of structure formation. According to Dolag et al. (2006), the gas den-
sity in filaments is typically 10–100 times the mean density and varies more smoothly than
in clusters. Filaments have a coherence length of about 5 Mpc, although some can be as long
as 25 Mpc, and a diameter of about 3–5 Mpc. The detailed thermal structure of the WHIM
strongly depends on the direction of propagation of the accretion shocks, while the velocity
field appears to be orthogonal to the filaments at large distances from galaxy clusters and
aligned to the filaments at small distances.

Most simulations predict that between 30 and 50 per cent of all the baryons in the low
redshift universe have temperatures in the interval 105–107 K (e.g., Hellsten et al. 1998;
Cen and Ostriker 1999; Davé et al. 1999, 2001; Cen and Ostriker 2006). Figure 1 shows
the distribution of the gas in the temperature-density plane at z = 3, 2, 1, and 0. Hot gas
with T > 107 K resides in the hottest cores of groups and in large clusters of galaxies.
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Most of the gas, however, is at temperatures T < 107 K and at z = 0 is about evenly spread
between the WHIM and the cooler, mostly photo-ionised IGM. At higher redshifts, a larger
fraction of the baryons resides in the photo-ionised IGM. Kang et al. (2005) find that, besides
the gas shock-heated to T = 105–107 K, a significant amount of mass, distributed mostly
along sheet-like structures, is shock-heated to T < 105 K by shock waves propagating with
velocities vsh < 150 km s−1. This mostly photo-ionised gas is responsible for the majority of
the O V and O VI absorption lines, but contributes little to the total O V and O VI emission,
which is instead produced by warmer, collisionally ionised ions.

2.3 Non-Equilibrium Calculations

Simulations that include non-equilibrium processes have been performed by Teyssier et al.
(1998), Cen and Fang (2006) and Yoshikawa and Sasaki (2006). In most hydrodynamical
simulations, it is routinely assumed that diffuse gas is in ionisation equilibrium (Cen and
Ostriker 1999; Davé et al. 2001; Yoshikawa et al. 2003, 2004; Kang et al. 2005; Roncarelli
et al. 2006). In general, ionisation equilibrium is nearly achieved in the centres of galaxy
clusters and in photo-ionised regions with T < 105 K. However, this may not happen in the
outer regions of clusters, in groups, and in the WHIM (Yoshikawa et al. 2003).

Similar conclusions are reached by Cen and Fang (2006) and Yoshikawa and Sasaki
(2006). Cen and Fang (2006) claim that observational results for the abundance of O VI

absorption lines are better reproduced by models including non-equilibrium processes.
Yoshikawa and Sasaki (2006) find that a significant fraction of the WHIM at z = 0 is not in
ionisation equilibrium, as do Yoshida et al. (2005). However, Yoshikawa and Sasaki (2006)
calculate that although this strongly affects the relative abundance of ions such as O VI, O VII

and O VIII, it does not have a significant effect on the observable signatures of the WHIM
in emission or absorption.

When gas is infalling onto a collapsing structure and is heated by gravitational accretion
shocks, most of its energy is carried by ions, while electrons can only gain thermal energy
through collisions with ions. The temperatures of ions and electrons can therefore be very
different and converge only if energy can be efficiently transferred from ions to electrons. If
only Coulomb interactions are considered, then the relaxation timescale can be shorter than
the age of the universe for the WHIM (Yoshikawa et al. 2003; Yoshida et al. 2005). Since
the relative abundance of metal ions and the plasma emissivity are sensitive to the electron
temperature, this would have consequences for the observability of the WHIM.

Yoshida et al. (2005) introduce a two-temperature model for the thermal evolution of an
ionised gas. Their model includes an explicit treatment for collisional relaxation processes
between electrons and ions and allows one to follow the temperature of free electrons sep-
arately from the temperature of ions. They find that at z = 0 most WHIM gas shows a
two-temperature structure. Figure 2 shows the electron temperature in the two-temperature
model compared to the mean temperature of the gas at z = 0 for the simulations of Yoshida
et al. (2005). Clearly, the electron temperature of the WHIM is significantly lower than the
mean gas temperature, when non-equilibrium processes are taken into account. Yoshida et
al. (2005) calculate that the relative abundance of O VI, O VII and O VIII predicted by a two-
temperature model can be about an order of magnitude different from that predicted by a
one-temperature model. This yields similarly different values for the line emission of ions.

However, from supernova remnants we know that plasma waves are typically much
more efficient than collisional processes in transferring energy from ions to electrons
(e.g., Rakowski 2005) and these effects have not yet been included in simulations of the
WHIM. Yoshida et al. (2005) may therefore have overestimated the importance of the two-
temperature structure of the post-shock gas.
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Fig. 2 Electron temperature
versus the mean gas temperature.
The grey scale shows the number
density of gas particles and the
rectangular box encloses the
WHIM gas, with
105 < Telec < 107 K. From
Yoshida et al. (2005)

2.4 Non-Gravitational Physics

Several studies have investigated whether sources of non-gravitational heating might signif-
icantly affect the thermal state of the IGM. Simulations by Cen and Ostriker (2006) predict
that non-gravitational processes, such as galactic winds and X-ray emission from galaxies
and quasars, contribute no more than 20 per cent of the energy required to heat the IGM, in
agreement with previous results from Davé et al. (2001) and Nath and Silk (2001).

A powerful test to constrain the contribution of non-gravitational processes is the compar-
ison of the observed intensity of the soft X-ray background to the predictions of numerical
simulations. Since most of the observed background emission has been resolved into point
sources (Hasinger et al. 1998; Worsley et al. 2005), the comparison of the predictions of
hydrodynamical simulations with observations can put tight constraints on the amount of
the observed background emission that can be attributed to the diffuse intergalactic gas.

In general, the intensity of the soft X-ray background predicted by simulations that in-
clude only gravitational heating processes strongly exceeds the observed emission from high
density, collapsed regions (e.g., Nath and Silk 2001; Bryan and Voit 2001; Davé et al. 2001;
Cen and Ostriker 2006). The emission is primarily due to Bremsstrahlung and reflects the
cooling of gas in groups and clusters of galaxies. Analytical calculations by Pen (1999)
and Wu et al. (2001) find an order of magnitude more background light than predicted by
simulations, owing to the importance of gravitational pre-heating. They suggest that addi-
tional heating from non-gravitational processes might be necessary to “puff up” and hence
decrease the emission from collapsed regions and reconcile the theoretical predictions with
the observations. However, they note that non-gravitational heating does not seem to be
relevant for uncollapsed regions like filaments and voids.

Voit and Bryan (2001) argue that non-gravitational processes can help to establish an
entropy floor in high density regions. The lowest entropy material will drop out and form
stars unless it is heated through feedback from star formation. They suggest that an entropy
floor of ∼100 keV cm−2 is required to reconcile the theoretical results with observations.
Bryan and Voit (2001) demonstrate further that radiative cooling and additional heating from
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feedback can efficiently suppress the X-ray background, while substantially modifying the
characteristic spectral shape of the background itself.

3 WHIM Contribution to the Soft X-Ray Background

The extended spatial distribution over cosmological scales makes the WHIM an essential
contributor to the diffuse X-ray background radiation. The most intense X-ray emission
comes from relatively compact sources such as clusters, active galactic nuclei and galaxies.
The gas in these objects has high emissivity power, but accounts for only a small fraction of
the baryon mass in the universe. The emissivity of the WHIM is usually a few orders of mag-
nitude lower, because of its lower density and temperature. However, the WHIM accounts
for up to half the baryonic mass at z ∼ 0 and its integrated emission over cosmological scales
might be roughly comparable to that of dense regions and compact objects.

Analytical calculations (Valageas et al. 2002) and numerical simulations predict that the
WHIM contributes between a few per cent (Kang et al. 2005) and 40 per cent (Croft et al.
2001; Roncarelli et al. 2006) of the total X-ray background emission, consistent with the
observational upper limit of (1.2 ± 0.3) × 10−12 erg s−1 cm−2 deg−2 (Worsley et al. 2005).
Because of the softness of the spectrum, the WHIM produces only between 4 per cent (Croft
et al. 2001) and 10 per cent (Roncarelli et al. 2006) of the total hard X-ray emission. Accord-
ing to the simulations of Roncarelli et al. (2006), about 90 per cent of the X-ray background
emission is produced at z < 0.9. Figure 3 shows simulated maps of the soft (0.5–2 keV,
upper panels) and hard (2–10 keV, lower panels) X-ray emission from a region 3.78 degree
on a side. The left panels show the total emission from the gas, while the right panels show
the contribution of the WHIM.

Phillips et al. (2001) estimate that in hydrodynamical simulations the WHIM gas at z = 0
is responsible for about 5–15 per cent of the total extragalactic surface brightness in the
energy range 0.5–2 keV (Fig. 4), corresponding to a flux of 0.24×10−12 erg s−1 cm−2 deg−2.
The WHIM line emission peaks in the 0.5–0.8 keV energy range, where observations by
ASCA and ROSAT show a spectral bump, as shown in Fig. 4. Phillips et al. (2001) argue
that the bump is due to WHIM emission, and in particular to metal line emission. Similarly,
Kravtsov et al. (2002) produce simulations that faithfully reconstruct the local universe and
find that about 5–10 per cent of the X-ray background at energies of about 1 keV may be
contributed by the WHIM. Ursino and Galeazzi (2006) find a contribution of up to 20 per
cent in the energy range 0.37–0.925 keV, most of which is emitted by filaments at redshifts
between 0.1 and 0.6. Dense and bright filaments are present in about 10 per cent of a generic
field of view, and can account for more than 20 per cent of the total emission. In such cases,
redshifted emission lines from highly ionised atoms should be clearly detectable.

3.1 Soft X-Ray Excess Radiation in Galaxy Clusters

Soft X-ray excess radiation in clusters has been detected in observations by the Extreme
Ultraviolet Explorer (EUVE), ROSAT and XMM-Newton (Lieu et al. 1996; Bonamente et al.
2001; Finoguenov et al. 2003; see Durret et al. 2008—Chap. 4, this issue for an overview).
The temperature of the ICM is usually estimated by assuming a one-temperature plasma
model for the diffuse gas. The soft X-ray flux calculated from the observed X-ray emission
of clusters, however, often appears to be above the expected thermal contribution. It has been
suggested that the excess radiation may be due to foreground emission from the WHIM, or
from warm diffuse gas in the clusters.
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Fig. 3 Maps of the soft (0.5–2 keV, upper panels) and hard (2–10 keV, lower panels) X-ray intensity obtained
by considering all the gas particles (left panels), and only the gas particles with temperatures in the range
105 < T < 107 K (WHIM, right panels). The maps are 3.78 deg on a side, with a pixel size (1.66 arcsec)2.
The two maps show results for the same realisation of the past light-cone. From Roncarelli et al. (2006)

Cheng et al. (2005) investigate the origin of this excess with a set of cluster simula-
tions. They find that the presence of WHIM is not necessary to explain the observations,
because the excess emission is produced by extremely dense gas associated with merging
substructures within the cluster. In clusters where this gas is present, the temperature of the
inner regions is usually 30–50 per cent above that predicted by the one-temperature plasma
model. Dolag et al. (2006) find that, since the WHIM surface brightness in X-rays reaches at
most 10−16 erg s−1 cm−2 arcmin−2, projection effects of WHIM filaments in front of galaxy
clusters can account for no more than 10 per cent of the cluster emission. This may partly
explain the soft X-ray excess, but clearly does not fully account for it. Similar conclusions
have been reached by Mittaz et al. (2004).
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Fig. 4 The predicted integrated X-ray background (solid curve) and the predicted contributions from the
IGM (dashed curve) and WHIM alone (dotted curve). The observations of the XRB spectrum from the ASCA
LSS region (Miyaji et al. 2000) and ROSAT PSPC fields are shown along with the Bayesian fit to observations
of the X-ray background (Barcons et al. 2000). The fractional contribution of the WHIM to the total simulated
and observed backgrounds is plotted in the lower panel. Phillips et al. (2001) argue that the factor of two
difference between the normalisation of the simulated background and that of the observed background may
be due to the low value of �b assumed in the simulations or to the underestimate of the observed AGN
formation rate used to compute the spectrum. From Phillips et al. (2001)

4 Line Emission

Most of the energy radiated by the WHIM in the UV and soft X-ray bands is emitted
through emission lines. The detection of emission lines from the WHIM is key to under-
standing the properties of the gas itself. The relative intensities of emission lines from highly
ionised metals in the WHIM gives information about the temperature of the emitting gas,
while the absolute intensities reflect the density and the degree of metal enrichment of the
gas.

The relative abundances of ionised atoms is determined by the temperature and, if photo-
ionisation plays a role, the density of the WHIM. Ions whose abundance peaks at the highest
temperatures, such as Fe XXV and Fe XXVI, are concentrated in the hottest, highest density
regions, while ions that peak at lower temperatures, such as O VII, O VIII and Fe XVII, are
more widespread and originate in groups and filaments (Fang et al. 2002). The detection of
WHIM emission from the intracluster medium of filaments, groups and cluster with different
masses helps to understand the impact of feedback in these structures (Pierre et al. 2000).
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4.1 Soft X-Rays

Yoshikawa et al. (2003) and Yoshikawa et al. (2004) find that the temperature of the IGM can
be estimated if both the O VII and O VIII ions are simultaneously observed. However, if only
one line is detectable, then the line cannot be identified unambiguously. Figure 5 shows
template spectra of a collisionally ionised plasma with temperature T = 106 K, 106.5 K,
and 107 K, and with metallicity Z = Z� and Z = 0.1Z�, which display the contribution
of oxygen ions as a function of temperature. Clearly, the detectability of the line emission
depends strongly on the metallicity.

It is still controversial if the WHIM can actually be detected in emission by current and
future X-ray telescopes. Voit et al. (2001) calculate that the virialised regions of groups
and clusters cover about a third of the sky. This is a potential problem in the identifica-
tion of X-ray emission from the WHIM in filaments and distant groups, because it creates
source-confusion and strongly contaminates the observations. Pierre et al. (2000) predict that
XMM-Newton should be able to detect diffuse emission from strong filaments at z ∼ 0.1, al-
though no such detections have been confirmed so far. As Fang et al. (2005) calculate, X-ray
emission lines from the WHIM are hard to detect in high density regions and in voids. The
emission from clusters and groups is dominated by the hot intracluster medium, while in
voids the X-ray spectrum is completely dominated by radiation from background AGN and

Fig. 5 Template spectra of a collisionally ionised plasma with temperature T = 106 K (lower panels),
106.5 K (middle panels), and 107 K (upper panels). Spectra for metallicity Z = Z� and Z = 0.1Z� are
shown in the left and right panels, respectively. From Yoshikawa et al. (2003)
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by the Galactic foreground. In both cases, the emission of the WHIM would be too low to
be distinguished from the dominant component. On the other hand, it might be possible to
resolve at least a few strong emission lines from the WHIM in filamentary regions, despite
the fact that most of the emission is contributed by AGN and by the Galactic foreground.

Fang et al. (2005) argue that planned telescopes such as Constellation-X and the X-ray
Evolving Universe Spectroscopy mission (XEUS) have little chance to see a significant sig-
nal for the WHIM emission, because their effective collecting area is too small to detect
diffuse line emission from an extended area. Ideally, a mission to detect line emission from
the WHIM should have a large field of view, coupled with a high resolving power and
spectral resolution. Yoshikawa et al. (2003) and Yoshikawa et al. (2004) use large scale sim-
ulations and simulations that reproduce the local universe to produce mock X-ray spectra
of the WHIM emission. The simulated maps of the local universe (Yoshikawa et al. 2004)
demonstrate that WHIM gas in filamentary structures can be successfully imaged in targeted
observations by the proposed Diffuse Intergalactic Oxygen Surveyor (DIOS), an X-ray tele-
scope of new generation which combines a large field of view with high spatial and spectral
resolution. DIOS and several other proposed missions are discussed in more detail in Paerels
et al. (2008—Chap. 19, this issue).

4.2 UV

While O VII and O VIII lines are emitted by gas with T � 106 K, line emission from the O VI

λλ1032,1038 Å and C IV λλ1548,1551 Å doublets traces the coolest fraction of the WHIM,
with T ∼ 105–105.5 K. For the bulk of the WHIM mass, the line strengths are predicted to
be a few orders of magnitude lower than the background (Furlanetto et al. 2004). Kravtsov
et al. (2002) estimate the intensity of the O VI emission line at δ ∼ 10 and column densities
NO VI ∼ 1014 cm−2 to be I ∼ 1 − 10 photons cm−2 s−1 sr−1, which is an order of magnitude
below the sensitivity of past and current telescopes such as the Far Ultraviolet Spectroscopic
Explorer (FUSE) and SPEAR.

However, Furlanetto et al. (2004) predict that O VI and C IV line emission could be de-
tected above the background from enriched dense regions with sizes of about 50–100 kpc.
Furlanetto et al. (2004) argue that the connection between the line emission and the enrich-
ment by galactic winds may help understand the chemical enrichment history of the IGM
and the physics of winds.

5 Absorption

The X-ray forest is the high-energy counterpart of the Lyα forest. While the Lyα forest is
produced by cool gas absorbing Lyα photons in the optical spectra of high redshift quasars,
the X-ray forest is the result of absorption by highly ionised atoms in the spectra of bright
X-ray sources (Richter et al. 2008—Chap. 3, this issue).

The detection of the X-ray forest in high resolution spectra of quasars and gamma ray
bursts (GRB) is possibly one of the most powerful tools to investigate the properties of the
WHIM in the low redshift universe. For example, the number density of absorbers gives an
estimate of the baryon density times the metallicity of the IGM, while the ratio between the
O VII and the O VIII line strengths gives information on the distribution of the gas tempera-
ture and density.

A thorough knowledge of the physical state of the WHIM, as Furlanetto et al. (2005)
point out, helps to understand the mechanisms that have determined its evolution in a cos-
mological context. Furlanetto et al. (2005) use analytic techniques to investigate how the
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accretion shocks that heat up the IGM during the formation of cosmic structures can give
rise to absorption systems such as O VI and O VII. They find that the observed column den-
sities of absorbers are predicted by post-shock cooling models, when both slow and fast
cooling channels are taken into account. The observed number density of absorbers can be
realistically reproduced if each virialised structure is surrounded by a network of shocks
with a total cross section a few times the size of the virialised region. In this scenario, fast
cooling would produce stronger O VII absorbers associated to O VI systems than expected
from models of collisional ionisation equilibrium. O VII absorption systems should be the
most common because the abundance of the O VII ion dominates over a large temperature
range.

5.1 Soft X-Rays

The observability of the WHIM in the X-ray forest by current and future facilities has been
a very popular topic in recent years (Richter et al. 2008—Chap. 3, this issue). A variety of
predictions has been provided by hydrodynamical simulations (e.g., Hellsten et al. 1998;
Kravtsov et al. 2002; Chen et al. 2003; Cen and Fang 2006; Kawahara et al. 2006) and
semi-analytic models (e.g., Perna and Loeb 1998; Viel et al. 2003, 2005).

Kravtsov et al. (2002) find that the regions of the highest column densities of O VII and
O VIII correspond to the high density regions in and around galaxy groups. The gas in these
regions, with T = 106 K and δ ∼ 100, should produce the strongest O VII and O VIII absorp-
tion lines, with equivalent width W > 100 km s−1 (Hellsten et al. 1998). These lines should
occur on average once per sight line in the redshift range z = 0–0.3 (Hellsten et al. 1998;
Cen and Fang 2006). Cen and Fang (2006) predict abundances for O VI, O VII, and O VIII

lines in the range 50–100 per unit redshift at W = 1 km s−1, decreasing to 10–20 per unit
redshift at W = 10 km s−1.

Chen et al. (2003) suggest that the most promising strategy to find O VII and O VIII

absorbers in the X-ray forest would be to search at the redshifts of known O VI absorbers.
However, since O VI absorption traces gas at somewhat lower temperatures than O VII and
O VIII, only future missions like Constellation-X and XEUS will be able to find absorption
systems at higher temperatures.

Most predictions agree that Chandra and XMM-Newton do not have enough sensitivity to
detect the WHIM in absorption. Chen et al. (2003) claim that a few strong O VII and O VIII

absorption systems might be within reach of Chandra and XMM-Newton, but the probability
to detect such lines in random lines of sight is less than 5 per cent (Kravtsov et al. 2002).

Future telescopes such as Constellation-X and XEUS might have a better chance to detect
the WHIM in absorption, thanks to higher spectral resolution and larger collecting areas.
Constellation-X should have a 50 per cent probability to detect the strongest O VII and O VIII

absorption lines (Kravtsov et al. 2002). Because of its high sensitivity at high energies, it
should also be able to detect absorption from ions such as Ne IX and Fe XVII, whose intensity
peaks at about the same temperature as O VII, and Fe XX lines, which appear for T � 107 K
(Hellsten et al. 1998). Perna and Loeb (1998) predict that one day of integration time will
allow Constellation-X and XEUS to detect a few O VIII absorption lines per unit redshift in
the spectra of X-ray bright quasars. According to Viel et al. (2003), Constellation-X will
detect about 6 absorption lines per unit redshift with W > 10 km s−1, while XEUS could
detect up to 30 lines with W > 1 km s−1 per unit redshift. Under the assumption of constant
IGM metallicity, Kawahara et al. (2006) estimate that XEUS will be able to detect on average
two O VII absorption systems with σ > 3 along any line of sight to bright quasars at z � 0.3
in an 8 hours exposure.



Numerical Simulations of the Warm-Hot Intergalactic Medium 307

It should be noted, however, that the characteristics of the proposed facilities have been
evolving and that some of the above predictions are therefore likely too optimistic.

5.2 UV

Cen et al. (2001) find that about 20–30 per cent of the WHIM at z = 0, or equivalently, about
10 per cent of the baryonic mass, is traced by O VI absorption lines with equivalent width
W > 20 mÅ. They expect about five O VI absorption lines per unit redshift with W > 35 mÅ
and about 0.5 per unit redshift with W > 350 mÅ. Fang and Bryan (2001) estimate that most
O VI absorption lines are correlated to filamentary regions with overdensities of 5–100 and
temperatures of a few times 105 K.

The equivalent width of absorption systems in the ultraviolet region can be useful to dis-
tinguish a prevalently photoionised from a prevalently collisionally ionised IGM. Collisional
ionisation dominates in the denser and warmer regions of the IGM and is responsible for
most lines with W � 40 mÅ. On the other hand, photoionisation is predominant in the cooler
and less dense regions and usually produces narrow absorption lines with W � 40 mÅ. Es-
sentially all lines with equivalent width W > 80 mÅ are due to collisionally ionised gas
(Fang and Bryan 2001).

Richter et al. (2006) investigate the origin of the broad H I Lyα absorbers (BLA) with
Doppler parameters b > 40 km s−1 seen in UV spectra from the Hubble Space Telescope
and FUSE (Richter et al. 2004, 2008—Chap. 4, this issue). They find that such absorbers
are associated with WHIM gas with temperatures in the range 2.5×104 < T < 1.6×106 K,
that represents about a quarter of the gas mass in the simulation at z = 0. Less than one
third of the broad H I absorbers are associated with cooler gas with T < 2 × 104 K, whose
broadening is produced by non-thermal processes such as turbulence and velocity structures
in the IGM.

6 Sunyaev–Zel’dovich Signal of the WHIM

It has been suggested that ionised WHIM gas could possibly be detected through the thermal
Sunyaev–Zel’dovich effect it produces in the CMB (e.g., Croft et al. 2006; Cao et al. 2006;
Hallman et al. 2007; Bregman 2007). When the CMB radiation crosses a hot ionised medium
such as the WHIM, the energy of the passing photons can be increased by collisions with
the free electrons in the WHIM. This produces a local increase of the CMB temperature,
with an increase proportional to the line integral of the pressure of the hot gas. Although
the signal arising from the hot gas in large clusters has been clearly identified, a weaker
signal associated with WHIM gas has not yet been reliably detected in current CMB data
(Hernandez-Monteagudo et al. 2004; Hansen et al. 2005).

Hallman et al. (2007) estimate that the WHIM could contribute on average between 4
and 12 per cent of the integrated Sunyaev–Zel’dovich effect (SZE) signal Y for individ-
ual sources identified in upcoming surveys. The WHIM is a particularly relevant source of
contamination for observations of clusters of galaxies, because it would strongly affect the
calibration of the cluster Y –M relationship. Unless the WHIM signal can be unambiguously
modelled and separated from the cluster signal, it introduces a bias and a source of scatter
difficult to quantify in the Y –M relationship. Ultimately, this would limit the reliability of
the Y –M relationship for estimating cosmological parameters.
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7 Intergalactic Magnetic Fields

It has been suggested that cosmic shear and gravitational shocks might be able to amplify
the magnetic fields that permeate the large-scale structure (e.g., Dolag et al. 1999; Miniati
et al. 2001; Brüggen et al. 2005). Given the strong interconnection between the origin of the
WHIM and gravitational shocks, it is possible for the WHIM to be magnetised, although it
might be difficult to predict to what level.

While magnetic fields have been unambiguously detected in the cores of galaxy clus-
ters, few observations have attempted to establish the presence of magnetised plasma in low
density regions such as groups and filaments. However, there is now compelling evidence
that magnetic fields might exist beyond clusters, and in particular in the WHIM. Kim et al.
(1989) claim the detection of an extended magnetic field in the region of the Coma super-
cluster. They observe radio-synchrotron radiation from a region with an enhanced number
density of galaxies, seeming to indicate the presence of a group of galaxies, perhaps in the
process of merging with the Coma cluster. Evidence for intergalactic magnetic fields in the
region ZwCL 2341+0000 at z ∼ 0.3, where galaxies seems to lie along a filament, has been
reported by Bagchi et al. (2002). In both cases, the inferred strength of the magnetic field is
of order 0.01–0.1 µG.

Several mechanisms have been proposed to explain the injection of seed magnetic fields
into the intracluster and intergalactic media, later to be amplified by cosmic shear and gravi-
tational shocks. Among them, primordial magnetic fields, jets and radio lobes emerging from
radio galaxies (e.g., Hoyle 1969; Chakrabarti et al. 1994; Enßlin et al. 1997) and galactic
winds (e.g., Kronberg et al. 1999; Bertone et al. 2006). Simulations (Kronberg et al. 1999;
Kronberg et al. 2001; Bertone et al. 2006) show that magnetic fields can be efficiently trans-
ported into the IGM and fill most of the universe by z = 0. Bertone et al. (2006) predict that
galactic winds alone could be responsible for IGM magnetic fields of order 10−6–10−2 µG,
in agreement with observations.

8 Conclusions

The search for the “missing baryons” has opened the way to our understanding of the most
elusive baryonic component in the universe: the hot diffuse gas that traces the cosmic web.

Given the paucity of observational findings, most of what we know about the WHIM is
based on numerical simulations. These predict that at z < 1 up to 50 per cent of the IGM
has been heated to temperatures in the range T ∼ 105–107 K. While most of the heating is
provided by gravitational accretion shocks propagating out of regions undergoing gravita-
tional collapse, non-gravitational processes such as galactic winds and AGN feedback may
play an important role in high density regions, mostly by preventing cooling and regulating
the intensity of the X-ray background.

The observability of the WHIM by future facilities has received a lot of attention and
a wealth of predictions have been made based on numerical results. The detection of the
WHIM seems to be extremely challenging, if not impossible, with current instruments and
a new generation of X-ray telescopes with higher sensitivity and spectral resolution, such
as Constellation-X and XEUS, is needed to study the WHIM in absorption. In addition to
high sensitivity and spectral resolution, high spatial resolution on a large field of view, as
proposed for the Explorer of Diffuse emission and Gamma-ray burst Explosions (EDGE),
would be ideal for mapping the WHIM emission on the sky.

Although most theoretical predictions claim optimistically that we will be able to detect
the WHIM in absorption with Constellation-X and XEUS, and maybe in emission with some
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luck, there is a long way to go before observations can confirm the simulation predictions,
or show us a different picture altogether of what and where the WHIM is.
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Abstract Non-thermal components are key ingredients for understanding clusters of galax-
ies. In the hierarchical model of structure formation, shocks and large-scale turbulence are
unavoidable in the cluster formation processes. Understanding the amplification and evolu-
tion of the magnetic field in galaxy clusters is necessary for modelling both the heat trans-
port and the dissipative processes in the hot intra-cluster plasma. The acceleration, transport
and interactions of non-thermal energetic particles are essential for modelling the observed
emissions. Therefore, the inclusion of the non-thermal components will be mandatory for
simulating accurately the global dynamical processes in clusters. In this review, we sum-
marise the results obtained with the simulations of the formation of galaxy clusters which
address the issues of shocks, magnetic field, cosmic ray particles and turbulence.

Keywords Cosmology: theory, large-scale structure of universe · Acceleration of
particles · Hydrodynamics · Magnetic fields · Method: numerical, N-body simulations

1 Introduction

Within the intra-cluster medium (ICM), there are several processes which involve non-
thermal components, such as the magnetic field and cosmic rays (CRs). At first glance,
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many of these processes can be studied numerically in simplified configurations where one
can learn how the individual processes work in detail. For example, there are investigations
which consider magneto-hydro-dynamical (MHD) simulations of cloud-wind interactions
(see Gregori et al. 2000, and references therein) or simulate the rise of relic radio bubbles
(see Jones and De Young 2005; Reynolds et al. 2005, and references herein). Such work
usually focuses on the relevance of CRs, turbulence and the local magnetic fields within
and around these bubbles. In this review, we will instead concentrate on simulations of
non-thermal phenomena, which aim at understanding the relevance of these phenomena for
galaxy cluster properties or at unveiling possible origins of the non-thermal radiation. So
far, firm evidence for the presence of non-thermal emission (at radio wavelengths) and for
the presence of cosmologically relevant extended magnetic fields has been found only in
galaxy clusters; in filaments only weak limits have been found so far. For a more detailed
discussion see the reviews on radio observations by Rephaeli et al. (2008)—Chap. 5, this
issue, and Ferrari et al. 2008—Chap. 6, this issue.

2 Possible Origins of Non-thermal Components within the Large-Scale Structure
(LSS)

The origin of magnetic fields and of CRs in galaxy clusters is still under debate. The variety
of possible contributors to magnetic fields ranges from primordial fields, battery and dynamo
fields to all the classes of astrophysical objects which can contribute with their ejecta. The
latter possibility is supported by the observation of metal enrichment of the ICM, which
is due to the ejecta of stars in galaxies, see Werner et al. 2008—Chap. 16, this issue, and
Schindler and Diaferio 2008—Chap. 17, this issue. The magnetic fields produced by all
these contributors will be compressed and amplified by the process of structure formation.
The exact amount of amplification and the resulting filling factor of the magnetic field will
depend on where and when the contributor is thought to be more efficient.

CRs are produced at shocks, both in supernova remnants and in cosmological accretion
and merger shocks. Furthermore, active galactic nuclei (AGN) and radio galaxies contribute
to the CR population. CR protons can also produce CR electrons via hadronic reactions with
the thermal plasma, leading to the so-called secondary CRs.

2.1 Possible Origins of Magnetic Fields

Magnetic fields can be produced either at relatively low redshift (z ∼ 2 − 3) or at high
redshift (z � 4). In the former case, galactic winds (e.g. Völk and Atoyan 2000) or AGN
ejecta (e.g. Enßlin et al. 1997; Furlanetto and Loeb 2001, and references therein) produce
magnetic fields ‘locally’, e.g. within the proto-cluster region. In the latter case, the magnetic
field seeds can also be produced by an early population of dwarf starburst galaxies or AGN
before galaxy clusters form gravitationally bound systems.

One of the main arguments in favour of the ‘low-redshift’ models is that the high metal-
licity observed in the ICM suggests that a significant enrichment occurred in the past due
to galactic winds or AGN. Winds and jets should carry magnetic fields together with the
processed matter. It has been shown that winds from ordinary galaxies give rise to mag-
netic fields which are far weaker than those observed in galaxy clusters, whereas magnetic
fields produced by the ejecta of starburst galaxies can be as large as 0.1 μG. Clearly, this
class of models predicts that magnetic fields are mainly concentrated in and around galax-
ies and within galaxy clusters. Note that if the magnetic pollution happens early enough
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(around z ∼ 3), these fields will be amplified not only by the adiabatic compression of the
proto-cluster region, but also by shear flows, turbulent motions, and merging events during
the formation of the cluster. Shocks are expected to be produced copiously during the non-
linear stage of the LSS formation (see below). Recent detailed studies of shock propagation
revealed the presence of specific instabilities driven by energetic accelerated particles (Bell
and Lucek 2001; Vladimirov et al. 2006). Such instabilities result in a strong, non-adiabatic
amplification of an upstream magnetic field seed which converts an appreciable fraction of
the shock ram pressure into magnetic fields.

In the ‘high-redshift’ models of the magnetic field generation, the strength of the field
seed is expected to be considerably smaller than in the previous scenario, but the adiabatic
compression of the gas and the shear flows driven by the accretion of structures can give
rise to a considerable amplification of the magnetic fields. Several mechanisms have been
proposed to explain the origin of magnetic field seeds at high redshift. Some of them are
similar to those discussed above, differing only in the time when the magnetic pollution is
assumed to take place. In the present class of models the magnetic field seeds are supposed to
be expelled by an early population of AGN or dwarf starburst galaxies at a redshift between
4 and 6 (Kronberg et al. 1999); this process would magnetise a large fraction of the volume.
Recently, the validity of such a scenario has been confirmed by a semi-analytic modelling
of galactic winds (Bertone et al. 2006).

Alternative models invoke processes that took place in the early universe. Indeed, the
presence of magnetic fields in almost all the regions of the universe suggests that they may
have a cosmological origin. In general, most of the ‘high-z models’ predict magnetic field
seeds filling the entire volume of the universe. However, the assumed coherence length of
the field crucially depends on the details of the model. While scenarios based on phase tran-
sitions give rise to coherence lengths which are so small that the corresponding fields have
probably been dissipated, magnetic fields generated at neutrino or photon decoupling are
thought to have a much higher chance of surviving until the present time. Another (spec-
ulative) possibility is that the field seed was produced during inflation. In this case, the
coherence length can be as large as the Hubble radius. See Grasso and Rubinstein (2001)
for a review.

Magnetic field seeds can also be produced by the so-called Biermann battery effect (Kul-
srud et al. 1997; Ryu et al. 1998). The idea here is that merger/accretion shocks related to
the hierarchical structure formation process give rise to small thermionic electric currents
which, in turn, may generate magnetic fields. The battery process has the attractive feature
of being independent of unknown physics at high redshift. Its drawback is that, due to the
large conductivity of the ICM, it can give rise to very tiny magnetic fields, of order 10−21 G
at most. One therefore needs to invoke a subsequent turbulent dynamo to boost the field
strength to the observed level.

Such a turbulent amplification, however, cannot be simulated numerically yet, making
it quite difficult to predict how it would proceed in a realistic environment. It is clear that
one expects the level of turbulence to be strongly dependent on the environment, and that it
should appear mostly in high-density regions like collapsed objects. While energetic events,
such as mergers of galaxy clusters, can easily be effective at driving the required levels
of turbulence, it is harder to understand how turbulent amplification would work in rel-
atively quiet regions like filaments. Here, magnetic fields can be rather amplified by the
shocks which originate during the LSS formation, as mentioned at the beginning of this sec-
tion. Lacking a theoretical understanding of the turbulent amplification, it is therefore not
straightforward to relate the very weak field seeds produced by the battery process to the
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magnetic fields observed today. Attempts to construct such models, based on combining nu-
merical and analytical computations, have not yet been reported to successfully reproduce
the observed scaling relations of the magnetic fields in galaxy clusters.

2.2 Possible Origins of CRs

There are many possible contributors to the CR population in the ICM. AGN and stellar
activity in cluster galaxies are believed to be a significant source of CRs in the ICM. Fur-
thermore, cluster accretion shocks of high Mach numbers (typically above 100) and of sizes
of megaparsec or larger are widely accepted to be possible CR sources with nuclei acceler-
ated up to ∼ 109 GeV (e.g. Norman et al. 1995). Cluster mergers generate internal shocks
(of moderate Mach numbers, typically below 4) which provide most of the ICM gas heating
(see Kang et al. 2005), but are also likely to convert a non-negligible fraction (� 10 %) of
their power into CRs.

AGN outflows dissipate their kinetic energy and Poynting fluxes into the ICM provid-
ing additional non-gravitational ICM heating and, thus, a plausible feedback solution to the
cooling flow problem (e.g. Binney and Tabor 1995; Churazov et al. 2003). Recent XMM-
Newton observations of the cluster MS 0735+7421 (Gitti et al. 2007) revealed that a pow-
erful AGN outburst deposited about 6×1061 erg into the ICM outside the cooling region of
radius ∼ 100 kpc. Relativistic outflows of AGN are likely to be an essential source of super-
thermal particles in clusters. A powerful relativistic AGN jet could deposit up to 1062 erg
into a relativistic particle pool during a duty cycle of about ∼ 50 Myr. A potential source of
energetic particles are sub-relativistic ions with energy ∼ 100 MeV that are evaporated from
an AGN, which accretes mass in the ion-supported tori regime (e.g. Rees et al. 1982). A cer-
tain fraction of the energetic particles could escape the flows and avoid fast cooling due to
collective effects in the central parts of the cluster. Re-acceleration of that non-thermal pop-
ulation by inner shocks inside the cluster can provide a long-lived non-thermal component
that contributes to the total pressure of the ICM.

Star formation activity in galaxies is another source of CRs in clusters of galaxies (e.g.
Völk et al. 1996, and references therein). The combined action of supernovae and winds of
early-type stars leads to the formation of a hot, X-ray emitting, slowly expanding superbub-
ble filled with large-scale (tens of parsecs) compressible MHD motions (e.g. rarefactions)
and shocks. When the starburst event is energetic enough, the superbubble may expand be-
yond the disk of the parent galaxy and produce a superwind that supplies the intergalactic
medium with metals ejected by supernovae and CRs. The superwinds have been seen with
Chandra in some starburst galaxies: M 82, Arp 220 and NGC 253. In the superwind scenario,
the CR ejection is tightly connected with the metal enrichment of the cluster (Schindler and
Diaferio 2008—Chap. 17, this issue).

Bykov (2001) argues that non-thermal particle acceleration can favourably occur in cor-
related supernovae events and powerful stellar winds with great energy release, which gen-
erate interacting shock waves within superbubbles. The acceleration mechanism provides
efficient creation of a non-thermal nuclei population with a hard low-energy spectrum; this
population can transport a substantial fraction (∼ 30%) of the kinetic energy released by the
supernovae and by the winds of young massive stars.

A bright phase in the galaxy evolution can be the source of the relic CRs in clusters. Ener-
getic nuclei can be stored in cluster magnetic fields for several Hubble times (e.g. Berezin-
sky et al. 1997). The presence of these nuclei produces a diffuse flux of high-energy γ

and neutrino radiation due to the interaction of the CRs with the ICM (Völk et al. 1996;
Enßlin et al. 1997). The resulting flux depends on the ICM baryon density.
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A physical model of particle acceleration by the ensemble of inner shocks in the ICM
could be similar to the superbubble model. The sub-cluster merging processes and the super-
sonic motions of dark matter halos in the ICM are accompanied by the formation of shocks,
large-scale flows and broad spectra of MHD-fluctuations in a tenuous intra-cluster plasma
with frozen-in magnetic fields. Vortex electric fields generated by the large-scale motions
of highly conductive plasma harbouring shocks result in a non-thermal distribution of the
charged nuclei. The free energy available for the acceleration of energetic particles is in the
ram pressure of the shocks and in the large-scale motions.

The most studied way to transfer the power of the MHD motions to the energetic particle
population is the Fermi-type acceleration (see e.g. the review by Blandford and Eichler 1987
and Bykov et al. 2008—Chap. 7, this issue). An important ingredient of the energetic particle
acceleration by shocks and large-scale MHD motions is the presence of small-scale MHD
turbulence, which is necessary to scatter relativistic particles and to make their pitch-angle
isotropic. The scale of the fluctuations required for the resonant scattering of a particle of
energy ∼ 1 GeV is about 3× 1012B−1

−6 cm, where B−6 is the local mean magnetic field in
μG. The scale is some 10–11 orders of magnitude smaller than the basic energy scale of the
system; thus the origin and the maintenance mechanisms of such small scale turbulence is a
serious problem.

In non-linear models of particle acceleration by strong MHD shocks the presence of
turbulence could be supported by the CR instabilities themselves (see e.g. recent non-linear
Monte-Carlo simulations by Vladimirov et al. 2006). Direct MHD cascade of energy to
small scale turbulence is also possible, but the small scale fluctuations are highly anisotropic
in that case (see e.g. Biskamp 2003). Moreover, the cascade properties are still poorly known
at the scales close to the Coulomb mean free path where the transition from the collisional
to the collisionless plasma regime occurs.

The particle distribution within a system with multiple shocks and with large-scale
plasma motions is highly intermittent, because it has strong peaks at shocks and a non-
steady mean CR background. By using the kinetic equations given by Bykov (2001), one
can construct a model of the temporal evolution of the particle distribution function, which
accounts for the non-linear effect of the reaction of the accelerated particles on the shock
turbulence inside the cluster. In Fig. 1 we show the efficiency of a conversion into CRs of
the power of shocks and the bulk plasma motions of a scale of about 100 kpc. One may note
that, while the efficiency could be as high as 30 % for some relatively short period of time,
the efficiency is typically ∼ 10 % for most of the time. Fig. 2 shows the temporal behaviour
of the particle spectra on a Gyr time scale.

Non-thermal particles and magnetic fields could contribute to the total pressure of the
ICM. In the particular model described above a substantial energy density could be stored
in protons of energy below 200 MeV. Protons of that energy level produce very little high
energy emission and therefore it is rather difficult to constrain that component directly from
the observational data which are currently available.

3 Shocks in the LSS and Clusters

As described in the previous section, shocks can play a crucial role as source of non-thermal
components in galaxy clusters. Therefore, a significant effort is spent to investigate the dis-
tribution and the evolution of shocks during structure formation.

In early simulations of the formation of cosmological structures, it was already noticed
that shocks are the main source of the ICM heating (see Quilis et al. 1998, and references
therein). In numerical simulations, two classes of shocks can be identified.
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Fig. 1 The simulated efficiency of conversion of shock and bulk MHD motions ram pressure power to the
CRs at different stages of cluster evolution. The efficiency is defined as a volume averaged fraction of the
cluster large-scale motions power transferred to CRs. The simulation was done for a model of CR acceleration
by an ensemble of shocks and MHD-turbulent motions described in Bykov (2001), adopted for clusters of
galaxies. The MHD turbulence in a cluster of a Mpc size was initiated with the Gaussian bulk velocity
dispersion of 2 000 km s−1 at a scale of 100 kpc

Fig. 2 The temporal evolution
of the particle distribution
function in a cluster of a Mpc
size and a Gaussian bulk velocity
dispersion of about 2 000 km s−1

at a scale of 100 kpc. The curves
labelled as 1, 2, 3 correspond to
0.1, 0.3 and 1 Gyr age of the
cluster. Mono-energetic proton
injection at energy 10 keV (p0 is
the injection momentum). The
injection efficiency (see Fig. 1)
was assumed to be about 10−3.
The power conversion efficiency
for the model was already
illustrated in Fig. 1

The first one is the accretion shocks surrounding the forming objects, namely filaments
or galaxy clusters. In the case of galaxy clusters, most shocks are quasi-spherical and their
position with respect to the centre of the cluster grows with time (shock travelling outwards).
These shocks can be associated with the accretion of diffuse matter which is relatively cold.
These shocks provide a first step towards the virialisation of an initially supersonic accreting
flow. The radius of the accretion shock (for a quasi-spherical cluster at z = 0) is typically
two times the virial radius. As the typical temperature and density of the upstream gas is
quite low, such shocks can have very large Mach numbers (� 10).

The second class of shocks in galaxy clusters arises from the merging of substructures.
The gas in gravitationally bound substructures is much denser than the diffuse ICM; there-
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Fig. 3 Shocks detected in a
cosmological simulation of a
cubic volume with a side length
of 100 Mpc, resolved with 5123

grid points. The figure shows the
kinetic energy flux per unit
comoving volume through
surfaces of external and internal
shocks with Mach number
between logM and
logM + d(logM) at different
redshifts (solid, z = 0 to dotted,
z = 2). From Ryu et al. (2003)

fore it cannot be stopped in the accretion shock and it continues to move with the substruc-
ture through the gas, which is mostly virialised. The substructures, which have velocities
larger than the sound velocity of the hot ICM, drive the so-called merger shocks. These
shocks are initiated within the ICM which has been already shock-heated, and therefore they
typically have modest Mach numbers (below ≈4). The merger shocks propagate within the
dense ICM and are likely to be the main contributor to the global energy dissipation within
the ICM (see Pfrommer et al. 2006, and references therein). As these shocks are primarily
driven by gravitational attraction, non-gravitational processes (like cooling or feedback by
star formation processes) do not significantly affect the global energy dissipation (see Kang
et al. 2007). The ram pressure dissipation process in shocks within the collisionless plasma
is non-trivial because of the role of long-lived non-thermal components, namely magnetic
fields, MHD-waves and energetic particles (see for details Bykov et al. 2008—Chap. 7, this
issue). The complex multi-scale structure of a shock modified by energetic CRs (e.g. where
the back reaction of the CRs on the thermal plasma is strong enough to change the thermo-
dynamical states of the plasma in addition to the shock itself) cannot be resolved properly
in LSS simulations.

The efficiency of energising CRs by shocks strongly depends on a number of factors.
Among the most important factors, we have (i) the upstream magnetic field of the shock,
(ii) the plasma parameter β = M2

a/M2
s (ratio of thermal to magnetic pressure, here ex-

pressed by the Mach numbers Ma and Ms with respect to the Alfvén and sound velocity
respectively), (iii) the inclination of the upstream field of the shock, and (iv) the presence of
a pre-existing CR population produced by the accretion shock or in star-forming regions.

The distribution of the Mach numbers of the shocks within the cosmological structure
can be derived from semi-analytical modelling (see Gabici and Blasi 2003; Pavlidou and
Fields 2006, and references therein), as well as directly from cosmological simulations (see
Miniati et al. 2000; Ryu et al. 2003; Pfrommer et al. 2006; Kang et al. 2007, and refer-
ences therein). An example is shown in Fig. 3. There are significant differences in the
strength and the distribution of the shocks found in different works: this fact has strong
consequences on the predicted amount and the relative importance of CRs and their energy
with respect to the thermal energy of the ICM. Note that part of the confusion, specially
in the early work, is caused by a lack of resolution within the simulations, which prevents
internal shocks from being properly resolved (see Ryu et al. 2003; Pfrommer et al. 2006);
further confusion originates from the influence of other, non-thermal processes (like pre-
heating) on the inferred Mach number of the external shocks (see Pfrommer et al. 2006;
Kang et al. 2007). Moreover, differences in the underlying hydrodynamic simulations as
well as in the shock detection, mostly done in a post processing fashion, can contribute to
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Fig. 4 Resistive, MHD simulation of a flow which is KH instable at the interface separating the left and right
halve of the simulated volume. Shown is the magnetic field (y-component) in units of the initial magnetic field
after evolving the KH instability (inlay) and the time evolution of the (relative) magnetic field amplitude for
different values of the chosen resistivity and initial magnetic field. Time is in units of the Alfvénic transit
time (4000 year). Triangles and stars are for an initial magnetic field of 10 μG, crosses and diamonds for a
ten times larger field. Stars and diamonds have a magnetic Reynolds number of 100, triangles and crosses
have a ten times larger magnetic Reynolds number. From Birk et al. (1999)

differences in the results. Nevertheless, there is a qualitative agreement in the case of simu-
lated internal shocks between the simulations done by Ryu et al. (2003) and Pfrommer et al.
(2006).

4 Evolution of Magnetic Fields in Simulations

4.1 Local Amplification of Magnetic Fields

A very basic process which amplifies magnetic fields is related to the Kelvin-Helmholtz
(KH) instabilities driven by shear flows, which are common during the formation of cos-
mic structures. Birk et al. (1999) performed a detailed study of such an amplification within
the outflows of starburst galaxies, where the KH timescale should be ≈ 4 × 105 years (see
Fig. 4). By using a Cartesian resistive MHD code they found that the amplification factor of
the magnetic field mainly depends on the initial ratio of the magnetic to the kinetic energy
and only mildly depends on the assumed resistivity. They concluded that such a process
could indeed explain why the magnetic field observed in the halo of starburst galaxies is
significantly higher than what is expected from the magnetic fields observed within galac-
tic disks. When applied to a cluster core environment, the KH timescale turns out to be
107 years; this timescale makes the KH instability an interesting process to amplify weak
magnetic fields.

It is quite expected that merger events and accretion of material onto galaxy clusters
will drive significant shear flows within the ICM. Extensive MHD simulations of single
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Fig. 5 The evolution of (the logarithm of) the gas density (left column), the gas temperature (central column),
and (the logarithm of) the magnetic pressure (right column) in two-dimensional slices taken through the core
of a cluster in a major merger phase in the plane of the merger. Each row refers to different epochs: t = 0
(i.e. the time of the core coincidence), t = 1.3, t = 3.4, and t = 5.0 Gyr, from top to bottom. Each panel is
3.75 × 3.75 Mpc. The merging subcluster enters from the right. From Roettiger et al. (1999b)

merging events performed using the Eulerian code ZEUS (Stone and Norman 1992a, 1992b)
demonstrated that merger events are effective at amplifying magnetic fields (Roettiger et al.
1999b). In particular these authors found that the field initially becomes quite filamentary,
as a result of stretching and compression caused by shocks and bulk flows during infall; at
this stage only a minimal amplification occurs. When the bulk flow is replaced by turbulent
motions (e.g., eddies), the field amplification is more rapid, particularly in localised regions,
see Fig. 5. The total magnetic field energy is found to increase by nearly a factor of three
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Fig. 6 A two-dimensional cut through a cosmological box simulated by Miniati et al. (2001), following the
evolution of battery fields. The logarithm of the up-scaled magnetic field strength in Gauss at z = 0 is shown.
Taken from Sigl et al. (2004)

with respect to a non-merging cluster. In localised regions (associated with high vorticity),
the magnetic energy can increase by a factor of 20 or more.

A power spectrum analysis of the magnetic energy showed that the amplification is
largely confined to scales comparable to or smaller than the cluster cores: this indicates
that the core dimensions define the injection scale. It is worth taking notice that the pre-
vious results can be considered as a lower limit on the total amplification, because of the
lack of resolution. Furthermore, it is quite likely that a galaxy cluster undergoes more than
one of these events during its formation process, and that the accretion of smaller haloes
also injects turbulent motions into the ICM: consequently, the magnetic field amplification
within galaxy clusters will be even larger. A detailed discussion of the amplification of mag-
netic field in the cluster environment, using various simulations of driven turbulence, can be
found in Subramanian et al. (2006); these authors show that turbulent processes can provide
reasonable strength and length scales of the magnetic fields in galaxy clusters.

4.2 Magnetic Fields From Cosmological Shocks

Cosmological shocks, mainly the accretion shocks on cosmological objects like galaxy clus-
ters and filaments, occur more frequently than the ones produced by individual merger
events. They also can produce magnetic fields through the so-called Biermann battery effect
(Kulsrud et al. 1997; Ryu et al. 1998), on which a subsequent turbulent dynamo may operate
(see Sect. 2).

In such a scenario, the magnetic field is strongly correlated with the large-scale structure
(see Fig. 6). This means that the magnetic field within the filamentary structure could be
even slightly higher than its equipartition value without violating the (weak) upper limits of
the rotation measure (RM) of quasars, as pointed out by Ryu et al. (1998). It is worth point-
ing out that the arguments for the turbulent dynamo action, which could amplify the battery
field seeds up to the μG level, as presented in Kulsrud et al. (1997), refer explicitly to regions
which are close to collapse into galaxies. It has still to be proven that such arguments hold
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Fig. 7 The strength of the magnetic field as a function of baryonic overdensity within a cosmological simu-
lation. The straight line shows the expectation for a purely adiabatic evolution, the solid line gives the mean
field strength at a given overdensity within a cosmological simulation (Dolag et al. 2005a). While the latter is
close to the adiabatic value in underdense regions, in clusters there is a significant inductive amplification due
to shear flows and turbulence; this amplification however saturates in the cluster cores. At any given density,
a large fraction of particles remains close to the adiabatic expectation, as shown by the dotted line, which
gives the median of the distribution at each density

within proto-clusters or even cosmological structures, like sheets and filaments. In general,
the time evolution of the magnetic field, as predicted by these simulations, strongly flattens
around z ≈ 3 (Kulsrud et al. 1997); the evolution then leads to a magnetic field intensity
which is relatively uniform on scales of tens of Mpc within the LSS around galaxy clusters
(see Fig. 6). Note that, so far, the synthetic rotation measures due to the magnetic fields pre-
dicted by up-scaling the battery fields have never been compared with the rotation measure
observed on the scale of galaxy clusters. This might be partially motivated by the lack of
resolution in the mock clusters within such non-adaptive, Eulerian simulations.

4.3 Cosmological MHD Simulations

By using the GrapeMSPH code (Dolag et al. 1999) and assuming that a small initial mag-
netic field seed exists before structure formation (see Sect. 2), the first self-consistent sim-
ulations which follow the magnetic field amplification during the formation of galaxy clus-
ters within a cosmological environment have been performed by Dolag et al. (1999, 2002).
These simulations demonstrated that the contribution to the amplification of magnetic fields
by shear flows (and by its induced turbulence) is significant (see Fig. 7). Therefore, for the
first time, a consistent picture of the magnetic field in galaxy clusters could be constructed:
the amplification predicted by the simulations was capable of linking the predicted strength
of the magnetic field seed (see Sect. 2 and references therein) at high redshift (z ≈ 3 and
higher) to the observed magnetic field strength in galaxy clusters in the local universe.

Furthermore, the simulations predicted that the final structure of the magnetic field in
galaxy clusters reflects the process of structure formation, and no memory on the initial
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Fig. 8 Comparison of RMs in simulations with observations of Abell clusters, as a function of the distance
from the cluster centre. The smooth lines represent the median values of |RM| produced by simulated clusters
with masses above 5 × 1014 M� (upper line) and 3 × 1014 M� (lower line). The broken line represents the
median of combined data taken from the independent samples presented in Kim et al. (1991) and Clarke
et al. (2001). We also include data (diamonds) for the three elongated sources observed in A119 (Feretti et al.
1999), and for the elongated source observed in the Coma cluster (Feretti et al. 1995)

magnetic field configuration survives: this relaxes the constraints on models for magnetic
field seeds. In general, such models predict a magnetic field profile similar to the density
profile. Thereby the predicted rotation measure (RM) profile agrees with the observed one
(see Fig. 8). Dolag et al. (2001) found a quasi linear correlation between two observables,
namely the X-ray surface brightness and the RM r.m.s., both in observations and in their
MHD simulations. By extending the GADGET2 code to follow the full set of ideal MHD
equations, Dolag et al. (2004, 2005a) performed several realisations of a cosmological vol-
ume which confirm these results at even much higher resolution.

Recently, Brüggen et al. (2005) confirmed all the previous results, which are based on
SPH codes, with a simulation of the formation of a single galaxy cluster in a cosmologi-
cal framework, using a passive MHD solver implemented into FLASH, an adaptive mesh
refinement (AMR) code (see Fig. 9).

Another interesting quantity to look at is the slope α of the magnetic field power spectrum
(∝ k−α , with k being the wave vector). Within galaxy clusters, α is predicted by the SPH
simulations (Dolag et al. 2002; Rordorf et al. 2004) to be slightly lower, but still very close
to 11/3, which is the expected value for a Kolmogorov-like spectrum in 3D. The AMR
simulation by Brüggen et al. (2005) nearly perfectly matches the Kolmogorov slope.

4.4 Approximative Simulations

The fully consistent cosmological MHD simulations described above are very expensive in
their requirements of computing resources; thus, for the investigation of various models,
simplified approaches are often used in astrophysics. Recently, Bertone et al. (2006) used
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Fig. 9 Slice through the centre of the simulated box hosting a massive galaxy cluster. The simulation used the
AMR code FLASH and followed the evolution of a weak magnetic field seed. The figure shows the logarithm
of the magnetic field strength, in Gauss, measured at z = 0.5. From Brüggen et al. (2005)

semi-analytic simulations of magnetised galactic winds coupled to high-resolution N-body
simulations of structure formation to estimate limits for the fraction of the ICM which can
be significantly magnetised. Interestingly, the fraction of the volume of the ICM, which is
predicted to be magnetised at a significant level by the galactic outflows during structure
formation, is very high. In fact, the volume filling is high enough to be compatible with
observations and a moderately efficient turbulent dynamo, operating within the ICM, will
easily amplify these fields up to the observed values.

Additional to any dynamo action, further support for strong magnetic field amplifica-
tion during the process of structure formation comes from the application of the Zel’dovich
approximation (Zel’dovich 1970) to follow the MHD equations during the gravitational col-
lapse (Bruni et al. 2003; King and Coles 2006). These papers demonstrate the existence of
a super-adiabatic amplification due to the anisotropy of the collapse of the LSS within the
cold dark matter paradigm.

A novel aspect of including magnetic field pressure into LSS simulations—even if in a
simplified way—is investigated by Gazzola et al. (2007), which followed a purely empirical
approach. Inspired by the scaling between magnetic field and gas density, found in both
simulations and observations (Dolag et al. 2001), the magnetic field is parameterised as
B(z) = B0(1 + z)3αρα . Then an isotropic pressure (∝ B2) term is added into the equation
of motion. This approach allows a quite effective way to identify which models of magnetic
fields, along with their parameters, provide a non-thermal pressure support which is able
to modify significantly the formation of structures. Thereby this approach gives a unique
insight for the possible consequences of certain magnetic field scenarios.

5 Cosmic Rays

5.1 Modelling of Cosmic Rays (CRs)

CRs may originate in a number of cosmological processes including jets due to mass ac-
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cretion, large-scale shocks and supernova remnants (see Sect. 2). One can conventionally
distinguish two important classes of CR modelling in cosmological simulations.

The first one is related to the direct modelling of the origin, spatial distribution and spec-
tral evolution of energetic electrons and positrons, which are responsible for most of the
non-thermal emission observed so far in cosmological objects. In the vast majority of the
non-thermal lepton (e±) simulations, e± are considered as test particles scattered and ac-
celerated by electro-magnetic fields associated with the cosmological flows. In the highly
relativistic energy regime, the leptons radiate very efficiently and therefore suffer from ra-
diative losses. Most of the models are based on the linear kinetic equations for the electron
distribution function without accounting for the back-reaction that the accelerated electrons
have on the bulk plasma motions and on the MHD-turbulence.

The second class of the CR simulations is related to the acceleration and propagation
of energetic baryons. The radiation inferred from the energetic trans-relativistic baryons
is basically caused by their nuclear interactions with the ambient matter which produces
γ -rays, neutrino and e±-pairs. Non-relativistic super-thermal baryons can produce some
emission by inverse-Bremsstrahlung mechanisms. The most important feature of that class
of processes, however, is that energetic non-thermal baryons could absorb a substantial
fraction of the ram pressure of both non-relativistic and relativistic plasma flows. The
back-reaction effects of energetic non-thermal particles on the plasma flows must then be
taken into account. The most popular example of such a non-linear process is the diffu-
sive particle acceleration by astrophysical shocks (see e.g. Blandford and Eichler 1987;
Malkov and Drury 2001, for a review). The process of diffusive particle acceleration by
MHD shocks could be very efficient in highly turbulent cosmic plasma.

In Fig. 1 of Sect. 2 we illustrated the simulated efficiency of the conversion into CRs of
the power of shocks and of the bulk plasma motions in the particular cosmological context
which represents the typical environment within galaxy clusters. The non-linear effect of
the back-reaction of accelerated particles on large-scale plasma flows results in the specific
temporal evolution of the particle spectra shown in Fig. 2 of Sect. 2. Moreover, as it was
mentioned above, under a certain condition, thanks to the conversion of a fraction of the
shock ram pressure into magnetic field energy, an efficient acceleration of baryons by MHD
shocks in a turbulent cosmic plasma results in a strong amplification of the magnetic field in
the shock upstream.

The acceleration of relativistic electrons and their emission were modelled in different
cosmological contexts. To study the gradients of the spectral indices inferred from the radio
observations at 1.4–5.0 GHz of five luminous 3C radio galaxies, Myers and Spangler (1985)
developed a model in which the radiation is due to an isotropic ensemble of relativistic
electrons which are subject to synchrotron radiation losses (synchrotron aging). Myers and
Spangler (1985) inferred the age of the electrons, namely the time since their acceleration,
at various locations in the lobes, and consequently derived the speed of the separation of the
hot spots from the lobe material. The inferred speeds were found to be in the range 10 000–
30 000 km s−1. These results are consistent with the beam model, in which the lobe material
is left behind by a hot spot advancing through the intergalactic medium at speeds of about
10 000 km s−1.

Enßlin and Gopal-Krishna (2001) modelled different scenarios for the evolution of the
radio plasma inside the cocoons of radio galaxies, after the activity of the central engine has
ceased. These authors discussed an analytical model for the evolution of a relativistic elec-
tron population under synchrotron, inverse Compton and adiabatic energy losses or gains.
It was demonstrated that fossil radio plasma with an age of up to 2 Gyr can be revived by
compression in a shock wave of large-scale structure formation, caused during the merger
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events or the mass accretion of galaxy clusters. The scenario was applied to explain the
origin of the diffuse radio emission found in clusters of galaxies, without any likely parent
radio galaxy seen nearby. The model predicts the existence of a population of diffuse radio
sources, emitting at very low frequencies with an ultra-steep spectrum, which are located
inside and possibly outside galaxy clusters. Thereby, extended radio emission could be in-
terpreted as tracing the revival of aged fossil radio plasma which is caused by the shock
waves associated with large-scale structure formation.

Some processes related to CRs were implemented in cosmological simulation codes. For
instance, COSMOCR is a numerical code for the investigation of CRs in computational cos-
mology (Miniati 2001). The code includes a number of prescriptions to account for the diffu-
sive shock acceleration, the mechanical and radiative energy losses and the spatial transport
of the energetic particles into the cosmic environment. Primary CR electrons and ions are
injected at the shock sites according to the phenomenological thermal leakage prescription.
Secondary electrons are continuously injected as a results of proton-proton (p-p) inelastic
collisions of primary CR ions and thermal background nuclei. The code consists of a con-
servative, finite volume method with a power-law sub-grid model in momentum space. Note
that in this numerical approach, the back-reaction of the non-thermal components (CRs and
magnetic fields) caused by their pressure contribution to the thermal gas is neglected.

To study the impact of CRs on galaxy and cosmic structure formation and evolution,
Enßlin et al. (2007) developed an approximative framework which treats dynamical and
radiative effects of CRs in cosmological simulations. These authors approximate the CR
spectrum of each fluid element by a single power-law, with spatially and temporally vary-
ing normalisation, low-energy cut-off, and spectral index. In this framework they included
some approximate prescriptions for CR injection and acceleration by shocks, as well as CR
transport and energy losses due to Coulomb interactions, ionisation losses, Bremsstrahlung
losses, and hadronic interactions with the background matter. These prescriptions are suited
to be included into the global schemes of the numerical simulations of galaxy and structure
formation. Although in such implementation the description of the CR population is more
simplistic than in the work described earlier, the dynamical influence of the CRs onto the
underlying hydrodynamics is no longer neglected. This is not only important for the dynam-
ics of the ICM itself but also for the injection of the CRs by shocks, which are altered by the
presence of the non-thermal pressure support of the CRs.

5.2 The Quest for Radio Relics

Roettiger et al. (1999a) were able to reproduce the main features of the extended periph-
eral radio emission (the so-called radio relics) observed in A 3667 by combining the sin-
gle merger simulations (Sect. 4.1) with a model for the in situ re-acceleration of the rela-
tivistic particles, as described in the previous section. In their models, they injected, into
the ICM, relativistic electrons with a power-law spectrum, where the power-law index
γ = 3/(r − 1) + 1 is related to the gas compression ratio r = ρ2/ρ1 at the shock. They
also related the age of the radio plasma ta to the distance d = κvsta, using a weak-field/high-
diffusion limit κ = 1. By having effective shock velocities vs ≈ 700–1000 km s−1 and by
aging the synchrotron spectrum with the formalism of Myers and Spangler (1985), they
were able to reproduce the observed distribution of the spectral index for a magnetic field
of ≈ 0.6 μG at the position of the radio relic (Fig. 10). Since such configurations seem to
be quite common in galaxy clusters, it naturally raises the question, why not all the clusters
show such peripheral radio emission. One possible explanation is that such shock structures
are relatively short lived compared to the merger event itself. Also, it is necessary to have the
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Fig. 10 Results from a simulation intended to reproduce the merging system observed in A 3667. The left
panel shows the simulated X-ray surface brightness (contours) and the radio emission at 1.4 GHz (grey scale).
The image is 3.15 × 3.85 Mpc. The dashed and dotted lines refer to the location of the radio spectral index
(α1.4

4.9 ) profiles displayed in the right panel. From Roettiger et al. (1999a)

presence of a large-scale magnetic field. It could further be that only massive clusters can
provide enough magnetic field and strong enough merger events to trigger such a peripheral
emission.

To overcome this problem, Enßlin and Brüggen (2002) proposed that such radio relics
could be made by a pre-existing fossil radio plasma illuminated by the shock waves that
the merger events originate. In their models, following Enßlin and Gopal-Krishna (2001)
which take into account synchrotron, inverse Compton and adiabatic energy losses and
gains, they evolved the electron spectrum for the tracer particles, which represents the fossil
radio plasma. Their simulation, using the ZEUS code, follows the evolution of a sphere of
tracer particles hit by a shock front (Fig. 11). Such a configuration nicely reproduces the fil-
amentary radio emission and toroidal structures observed in many cases. These simulations
also predict that the magnetic fields are mostly aligned with the direction of the filaments,
as suggested by observational data.

Hoeft et al. (2004) investigated this idea in a more realistic modelling by using the SPH
code GADGET (Springel et al. 2001) to simulate a merging galaxy cluster within a cosmo-
logical environment. Such a simulation showed that the probability for a shock wave to flare
the radio plasma is highly suppressed in the central regions of galaxy clusters, unlike the pe-
ripheral regions, where they found illuminated structures of size up to Mpc scales (Fig. 12).
The reason for this is that the radio plasma ages much faster in the cluster centre than in the
outer regions. In fact, in the cluster centre, the pressure of the radio plasma is higher and its
energy losses due to the higher magnetic field are larger; moreover, the compression ratio
of the shock wave is much higher in the low-density peripheral regions than in the cluster
centre.

It is worth noting that a necessary condition to form such relics is that the initial state
of the fossil radio plasma is characterised by a ratio of the magnetic to thermal pressure,
PB/Pgas, which has to be as low as 1 per cent to allow shocks to revive ≈ 1 Gyr old radio
ghosts. It is also important to mention that Hoeft et al. (2004) find a high probability of radio
emission, outside the shocks, due to the drained gas flows induced by the merger events,
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Fig. 11 Results from a simulation of a shock interacting with a fossil radio plasma. The upper (lower) panels
show the time evolution of the gas density (magnetic field energy density) during the interaction. From Enßlin
and Brüggen (2002)

Fig. 12 Results from a
simulation of a galaxy cluster
undergoing a major merger. The
figure shows the projected
‘potential’ radio luminosities for
1.13 Gyr old radio plasma, where
PB/Pgas = 0.01. For
comparison, the bolometric
surface X-ray luminosity
(contours) is given. The total
bolometric X-ray luminosity of
the cluster is 2 × 1044 erg s−1

and the emission-weighted
temperature is 3 keV. Adapted
from Hoeft et al. (2004)

which transport material from the outskirts towards the higher density regions. Therefore in
some cases the adiabatic compression seems to be sufficient to revive the fossil radio plasma.

Recently, the picture of diffuse radio emission of galaxy clusters has changed, as more
and more detailed observations indicate a more complex picture than the two main phenom-
ena of radio halos and relics (see Ferrari et al. 2008—Chap. 6, this issue). It can well be that
both scenarios described above are at work in galaxy clusters. The in situ re-acceleration of
the relativistic particles at shocks might be responsible for the large, external relics, whereas
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Fig. 13 Predicted radio properties of halos within a cosmological simulation of a cubic volume with a side
length of 50 Mpc/h, resolved with 2563 grid cells. The left panel shows the synchrotron power of these halos
at 1.4 GHz from secondary electrons. The right panel shows the synchrotron power from primary electrons,
mostly located in the peripheral regions. Note that the values for the luminosities due to the primary electrons
should be scaled with the electron to proton injection ratio Re/p. From Miniati et al. (2001)

the compression of the fossil radio plasma might lead to the smaller relics which are more
disturbed in shape and are usually found closer to the cluster centre.

5.3 The Quest for Radio Haloes

The accretion shocks from the LSS formation are also the location of the acceleration of
the CRs that will be accreted into the LSS, specially within galaxy clusters. Using the
COSMOCR code (Miniati 2001), Miniati et al. (2001) followed primary ions and electrons
(injected and accelerated by diffuse cosmic shocks) and secondary electrons and positrons
(produced in p-p inelastic collisions of CR ions with thermal ICM nuclei) within a cos-
mological simulation. Under the assumption that the magnetic field produced by the bat-
tery effect reflects a fair representation of the true distribution of the relative magnetic field
strengths within the LSS, they were able to predict the central radio emission (radio halos),
mainly produced by secondary electrons in a self-consistent treatment (Fig. 13).

Within their modelling they also reproduced the peripheral radio emission (radio relics),
mainly produced by primary CRs, where the resulting morphology, polarisation and spectral
index match the observed counterparts. However, one has to note that the extrapolation of
these simulations (which are on group scale) to the observed data (which are on the scale
of massive clusters) might not be straightforward (Fig. 14). It is further worth comment-
ing that even with an electron to proton injection ratio Re/p of 10−2 (which is derived from
observations, see Table 5 in Miniati et al. 2001), the predicted luminosities for the primary
emission are still significantly higher than for the secondary one (Fig. 14); this prediction
does not seem to be confirmed by the observations. Although these results based on a sec-
ondary model generally agree with previous work based on simulations of massive galaxy
clusters (Dolag and Enßlin 2000), they highlight the general problem that one faces when
it is applied the secondary model for relativistic electrons. This model predicts radio haloes
for every galaxy cluster, which is in strong contradiction with current observations, as sum-
marised in Fig. 14, which also includes the upper limits obtained by a recent observation
campaign at the GRMT (see Brunetti et al. 2007).
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Fig. 14 Total power of radio halos observed at 1.4 MHz vs. cluster temperature. We plot the data from Liang
et al. (2000), which were partially re-observed by Feretti (2007, in preparation) together with data from
Govoni et al. (2001); Bacchi et al. (2003); Venturi et al. (2003). Some additional upper limits are collected
thanks to the help of F. Govoni. Additional upper limits from Brunetti et al. (2007) are shown. We applied
a secondary hadronic model, as described in Dolag and Enßlin (2000), to calculate the radio emission from
the simulated galaxy clusters. We also added the predictions for the emission from primary (upper line) and
secondary (lower line) electrons taken from Miniati et al. (2001) within the temperature range covered by the
simulation. Note that the values for the luminosities for primary electrons should be scaled with the electron
to proton injection ratio Re/p

6 Turbulence

6.1 Simulations

During the growth of the LSS, galaxy clusters continuously accrete other structures, most of
the time smaller structures (like galaxies), but sometime also objects with similar mass (ma-
jor mergers). All these structures continue to move with supersonic or transsonic velocities
inside the cluster. Together with the diffuse accretion (which is generally anisotropic) and
the generation of turbulence by hydrodynamic instabilities induced by these bulk motions,
the gas in clusters of galaxies generally contains an amount of kinetic energy which is not
negligible compared to the amount of thermal energy.

It is worth mentioning that different simulation methods reach good agreement in pre-
dicting that the ratio of bulk kinetic energy to thermal energy is up to 15% in galaxy clusters
(see Frenk et al. 1999). Based on cosmological hydrodynamic simulations, Inogamov and
Sunyaev (2003) pointed out that the broadening of the emission lines in the X-ray band (e.g.
the iron K line) due to these expected bulk motions is appreciably larger than the broaden-
ing due to thermal motions. Thus, instruments like the ones designed for Suzaku or future
instruments like XEUS will be able to infer such bulk motions from the analysis of the line
shapes.

Even after subtraction of the cluster peculiar velocity, large-scale bulk motions will be
the main contributor to the deformation of the line shapes. The imprint of turbulence induced
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Fig. 15 The gas velocity field in a slice through the central Mpc region of a simulated cluster after subtracting
the global mean bulk velocity of the cluster. The left panel shows a run with the original SPH viscosity, the
right panel for a low-viscosity scheme. The underlying colour maps represent the ratio of turbulent kinetic
energy to total kinetic energy content of the particles, inferred after subtracting the local mean velocity, as
described in Dolag et al. (2005b)

by hydrodynamic instabilities along flows (e.g. shear flows) might instead be more subtle to
infer from the line profiles.

In recent high-resolution SPH simulations of galaxy clusters within a cosmological en-
vironment, Dolag et al. (2005b) used a novel scheme to treat artificial viscosity within the
GADGET2 code (Springel 2005) to quantify how intense the shear flow must be to drive
fluid instabilities. Being a quite common process within cosmic structure formation, these
fluid instabilities driven by shear flows strongly increase the level of turbulence within the
ICM (Fig. 15).

Although this small-scale turbulence contributes a measurable effect to the non-thermal
pressure within the ICM, the effect on the line shapes is much smaller than the broadening
caused by the large-scale bulk motions. Applying this method to a set of simulated galaxy
clusters, Vazza et al. (2006) showed that for relaxed clusters the turbulent energy content in
the ICM scales with the thermal one. The fraction of turbulent to thermal energy turned out
to be rather independent of the mass of the system. Interestingly, this is consistent with the
semi-analytical predictions of Cassano and Brunetti (2005), who estimated the amount of
turbulent energy within the ICM in terms of the P dV work done by the infalling substruc-
tures.

6.2 Observational Evidence

The spectroscopic resolution of current X-ray instruments is not high enough to measure the
line shapes and infer the level of turbulence present within the ICM. However, using a mo-
saic of XMM-Newton observations of the Coma cluster, Schuecker et al. (2004) were able
to produce spatially-resolved gas pressure maps which indicate the presence of a significant
amount of turbulence. Performing a Fourier analysis of the data reveals the presence of a
scale-invariant pressure fluctuation spectrum in the range between 40 and 90 kpc which is
well described by a projected Kolmogorov turbulence spectrum (see Fig. 16); at least 10
percent of the total ICM pressure is in turbulent form.

Alternatively, in a more indirect way, Enßlin and Vogt (2006) argue that the recently
reported Kolmogorov-like magnetic turbulence spectrum, which is inferred from Faraday
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Fig. 16 The dots with error bars
are the observed projected power
spectral densities as inferred
from X-ray observations of the
Coma cluster, after subtraction of
the shot noise; the dashed lines
are model predictions. From
Schuecker et al. (2004)

rotation measurements in the cool core of clusters, can be understood by kinetic energy
injection (see also Subramanian et al. 2006). Such a dynamo model predicts the correct
magnetic field strength in cool core clusters for reasonable (but yet not directly observ-
able) values of the hydrodynamic turbulence velocity and characteristic length scales. This
result indicates that the magnetic fields might directly reflect the presence of hydrody-
namic turbulence. Such models are directly related to the turbulence induced by buoyant
radio lobes from the central radio galaxy which rise into the cluster atmosphere. On the
other hand, Faraday rotation within non-cooling flow clusters with multiple extended ra-
dio sources (which therefore probe the magnetic field structure at different radii) can
give alternative constraints on the magnetic field power spectra (see Murgia et al. 2004;
Govoni et al. 2006) and thus on the underlying hydrodynamic turbulence present in the
ICM.

7 Concluding Remarks

It seems that, in the last years, a consistent picture of magnetic fields in clusters of galax-
ies has emerged from both numerical work and observations. Simulations of individual
processes like shear flows, shock/bubble interactions or turbulence/merging events predict
a super-adiabatic amplification of magnetic fields. It is worth mentioning that this common
result is obtained by using a variety of different codes, which are based on different numeri-
cal schemes. Further support for such super-adiabatic amplifications comes from analytical
estimates of the anisotropic collapse which use the Zel’dovich approximation (Zel’dovich
1970). When this amplification occurs in fully consistent cosmological simulations, various
observational aspects are reproduced (e.g. Fig. 8); moreover, the final strength of the mag-
netic field reaches a level sufficient to link models that predict magnetic field seed at high
redshift with the magnetic fields observed in galaxy clusters today. It is important to note
that all the simulations show that this effect increases when the resolution is improved, and
therefore all the current values have to be taken as lower limits of the possible amplification.

Despite this general agreement, there are significant differences among the predictions
on the structure of the magnetic fields coming from different models of magnetic field seeds.
In particular, there are several differences between the up-scaled cosmological battery fields
(Miniati et al. 2001; Sigl et al. 2004) and the magnetic field predicted by the high-resolution
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simulations of galaxy clusters that use either AMR (Brüggen et al. 2005) or SPH (Dolag
et al. 1999, 2002, 2005a). In the SPH case, it is possible to follow the amplification of the
field seeds within the turbulent ICM in more detail.

A good visual impression can be obtained by comparing the regions filled with the high
magnetic fields shown in Figs. 6 and 9. It is clear that the high magnetic field regions for the
battery fields are predicted to be much more extended; this result leads to a flat profile around
the forming structure, whereas for the turbulent amplified magnetic fields the clusters show
a magnetic field distribution which is much more peaked. Part of this difference originates
from the physical model, as the cosmological shocks are much stronger outside the clusters.
Somewhat less clear is how big it is the influence of the different numerical resolutions of
these simulations to these discrepancies. Usually, the model parameters for such simulations
can only be calibrated using the magnetic field strength and structure within the high-density
regions of galaxy clusters. Therefore it is crucial to perform detailed comparisons with all the
available observations to validate the simulations. Note that extrapolating the predictions of
the simulations into lower density regions, where no strong observational constraints exist,
will further amplify the differences among the simulations in the predictions of the magnetic
field structure.

Moreover, one has to keep in mind that, depending on the ICM resistivity, the magnetic
field could suffer a decay, which is so far neglected in all the simulations. Furthermore, a
clear deficiency of the current simulations is that they do not include the creation of a mag-
netic field due to all the feedback processes happening within the LSS (like radio bubbles
inflated by AGN, galactic winds, etc.): this might alter the magnetic field prediction if their
contribution turns out to be significant. Also all of the simulations so far neglect radiative
losses; if included, this would lead to a significant increase of the density in the central
region of clusters and thereby to a further magnetic field amplification in these regions. Fi-
nally, there is an increasing number of arguments suggesting that instabilities and turbulence
on very small scales can amplify the magnetic fields to the observed μG level over a rela-
tively short timescale. However, it is still unclear how such fields, which are tangled on very
small scales, can be further processed to be aligned on large scales (up to hundreds of kpc),
as observed.

Concerning radio haloes and relics, the picture is only partially consistent (for a more
detailed discussion of primary and secondary models see Brunetti (2004) and references
therein as well as Ferrari et al. 2008—Chap. 6, this issue). Radio relics seem to be most
likely related to strong shocks produced by major merger events and therefore produced by
direct re-acceleration of CRs, the so-called primary models. Although some of the observed
features, like morphology, polarisation and position with respect to the cluster centre, can
be reasonably well reproduced, there might be still some puzzles to be solved. On the one
hand, direct acceleration of CRs in shocks seems to overestimate the abundance, and maybe
the luminosity, of radio relics; on the other hand, simulations which illuminate fossil radio
plasma can produce reasonable relics only starting from a small range of parameter settings.

A similar situation arises for modelling the central radio emission of galaxy clusters
by secondary models. The total luminosity seems to be reproduced using reasonable as-
sumptions and also the observed steep correlation between cluster temperature/mass and
radio power seems to be reproduced quite well. However, these models suffer from two
drawbacks. The first one is that, in the framework of such models, every massive cluster
produces a powerful radio halo, at odds with observations (Fig. 14). The other problem of
secondary models is that the detailed radio properties are not reproduced. In fact, firstly, in
most cases, the profile of radio emission is too steep, so that these models can almost never
reproduce the size of the observed radio halos. Secondly, the observed spectral steepening
(e.g. Giacintucci et al. 2005) cannot be reproduced.
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One possible way out, at least for the first concern, would be that magnetic fields are ex-
tremely dynamical and transient and therefore light up the halo during a merger. However,
there is also no indication from observations that clusters which show radio emission contain
magnetic fields which are more intense than those in clusters without observable extended
diffuse radio emission. On the contrary, the cluster A 2142 has a magnetic field strength
similar to the Coma cluster, but the upper limit on its radio emission is at least two orders of
magnitude below the value expected from the correlation (Fig. 14). Note that both clusters
are merging systems which are characterised by the presence of two central cD galaxies.
This indicates that there should be further processes involved or additional conditions re-
quired to produce radio emission. It is worth noting that recent models, based on turbulent
acceleration, seem to overcome this problem (see Kuo et al. 2003; Brunetti and Blasi 2005;
Cassano and Brunetti 2005, and references therein). Cassano and Brunetti (2005) predicted
that the probability for a galaxy cluster to show a giant radio halo is an increasing function
of the cluster mass; these authors also reproduced the observed probability of ≈ 30 % for a
massive galaxy clusters to show extended radio emission.

Being dominated by large-scale bulk motions, induced by the cosmological structure
formation process, different simulation methods reach good agreement in predicting that the
ratio of the bulk kinetic energy to thermal energy has an upper limit of 15% in galaxy clusters
(see Frenk et al. 1999). However, the exact role of turbulence induced by hydrodynamic
instabilities within the complex flow patterns of galaxy clusters is still hard to quantify (see
Dolag et al. 2005b). It should also be mentioned that the real viscosity of the ICM is hardly
known, and can play a noticeable role within the ICM, as demonstrated in simulations which
attempt to include physically motivated viscosity into a cosmological context (see Sijacki
and Springel 2006).

The dynamical role of CRs in galaxy clusters is not very well understood yet. Simula-
tions using different codes predict quite different relative pressure contained in CRs within
galaxy clusters. Moreover, the simulations indicate that the relative importance of CRs in
galaxy clusters also strongly depends on other non-thermal processes, like radiative losses
and feedback from star formation (see Pfrommer et al. 2007).

In general it has to be pointed out that, although the complexity of the physical processes
treated by cosmological simulations have improved dramatically in recent years, this re-
search field is still young. Therefore future work is expected to enlighten such complex
processes within the ICM and will help to improve our understanding of the non-thermal
components in galaxy clusters. Such work will also be needed to interpret the observational
information which is overwhelmingly increasing in quality and size and is expected to be-
come available soon with the next generation of instruments, particularly at radio band, like
ALMA, LOFAR, SKA, EVLA and others.
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Abstract Because of their deep gravitational potential wells, clusters of galaxies retain all
the metals produced by the stellar populations of the member galaxies. Most of these met-
als reside in the hot plasma which dominates the baryon content of clusters. This makes
them excellent laboratories for the study of the nucleosynthesis and chemical enrichment
history of the Universe. Here we review the history, current possibilities and limitations of
the abundance studies, and the present observational status of X-ray measurements of the
chemical composition of the intra-cluster medium. We summarise the latest progress in us-
ing the abundance patterns in clusters to put constraints on theoretical models of supernovae
and we show how cluster abundances provide new insights into the star-formation history of
the Universe.
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1 Introduction

Clusters of galaxies are excellent astrophysical laboratories, which allow us to study the
chemical enrichment history of the Universe. They have the deepest known gravitational
potential wells which keep the metals produced in the stellar populations of the member
galaxies within the clusters. About 70–90% of the baryonic mass content of clusters of
galaxies is in the form of hot (107–108 K) X-ray emitting gas (Ettori and Fabian 1999). In
this hot intra-cluster medium (ICM) the dominant fraction of cluster metals resides. To the
extent that the stellar populations where the cluster metals were synthesised can be consid-
ered representative, the metal abundances in the ICM provide constraints on nucleosynthesis
and on the star formation history of the Universe.

It is remarkable that all the abundant elements, that were synthesised in stars after the pri-
mordial nucleosynthesis, have the energies of their K- and L-shell transitions in the spectral
band accessible to modern X-ray telescopes. Most of the observed emission lines in the ICM
arise from the well understood hydrogen and helium like ions and their equivalent widths
can be, under the reasonable assumption of collisional equilibrium, directly converted into
the elemental abundance of the corresponding element. Complications arising from optical
depth effects, depletion into dust grains, extinction, non-equilibrium ionisation are minimal
or absent. Therefore, abundance determinations of the hot ICM are more robust than those
of stellar systems, H II regions or planetary nebulae. This relatively uncomplicated physical
environment makes the ICM an attractive tool for studies of the chemical enrichment (for
the theoretical progress in metal enrichment processes see Schindler and Diaferio 2008—
Chap. 17, this issue).

2 Sources of Metals

Most of the metals from O up to the Fe-group are produced by supernovae. The supernovae
can be roughly divided into two groups: Type Ia supernovae (SN Ia) and core collapse su-
pernovae (SNCC).

SN Ia are most likely thermonuclear explosions of accreting white dwarfs. When the
white dwarf reaches the Chandrasekhar limit, carbon ignition in the central region leads to a
thermonuclear runaway. A flame front then propagates through the star at a subsonic speed
as a deflagration wave. In the delayed-detonation models, the deflagration wave is assumed
to be transformed into a detonation at a specific density. SN Ia produce a large amount of
Fe, Ni, and Si-group elements (Si, S, Ar, and Ca). Contrary to SNCC, they produce only
very small amounts of O, Ne, and Mg. In Fig. 1 and Table 1 we show the theoretically
calculated yields for different SN Ia models (Iwamoto et al. 1999). We show the yields
of elements relative to the yield of Fe in the Solar units of Grevesse and Sauval (1998).
Convective deflagration models are represented by the W7 and W70 models. The WDD1,
WDD2, WDD3, CDD1, and CDD2 models refer to delayed-detonation explosion scenarios
and the last digit indicates the deflagration to detonation density in units of 107 g cm−3. The
“C” and “W” refer to two different central densities (1.37 × 109 and 2.12 × 109 g cm−3,
respectively) in the model at the onset of the thermonuclear runaway. The relative yield
of the Si-group elements can be a good indicator of the incompleteness of the Si-group
burning into Fe-group elements. Delayed detonation models have typically higher yields of
Si-group elements relative to Fe than the deflagration models. The Ni/Fe abundance ratio
in the SN Ia ejecta is an indicator of neutron-rich isotope production, which depends on the
electron capture efficiency in the core of the exploding white dwarf. The deflagration models
produce larger Ni/Fe ratios than the delayed detonation models.
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Fig. 1 Yields of elements
relative to Fe in the Solar units of
Grevesse and Sauval (1998) for
different SN Ia models from
Iwamoto et al. (1999)

Table 1 Yields of elements relative to Fe in the Solar units of Grevesse and Sauval (1998) for different SN Ia
models from Iwamoto et al. (1999)

Element W7 W70 WDD1 WDD2 WDD3 CDD1 CDD2

O 0.0314 0.0280 0.0214 0.0136 0.0105 0.0235 0.0114

Ne 0.00443 0.00215 0.00157 0.000960 0.00107 0.00180 0.000714

Mg 0.0221 0.0390 0.0219 0.0109 0.00584 0.0231 0.00976

Si 0.356 0.317 0.706 0.453 0.316 0.746 0.413

S 0.405 0.410 0.843 0.544 0.380 0.890 0.496

Ar 0.378 0.433 0.846 0.555 0.384 0.896 0.506

Ca 0.326 0.460 0.908 0.604 0.427 0.972 0.566

Fe ≡1.0 ≡1.0 ≡1.0 ≡1.0 ≡1.0 ≡1.0 ≡1.0

Ni 3.22 2.18 0.957 1.25 1.41 0.914 1.26

In the left panel of Fig. 2 and Table 2 we show the theoretical yields for three SNCC

models integrated over Salpeter and top-heavy initial mass functions (IMFs) between 10 and
50 M� (Woosley and Weaver 1995; Chieffi and Limongi 2004; Nomoto et al. 2006). See also
Borgani et al. (2008—Chap. 18, this issue) for more details on stellar population models.
In the right panel of Fig. 2 we show the SNCC yields for the Salpeter IMF for different
progenitor metallicities (where Z = 0.02 refers to Solar metallicity; Nomoto et al. 2006).
The Fe yield of the model by Woosley and Weaver (1995) is about an order of magnitude
lower than that in the models by Chieffi and Limongi (2004) and Nomoto et al. (2006).
The plots also show that abundance ratios of O/Mg and Ne/Mg can be used to discriminate
between different IMFs. The SNCC yields for progenitors of different metallicities differ
mainly in O/Ne/Mg ratio. Because the progenitor metallicities and perhaps also the IMF
evolve, the applicability of comparing the observed data with a single average set of yields
may be limited. However, the abundances of these elements in the ICM may still be used
to infer to what extent was the dominant fraction of the SNCC progenitors preenriched, and
what was its IMF.

We note, that while the abundances in Figs. 1 and 2 are shown with respect to the So-
lar values of Grevesse and Sauval (1998), in literature and also in several figures of this
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Fig. 2 Left panel: Yields of elements relative to Fe in the Solar units of Grevesse and Sauval (1998) for
different SNCC models with a progenitor metallicity of Z = 0.004 integrated over Salpeter and top-heavy
initial mass functions between 10 and 50 M�. Right panel: SNCC yields for different progenitor metallicities
(Z = 0.02 refers to Solar metallicity; Nomoto et al. 2006) integrated over the Salpeter IMF

Table 2 Yields of elements relative to Fe in the Solar units of Grevesse and Sauval (1998) for different
SNCC models with a progenitor metallicity of Z = 0.004 integrated over Salpeter and top-heavy initial mass
functions between 10 and 50 M�

Element Nomoto et al. (2006) Chieffi and Limongi (2004) Woosley and Weaver (1995)

Salpeter Top-heavy Salpeter Top-heavy Salpeter Top-heavy

O 3.18 10.8 2.13 6.67 33.0 79.6

Ne 3.55 10.7 2.53 7.59 15.4 31.8

Mg 2.71 6.63 1.80 3.94 13.8 28.5

Si 2.88 6.50 1.82 3.55 29.9 50.9

S 1.95 4.49 1.33 2.72 23.9 42.7

Ar 1.87 4.24 1.49 3.08 30.5 57.1

Ca 1.63 3.70 1.37 2.80 22.2 31.1

Fe ≡1.0 ≡1.0 ≡1.0 ≡1.0 ≡1.0 ≡1.0

Ni 1.10 0.475 1.11 0.501 497 208

review the abundances are often shown with respect to the outdated Solar abundances by
Anders and Grevesse (1989) or with respect to newer sets of Solar and proto-solar abun-
dances by Lodders (2003). The more recent Solar abundance determinations of O, Ne, and
Fe by Lodders (2003) are ∼30% lower than those given by Anders and Grevesse (1989).
The Solar abundances of O and Ne reported by Grevesse and Sauval (1998) are higher and
the abundance of Fe is slightly lower than those reported by Lodders (2003). A comparison
of different Solar abundance values is shown in Table 3.

While elements from O up to the Fe-group are produced by supernovae, the main sources
of carbon and nitrogen are still being debated. Both elements are believed to originate from
a wide range of sources including winds of short-lived massive metal rich stars, longer-
lived low- and intermediate-mass stars, and also an early generation of massive stars (e.g.,
Gustafsson et al. 1999; Chiappini et al. 2003; Meynet and Maeder 2002).

In the Galaxy, Shi et al. (2002) found that C is enriched by winds of metal-rich massive
stars at the beginning of the Galactic disk evolution, while at a later stage it is produced
mainly by low-mass stars. Bensby and Feltzing (2006) found that the C enrichment in the
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Table 3 Comparison of Solar
abundances by Anders and
Grevesse (AG; 1989), Grevesse
and Sauval (GS; 1998), and of
the proto-solar abundances by
Lodders (2003) on a logarithmic
scale with H ≡ 12. These
abundances are used at several
places of this issue

Element AG GS Lodders

H 12.00 12.00 12.00

He 10.99 10.93 10.98

C 8.56 8.52 8.46

N 8.05 7.92 7.90

O 8.93 8.83 8.76

Ne 8.09 8.08 7.95

Mg 7.58 7.58 7.62

Si 7.55 7.55 7.61

S 7.21 7.33 7.26

Ar 6.56 6.40 6.62

Ca 6.36 6.36 6.41

Fe 7.67 7.50 7.54

Ni 6.25 6.25 6.29

Galaxy is happening on a time scale very similar to that of Fe. They conclude that while in
the early Universe the main C contributors are massive stars, C is later produced mainly by
asymptotic giant branch (AGB) stars.

Nitrogen is produced during hydrogen burning via the CNO and CN cycles as both
a primary and secondary element. In primary nucleosynthesis its production is indepen-
dent of the initial metallicity of the star. Primary production of N happens during hy-
drogen shell burning in intermediate mass stars of ∼4–8 M� (Matteucci and Tosi 1985).
Stellar models that include the effects of rotation indicate that massive stars between
9 and 20 M� may also produce primary N (Maeder and Meynet 2000). In secondary
production, which is common to stars of all masses, N is synthesised from C and O
and its abundance is therefore proportional to the initial metallicity of the star. The pri-
mary versus secondary production of N can be studied by investigating the N/O ratio
as a function of O/H ratio. In the case of primary N production the N/O ratio will be
constant. For the secondary production we will observe a linear correlation between the
logarithms of N/O and O/H. The combination of primary and secondary nucleosynthe-
sis will produce a non-linear relation. The ICM abundance of C and N was measured
only in a few bright nearby galaxy clusters and elliptical galaxies (Peterson et al. 2003;
Werner et al. 2006a). However, future instruments (see Sect. 8) will allow to measure the
abundances of these elements in many clusters. This will be important for a better under-
standing of the stellar nucleosynthesis.

3 Abundance Studies Before XMM-Newton and Chandra

The discovery of the Fe-K line emission in the spectrum of the Perseus cluster by the Ariel V
satellite (see the left panel of Fig. 3, Mitchell et al. 1976) and in Coma and Virgo by OSO-8
(Serlemitsos et al. 1977) confirmed that the X-ray emission of galaxy clusters is predom-
inantly thermal radiation from hot intra-cluster gas rather than inverse Compton radiation.
These observations showed that the hot plasma in clusters of galaxies contains a significant
portion of processed gas, which was ejected from stars in the cluster galaxies. Subsequent
spectroscopic analysis of cluster samples observed with OSO-8 and HEAO-1 A2 satellites
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Fig. 3 Left panel: Spectrum of the Perseus cluster obtained by Ariel 5. The first cluster spectrum with
observed Fe-K line emission (hump at ∼7 keV). From Mitchell et al. (1976). Right panel: Line emission
observed in M 87 with the Einstein satellite. From Sarazin (1988), based on the work published by Lea et al.
(1982)

revealed that the ICM has an Fe abundance of about one-third to one-half of the Solar value
(Mushotzky et al. 1978; Mushotzky 1984). Combining spectra obtained by Einstein and
Ginga, White et al. (1994) found an indication of a centrally enhanced metallicity in four
cooling flow clusters. Unfortunately, the spectrometers on the Einstein observatory were
not sensitive to the Fe-K line emission, because the mirror on the satellite was not sensi-
tive to photon energies above ∼4 keV. However, the Solid-State Spectrometer (SSS) and
the high-resolution Focal Plane Crystal Spectrometer (FPCS) on Einstein (Giacconi et al.
1979) allowed to detect emission lines at low energies. Using the SSS the K lines from
Mg, Si, and S and the L lines from Fe were detected in the spectrum of M 87 (see the
right panel of Fig. 3), Perseus, A 496, and A 576 (Lea et al. 1982; Mushotzky et al. 1981;
Nulsen et al. 1982; Mushotzky 1984). Using the FPCS spectra of M 87 the O VIII Kα line
was detected (Canizares et al. 1979), implying an O/Fe ratio of 3–5, and the relative strength
of various Fe-L line blends showed that the gas cannot be at a single temperature.

However, until the launch of ASCA in 1993, Fe was the only element for which the
abundance was accurately measured in a large number of clusters. ASCA allowed to detect
the emission features from O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni in the spectra of a number of
clusters. Furthermore, it allowed to accurately determine the Fe abundances out to redshift
z ≈ 0.5. ASCA data revealed a lack of evolution in the Fe abundance out to redshift z ∼ 0.4
(Mushotzky and Loewenstein 1997; Rizza et al. 1998) and no evidence for a decrease at
higher redshifts (Donahue et al. 1999). ASCA data were the first to show that in cooling core
clusters the metallicity increases toward the centre (Fukazawa et al. 1994).

By analysing data of four clusters of galaxies, Mushotzky et al. (1996) found that the
relative abundances of O, Ne, Si, S, and Fe are consistent with an origin in SNCC. They
suggest that SNCC provided a significant fraction of metals in the ICM. Fukazawa et al.
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Fig. 4 Left panel: The radial distribution of the logarithm of the Si/Fe ratio expressed in Solar units (scale
of Anders and Grevesse 1989) for a sample of clusters observed with ASCA (from Finoguenov et al. 2000).
Right panel: The average radial distribution of the Fe abundance in Solar units (scale of Grevesse and Sauval
1998) for a sample of cooling core (filled circles) and non-cooling core (empty circles) clusters observed with
BeppoSAX (from De Grandi et al. 2004)

(1998) showed that the Si abundance and the Si/Fe ratio increases from the poorer to the
richer clusters, suggesting that the relative contribution of SNCC increases toward richer
clusters. They propose the possibility that a considerable fraction of SNCC products escaped
the poorer systems. Finoguenov et al. (2000) used ASCA data to show that SN Ia products
dominate in the cluster centres and the SNCC products are more evenly distributed (see the
left panel of Fig. 4).

However, the large and energy dependent point-spread function (∼2′ half-power radius)
of ASCA did not allow to investigate the spatial abundance distributions in detail. De Grandi
and Molendi (2001) took advantage of the better spatial resolution (∼1′ half-power radius)
of BeppoSAX and they measured the radial Fe abundance profiles for a sample of 17 rich
nearby clusters of galaxies. They found that while the eight non-cooling core clusters in their
sample have flat Fe abundance profiles, the Fe abundance is enhanced in the central regions
of the cooling core clusters (see the right panel of Fig. 4). De Grandi et al. (2004) show that
the mass associated with the abundance excess found at the centre of cool core clusters can
be entirely produced by the brightest cluster galaxy (BCG).

The bandpass of the ROSAT PSPC was well suited for X-ray bright galaxies and groups
of galaxies with temperatures of ∼1 keV and its PSF allowed for spatially resolved spectral
analysis on a half-arcminute scale. Buote (2000a) investigated the deprojected abundance
gradients in 10 galaxies and groups. In 9 of the 10 systems they found an abundance gradient,
with the Fe abundance one to several times the Solar value within ∼10 kpc, decreasing to
∼0.5 Solar at 50–100 kpc distance.

The emerging picture from the abundance studies with ASCA and BeppoSAX data was
that of an early homogeneous enrichment by SNCC, which produce α-elements in the pro-
tocluster phase, and a subsequent more centrally peaked enrichment by SN Ia which have
longer delay times and continue to explode in the cD galaxy for a long time after the cluster
is formed.

Analysing and stacking all the data of clusters of galaxies observed with ASCA into tem-
perature bins, Baumgartner et al. (2005) found a trend showing that the relative contribution
of SNCC is larger in higher temperature clusters than in the clusters with lower temperature.
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Moreover, they found that Si and S do not track each other as a function of temperature, and
Ca and Ar have much lower abundances than expected. They conclude that the α-elements
do not behave homogeneously as a single group and the trends indicate that different enrich-
ment mechanisms are important in clusters of different masses.

4 The Possibilities and Limitations of Elemental Abundance Determinations

4.1 Spectral Modelling and the Most Common Biases

The correct modelling of the temperature structure is crucial for the elemental-abundance
determinations. Fitting the spectrum of a multi-temperature plasma with a simple single-
temperature model results in best-fitting elemental-abundances that are too low. This effect
is the most important in galaxies, groups of galaxies and in the cooling cores of clusters.
Many studies have found significantly subsolar values for the Fe abundance in groups of
galaxies, with abundances generally less than the stellar values in these systems, and less
than those observed in galaxy clusters. To reconcile these observations with the chemical
enrichment models, it has been postulated that galaxy groups accrete primordial gas af-
ter they have been expelling gas during most of their evolution (Renzini 1997). Buote and
Canizares (1994) showed that if a galaxy spectrum has intrinsically two temperature com-
ponents, the single-temperature model can give a significantly underestimated metallicity.
Buote (2000b) demonstrated that in a spectrum characterised by two temperatures, one be-
low 1 keV and one above 1 keV, with an average of ∼1 keV, the lower temperature com-
ponent preferentially excites emission lines in the Fe-L complex below 1 keV (Fe XVII–
XXI), while the higher temperature component excites the Fe-L lines from ∼1–1.4 keV
(Fe XXI–XXIV). If these components contribute approximately equally to the emission mea-
sure, the spectral shape of the Fe-L complex will be broader and flatter than the narrower
Fe-L complex produced by a single-temperature model with the average temperature of the
two components. In order to fit the flat spectral shape at 1 keV, the single-temperature model
will fit a lower Fe abundance and will increase the thermal continuum. The strongest bias
is at the low temperatures, for higher temperature plasmas the bias is smaller as the Fe-K
line-emission becomes more important for the determination of the Fe abundance. Buote
(2000b) also shows an excess in the Si/Fe and S/Fe ratios inferred for two-temperature plas-
mas fit by single-temperature models. He notes that the lower temperature component in the
two-temperature plasma produces stronger Si and S emission, and the single-temperature
model underestimates the continuum at higher energies. Therefore the Si/Fe and S/Fe ra-
tios of multi-temperature ICM inferred using single-temperature models will yield values
in excess of the true values. Buote (2000b) shows that this effect is the most important for
the hotter clusters of galaxies. This bias may have played a role in the excess Si/Fe ra-
tios and trends derived using ASCA data (Mushotzky et al. 1996; Fukazawa et al. 1998;
Finoguenov et al. 2000; Baumgartner et al. 2005).

Several authors (e.g., Buote et al. 2003; Werner et al. 2006b; Matsushita et al. 2007a),
using XMM-Newton and Chandra data, showed that the best-fitting abundances in the multi-
phase cooling core regions of clusters and in groups increase when two-temperature models
or more complicated differential emission measure (DEM) models are used. Buote et al.
(2003) show that the abundances of O, Mg, Si, and Fe in the centre of NGC 5044 obtained
using a two-temperature model are higher than those obtained using a single-temperature
model. They also show that the Si/Fe ratio in the centre is significantly lower when a two-
temperature model is used. Similar results were obtained for NGC 1399 (see the left panel
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Fig. 5 These plots illustrate the influence of the temperature model on the best-fit abundances. Left panel:
Radial Fe abundance distribution in NGC 1399 modelled with single- and two-temperature models (from
Buote 2002). Right panel: Radial S abundance distribution in the cluster 2A 0335+096 modelled with single,
two, and multi-temperature models (triangles, squares, and circles, respectively; from Werner et al. 2006b).
Abundances in both figures are in the Solar units of Anders and Grevesse (1989)

of Fig. 5; Buote 2002). Analysing deep XMM-Newton data of the cluster 2A 0335+096,
Werner et al. (2006b) showed that the abundances of all fitted elements (Mg, Si, S, Ar, Ca,
Fe, Ni) in their model increased as they went from single- to two-temperature model, and
to the multi-temperature DEM model. However, not only their absolute values increased
but also the Si/Fe and the S/Fe ratios changed. Matsushita et al. (2007a) show an increase
from single- to two- to multi-temperature models for O, Mg, Si, and Fe in the core of the
Centaurus cluster. In the right panel of Fig. 5 we show the radial S profile obtained for
2A 0335+096 (Werner et al. 2006b) with single-, two-, and multi-temperature models.

As discussed in Buote (2000a) and Buote et al. (2003) in the lower mass systems
(∼ 1 keV) the best fit Fe abundance is sensitive to the lower energy limit used in spec-
tral fitting. If the continuum at the low energies is not properly modelled, the equivalent
widths of the lines in the Fe-L complex (and the oxygen line emission) will be inaccurate
and the abundance determination will be incorrect. Buote et al. (2003) show the best-fitting
Fe abundance in NGC 5044 determined with the lower energy limit at 0.7, 0.5, and 0.3 keV.
They show that the results for each energy limit are significantly different and they obtain
the highest Fe abundance for the lowest energy limit, which allows them to properly fit the
continuum.

Since the ∼ 0.2 keV component of the Galactic foreground emits O VIII line emission,
the uncertainties in the foreground/background model can cause systematic uncertainty in
determining the oxygen abundance in the ICM. The temperature and flux of the ∼ 0.2 keV
Galactic foreground component is position dependent on the sky and cannot be properly
subtracted with blank fields (for detailed discussion see de Plaa et al. 2006).

Systematic uncertainties in the abundance determination can be introduced if bright point
sources are not excluded from the spectral fits, especially in the lower surface brightness
regions of clusters. The contribution of point sources raises the continuum level, system-
atically reducing the observed line equivalent widths. If their contribution is not properly
modeled, the best fitting thermal model will have a higher temperature and lower elemental
abundances.
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In general two plasma models are used for fitting cluster spectra: MEKAL (Mewe et al.
1985, 1986; Kaastra 1992; Liedahl et al. 1995; Mewe et al. 1995) and APEC (Smith et al.
2001). These codes have differences in their line libraries and in the way of modelling the
atomic physics. This allows to test the robustness of the abundance determinations. System-
atic effects on the best fit abundances due to the adopted plasma model were investigated for
example by Buote et al. (2003), Sanders and Fabian (2006), and de Plaa et al. (2007). They
conclude that despite small differences in the determined temperature structure, the derived
abundances are generally consistent within the errors.

Using simulated galaxy clusters Kapferer et al. (2007a) show that the more inhomo-
geneously the metals are distributed within the cluster, the less accurate is the observed
metallicity as a measure for the true metal mass. They show that in general the true metal
mass is underestimated by observations. If the distribution of metals in the ICM is inhomo-
geneous, the true metal mass in the central parts (r < 500 kpc) of galaxy clusters can be up
to three times higher than the metal mass obtained by X-ray observations. The discrepancies
are due to averaging. As the metallicity and temperature are not constant throughout the
extraction area, the integration of thermal Bremsstrahlung and of line radiation can lead to
underestimated metal masses.

4.2 Possibilities and Limitations of Current Instruments

XMM-Newton with its large effective area and superb spectral resolution, Chandra with
its unprecedented spatial resolution, and Suzaku with its low background and good spec-
tral resolution at low energies largely enhanced our knowledge on chemical abundances in
galaxies, groups, and clusters of galaxies. In this section we describe the possibilities and
the systematic uncertainties of abundance studies with these instruments.

4.2.1 XMM-Newton

Due to its large effective area and good spectral resolution, XMM-Newton is currently the
best suited instrument to study abundances in the ICM. XMM-Newton has three identical
telescopes and two sets of detectors on board. The first set of instruments is the European
Photon Imaging Camera (EPIC), consisting of two metal oxide semiconductor—MOS1 and
MOS2—CCD arrays collecting 50% of light from two telescopes, and the EPIC-pn CCD ar-
ray collecting 100% of light from one telescope on board. The second set of instruments are
the Reflection Grating Spectrometers (RGS) that collect 50% of light from two telescopes.
Both sets of instruments play an important role in the abundance studies.

The advantages of EPIC are its broad bandpass, and good spatial and spectral resolutions,
that allow us to detect the emission lines from O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni (see the
top panel of Fig. 6). Furthermore, for deep observations of bright clusters, EPIC allows us
to derive the spatial distribution of elements (see Sect. 5).

Unfortunately, the abundances determined in the cluster outskirts with low surface bright-
ness using XMM-Newton remain uncertain due to the high background level. The value
of the best fit temperature in these regions is very sensitive to the level of the subtracted
background (e.g., de Plaa et al. 2006) and as we show above in Sect. 4.1, the temperature
modelling is very important for the correct abundance determination.

The O line emission in the spectrum is strong, but its abundance is difficult to measure
because it is sensitive to the assumed model for the Galactic foreground (see Sect. 4.1)
and there are still remaining calibration uncertainties at low energies. The 1s–2p Ne lines
at 1.02 keV are in the middle of the Fe-L complex (lying between 0.8 to 1.4 keV). The
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Fig. 6 Top panel: The line
spectrum of the cluster
2A 0335+096, as observed with
XMM-Newton EPIC (from
Werner et al. 2006b). Bottom
panel: Line spectrum of M 87, as
observed with XMM-Newton
RGS (from Werner et al. 2006a).
After the fitting, the line emission
was set to zero in the
multi-temperature plasma model
indicated on the y-axis. While the
CCD spectra are plotted as a
function of the observed energy,
the grating spectra are shown as a
function of the observed
wavelength

resolution of the EPIC cameras is not sufficient to resolve the individual lines in the Fe-L
complex, which makes the Ne abundance determination by EPIC uncertain. However, the
abundances of O and Ne in the cores of cooling core clusters, observed with XMM-Newton
with sufficient statistics, can be well determined using the high spectral resolution of the
RGS.

The systematic differences in the effective-area between EPIC-MOS and EPIC-pn are
of the order of 5–10% in certain bands (Kirsch 2006). By using data with high photon
statistics and fitting spectra obtained by EPIC-MOS and EPIC-pn separately, de Plaa et al.
(2007) investigated the magnitude of the systematic errors on the best-fitting abundances
of elements heavier than Ne due to the uncertainties in the effective area calibration. They
found that the elemental abundances most influenced by the calibration uncertainties are Mg,
Si, and Ni. de Plaa et al. (2007) show that the systematic uncertainties on Mg are the largest,
since the effective-area of EPIC-pn has a dip with respect to the effective-area of EPIC-MOS
at the energies of the magnesium lines. This causes the Mg abundance derived by EPIC-pn
to be underestimated. For the abundances of Si and Ni they estimate that the systematic
uncertainties are 11% and 19%, respectively. Although EPIC-MOS and EPIC-pn show large
systematic differences at the energy of the Mg lines, the Mg abundances derived by EPIC-
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MOS and Chandra ACIS for the Centaurus cluster are consistent (Matsushita et al. 2007a;
Sanders and Fabian 2006), and the Mg abundances derived by the EPIC-MOS and RGS
using the deep observations of 2A 0335+096 also agree with each other.

The S abundance determination with EPIC is robust (e.g., de Plaa et al. 2007). Ar and Ca
abundances should also be accurately determined, however their signal is usually weak, so
the level of their observed equivalent widths may be somewhat sensitive to the continuum
level.

The RGS has a high spectral resolution but only a limited spatial resolution in the cross-
dispersion direction. It allows for relatively accurate abundance measurements of O, Ne,
Mg, Fe, and in the case of deep observations of nearby bright clusters and elliptical galaxies
even the spectral lines of C and N are detected (see the bottom panel of Fig. 6). In the case of
deep observations of nearby bright clusters, RGS allows us to extract spectra from typically
five bins that are ∼1′ wide in the cross-dispersion direction and the photons in each bin are
collected from ∼10′ long regions in the dispersion direction. This way RGS allows us to
determine projected abundance profiles.

The spectral resolution of the RGS is, however, limited by the broadening of the observed
line profiles caused by the spatial extent of the source along the dispersion direction. This
makes RGS spectroscopy useful only for cooling core clusters with strongly peaked surface
brightness distribution. In order to account for the line broadening in the spectral modelling,
the model is convolved with the surface brightness profile of the source along the dispersion
direction. Because the radial profile for a spectral line produced by an ion can be different
from the radial surface brightness profile in a broad band, in practice the line profile is
multiplied with a scale factor, which is a free parameter in the spectral fit. Different best
fit line profiles for the Fe lines and for the O line emission can suggest a different radial
distribution for these elements (de Plaa et al. 2006).

4.2.2 Chandra

Although the Advanced CCD Imaging Spectrometer (ACIS) on Chandra has a much smaller
effective area than the EPIC on XMM-Newton, which makes it less suitable for abundance
studies of the ICM, it is the instrument of choice for studies of metal enrichment in galax-
ies, where a good spatial resolution is required. Chandra is able to resolve the substantial
fraction of X-ray binaries in galaxies as point sources, so their contribution can be excluded
from the spectral modelling of the inter-galactic medium (IGM). The excellent spatial res-
olution also makes it possible to investigate the spatial temperature variations, which can
bring a bias into the determination of abundances (see Sect. 4.1). The spectral resolution of
ACIS is sufficient to reliably determine the abundances of a number of elements in the ICM
and IGM. With deep enough exposure times Chandra ACIS can be used to study the ICM
abundances of O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni (e.g., Sanders et al. 2004; Sanders and
Fabian 2006).

Humphrey et al. (2004) discuss the systematic uncertainties in the abundance determi-
nations due to the uncertainties in the absolute calibration of ACIS. After correcting for the
charge transfer inefficiency (CTI) using an algorithm by Townsley et al. (2002), they found
a change of �ZFe � 0.3 in the best fit Fe abundance of NGC 1332.

Sanders and Fabian (2006) investigate the systematic uncertainties on the abundance de-
terminations with the S3 chip of Chandra ACIS in the Centaurus cluster. They conclude that
for the best determined elements the non-CTI-corrected Chandra and XMM-Newton results
agree well. The only element where the Chandra and XMM-Newton data do not agree is
oxygen. There has been a buildup of contamination on the ACIS detectors, which influences
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the effective area calibration at the low energies making the O abundance determination dif-
ficult. The iridium coating of the Chandra mirrors produces a steep drop in the effective area
at around 2.05 keV, introducing a potential systematic uncertainty in the Si abundance de-
termination. However, the Si abundances determined by Chandra and XMM-Newton agree
well (Sanders and Fabian 2006).

4.2.3 Suzaku

The advantage of the X-ray Imaging Spectrometer (XIS) detectors (Koyama et al. 2007)
on Suzaku (Mitsuda et al. 2007) compared to EPIC on XMM-Newton is its better spectral
resolution below 1 keV, and the low background, providing a better sensitivity at the O
line energy. Suzaku also allows for better measurements of the Mg lines in the low surface
brightness cluster outskirts, which is difficult with EPIC/MOS due to the presence of a strong
instrumental Al line close to the expected energy of the observed Mg lines.

The relatively broad point spread function of XIS with a half-power diameter of ∼2′
(Serlemitsos et al. 2007) does not allow detailed investigations of the spatial distribution of
elements.

The effective area of the XIS detectors below 1 keV is affected by carbon and oxygen
contamination of the optical blocking filter. The contamination is time and position depen-
dent. Its column density and spatial distribution are still not well known. Matsushita et al.
(2007b) estimate that the uncertainty in the thickness and chemical composition of the con-
taminating column results in a ∼20% systematic error on the O abundance.

5 Spatial Distribution of Elements

5.1 Radial Abundance Profiles

Observations with XMM-Newton and Chandra confirmed the centrally peaked metallicity
distribution in the cooling core clusters and the flat distribution of metals in the non-cooling
core clusters (Vikhlinin et al. 2005; Pratt et al. 2007) previously seen with BeppoSAX. XMM-
Newton and Chandra also confirmed the strong contribution of SN Ia to the enrichment
of cluster cores found by ASCA. The observations are consistent with the picture of an
early contribution by SNCC and later enrichment of cluster cores by SN Ia. One of the first
abundance studies with XMM-Newton, performed on the cooling core cluster Abell 496,
showed a radially flat distribution of O, Ne, and Mg and centrally peaked distribution of Ar,
Ca, Fe, and Ni (Tamura et al. 2001). The abundance peak in the cluster core is consistent
with the idea that the excess metals were produced by SNe Ia in the cD galaxy. However,
the strongly increasing Si/Fe ratio toward the outskirts seen with ASCA was not confirmed
with XMM-Newton.

Analysing XMM-Newton EPIC data of M 87, Böhringer et al. (2001) and Finoguenov et
al. (2002) found rather low O/Fe ratio in the cluster core, that increased toward the outer
regions. Analysing the same dataset, Gastaldello and Molendi (2002) questioned these re-
sults, showing that the O/Fe ratio in the inner 9′ is constant. As shown in the left panel of
Fig. 7, using XMM-Newton RGS data, Werner et al. (2006a) found a centrally peaked Fe
abundance gradient and a flat O distribution in M 87 confirming the results of Böhringer
et al. (2001), Finoguenov et al. (2002), and Matsushita et al. (2003) (the O abundance pro-
files found by Gastaldello and Molendi (2002) were different because of calibration prob-
lems at low energies in the early days of the mission). The RGS data reveal an O/Fe ratio
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Fig. 7 Left panel: Radial distribution of Fe and O in M 87 determined using XMM-Newton RGS (from
Werner et al. 2006a). The abundances are shown relative to the proto-solar values given by Lodders (2003).
Right panel: Radial distribution of the O/Fe ratio determined for a sample of clusters using XMM-Newton
EPIC (from Tamura et al. 2004). The abundance ratios are shown relative to the Solar values given by Anders
and Grevesse (1989)

of 0.6 in the cluster core and a ratio of 0.9 at a distance of 3′ (14 kpc) from the centre.
However, the XMM-Newton EPIC data show that the Si abundance has a similar gradient
in M 87 as the Fe abundance. A similar abundance pattern with a rather flat radial distri-
bution of O, and centrally peaked Si, and Fe abundances is observed in the cluster sam-
ple analysed by Tamura et al. (2004 see the right panel of Fig. 7), in the Perseus cluster
(Sanders et al. 2004), in Abell 85 (Durret et al. 2005), in Sérsic 159-03 (de Plaa et al. 2006),
in 2A 0335+096 (Werner et al. 2006b), in the Centaurus cluster (Matsushita et al. 2007a;
Sanders and Fabian 2006), and in the Fornax cluster (Matsushita et al. 2007a). The abun-
dances of Si and Fe have similar gradients also in the group of galaxies NGC 5044 (Buote et
al. 2003), with a constant radial distribution of Si/Fe = 0.83. The radial distribution of O in
this group is consistent with being flat. Suzaku observations of the clusters A 1060 (Sato et
al. 2007c) and AWM 7 (Sato et al. 2007a) also showed rather low O abundance of around 0.5
Solar within about 5′ from the core without a clear abundance decline in the outer regions.

The radial metallicity gradients in cooling flow clusters often display an inversion in the
centre (e.g., Sanders and Fabian 2002). This apparent metallicity drop in the very central
region is often the result of an oversimplified model in the spectral analysis (see Sect. 4
and Molendi and Gastaldello 2001). However, in some cases the metallicity drop in the
cluster core is robust. In the Perseus cluster the abundances peak at the radius of 40 kpc
and they decrease at smaller radii. This inversion does not disappear when extra temperature
components and power-law models are included, or when projection effects are taken into
account (Sanders and Fabian 2007).

Böhringer et al. (2004) found that long enrichment times (�5 Gyr) are necessary to pro-
duce the observed central abundance peaks. Since the classical cooling flows, or a strongly
convective intra-cluster medium, or a complete metal mixing by cluster mergers would de-
stroy the observed abundance gradients, they conclude that cooling cores in clusters are
preserved over very long times. Böhringer et al. (2004) and Matsushita et al. (2007b) show
that the iron-mass-to-light ratio in the central region of the Centaurus cluster (the mass of Fe
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relative to the B-band luminosity of the stellar population of the cD galaxy) is much higher
than that of M 87. This indicates that the accumulation time scale of the SN Ia products was
much higher in Centaurus than in M 87. In agreement with the conclusions of De Grandi
et al. (2004) they also conclude that the innermost part of the ICM is dominated by gas
originating mainly from the stellar mass loss of the cD galaxy.

If the metals originate from the stellar population of the cD galaxy, then in the absence of
mixing the abundance profiles would follow the light profiles. The observed metal profiles
are much less steep than the light profiles, which suggests that the injected metals are mixed
and they diffuse to larger radii. Rebusco et al. (2005, 2006) model the diffusion of metals
by stochastic gas motions after they were ejected by the brightest galaxy and compare their
results with the peaked Fe abundance profiles of 8 groups and clusters. They suggest that
the AGN/ICM interaction makes an important contribution to the gas motion in the cluster
cores.

In order to determine the metallicities of the stellar populations of galaxies and star clus-
ters it has become a common practice to use the feature made up of the Mg b line and the
Mg H band around 5200 Å, which is known as the Mg2 index. The Mg2 index appears to
be a relatively good metallicity indicator. In M 87, Centaurus, and the Fornax clusters the O
and Mg abundances in the centre are consistent with the optical metallicity of the cD galaxy
derived from the Mg2 index (Matsushita et al. 2003, 2007a, 2007b). The Mg2 index mainly
depends on the Mg abundance, but also on the total metallicity where the O contribution
matters most, and depends weakly on the age population of stars. The agreement between
the O and Mg abundances in the ICM with the stellar metallicities supports the view that
the ICM in the cluster centres is dominated by the gas ejected from the cD galaxies. How-
ever, the Mg/Fe ratio in the stellar populations of elliptical galaxies is significantly higher
than that in the hot gas (Humphrey and Buote 2006). The observed difference shows that
since the time when the current stellar populations of these ellipticals formed, a significant
number of SNe Ia enriched the gas in addition to the stellar mass loss.

Observations indicate that at large radii clusters have a flat abundance distribution of
about 0.2 Solar. By using Suzaku data, Fujita et al. (2007) found that the gas is enriched to a
metallicity of ∼0.2 Solar out to the virial radii of clusters A 399 and A 401. These clusters
are at the initial stage of a merger and their virial radii partially overlap. The authors interpret
their finding as a result of early enrichment by galactic superwinds in the proto-cluster stage.
However, the extraction region used by Fujita et al. (2007) is large and their measured Fe
abundance might be significantly biased toward the value at about half of the virial radii of
the clusters.

5.2 2D Distribution of Metals

Deep observations of bright clusters of galaxies with XMM-Newton and Chandra allow to
map the 2D distribution of metals in the ICM (Sanders et al. 2004; Durret et al. 2005;
O’Sullivan et al. 2005; Sauvageot et al. 2005; Finoguenov et al. 2006; Werner et al. 2006b;
Sanders and Fabian 2006; Bagchi et al. 2006). In general the distribution of metals in clusters
is not spherically symmetric, and in several cases it shows edges in the abundance distribu-
tion or several maxima and complex metal patterns. The 2D distribution of metals is a good
diagnostic tool, which can be used together with the maps of thermodynamic properties to
investigate the complex structure of cluster cores and the merging history of clusters (e.g.,
Kapferer et al. 2006).

M 87 provides us with the unique opportunity to study in detail the role of the AGN
feedback in transporting and distributing the metals into the ICM. The high X-ray surface
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Fig. 8 Map of the Fe abundance
in M 87. The colour bar indicates
the Fe abundance with respect to
the proto-solar value of Lodders
(2003), with red showing higher
and blue lower abundances.
Contours of the 90 cm radio
emission (Owen et al. 2000) are
overplotted. The black circle
indicates the half light radius of
M 87. Beyond the expected radial
gradient, one clearly sees the
enhanced Fe abundance in the
radio arms, especially within the
Eastern arm. From Simionescu et
al. (2007)

brightness and small distance of M 87 allow a detailed study of the 2D distribution of several
elements (O, Si, S, and Fe). By analysing deep (120 ks) XMM-Newton data, Simionescu et
al. (2007) found that the spatial distribution of metals shows a clear enhancement along
the radio lobes, where the rising radio emitting plasma ejected by the AGN uplifts cooler
gas from the core of the cluster (see Fig. 8). Furthermore, they showed that the metallicity
of the cool uplifted (kT < 1.5 keV) gas is ∼2.2 times Solar and the abundance ratios in
and outside the multi-phase region associated with the uplifted gas are very similar. They
estimate that the mass of the cool gas is ≈5 × 108 M� and it probably originates from
the stellar winds enriched with SN Ia products. Approximately 40–140 Myr are required to
produce the metals seen in the cool gas, indicating that the uplift of cool gas by AGN radio
bubbles is a rare event.

6 Element Ratios and Their Reconstruction with Supernova Models

The chemical elements that we see in the ICM are the integral yield of all the different super-
nova types that have left their specific abundance patterns in the gas prior and during cluster
evolution. Since the launch of ASCA, which for the first time allowed the determination of
abundances of elements other than Fe in the ICM (see Sect. 3), several groups tried to use
the ICM abundance patterns to constrain the contribution of different kinds of supernovae
to the ICM enrichment and to put constraints on the theoretical supernova models.

In the following subsection we review these efforts. The still somewhat ambiguous results
of these efforts are summarised in Sect. 6.2

6.1 Results on Reconstructed Supernova Models

Mushotzky et al. (1996) investigated the elemental abundances in four clusters, removing the
central regions, and concluded that the abundance ratios are consistent with the contribution
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of SNCC. Dupke and White (2000) found that most of the Fe (∼60–70%) in the cores of their
investigated clusters comes from SN Ia, and they used these central regions dominated by
SN Ia ejecta to discriminate between competing theoretical models for SN Ia. They showed
that the observed high Ni/Fe ratio of ∼4 is more consistent with the W7 convective defla-
gration SN Ia model than with the delayed detonation models. Stacking all the cluster data
in the ASCA archive into temperature bins, Baumgartner et al. (2005) showed that the abun-
dances of the most well determined elements Fe, Si, and S do not give a consistent solution
for the fraction of material produced by SN Ia and SNCC at any given cluster temperature.
They concluded that the pattern of elemental abundances requires an additional source of
metals other than SN Ia and SNCC, which could be the early generation of Population III
stars.

The ASCA estimates were largely based on the Si/Fe ratio, which has the disadvantage
of Si being contributed by both SN Ia and SNCC. The much improved sensitivity of XMM-
Newton to measure the spectral lines of more elements at a higher statistical significance
offers better opportunities to constrain the supernova models.

Finoguenov et al. (2002) used XMM-Newton EPIC to accurately measure the abundances
of O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni in the hot gas in two radial bins of M 87. They found
that the Si-group elements (Si, S, Ar, Ca) and Fe have a stronger peak in the central region
than O, Ne, and Mg. The SN Ia enrichment in the centre is characterised by a Solar ratio
of Si-group elements to Fe. The inferred SN Ia enrichment in the outer region, associated
with the ICM of the Virgo cluster, has a lower ratio of Si-group elements to Fe by 0.2
dex, which is more characteristic for the ICM of other clusters (Finoguenov et al. 2000).
Finoguenov et al. (2002) also find a Ni/Fe ratio of ∼1.5 in the central region, while they
point out that this ratio for other clusters determined by ASCA is ∼3. They conclude that
these abundance patterns confirm the diversity of SN Ia and to explain the SN Ia metal
enrichment in clusters both deflagration and delayed detonation scenarios are required. The
high SN Ia yield of Si-group elements in the centre may imply that the Si burning in SN Ia is
incomplete. This favours the delayed-detonation models with lower density of deflagration-
detonation transition, lower C/O ratio, and lower central ignition density. On the other hand,
the abundance patterns in the outer region of M 87 are more characteristic of deflagration
supernova models.

A bimodal distribution is observed in the magnitude decline of the SN Ia events. While
a population of SN Ia with a slow decline is more common in spiral and irregular galaxies
with recent star formation, a fainter and more rapidly decaying population of SN Ia is more
common in early-type galaxies (Hamuy et al. 1996; Ivanov et al. 2000). The SN Ia with
incomplete Si burning enriching the central part of M 87 could be associated with optically
fainter SNe Ia observed in early-type galaxies. Mannucci et al. (2006) found that the present
data on SN Ia rates in different populations of parent galaxies indicate that SN Ia have a
bimodal delay time distribution. They conclude that about 50% of SN Ia explode soon after
the formation of the progenitor binary system, in a time of the order of 108 years, while the
delay time distribution of the remaining 50% of SN Ia can be described by an exponential
function with a decay time of ∼3 Gyr. The supernovae with short delay times might be
associated with the supernovae with the slower decline, while the supernovae with long
delay times might be associated with the rapidly decaying SNe Ia. If this association is true,
then the observed Si/Fe of the accumulated SN Ia ejecta will be a function of the age of the
system.

Matsushita et al. (2007a) show that SN Ia ejecta have a higher Fe/Si ratio in regions with
larger iron-mass-to-light ratio (IMLR). Higher IMLR corresponds to longer accumulation
time scale. The correlation between the inferred Fe/Si ratio of SN Ia ejecta and the IMLR
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Fig. 9 Left panel: Comparison of the [Fe/Si] ratio of the ICM in the Centaurus cluster and in M 87, plotted
against [Fe/O], from Matsushita et al. (2007a). Abundances are here on the scale of Feldman (1992). The
open square shows the average value for Galactic metal poor stars (Clementini et al. 1999) and the asterisk
shows the abundance ratios for SNCC calculated by Nomoto et al. (1997). The solid line and dashed line
show the abundance pattern synthesised by SN Ia with Fe/Si = 1.1 (best fit relation for the core of M 87) and
Fe/Si = 2.6 (the ratio produced by the W7 model Nomoto et al. 1984), respectively. Right panel: Reconstruc-
tion of the abundance patterns (at the proto-solar Lodders 2003 scale) observed in the sample of 22 clusters
of de Plaa et al. (2007) with theoretical supernova yields. The abundance values indicated by filled circles
are obtained with XMM-Newton EPIC. The abundances of O and Ne are the average values obtained for
Sérsic 159-03 and 2A 0335+096 with RGS. The SN Ia yields are for a delayed detonation model calibrated
on the Tycho supernova remnant by Badenes et al. (2006). The SNCC yields are for progenitors with Solar
metallicities by Nomoto et al. (2006) integrated over the Salpeter IMF. From de Plaa et al. (2007)

supports the suggestion by Finoguenov et al. (2002) and Matsushita et al. (2003) that the
average Fe/Si ratio produced by SN Ia depends on the age of the system.

Böhringer et al. (2005) compiled the available observational results of the O/Si/Fe from
XMM-Newton, Chandra, and ASCA to show that the observed abundance patterns in clusters
are more consistent with the WDD models, which provide larger Si/Fe ratios than the W7
model. Buote et al. (2003) and Humphrey and Buote (2006) also discuss the higher α-
element enrichment observed in groups and in elliptical galaxies. They conclude that there
is an increasing evidence that the O is over-predicted by the theoretical SNCC yields, or there
is a source of α-element enrichment in addition to that provided by SNCC and SN Ia.

Using deep XMM-Newton observations of the clusters 2A 0335+096 and Sérsic 159-03,
Werner et al. (2006b) and de Plaa et al. (2006) determined the abundances of 9 elements
and fitted them with nucleosynthesis models for supernovae. They found that ∼30% of all
supernovae enriching the ICM were SN Ia and ∼70% were SNCC. They also found that
the Ca abundance in these clusters is higher than that expected from the models. Later, de
Plaa et al. (2007) used a sample of 22 clusters observed with XMM-Newton to determine
the abundances of Si, S, Ar, Ca, Fe, and Ni in the ICM within the radius of 0.2R500 and
they compared the best-fitting abundances with theoretically predicted yields of different
SN Ia and SNCC models (see Fig. 9). Because the SNCC do not have a significant impact
on the Ar/Ca ratio, de Plaa et al. (2007) used the Ar and Ca abundances in clusters as a
criterion for determining the quality of SN Ia models. They found that the Ar and Ca abun-
dances in the ICM are inconsistent with currently favoured SN Ia models. However, they
showed that their best fit Ca/Fe and Ar/Ca ratios are consistent with the empirically modi-
fied delayed-detonation SN Ia model, which is calibrated on the Tycho supernova remnant
(Badenes et al. 2006). Using this model, de Plaa et al. (2007) obtained a number ratio of
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NSN Ia/NSN Ia+SNCC = 0.44 ± 0.10, which suggests that binary systems in the appropriate
mass range are very efficient (∼5–16%) in eventually forming SN Ia explosions.

Based on Suzaku observations of 2 clusters (A1060 and AWM 7) and 2 groups of galaxies
(HCG 62 and NGC 507), Sato et al. (2007b) obtained abundance patterns for O, Mg, Si, S,
and Fe in the region out to 0.3r180. Contrary to most of the previously mentioned results,
they found a better fit to the observed abundance patterns using the W7 SN Ia model rather
than the WDD models. Assuming the W7 model for SN Ia, the yields from Nomoto et al.
(2006) and the Salpeter IMF for SNCC, the ratio of occurrence numbers of SNcc to SN Ia is
∼3.5. It corresponds to the number ratio of NSN Ia/NSN Ia+SNCC = 0.22, which is smaller than
that obtained by de Plaa et al. (2007). The number ratios were determined only considering
the metals in the ICM and metals locked up in the stars were not considered.

6.2 Summary of the Efforts of Using ICM Abundances to Constrain Supernova Models

The abundance patterns obtained during many deep observations of clusters of galaxies
with XMM-Newton clearly favour the delayed-detonation SN Ia models (see Böhringer et
al. 2005) and the observed abundance ratios of Ar/Ca are relatively well reproduced using
empirically modified delayed-detonation models calibrated on the Tycho supernova remnant
(de Plaa et al. 2007). However, several observations still favour the W7 SN Ia model (Sato et
al. 2007b) and in most of the cases the abundances are not determined well enough to really
discriminate between the different models. As Finoguenov et al. (2002) suggest it might
even be possible that both the deflagration and delayed-detonation types of SN Ia play a role
in the chemical enrichment of clusters of galaxies.

XMM-Newton RGS observations of the hot gas in clusters of galaxies and in elliptical
galaxies reveal Ne/O ratios which are higher than Solar (Xu et al. 2002; Peterson et al.
2003; Werner et al. 2006a, 2006b). SN Ia produce very little O and Ne, and their ratio can
be used to put constraints on the progenitors of SNCC. From the SNCC models discussed in
Sect. 2 only the models with pre-enriched progenitors predict higher than Solar Ne/O ratio.

While it is well known that elements from O up to the Fe-group are primarily produced
in supernovae, the main sources of C and N are still being debated (see Sect. 2). Deep
observations of nearby X-ray bright elliptical galaxies and bright clusters with the RGS on
XMM-Newton allow to measure the C and N abundances in the hot gas. By combining the
RGS data obtained in two deep XMM-Newton observations of M 87, Werner et al. (2006a)
determined relatively accurate C and N abundance values. The small O/Fe ratio and large
C/Fe and N/Fe ratios found in M 87 suggest that the main sources of C and N are not the
massive stars that also produce large quantities of O, but the low- and intermediate-mass
asymptotic giant branch stars.

7 Abundances as Function of Cluster Mass and Redshift

Arnaud et al. (1992) studied the correlations between the gas mass, Fe mass, and optical
luminosity in clusters of galaxies. They found that the gas mass in the ICM is highly corre-
lated and the Fe mass is directly proportional to the integrated optical luminosity of elliptical
and lenticular galaxies. They found no correlation with the integrated optical luminosity of
spiral galaxies. The ratio of the gas mass in the ICM to the stellar mass increases with the
cluster richness.

Renzini (1997) showed that the IMLR is very similar in all clusters of galaxies with ICM
temperature above ∼1 keV. However, below ∼1 keV the IMLR seems to drop by almost 3
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Fig. 10 Top panel: Best fit Fe
abundance as a function of ICM
temperature determined within
0.2R500 for a sample of clusters
investigated by de Plaa et al.
(2007). We compare the observed
Fe abundances with values from
simulations (Borgani et al.
2008—Chap. 18, this issue) for a
Salpeter IMF, extracted within
the same physical radius. Bottom
panel: Abundance ratios of Si, S,
Ca, and Ni with respect to Fe as a
function of the cluster
temperature, compiled from de
Plaa et al. (2007). The abundance
ratios are consistent with being
constant as a function of cluster
mass. Cooling core clusters are
shown as red circles and
non-cooling core clusters as blue
triangles. Abundances in both
panels are plotted with respect to
the proto-solar abundance values
of Lodders (2003)

orders of magnitude. This drop at low temperatures is due to the combination of lower gas
mass and lower measured Fe abundance in cool systems. However, it was shown that the low
Fe abundances measured in many groups were artifacts of wrong temperature modelling (see
later).

Renzini (1997, 2004) showed that clusters hotter than ∼2.5 keV have similar abundances,
with very small dispersion. Below 2.5 keV, the best fit metallicities show a large range of
values. The previously reported very low abundance values for low temperature groups and
elliptical galaxies turn out to be much higher when two- or multi-temperature fitting is ap-
plied (see Sect. 4.1 and Buote and Fabian 1998; Buote 2000b; Buote et al. 2003; Humphrey
and Buote 2006). However, the outer regions of galaxy groups still show very low metallic-
ities. An XMM-Newton observation of the group NGC 5044 indicates an iron abundance in
the hot gas of ZFe ∼ 0.15 Solar in the region between 0.2 and 0.4 of the virial radius (Buote
et al. 2004). This result shows that the total iron mass to optical light ratio in NGC 5044 is
about 3 times lower than that observed in rich clusters.
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Fig. 11 Left panel: Mean Fe abundance from combined fits within six redshift bins (red circles) and the
weighted average of single source observations in the same bins (black square) from Balestra et al. (2007).
The shaded areas show the rms dispersion. The dashed line shows the best power-law fit over the redshift
bins. Right panel: Mean ICM metal abundances in eight redshift bins within R500 with and without the
central 0.15R500 excluded (from Maughan et al. 2008). The solid line shows the supernova enrichment model
of Ettori (2005). Both panels use the abundance scale of Anders and Grevesse (1989)

We compiled the abundance values measured within 0.2R500 for the sample of 22 clus-
ters analysed by de Plaa et al. (2007). In the top panel of Fig. 10 we show the best fit Fe
abundance as a function of ICM temperature. Our data confirm earlier results showing that
while in cooler clusters, in the temperature range of 2–4 keV, ZFe shows a range of values
between 0.2–0.9 Solar, in hot massive clusters (kT � 5 keV) the Fe abundance is on average
lower and equal to ZFe ∼ 0.3 Solar. We compare the observed trend with values from simu-
lations extracted within 0.2R500 as the XMM-Newton data (Borgani et al. 2008—Chap. 18,
this issue). The data are simulated for the Salpeter IMF. The data are more consistent with
the simulated values at the lower temperatures. At higher temperatures the simulated abun-
dances are higher than the observed values. The observed trend might be linked to a decrease
of the star formation efficiency with increasing cluster mass (Lin et al. 2003).

In the bottom panel of Fig. 10 we show the abundance ratios of Si, S, Ca, and Ni with
respect to Fe as a function of the cluster temperature, compiled from de Plaa et al. (2007).
The abundance ratios are consistent with being constant as a function of temperature, which
is related to the cluster mass. The intrinsic spread in abundance ratios between clusters is
smaller than 30%. This finding contradicts the ASCA results (Baumgartner et al. 2005),
which show an increase of the Si/Fe ratio from 0.7 to 3 Solar in the 2–8 keV temperature
range. This result indicates that the ratios of SN Ia and SNCC contributing to the enrichment
of the ICM are similar for clusters of all masses.

Investigating a sample of 56 clusters at z � 0.3, Balestra et al. (2007) confirmed the trend
of the Fe abundance with cluster temperature also in the higher redshift clusters. They show
that the abundance measured within (0.15–0.3)Rvir in clusters below 5 keV is, on average, a
factor of ∼2 larger than in hot clusters, following a relation Z(T ) � 0.88T −0.47.

Balestra et al. (2007) also found an evolution of the Fe content in the ICM with redshift
(see the left panel of Fig. 11). They conclude that the average Fe content of the ICM at the
present epoch is a factor of ∼2 larger than at z � 1.2. While at the redshift z � 0.5 they
observe an average ICM abundance of ZFe � 0.25 Z�, in the redshift range of z � 0.3–0.5
they measure ZFe � 0.4 Z�. They parametrise the decrease of metallicity with redshift with a
power-law ∼ (1+z)−1.25. The evolution in the Fe abundance with redshift was confirmed by
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Maughan et al. (2008), who investigated a sample of 116 clusters of galaxies at 0.1 < z < 1.3
in the Chandra archive (see the right panel of Fig. 11). They found a significant evolution
with the abundance dropping by 50% between z ∼ 0.1 and z ∼ 1. They verified that the
evolution is still present, but less significant, when the cluster cores are excluded from the
abundance measurement (they use apertures of 0–1 R500 and 0.15–1 R500), indicating that
the evolution is not solely due to disappearance of relaxed, cool core clusters at z � 0.5.

Simulations by Kapferer et al. (2007b) show that between redshifts of z = 1 and z = 0 a
galaxy cluster accretes fresh gas, with the gas mass increasing during this time period by a
factor of ≈3. Which means that in order to get an increase of the metallicity during this time
period the freshly accreted gas must be pre-enriched or the input of metals into the ICM in
this time interval must be larger than expected.

8 Future of ICM Abundance Studies

A major improvement in X-ray spectroscopy will be the employment of micro-calorimeters,
and especially of the so-called Transition-Edge Sensors (TES) on future satellites (for more
information on future instrumentation see Paerels et al. 2008—Chap. 19, this issue). Com-
pared to the current state-of-the-art CCD technology, this new type of detectors promises a
factor of > 20 improvement in spectral resolution (� 2–5 eV, depending on the optimisation
of the detector). To reach this high spectral resolution, the TES detectors use the transi-
tion edge between normal conductivity and superconductivity that is present in a number
of materials. At temperatures of ∼0.1 K, the conductivity of the absorbing material is very
sensitive to the temperature. When an X-ray photon hits the detector, its temperature rises
and the resistance of the material increases. By measuring the increase of the resistance,
one can calculate with high accuracy the energy of the X-ray photon. The main effort to-
day is to build an array of TES detectors, with imaging capabilities. Next major proposed
missions with TES arrays on board are, amongst others, the X-ray Evolving Universe Ex-
plorer (XEUS), Explorer of Diffuse emission and Gamma-ray burst Explosions (EDGE), and
Constellation-X.

The combination of the large effective area (∼5 m2) and high spectral resolution (�2–
5 eV) of XEUS will open up new possibilities in cluster abundance studies, with enormous
improvement in the abundance determinations. In the left panel of Fig. 12 we show a sim-
ulated spectrum of the cluster Sérsic 159-03 (from de Plaa 2007), for the planned TES de-
tector that will be part of the Narrow-Field Imager (NFI) on XEUS. For comparison also the
model at the resolution of XMM-Newton EPIC is shown. With XEUS the abundances will
be measured with an accuracy of ∼10−3 Solar, which is more than an order of magnitude
improvement compared to EPIC. This accuracy might be sufficient to detect the contribu-
tion of the Population-III stars to the enrichment of the ICM. Also spectral lines from more
elements will be resolved, which will enable better tests for supernova models.

The large collecting area of XEUS in combination with the CCD-type detectors of the
Wide-Field Imager will be excellent to observe the spatial distribution of metals, which
will help us to constrain the enrichment history of clusters. Simulated metallicity maps by
Kapferer et al. (2006) for Chandra, XMM-Newton, and XEUS are shown in the right panel
of Fig. 12.

The proposed EDGE satellite would also open up new possibilities in the chemical abun-
dance studies. The combination of the planned long exposure times (of the order of few Ms),
large field of view (1.4 degrees) and good angular resolution (Half Power Diameter of 15′ ′)
of its CCD type Wide-Field Imager, and the high spectral resolution (3 eV at 0.6 keV) of the
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Fig. 12 Top panel: Simulated
line spectrum of the inner 30′ ′ of
the cluster of galaxies
Sérsic 159-03 for a 100 ks
observation with the TES array
planned for XEUS. The
continuum model is subtracted.
For comparison the EPIC
spectrum of the same source is
overplotted as the thick line.
From de Plaa (2007). Bottom
panel: Simulated X-ray
metallicity maps as seen with
Chandra, XMM-Newton, and
XEUS, respectively. The plot in
the bottom right corner shows
the original simulation results.
From Kapferer et al. (2006)

Wide-field Spectrometer promises new possibilities in the studies of metal abundances in
clusters. EDGE would not only increase the number of detected spectral lines and improve
the accuracy of the abundance measurements, but it would also enable us to accurately mea-
sure the chemical abundances and the spatial distribution of metals in the faint outskirts of
clusters out to their virial radius, which is beyond the possibilities of current instruments.
This would provide us with insights of crucial importance for the understanding of the chem-
ical enrichment processes, nucleosynthesis, and of the metal budget of the Universe.
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Metal Enrichment Processes
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Abstract There are many processes that can transport gas from the galaxies to their environ-
ment and enrich the environment in this way with metals. These metal enrichment processes
have a large influence on the evolution of both the galaxies and their environment. Various
processes can contribute to the gas transfer: ram-pressure stripping, galactic winds, AGN
outflows, galaxy-galaxy interactions and others. We review their observational evidence,
corresponding simulations, their efficiencies, and their time scales as far as they are known
to date. It seems that all processes can contribute to the enrichment. There is not a single
process that always dominates the enrichment, because the efficiencies of the processes vary
strongly with galaxy and environmental properties.

Keywords Galaxies: clusters: general · ISM: jets and outflows · Galaxies: ISM · Galaxies:
interaction

1 Introduction

The gas between the galaxies in a cluster—the Intra-Cluster Medium (ICM)—does not only
contain primordial elements, but also a considerable amount of heavy elements like Fe,
Si, S, or O (see Werner et al. 2008—Chap. 16, this issue) resulting in metallicities around
0.5 in Solar units and sometimes even higher values. A large fraction (≈ 15–20%) of the
total mass of a cluster is in the ICM, whereas the galaxies contribute a substantially smaller
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fraction (3–5%), and the rest is dark matter. It follows that there is more mass in metals
in the ICM than in all the galaxies of a cluster. This means that a lot of metals must have
been transported from the galaxies into the ICM. This gas transfer affects the evolution
of galaxies and of galaxy clusters. When galaxies lose their gas, the star formation rate
decreases and consequently the properties of the galaxies change. Depending on the time
and the efficiency of the gas removal the evolution of the galaxies is more or less affected.
Therefore it is important to know when, where and how the gas transport takes place.

Various processes are discussed that can contribute to the metal enrichment—some de-
pend only on internal properties of the galaxies, others on the environment or the combina-
tion of both. We review here several enrichment processes: ram-pressure stripping, galactic
winds, AGN outflows, galaxy-galaxy interactions and the effect of an intra-cluster stellar
population. Please note that this list is certainly not complete and further processes might
also contribute a small fraction to the metal enrichment of the ICM. Furthermore, some
processes influence each other, which makes the picture even more complicated.

For several of the processes not only observational evidence exists, but also numerical
simulations have been performed. We review here both aspects.

2 Ram-Pressure Stripping

A galaxy passing through the ICM feels an external pressure. This pressure depends on the
ICM density ρICM and the relative velocity vrel of the galaxy and the ICM. Gunn and Gott
(1972) suggested this process already many years ago. They also gave a frequently used
prescription for the radius r beyond which the gas of a galaxy is stripped, depending on the
ram pressure and the galactic gravitational restoring force. The implicit condition on r reads

pram = ρICMv2
rel > 2πGσstar(r)σgas(r) (1)

with pram being the ram pressure, G the gravitational constant, σstar the stellar surface den-
sity, σgas the surface mass density of the galactic gas.

2.1 Observations

Nowadays the process of ram-pressure stripping receives more and more attention. There is
now much observational evidence of stripped galaxies. In the Virgo cluster several examples
of spiral galaxies affected by ram-pressure stripping have been found by H I observations
(Cayatte et al. 1990; Veilleux et al. 1999; Vollmer et al. 1999, 2004a, 2004b; Vollmer 2003;
Kenney et al. 2004; Koopmann and Kenney 2004; Crowl et al. 2005, see Fig. 1). Furthermore
in Virgo elliptical galaxies stripping features have been discovered (e.g. Rangarajan et al.
1995; Lucero et al. 2005; Machacek et al. 2006a). Also in Coma and other clusters and
groups evidence for ram-pressure stripping has been found (Bravo-Alfaro et al. 2000, 2001;
Kemp et al. 2005; Rasmussen et al. 2006; Levy et al. 2007). Deficiency of H I has been
reported as evidence for ram-pressure stripping (Vollmer and Huchtmeier 2007). It is even
possible that the H I plume of the galaxy NGC 4388, that extends to more than 100 kpc, is a
ram-pressure stripping feature (Oosterloo and van Gorkom 2005). In the galaxy NGC 7619
stripping features have been found showing a high metallicity in the gas tail behind the
galaxy (Kim et al. 2007). The galaxy ESO 137-001 in the cluster Abell 3627 shows a long
tail with several star formation regions suggesting that ram-pressure triggers star formation
not only within the galaxy but also in the stripped material (Sun et al. 2007). Recently ram-
pressure features have also been found in distant clusters (Cortese et al. 2007).

For a review on ram-pressure stripping and H I deficiency see van Gorkom (2003).
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Fig. 1 Two examples of galaxies
affected by ram-pressure
stripping in the Virgo cluster.
Top: H I gas (contours) and stellar
light (grey scale, R-band) of
NGC 4522. While the stellar
distribution looks undisturbed the
gas is bent back due to
ram-pressure stripping (1.4 GHz
radio continuum contours on
B-band, from Kenney et al.
2004). Bottom: Similar features
in NGC 4402 (from Crowl et al.
2005)

2.2 Simulations

As ram-pressure stripping is such a common process, there are many simulations in which
the stripping process of galaxies was calculated for different types of galaxies: spirals, ellip-
ticals and dwarfs (Abadi et al. 1999; Quilis et al. 2000; Mori and Burkert 2000; Toniazzo and
Schindler 2001; Schulz and Struck 2001; Vollmer et al. 2001, 2006; Hidaka and Sofue 2002;
Bekki and Couch 2003; Otmianowska-Mazur and Vollmer 2003; Acreman et al. 2003;
Marcolini et al. 2003; Roediger and Hensler 2005; Roediger and Brüggen 2006; Roedi-
ger et al. 2006; Mayer et al. 2006, see Fig. 2). The simulations confirm that the process is
acting in the expected way. Starting from the outer parts of the galaxy gas is stripped off.
Part of this gas is not bound to the galaxies anymore and left in a wide (fragmenting) tail
behind the galaxy. Recently even the increase of star formation in and behind the galaxy
caused by ram-pressure stripping has been found in simulations (Kronberger et al. 2008a;
Kapferer et al. 2008). Brüggen and De Lucia (2008) found that more than half of the clus-
ter galaxies have experienced ram-pressure stripping and hence a considerable fraction of
galaxies in a cluster at the present epoch has suffered a substantial gas loss.
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Fig. 2 Simulation of a galaxy in
the process of ram-pressure
stripping with gas density (grey
scale, ranging from 4 × 10−29 to
1 × 10−27 g cm−3), pressure
(black contours, logarithmically
spaced from log(p) = −3.6 to
log(p) = −2.6 in units of
10−24 keV cm−3) and velocity
vectors (white when Mach
number > 1, and black
otherwise) at three different
times. A cut through a 3D
simulations is shown with
coordinates in kpc. Due to the
ram pressure of the ICM the
galaxy loses more and more of its
gas (from Toniazzo and Schindler
2001)

An analytical model has been developed to describe ram-pressure stripping for galaxies
of different morphologies in different environments (Hester 2006). It describes the stripping
of a satellite galaxy’s outer H I disk and hot galactic halo.

It was tested with simulations whether the simple, widely used criterion by Gunn and
Gott (1972) is a good estimate for the mass loss. Generally it is found that the criterion is
a good estimate for the mass loss (Roediger and Brüggen 2007; Kronberger et al. 2008a)
when simulations and analytic estimates are compared for the same conditions (see Jachym
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et al. 2007 for a comparison with different conditions)—a quite surprising result given the
simple assumptions of the criterion, that do not even take into account dark matter.

3 Galactic Winds

Already many years ago galactic winds were suggested as a possible gas transfer mechanism
(De Young 1978). Many supernova explosions provide large amounts of thermal energy,
which can drive an outflow from a galaxy (see reviews by Heckman 2003 and Veilleux et
al. 2005). A correlation between starburst galaxies and wind is well established through the
finding of hot gas around starburst galaxies (e.g. Dahlem et al. 1998).

Spectacular examples of such winds are seen in the galaxies M 82 (Lynds and Sandage
1963) and NGC 253 (Demoulin and Burbidge 1970).

The outflows consist of a complex multi-phase medium of cool, warm and hot gas (see
e.g. the Chandra observation of NGC 4631, Wang et al. 2001, Fig. 3). The morphologies of
the optical emission-line gas and the X-ray emission as observed with Chandra have been
found to be quite similar (Strickland et al. 2002; Cecil et al. 2002). Such correlations can be
used to understand the interaction between the gas in the bubbles and the interstellar medium
(ISM). It was found that the accelerated ISM can reach high velocities of several hundred
km s−1 (Heckman et al. 2000; Rupke et al. 2002).

With these winds also metals are transported into the ICM. The amount of metals depends
on various galaxy parameters, like the total mass of the galaxy or the disc scale length, and
on the environmental conditions: e.g. in the centre of massive clusters the pressure of the
ICM can suppress the winds (Kapferer et al. 2006). This suppression typically takes place
for ICM pressures above (0.7–1) × 1012 dyne cm−2.

Martin (1999) gives an often used recipe for simulations: the mass outflow rate Ṁ is
proportional to the star formation rate SFR:

Ṁ = εSFR (2)

with ε being typically in the range of 1–3. By comparing different techniques Heckman
(2003) also finds that the outflow rate is of the order of the star formation rate. The SFR can

Fig. 3 Chandra observation of
the edge-on spiral galaxy
NGC 4631. It shows the presence
of a giant diffuse X-ray emitting
corona. The corona has a
temperature of (2–7) × 106 K
and extends as far as 8 kpc away
from the galactic plane (from
Wang et al. 2001)
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be estimated from observations, e.g. from far-infrared luminosities LFIR

SFR

1 M� yr−1
= LFIR

5.8 × 109 L�
(3)

(Kennicutt 1998). Another way to estimate the SFR is to use the tight relation between the
SFR and the surface density of the gas σgas

ΣSFR ∝ σN
gas (4)

(Schmidt 1959) with ΣSFR being the surface density of the SFR and the index N having
measured values between 1 and 2. Only at densities below a critical threshold value the SFR
is almost completely suppressed (Kennicutt 1989). Alternatively the dynamical time t∗ can
be included

ΣSFR ∝ Σgas

t∗
(5)

with the dynamical time t∗ being the local orbital timescale of the disk (Kennicutt 1998).
For hydrodynamic simulations this has been extended to include the fraction of stars lost by
supernova explosions by Springel and Hernquist (2003)

dρ∗
dt

= (1 − β)
dρc

dt
(6)

with ρ∗ being the density of stars, ρc being the cold gas density in the disk and β being the
fraction of stars lost by supernova explosions. For a typical initial mass function and a mass
threshold of 8 M� for the supernovae a β = 0.1 is used. These are of course only statistical
estimates.

Other attempts to quantify the outflow rate take into account physical parameters like
those describing the galaxy’s gravitational potential and the effect of cosmic rays (Bre-
itschwerdt et al. 1991). Using the Bernoulli equation, Kronberger et al. (2008b) recently
derived an analytic approximation for the mass loss due to thermally driven galactic winds.
The mass loss per unit area at a given position of the galactic disc reads

Ṁ = ρ0u0 = ρ0

√
v2

esc + 2Φ0 − 5

γ
c2

0, (7)

with ρ0 being the gas mass density, u0 the bulk velocity of the gas, Φ0 the gravita-
tional potential, c0 the sound speed (all four quantities at the given position), vesc the
escape velocity, and γ the adiabatic index of the thermal plasma. Hydrodynamic sim-
ulations of outflows have also been performed (Tenorio-Tagle and Munoz-Tunon 1998;
Strickland and Stevens 2000).

Starbursts with subsequent winds can also be caused by cluster mergers (Ferrari et al.
2003, 2005, 2006), because in such mergers the gas is compressed and shock waves and
cold fronts, which trigger star formation, are produced (Evrard 1991; Caldwell et al. 1993;
Wang et al. 1997; Owen et al. 1999; Moss and Whittle 2000; Bekki and Couch 2003).

4 Galaxy-Galaxy Interaction

Another possible mechanism for removing material—gas and stars—from galaxies is the
interaction between the galaxies (e.g. Clemens et al. 2000; Mihos et al. 2005, see Figs. 4,
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Fig. 4 Image of the interacting
galaxies NGC 4490 / NGC 4485
in H I (contours) and optical R
band (grey scale). Some of the
gas is lost due to the interaction
of the galaxies (from Clemens et
al. 2000)

Fig. 5 Very deep observation of
the core of the Virgo cluster.
Diffuse light is visible between
the galaxies which results from
stars that have been expelled
from the galaxies due to
interactions between them (from
Mihos et al. 2005)

5 and 6). While the direct stripping effect is mostly not very efficient in clusters due to
the short interaction times, the close passage of another galaxy (sometimes called galaxy
harassment) can trigger a star burst (Barnes and Hernquist 1992; Moore et al. 1996; Bekki
1999), which subsequently can lead to a galactic wind (Kapferer et al. 2005). But there can
be a competing effect: the ISM might be stripped off immediately by ram pressure (Fujita et
al. 1999; Heinz et al. 2003) and hence the star formation rate could drop. In any case ISM
would be removed from the galaxies.

Simulations of interactions between galaxies containing an AGN show a complex inter-
play between star formation and the activity of the AGN itself (Springel et al. 2005).

In order to estimate how likely such interaction events are the number of encounters and
mergers needs to be assessed. The number of close encounters that a galaxy experiences
within tH = 1010 years was estimated by Gnedin (2003) in the following way. He assumed a
galaxy of size Rg = 10 kpc, a virialised cluster with a one-dimensional velocity dispersion
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Fig. 6 Simulation of the interaction between two galaxies: distribution of gas (left) and stars (right). Due to
the interaction gas and stars can be expelled out to distances of hundreds of kpc (from Kapferer et al. 2005)

of σcl = 1000 km s−1, a virial radius of Rcl = 1 Mpc and Ng = 1000 galaxies uniformly dis-
tributed within this radius. With a relative velocity of

√
2σcl and neglecting the gravitational

focusing, he finds

Nenc ≈ Ng

(4π/3)R3
cl

πR2
g

√
2σcltH ≈ 1, (8)

i.e. a galaxy is expected to encounter one other galaxy over the course of its evolution. Even
though the assumption is very simplifying one sees that an encounter is a relatively frequent
event in a cluster. In contrast to this, Gnedin (2003) estimated for the probability to merge
with another galaxy

Pmer ≈ Nenc

(
σg

σcl

)4

≈ 10−3 (9)

with a galactic velocity dispersion σg = 200 km s−1. Hence an actual merger is an unlikely
event.

Tidal interactions and merging between galaxies are highly non-linear phenomena that
can be partly handled analytically (e.g., Binney and Tremaine 1987, Chap. 7). Numerical
simulations, however, are required for accurate estimates of mass loss rates and the morpho-
logical modification of galaxies.

5 AGN Outflows

We discuss two types of outflows from AGN: jets and winds-like outflows. There is much
observational evidence for AGN jets interacting with the ICM—not only radio jets but
also cavities in the ICM found in X-rays (e.g. Blanton et al. 2001; McNamara et al. 2001;
Schindler et al. 2001; Heinz et al. 2002; Choi et al. 2004; Fabian et al. 2006; McNamara and
Nulsen 2007), in which the pressure of the relativistic particles of the jet has pushed away
the ICM. The jets consisting of relativistic particles can entrain some of the surrounding
metal-rich gas (De Young 1986).

As the jet-ICM interaction can have an effect on both the energetics and the metal
enrichment of the ICM, several groups have calculated this process. Many simulations
for the energy transfer have been performed (Zhang et al. 1999; Churazov et al. 2001;
Brüggen and Kaiser 2002; Nulsen et al. 2002; Krause and Camenzind 2003; Heinz 2003;
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Beall et al. 2004, 2006; Dalla Vecchia et al. 2004; Zanni et al. 2005; Sijacki and Springel
2006; Heinz et al. 2006) while only few have attempted to calculate the metal enrichment
due to the entrainment by jets (Heath et al. 2007; Moll et al. 2007). These simulations found
that jets can both heat and enrich the ICM considerably. Another type of simulations calcu-
lated the metallicity distribution due to bubble-induced motions coming from a single AGN
in the cluster centre (Roediger et al. 2007). It was found that in this case the metallicity
distribution is very elongated along the direction of the motion of the bubbles.

Also for wind-like outflows there is some observational evidence. Blue-shifted absorp-
tion lines have been observed in UV and X-rays (Crenshaw et al. 2003). Also from X-ray
imaging evidence for nuclear outflows has been found (Machacek et al. 2006b). There are
hints for a high metallicity of a few times solar (Hamann et al. 2001; Hasinger et al. 2002),
for high velocities of several thousands or several ten thousands of km s−1 (Chartas et al.
2002, 2003; Pounds et al. 2003a, 2003b; Reeves et al. 2003; O’Brian et al. 2005; Dasgupta
et al. 2005; Gabel et al. 2006) and for considerable mass outflow rates (Crenshaw et al. 2003;
Veilleux et al. 2005). The outflows can be quite strong, e.g. several 109 M� with kinetic en-
ergies around 1060 erg expelled over the AGN live time of 107 years as estimated from
spectroscopic studies (Nesvadba et al. 2006).

In some galaxies the winds are not only driven by repeated supernova explosions but also
the AGN are contributing to the energy necessary for the wind (see Sect. 3).

6 Intra-Cluster Stellar Population

There is increasing evidence for a population of stars in the space between the galaxies
in a cluster (Bernstein et al. 1995; Gonzalez et al. 2000, 2005; Gerhard et al. 2002, 2005;
Gal-Yam et al. 2003; Arnaboldi et al. 2004; Cortese et al. 2004; Feldmeier et al. 2004;
Ryan-Weber et al. 2004; Adami et al. 2005; Zibetti et al. 2005; Krick and Bernstein 2007).
Depending on the mass of the cluster the fraction of intra-cluster stars (= ratio of number of
stars between galaxies to total number of stars) can be as high as 10–50% with the higher
fraction being in more massive clusters. This stellar population can originate from stripping
of stars from galaxies due to tidal interaction (Cypriano et al. 2006), can be expelled during
mergers and the formation of massive galaxies (Murante et al. 2007; Kapferer et al. 2005,
Fig. 6) or can have multiple origins (Williams et al. 2007). Simulations show that intra-
cluster stars should be ubiquitous in galaxy clusters (Willman et al. 2004) and their numbers
should generally increase with time (Rudick et al. 2006). A link between the growth of the
brightest cluster galaxy and the intra-cluster light was reported by Zibetti et al. (2005).

When these stars explode as supernovae (mainly type Ia, as it takes a while for the stars
to travel away from the galaxies) they can enrich the ICM very efficiently because there is
no ISM pressure around them to confine the metals (Domainko et al. 2004; Zaritzsky et al.
2004; Lin and Mohr 2004; Dado et al. 2007).

Considerably more frequent than supernova Ia explosions are their progenitors—the re-
current novae. With about 10−4 M� outflow per nova event and typically super-solar abun-
dances (up to ten times Solar, Gehrz et al. 1998), novae could also contribute to the metal
enrichment of the ICM if they have been expelled previously from the galaxies.

A fraction of the AGB stars are also expected to be between the galaxies. These stars have
a considerable mass loss with metallicities of about Solar abundances with slightly enhanced
abundances of CNO elements (Wheeler et al. 1989; Zijlstra 2006; van den Hoek and Groe-
newegen 1997; Busso et al. 2001; Nordström 2003). As the ratio of planetary nebulae (PNe)
to AGB stars is well studied in statistical studies of PNe in the ICM (Feldmeier et al. 1998;
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Theuns and Warren 1997; Arnaboldi et al. 2003) this ratio may be used to estimate the
number of AGB stars.

In conclusion the population of stars should also be considered for the enrichment
processes in the ICM—even far away from galaxies.

7 Which of These Processes Are Important for the ICM Enrichment?

Several groups have addressed this question already many years ago. David et al. (1991)
proposed the first models taking into account the effects of galactic winds on the ICM en-
richment. They found that the results depend sensitively on their input parameters: the initial
mass function, the adopted supernova rate and the primordial mass fraction of the ICM.

The first 3D simulations calculating the full gas dynamics and the effects of winds on
cluster scales were performed by Metzler and Evrard (1994, 1997). They concluded that
winds can account for the observed metal abundances in the ICM, but they found strong
metallicity gradients (almost a factor of ten between cluster centre and virial radius) which
are not in agreement with observations. Gnedin (1998) took into account not only galactic
winds, but also galaxy-galaxy interactions and concluded that most of the metals are ejected
by galaxy mergers. In contrast to this result Aguirre et al. (2001) found that galaxy-galaxy
interactions and ram-pressure stripping are of minor importance while galactic winds dom-
inate the metal enrichment of the ICM.

That these early results disagree so much is probably due to the large range of scales that
is involved. On the one hand the whole cluster with its infall region has to be simulated,
on the other hand processes within galaxies or even within the active core of a galaxy are
important. It is not possible to calculate all of this accurately in one type of simulation and
therefore new methods have been developed.

Recently several simulations for the enrichment have been performed. They calculate
the exact composition and evolution of the ISM by varying the initial mass function and
the yields of supernova explosions (see Borgani et al. 2008—Chap. 18, this issue), but it
is not distinguished by which process the enriched gas is transported into the ICM. Spe-
cially for the transport processes a new simulation method has been developed, in which N-
body/hydrodynamic simulations with mesh refinement including a semi-analytical method
have been combined with separate descriptions of the various enrichment processes, which
can be switched on and off individually (Schindler et al. 2005).

The results obtained with this method show an inhomogeneous distribution of the met-
als independent of the enrichment processes (Schindler et al. 2005; Domainko et al. 2006;
Kapferer et al. 2006; Moll et al. 2007, see Fig. 7). These results are in very good agreement
with the observed metallicity maps (see Werner et al. 2008—Chap. 16, this issue). The gas
lost by the galaxies is obviously not mixed immediately with the ICM. There are usually
several maxima visible in the metallicity distribution, which are not necessarily associated
with the cluster centre. The maxima are typically at places where galaxies just have lost a
lot of gas to ICM of low density, mostly due to star bursts. The metallicities vary locally
between 0 and 4 times Solar.

A detailed comparison between the two enrichment mechanisms—winds and ram-
pressure stripping—revealed that these two processes yield different metal distributions
(see Fig. 7) and a different time dependence of the enrichment (Kapferer et al. 2007a;
Rasia et al. 2007). The ram-pressure stripped gas is more centrally concentrated. The reason
for this is that the ICM density as well as the galaxies velocities are larger in the cluster
centre, so that ram-pressure stripping is very efficient there. Galactic winds, however, can
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Fig. 7 Simulated metallicity
map, i.e. an X-ray emission
weighted, projected metal
distribution. The high metallicity
region at the top is caused by a
group of galaxies with recent
starburst. Overlaid contours
indicate the origin of the metals:
ram-pressure stripping (white)
and galactic winds (black)
(adopted from Kapferer et al.
2007a)

be suppressed by the high pressure of the ICM in the centre (Kapferer et al. 2006), so that in
massive clusters galactic winds do hardly contribute to the central enrichment. The resulting
radial metal profiles are correspondingly relatively flat for galactic winds and steep for ram-
pressure stripping. When both processes are taken into account they are in good agreement
with the observed profiles (see also Borgani et al. 2008—Chap. 18, this issue).

The time scales for the enrichment are also different for the two processes (Kapferer
et al. 2007a). The mass loss of galaxies due to winds is larger at high redshifts. Between
redshifts 2 and 1 ram-pressure stripping becomes more important for the mass loss and it is
by far more efficient at low redshift (see Fig. 8). The reason is that on the one hand galactic
winds become weaker because the star formation rate decreases and on the other hand ram-
pressure stripping becomes stronger because clusters with ICM have formed/are forming,
which is interacting with the galaxies. In total the mass loss due to ram-pressure stripping is
usually larger than the mass loss due to winds, in some cases up to a factor of three.

Generally it is very hard to provide numbers for the relative efficiencies of the various
processes as the efficiencies depend strongly on the properties of the clusters. In a massive
or in a merger cluster, for example, ram-pressure stripping is very efficient.

The simulated metallicities can be converted to artificial X-ray metallicities, metallicity
profiles, metallicity maps and metallicity evolution. There is in general a good agreement
between these quantities derived from simulation and observation (Kapferer et al. 2007b).
The metallicity values are in the right range and the spatial distribution and the evolution are
in good agreement with the observations. Also the evolution of the metallicity since z = 1
found in observations (Balestra et al. 2007; Maughan et al. 2008) can be reproduced by the
simulations. Of course there is a large scatter in all these quantities, because they vary very
much from cluster to cluster both in simulations and observations.

Summarising, from the comparison of observations with simulations it seems clear that
several processes are involved in the metal enrichment and none of them can be ruled out
immediately as being not efficient enough. The processes can also influence each other (e.g.
AGN outflows can enhance an existing galactic wind or one process can suppress another
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Fig. 8 Mass loss of the galaxies
in a simulation taking into
account mass loss due to galactic
winds (dashed line) and mass
loss due to ram-pressure
stripping (solid line) at different
redshifts (adopted from Kapferer
et al. 2007a)

one). Obviously the interaction between galaxies and the ICM is a very complex issue. In
order to know what is really going on at the transition between galaxies and ICM many more
observations and simulations are needed.
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Abstract The study of the metal enrichment of the intra-cluster and inter-galactic media
(ICM and IGM) represents a direct means to reconstruct the past history of star formation,
the role of feedback processes and the gas-dynamical processes which determine the evolu-
tion of the cosmic baryons. In this paper we review the approaches that have been followed
so far to model the enrichment of the ICM in a cosmological context. While our presenta-
tion will be focused on the role played by hydrodynamical simulations, we will also discuss
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other approaches based on semi-analytical models of galaxy formation, also critically dis-
cussing pros and cons of the different methods. We will first review the concept of the model
of chemical evolution to be implemented in any chemo-dynamical description. We will em-
phasise how the predictions of this model critically depend on the choice of the stellar initial
mass function, on the stellar life-times and on the stellar yields. We will then overview the
comparisons presented so far between X-ray observations of the ICM enrichment and model
predictions. We will show how the most recent chemo-dynamical models are able to capture
the basic features of the observed metal content of the ICM and its evolution. We will con-
clude by highlighting the open questions in this study and the direction of improvements for
cosmological chemo-dynamical models of the next generation.

Keywords Cosmology: numerical simulations · Galaxies: clusters · Hydrodynamics ·
X-ray: galaxies

1 Introduction

Clusters of galaxies are the ideal cosmological signposts to trace the past history of the inter-
galactic medium (IGM), thanks to the high density and temperature reached by the cosmic
baryons trapped in their gravitational potential wells (Rosati et al. 2002; Voit 2005; Diafe-
rio et al. 2008—Chap. 2, this issue). Observations in the X-ray band with the Chandra and
XMM-Newton satellites are providing invaluable information on the thermodynamical prop-
erties of the intra-cluster medium (ICM) (Kaastra et al. 2008—Chap. 9, this issue). These
observations highlight that non-gravitational sources of energy, such as energy feedback
from supernovae (SNe) and Active Galactic Nuclei (AGN) have played an important role in
determining the ICM physical properties. Spatially resolved X-ray spectroscopy permits to
measure the equivalent width of emission lines associated to transitions of heavily ionised
elements and, therefore, to trace the pattern of chemical enrichment (e.g., Mushotzky 2004
for a review). In turn, this information is inextricably linked to the history of formation and
evolution of the galaxy population (e.g., Renzini 1997 and references therein), as inferred
from observations in the optical/near-IR band. For instance, De Grandi et al. (2004) have
first shown that cool core clusters are characterised by a significant central enhancement of
the iron abundance, which closely correlates with the magnitude of the Brightest Cluster
Galaxies (BCGs). This demonstrates that a fully coherent description of the evolution of
cosmic baryons in the condensed stellar phase and in the diffuse hot phase requires properly
accounting for the mechanisms of production and release of both energy and metals.

The study of how these processes take place during the hierarchical build up of cosmic
structures has been tackled with different approaches. Semi-analytical models (SAMs) of
galaxy formation provide a flexible tool to explore the space of parameters which describe
a number of dynamical and astrophysical processes. In their most recent formulation, such
models are coupled to dark matter (DM) cosmological simulations, to trace the merging
history of the halos where galaxy formation takes place, and include a treatment of metal
production from type-Ia and type-II supernovae (SN Ia and SN II, hereafter; De Lucia et al.
2004; Nagashima et al. 2005), so as to properly address the study of the chemical enrichment
of the ICM. The main limitation of this method is that it does not include the gas dynamical
processes which causes metals, once produced, to be transported in the ICM. As a conse-
quence, they provide a description of the global metallicity of clusters and its evolution, but
not of the details of its spatial distribution.

In order to overcome this limitation, Cora (2006) applied an alternative approach, in
which non-radiative hydrodynamical simulations of galaxy clusters are used to trace at the
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same time the formation history of DM halos and the dynamics of the gas. In this approach,
metals are produced by SAM galaxies and then suitably assigned to gas particles, thereby
providing a chemo-dynamical description of the ICM. Domainko et al. (2006) used hy-
drodynamical simulations, which include prescriptions for gas cooling, star formation and
feedback, similar to those applied in SAMs, to address the specific role played by ram-
pressure stripping to distribute metals, while Kapferer et al. (2007b) used the same approach
to study the different roles played by galactic winds and by ram-pressure stripping. While
these approaches offer advantages with respect to standard SAMs, they still do not provide a
fully self-consistent picture, in which chemical enrichment is the outcome of the process of
star formation, associated to the cooling of the gas infalling in high density regions. In this
sense, a fully self-consistent approach requires that the simulations include the processes of
gas cooling, star formation and evolution, along with the corresponding feedback in energy
and metals.

A number of authors have presented hydrodynamical simulations for the formation of
cosmic structures, which include treatments of the chemical evolution at different levels of
complexity. Raiteri et al. (1996) presented SPH simulations of the Galaxy, forming in an
isolated halo, by following iron and oxygen production from SN II and SN Ia, also account-
ing for the effect of stellar lifetimes. Mosconi et al. (2001) performed a detailed analysis
of chemo-dynamical SPH simulations, aimed at studying both numerical stability of the
results and the enrichment properties of galactic objects in a cosmological context. Lia et
al. (2002) discussed a statistical approach to follow metal production in SPH simulations,
which have a large number of star particles, showing applications to simulations of a disc-
like galaxy and of a galaxy cluster. Kawata and Gibson (2003b) carried out cosmological
chemo-dynamical simulations of elliptical galaxies, with an SPH code, by including the
contribution from SN Ia and SN II, also accounting for stellar lifetimes. Valdarnini (2003)
performed an extended set of cluster simulations and showed that profiles of the iron abun-
dance are steeper than the observed ones. A similar analysis has been presented by Romeo
et al. (2006), who also considered the effect of varying the IMF and the feedback efficiency
on the enrichment pattern of the ICM. Scannapieco et al. (2005) presented an implementa-
tion of a model of chemical enrichment in the GADGET-2 code, coupled to a self-consistent
model for star formation and feedback. In their model, which was applied to study the en-
richment of galaxies, they included the contribution from SN Ia and SN II, assuming that all
long-lived stars die after a fixed delay time. Tornatore et al. (2004, 2007a) presented results
from an implementation of a detailed model of chemical evolution model in the GADGET-2
code (Springel 2005), including metallicity-dependent yields and the contribution from in-
termediate and low mass stars (ILMS hereafter). The major advantage of this approach is
that the metal production is self-consistently predicted from the rate of gas cooling treated
by the hydrodynamical simulations, without resorting to any external model. However, at
present the physical scales involved by the processes of star formation and SN explosions
are far from being resolved in simulations which sample cosmological scales. For this rea-
son, such simulations also need to resort to external sub-resolution models, which provide
an effective description of a number of relevant astrophysical processes.

The aim of this paper is to provide a review of the results obtained so far in the study
of the chemical enrichment of the ICM in a cosmological context. Although we will con-
centrate the discussion on the results obtained from full hydrodynamical simulations, we
will also present results based on SAMs. As such, this paper complements the reviews by
Borgani et al. (2008)—Chap. 13, this issue, which reviews the current status in the study of
the thermodynamical properties of the ICM with cosmological hydrodynamical simulations,
and by Schindler and Diaferio (2008)—Chap. 17, this issue, which will focus on the study of
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the role played by different physical processes in determining the ICM enrichment pattern.
Also, this paper will not present a detailed description of the techniques for simulations of
galaxy clusters, which is reviewed by Dolag et al. (2008)—Chap. 12, this issue.

In Sect. 2 we review the concept of model of chemical evolution and highlight the main
quantities which are required to fully specify this model. In Sect. 3 we review the results
on the global metal content of the ICM, while Sect. 4 concentrates on the study of the
metallicity profiles and Sect. 5 on the study of the ICM evolution. Section 6 discusses the
properties of the galaxy population. Finally, Sect. 7 provides a critical summary of the results
presented, by highlighting the open problems and lines of developments to be followed by
simulations of the next generation.

2 What is a model of chemical evolution?

In this section we provide a basic description of the key ingredients required by a model
of chemical evolution. For a more detailed description we refer to the book by Matteucci
(2003).

The process of star formation in cosmological hydrodynamical simulations is described
through the conversion of a gas element into a star particle; as a consequence, in simulations
of large volumes the star particles have a mass far larger than that of a single star, with values
of the order of 106–108 M�, depending on the resolution and on the mass of the simulated
structure (e.g., Katz et al. 1996). The consequence of this coarse-grained representation of
star formation is that each star particle must be treated as a simple stellar population (SSP),
i.e. as an ensemble of coeval stars having the same initial metallicity. Every star particle
carries all the physical information (e.g. birth time tb, initial metallicity and mass) that is
needed to calculate the evolution of the stellar populations that they represent, once the
lifetime function (see Sect. 2.2), the IMF (see Sect. 2.4) and the yields (see Sect. 2.3) for
SNe and ILMS have been specified. Therefore, we can compute for every star particle at any
given time t > tb how many stars are dying as SN II and SN Ia, and how many stars undergo
the AGB phase, according to the equations of chemical evolution, that we will present here
below.

The generation of star particles is pertinent to hydrodynamical simulations, which in-
clude the description of the star formation. As for semi-analytic models (SAMs) of galaxy
formation, they generally identify a galaxy with a suitably chosen DM particle in the col-
lisionless simulation which is used to reconstruct the merger tree. While this DM particle
defines the position of a galaxy, the corresponding stellar content is described as a superpo-
sition of SSPs, each generated in correspondence of the time step with which the process
of galaxy formation is studied (e.g., Diaferio et al. 2001; De Lucia et al. 2004; Nagashima
et al. 2005, for applications of SAMs to the cluster galaxies). In this sense, the description
of the chemical evolution model, as we provide here, can be used for both hydrodynamical
simulations and for SAMs.

It is generally assumed that the stars having mass above 8 M� at the end of the hydro-
static core burning undergo an electron capture process, leading to a core collapse. A large
amount of energy can be transferred to the outer layers during this phase due to a substantial
production of neutrinos that easily escape from the central core. Although theoretical work
has not yet been able to reproduce a sufficient energy deposition, it is currently supposed
that this process leads to an explosive ejection of the outer layers, giving rise to a SN II. We
remind the reader that 8 M� is a commonly adopted fiducial value, although the limiting
mass for the onset of explosive evolution is still debated (e.g., Portinari et al. 1998).
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A different ejection channel is provided by the SN Ia that are believed to arise from ther-
monuclear explosions of white dwarfs (WD hereafter) in binary stellar systems as a con-
sequence of the matter accretion from the companion (e.g., Nomoto et al. 2000). However,
there are still a number of uncertainties about the nature of both the WD and the companion
and about the mass reached at the onset of the explosion (e.g., Matteucci and Recchi 2001;
Yungelson and Livio 2000). Furthermore, observational evidences for multiple populations
of Type Ia progenitors have been recently found both from direct detection of Type Ia events
(e.g., Mannucci et al. 2005; Scannapieco and Bildsten 2005; Sullivan et al. 2006) or from
inferences on the chemical enrichment patterns in galaxy clusters (e.g., Gal-Yam and Maoz
2004). Finally, a third way to eject heavy elements in the interstellar medium is the mass
loss of ILMS by stellar winds.

In summary, the main ingredients that define a model of chemical evolution are the fol-
lowing: (a) the SNe explosion rates, (b) the adopted lifetime function, (c) the adopted yields
and (d) the IMF which fixes the number of stars of a given mass. We describe each of these
ingredients in the following.

2.1 The Equations of Chemical Evolution

2.1.1 Type Ia Supernovae

We provide here below a short description of how Type Ia SN are included in a model of
chemical evolution. For a comprehensive review of analytical formulations we refer to the
paper by Greggio (2005). Following Greggio and Renzini (1983), we assume here that SN Ia
arise from stars belonging to binary systems, having mass in the range 0.8–8 M�. Accord-
ingly, in the single-degenerate WD scenario (Nomoto et al. 2000), the rate of explosions of
SN Ia can be written as

RSN Ia(t) = A

∫ MB,sup

MB,inf

φ(mB)

∫ μM

μm

f (μ)ψ(t − τm2)dμdmB. (1)

In the above equation, φ(m) is the IMF, mB is the total mass of the binary system, m2 is
the mass of the secondary companion, τm is the mass-dependent life-time and ψ(t) is the
star formation rate. The variable μ = m2/mB is distributed according to the function f (μ),
while A is the fraction of stars in binary systems of that particular type to be progenitors
of SN Ia (see Matteucci and Recchi 2001 for more details). For instance, in the model by
Greggio and Renzini (1983) μ varies in the range between μm and μM = 0.5, with μm =
max[m2(t)/mB, (mB −0.5MBM)/mB], where m2(t) is the mass of the companion which dies
at the time t , according to the chosen life-time function. Furthermore, let MBm and MBM be
the smallest and largest value allowed for the progenitor binary mass mB. Then, the integral
over mB runs in the range between MB,inf and MB,sup, which represent the minimum and the
maximum value of the total mass of the binary system that is allowed to explode at the time
t . These values in general are functions of MBm, MBM, and m2(t), which in turn depends
on the star formation history �(t). The exact functional dependence is defined by the SN Ia
progenitor model. For instance, in the model by Greggio and Renzini (1983) it is MB,inf =
max[2m2(t),MBm] and MB,sup = 0.5MBM +m2(t). Under the assumption of a short duration
burst of star formation, the function ψ(t) can be approximated with a Dirac δ-function.
This case applies to hydrodynamical simulations, which include star formation, where the
creation of a SSP is described by an impulsive star formation event, while more complex
descriptions should take into account the continuous star formation history ψ(t). Under the
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above assumption for ψ(t) and using the functional form of f (μ) derived from statistical
studies of the stellar population in the solar neighbourhood (Tutukov and Iungelson 1980;
Matteucci and Recchi 2001), we find

RSN Ia(t) = −dm2(t)

dt

∣∣∣∣
m2≡τ−1(t)

24m2
2A

∫ MBM

MBm

φ(mB)
1

m3
B

dmB. (2)

Since the current understanding of the process of star formation does not allow to precisely
determine the value of A, its choice can be fixed from the requirement of reproducing a
specific observation, once the form of the IMF is fixed. For instance, Matteucci and Gibson
(1995) found that A = 0.1 was required to reproduce the observed iron enrichment of the
ICM.

2.1.2 Supernova Type II and Low and Intermediate Mass Stars

Computing the rates of SN II and ILMS is conceptually simpler, since they are driven by the
lifetime function τ(m) convolved with the star formation history ψ(t) and multiplied by the
IMF φ(m = τ−1(t)). Again, since ψ(t) is a delta-function for the SSP used in simulations,
the SN II and ILMS rates read

RSN II|ILMS(t) = φ(m(t)) ×
(

−dm(t)

dt

)
(3)

where m(t) is the mass of the star that dies at time t . We note that the above expression must
be multiplied by a factor of (1 − A) for AGB rates if the interested mass m(t) falls in the
same range of masses which is relevant for the secondary stars of SN Ia binary systems.

In order to compute the metal release by stars (binary systems in case of SN Ia) of a
given mass we need to take into account the yields pZi

(m,Z), which provide the mass of
the element i produced by a star of mass m and initial metallicity Z. Then, the equation
which describes the evolution of the mass ρi(t) for the element i, holding for a generic form
of the star formation history ψ(t), reads:

ρ̇i (t) = −ψ(t)Zi(t)

+ A

∫ MBM

MBm

φ(m)

[∫ 0.5

μmin

f (μ)ψ(t − τm2)pZi
(m,Z)dμ

]
dm

+ (1 − A)

∫ MBM

MBm

ψ(t − τ(m))pZi
(m,Z)ϕ(m)dm

+
∫ MBm

ML

ψ(t − τ(m))pZi
(m,Z)ϕ(m)dm

+
∫ MU

MBM

ψ(t − τ(m))pZi
(m,Z)ϕ(m)dm. (4)

In the above equation, ML and MU are the minimum and maximum mass of a star, re-
spectively. Commonly adopted choices for these limiting masses are ML � 0.1 M� and
MU � 100 M�. The term in the first line of (4) accounts for the metallicity sink due to the
locking of metals in the newborn stars. The term in the second line accounts for metal ejec-
tion contributed by SN Ia. The terms in the third and fourth lines describe the enrichment by
mass-loss from intermediate and low mass stars, while the last line accounts for ejecta by
SN II.
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2.2 The Lifetime Function

Different choices for the mass-dependence of the life-time function have been proposed in
the literature. For instance, Padovani and Matteucci (1993) (PM93 hereafter) proposed the
expression

τ(m) =
{

10[(1.34−
√

1.79−0.22(7.76−log(m)))/0.11]−9 for m ≤ 6.6 M�,

1.2m−1.85 + 0.003 otherwise.
(5)

An alternative expression has been proposed by Maeder and Meynet (1989) (MM89 here-
after), and extrapolated by Chiappini et al. (1997) to very high (> 60 M�) and very low
(< 1.3 M�) masses:

τ(m) =

⎧⎪⎪⎪⎪⎪⎪⎪⎪⎨
⎪⎪⎪⎪⎪⎪⎪⎪⎩

10−0.6545 logm+1 m ≤ 1.3 M�,

10−3.7 logm+1.351 1.3 < m ≤ 3 M�,

10−2.51 logm+0.77 3 < m ≤ 7 M�,

10−1.78 logm+0.17 7 < m ≤ 15 M�,

10−0.86 logm−0.94 15 < m ≤ 53 M�,

1.2 × m−1.85 + 0.003 otherwise.

(6)

The main difference between these two functions concerns the life-time of low mass stars
(< 8M�). The MM89 life-time function delays the explosion of stars with mass � 1 M�,
while it anticipates the explosion of stars below 1 M� with respect to the PM93 life-time
function. Only for masses below 1 M� does the PM93 function predict much more long-
living stars. This implies that different life-times will produce different evolution of both
absolute and relative abundances (we refer to Romano et al. 2005 for a detailed description
of the effect of the lifetime function in models of chemical evolution).

We point out that the above lifetime functions are independent of metallicity, whereas in
principle this dependence can be included in a model of chemical evolution (e.g., Portinari
et al. 1998). For instance, Raiteri et al. (1996) used the metallicity-dependent lifetimes as
obtained from the Padova evolutionary tracks (Bertelli et al. 1994). We show in Fig. 1 a
comparison of different lifetime functions.

2.3 Stellar Yields

The stellar yields specify the quantity pZi
(m,Z), which appears in (4) and, therefore, the

amount of different metal species which are released during the evolution of a SSP. A num-
ber of different sets of yields have been proposed in the literature, such as those by Renzini
and Voli (1981), van den Hoek and Groenewegen (1997), Marigo (2001) for the LIMS and
those by Nomoto et al. (1997), Iwamoto et al. (1999), Thielemann et al. (2003) for SN Ia. As
for SN II, there are many proposed sets of metallicity-dependent yields; among others, those
by Woosley and Weaver (1995), by Portinari et al. (1998), by Chieffi and Limongi (2004),
which are based on different assumptions of the underlying model of stellar structure and
evolution.

As an example of the differences among different sets of yields, we show in the left panel
of Fig. 2 the ratios between the abundances of different elements produced by the SN II of
a SSP, as expected from Woosley and Weaver (1995) and from Chieffi and Limongi (2004).
Different curves and symbols here correspond to different values of the initial metallicity of
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Fig. 1 Left panel: the mass dependence of different lifetime functions: Padovani and Matteucci (1993,
solid line), Maeder and Meynet (1989, dotted line), Raiteri et al. (1996, dashed lines; the thin line refers
to Z = 0.02Z� , the thick line refers to Z = 2Z�), Portinari et al. (1998, dot-dashed lines; the thin line refers
to Z = 0.02Z� , the thick line refers to Z = 2Z�). Right panel: the ratio between the same lifetimes and that
by Padovani and Matteucci (1993)

the SSP. Quite apparently, the two sets of yields provide significantly different metal masses,
by an amount which can sensitively change with initial metallicity. This illustrates how a
substantial uncertainty exists nowadays about the amount of metals produced by different
stellar populations. There is no doubt that these differences between different sets of yields
represent one of the main uncertainties in any modelling of the chemical evolution of the
ICM.

For this reason, we recommend that papers related to the cosmological modelling of
the chemical evolution, either by SAMs or by hydrodynamical simulations, should be very
careful in specifying for which set of yields the computations have been performed as well
as the details of assumed lifetime and models for SN II and SN Ia. In the absence of this,
it becomes quite hard to judge the reliability of any detailed comparison with observational
data or with the predictions of other models.

2.4 The Initial Mass Function

The initial mass function (IMF) is one of the most important quantities in a model of chemi-
cal evolution. It directly determines the relative ratio between SN II and SN Ia and, therefore,
the relative abundance of α-elements and Fe-peak elements. The shape of the IMF also de-
termines how many long-living stars will form with respect to massive short-living stars. In
turn, this ratio affects the amount of energy released by SNe and the present luminosity of
galaxies, which is dominated by low mass stars, and the (metal) mass-locking in the stellar
phase.

As of today, no general consensus has been reached on whether the IMF at a given time
is universal or strongly dependent on the environment, or whether it is time-dependent,
i.e. whether local variations of the values of temperature, pressure and metallicity in star-
forming regions affect the mass distribution of stars.

The IMF φ(m) is defined as the number of stars of a given mass per unit logarithmic
mass interval. A widely used form is

φ(m) = dN/d logm ∝ m−x(m). (7)
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Fig. 2 Left panel: the ratio MWW
j

/MCL
j

between the mass of species j , produced by the SN II of a SSP, when
using the two sets of yields by Woosley and Weaver (1995) and by Chieffi and Limongi (2004) for different
values of the initial SSP metallicity. Different symbols are for different values of the initial metallicity of
the SSP, as reported by the labels. From Tornatore et al. (2007a). Right panel: the shape of different IMFs
introduced in the literature. Stellar masses are expressed in units of M�

If the exponent x in the above expression does not depend on the mass m, the IMF is then
described by a single power-law. The most famous and widely used single power-law IMF is
the Salpeter (1955) one that has x = 1.35. Arimoto and Yoshii (1987) proposed an IMF with
x = 0.95, which predicts a relatively larger number of massive stars. In general, IMFs pro-
viding a large number of massive stars are usually called top-heavy. More recently, different
expressions of the IMF have been proposed in order to model a flattening in the low-mass
regime that is currently favoured by a number of observations. Kroupa (2001) introduced a
multi-slope IMF, which is defined as

φ(m) ∝

⎧⎪⎨
⎪⎩

m−1.3 m ≥ 0.5M�,

m−0.3 0.08 ≤ m < 0.5M�,

m 0.7 m ≤ 0.08M�.

(8)

Chabrier (2003) proposed another expression for the IMF, which is quite similar to that one
proposed by Kroupa

φ(m) ∝
⎧⎨
⎩

m−1.3 m > 1M�,

e
−(log(m)−log(mc))2

2σ2 m ≤ 1M�.
(9)

Theoretical arguments (e.g. Larson 1998) suggest that the present-day characteristic mass
scale, where the IMF changes its slope, ∼ 1 M� should have been larger in the past, so that
the IMF at higher redshift was top-heavier than at present.

While the shape of the IMF is determined by the local conditions of the inter-stellar
medium, direct hydrodynamical simulations of star formation in molecular clouds are only
now approaching the required resolution and sophistication level to make credible predic-
tions on the IMF (e.g., Bonnell et al. 2006, Padoan et al. 2007; see McKee and Ostriker 2007
for a detailed discussion).
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We show in Fig. 2 the number of stars, as a function of their mass, predicted by different
IMFs, relative to those of the Salpeter IMF. As expected, the AY IMF predicts a larger
number of high-mass stars and, correspondingly, a smaller number of low-mass stars, the
crossover taking place at � 2 M�. As a result, we expect that the enrichment pattern of the
AY IMF will be characterised by a higher abundance of those elements, like oxygen, which
are mostly produced by SN II. Both the Kroupa and the Chabrier IMFs are characterised by a
relative deficit of very low-mass stars and a mild overabundance of massive stars and ILMS.
Correspondingly, an enhanced enrichment in both Fe-peak and α elements like oxygen is
expected, mostly due to the lower fraction of mass locked in ever-living stars. For reference
we also show a different IMF, also proposed by Kroupa et al. (1993), that exhibits a deficit
in both very low- and high-mass stars; for this kind of IMF a lower α/Fe ratio with respect
to the Salpeter IMF is expected.

Since clusters of galaxies basically behave like “closed boxes”, the overall level of en-
richment and the relative abundances should directly reflect the condition of star formation.
While a number of studies have been performed so far to infer the IMF shape from the en-
richment pattern of the ICM, no general consensus has been reached. For instance, Renzini
(1997, 2004) and Pipino et al. (2002) argued that both the global level of ICM enrichment
and the α/Fe relative abundance can be reproduced by assuming a Salpeter IMF, as long
as this relative abundance is sub-solar. Indeed, a different conclusion has been reached by
other authors in the attempt of explaining the relative abundances [α/Fe] ∼> 0 in the ICM
(e.g., Baumgartner et al. 2005). Portinari et al. (2004) used a phenomenological model to
argue that a standard Salpeter IMF cannot account for the observed α/Fe ratio in the ICM.
As we shall discuss in the following, a similar conclusion was also reached by Nagashima et
al. (2005), who used semi-analytical models of galaxy formation to trace the production of
heavy elements, and by Romeo et al. (2005), who used hydrodynamical simulations includ-
ing chemical enrichment. Saro et al. (2006) analysed the galaxy population from simulations
of galaxy clusters and concluded that a Salpeter IMF produces a colour-magnitude relation
that, with the exception of the BCGs, is in reasonable agreement with observations. On the
contrary, the stronger enrichment provided by a top-heavier IMF turns into too red galaxy
colours.

In the following sections, the above results on the cosmological modelling of the ICM
will be reviewed in more details, also critically discussing the possible presence of observa-
tional biases, which may alter the determination of relative abundances and, therefore, the
inference of the IMF shape.

Different variants of the chemical evolution model have been implemented by differ-
ent authors in their simulation codes. For instance, the above described model of chemical
evolution has been implemented with minimal variants by Kawata and Gibson (2003a),
Kobayashi (2004), who also included the effect of hypernova explosions, and Tornatore et
al. (2007a), while Tornatore et al. (2007b) also included the effect of metal enrichment from
low-metallicity (Pop III) stars. Raiteri et al. (1996) and Valdarnini (2003) also used a similar
model, but neglected the contribution from low- and intermediate-mass stars. Mosconi et al.
(2001) and Scannapieco et al. (2005) neglected delay times for SN II, assumed a fixed delay
time for SN Ia and neglected the contribution to enrichment from low- and intermediate-
mass stars.

Clearly, a delicate point in hydrodynamical simulations is deciding how metals are dis-
tributed to the gas surrounding the star particles. The physical mechanisms actually respon-
sible for enriching the inter-stellar medium (ISM; e.g., stellar winds, blast waves from SN
explosions, etc.) take place on scales which are generally well below the resolution of current
cosmological simulations of galaxy clusters (see Schindler and Diaferio 2008—Chap. 17,
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this issue). For this reason, the usually adopted procedure is that of distributing metals ac-
cording to the same kernel which is used for the computation of the hydrodynamical forces,
a choice which is anyway quite arbitrary. Mosconi et al. (2001) and Tornatore et al. (2007a)
have tested the effect of changing in different ways the weighting scheme to distribute metals
and found that final results on the metal distribution are generally rather stable. Although this
result is somewhat reassuring, it is clear that this warning on the details of metal distribution
should always be kept in mind, at least until our simulations will have enough resolution and
accurate description of the physical processes determining the ISM enrichment (Schindler
and Diaferio 2008—Chap. 17, this issue).

3 Global Abundances

As a first step in our overview of the results of the ICM enrichment, we discuss a few general
features of the enrichment pattern, which are related to the underlying model of chemical
evolution. As a first example, we show in Fig. 3 maps of the fractional contribution of
SN II to the global metallicity obtained from SPH simulations of a galaxy cluster having
a temperature � 3 keV (Tornatore et al. 2007a); the simulations include a self-consistent
description of gas cooling, star formation and chemical evolution. The left and the right
panels show the results based on assuming a Salpeter and a top-heavy AY IMFs, respectively.
The clumpy aspect of these maps reveal that the products of SN II and SN Ia are spatially
segregated. Since SN II products are released over a relatively short time-scale, they are
preferentially located around star forming regions. On the other hand, SN Ia products are
released over a longer time scale, which is determined by the life-times of the corresponding
progenitors. As a consequence, a star particle has time to move away from the region, where
it was formed, before SN Ia contribute to the enrichment. In this sense, the different spatial
pattern of SN Ia and SN II products also reflects the contribution that a diffuse population of
intra-cluster stars (e.g., Arnaboldi 2004 for a review) can provide to the ICM enrichment.
Also, using a top-heavier IMF turns into a larger number of SN II (see also Fig. 2), with a
resulting increase of their relative contribution to the metal production.

Fig. 3 Maps of the fractional contribution of SN II to the global metallicity (from Tornatore et al. 2007a).
The left panel refers to the Salpeter IMF, while the right panel is for the AY top-heavy IMF. The white square
is centred on the minimum of the cluster gravitational potential and its size is about twice the value of R200
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Fig. 4 Iron mass ejection rate as
a function of redshift for SN Ia
(top panel) and SN II (bottom
panel), as predicted by the
semi-analytical model by Cora
(2006). The thick solid line is for
the products released by the
BCG, while the other curves are
for galaxies lying within different
cluster-centric distances, as
computed at z = 0, after
excluding the BCG contribution

To further illustrate the different timing of the enrichment from SN Ia and SN II, we show
in Fig. 4 the rate of the iron mass ejection from the two SN populations, as predicted by a
SAM model of galaxy formation, coupled to a non-radiative hydrodynamical simulation
(Cora 2006). As expected, the contribution from SN II (lower panel) peaks at higher redshift
than that of the SN Ia, with a quicker decline at low z, and closely traces the star formation
rate (SFR). As for the SN Ia, their rate of enrichment is generally given by the convolution
of the SFR with the lifetime function. As such, it is generally too crude an approximation to
compute the enrichment rate by assuming a fixed delay time with respect to the SFR. Also
interesting to note from this figure is that everything takes places earlier in the BCG (solid
curves), than in galaxies at larger cluster-centric distances.

A crucial issue when performing any such comparison between observations and sim-
ulations concerns the definition of metallicity. From observational data, the metallicity is
computed through a spectral fitting procedure, by measuring the equivalent width of an
emission line associated to a transition between two heavily ionised states of a given ele-
ment. In this way, one expects that the central cluster regions, which are characterised by a
stronger emissivity, provides a dominant contribution to the global spectrum and, therefore,
to the observed ICM metallicity. The simplest proxy to this spectroscopic measure of the
ICM metallicity is, therefore, to use the emission-weighted definition of metallicity:

Zew =
∑

i Zimiρg,iΛ(Ti,Zi)∑
i miρg,iΛ(Ti)

. (10)

In the above equation, Zi , mi , ρg,i and Ti are the metallicity, mass, density and temperature
of the i-gas element, with the sum being performed over all the gas elements lying within
the cluster extraction region. Furthermore, Λ(T ,Z) is the metallicity dependent cooling
function, which is defined so that nenHΛ(T ,Z) is the radiated energy per unit time and
unit volume from a gas element having electron number density ne and hydrogen number
density nH (e.g., Sutherland and Dopita 1993). Since both simulated and observed metallic-
ity radial profiles are characterised by significant negative gradients, we expect the “true”
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mass-weighted metallicity,

Zmw =
∑

i Zimi∑
i mi

, (11)

to be lower than the “observed” emission-weighted estimate. Indeed, mock spectral ob-
servations of simulated clusters have shown that the above emission-weighted definition
of metallicity is generally quite close to the spectroscopic value (Kapferer et al. 2007a;
Rasia et al. 2007), at least for iron. On the other hand, Rasia et al. have also shown that
abundances of other elements may be significantly biased. This is especially true for those
elements, like oxygen, whose abundance is measured from transitions taking place at ener-
gies at which it is difficult to precisely estimate the level of the continuum in a hot system,
due to the limited spectral resolution offered by the CCD on-board Chandra and XMM-
Newton.

Based on a semi-analytical model of galaxy formation, Nagashima et al. (2005) carried
out a comparison between the global observed and predicted ICM enrichment for different
elements. In their analysis, these authors considered both the case of a “standard” Salpeter
IMF and the case in which a top-heavier IMF is used in starbursts triggered by galaxy merg-
ers. The comparison with observations, as reported in Fig. 5, led Nagashima et al. (2005)
to conclude that the top-heavier IMF is required to reproduce the level of enrichment traced
by different elements. All the abundances are predicted to be almost independent of tem-
perature, at least for TX � 1 keV (this temperature corresponds to the limiting halo circular
velocity, above which gas and metals ejected by superwinds are recaptured by the halo).
While this result agrees with the observational points shown in the figure, they are at vari-
ance with respect to the significant temperature dependence of the iron abundance found by
Baumgartner et al. (2005).

A different conclusion on the shape of the IMF is instead reached by other authors.
For instance, Fabjan et al. (2008) analysed a set of hydrodynamical simulations of galaxy
clusters, which include a chemical evolution model. In Fig. 6 we show the result of this
analysis for the comparison between the simulated temperature dependence of iron (left
panel) and sulphur (right panel) and the results of XMM-Newton observations by de Plaa
et al. (2007) (see also Werner et al. 2008—Chap. 16, this issue). As for the iron abundance,
there is a tendency for simulations with a Salpeter IMF to overproduce this element, by
about 30 per cent. Using a AY top-heavy IMF turns into a much worse disagreement, with
an excess of iron in simulations by a factor 2–3. It is clear that this iron overabundance could
be mitigated in case simulations include some mechanism for diffusion and/or mixing of
metals, which decreases the abundance at small cluster-centric radii. Of course, this decrease
should be such to reproduce the observed metallicity profiles (see below). As for the [S/Fe]
relative abundance,1 the difference between the two IMFs is much smaller, since the two
elements are produced in similar proportions by different stellar populations, and, within
the relatively large observational uncertainties, they agree with data.

The comparison between the results of Figs. 5 and 6 is only one example of the different
conclusions that different authors reach on the IMF shape from the study of the enrich-
ment of the ICM. Tracing back the origin of these differences is not an easy task. Besides
the different descriptions of the relevant physical processes treated in the SAMs and in the
chemo-dynamical simulations, a proper comparison would also require using exactly the

1Here and in the following, we follow the standard bracket notation for the relative abundance of elements A

and B : [A/B] = log(ZA/ZB) − log(ZA,�/ZB,�).
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Fig. 5 The metal abundances of the ICM, as predicted by a semi-analytical model of galaxy formation (from
Nagashima et al. 2005). Each panel shows a different element: (a) [O/H], (b) [Fe/H], (c) [Mg/H] and (d)
[Si/H]. Model predictions are shown by dots for a top-heavy IMF, and by crosses for the Kennicutt IMF.
Symbols with error bars correspond to observational data, which have been taken from De Grandi et al.
(2004), Peterson et al. (2003), Fukazawa et al. (1998) and Baumgartner et al. (2005) (see Nagashima et al.
2005 for details). All abundances have been rescaled to the Solar abundances by Grevesse and Sauval (1998)

same model of chemical evolution and the same sets of yields for different stellar popu-
lations. We do recommend that all papers aimed at modelling the ICM enrichment should
carefully include a complete description of the adopted chemical evolution model.

4 Metallicity Profiles

Observations based on ASCA (e.g. Finoguenov et al. 2001) and Beppo-SAX (De Grandi
et al. 2004) satellites have revealed for the first time the presence of significant gradients
in the profiles of ICM metal abundances. The much improved sensitivity of the XMM-
Newton and Chandra satellites are now providing much more detailed information on the
spatial distributions of different metals, thus opening the possibility of shedding light on the



The Chemical Enrichment of the ICM from Hydrodynamical 393

Fig. 6 Left panel: the iron abundance within 0.2r500 as a function of the cluster temperature (here r500 is
defined as the radius encompassing an overdensity of 500ρc, with ρc the cosmic critical density). The open
squares are for simulated clusters analysed by Fabjan et al. (2008), which assume a Salpeter IMF, while the
filled triangles are for two simulated clusters which assume the top-heavy AY IMF. Open and filled circles
with error bars are for cool-core and non cool-core clusters, respectively, observed with XMM-Newton by
de Plaa et al. (2007) (see also Werner et al. 2008—Chap. 16, this issue). Right panel: the same as in the
left panel, but for the abundance of sulphur relative to iron. All abundances have been rescaled to the Solar
abundances by Grevesse and Sauval (1998)

past history of star formation in cluster galaxies and on the gas-dynamical processes which
determine the metal distribution.

A detailed study of the metal distribution in the ICM clearly requires resorting to the
detailed chemo-dynamical approach offered by hydrodynamical simulations. In principle,
a number of processes, acting at different scales, are expected to play a role in determining
the spatial distribution of metals: galactic winds (e.g. Tornatore et al. 2004; Romeo et al.
2006), transport by buoyant bubbles (Roediger et al. 2007; Sijacki et al. 2007), ram-pressure
stripping (e.g., Kapferer et al. 2007b), diffusion by stochastic gas motions (Rebusco et al.
2005), sinking of highly enriched low-entropy gas (Cora 2006), etc. It is clear that modelling
properly all such processes represents a non-trivial task for numerical simulations, which
are required both to cover a wide dynamical range and to provide a reliable description of
a number of complex astrophysical processes (Schindler and Diaferio 2008—Chap. 17, this
issue).

As an example, in the left panel of Fig. 7 we show the result of the analysis by Kapferer
et al. (2007b), which was aimed at studying the relative role played by galactic winds and
ram-pressure stripping in determining the metallicity profiles. In these simulations, based
on an Eulerian grid code, these authors use a semi-analytical model to follow the formation
and evolution of galaxies, and described the evolution of a global metallicity, instead of fol-
lowing different metal species. It is interesting to see how different mechanisms contribute
in the simulations to establish the shape of the metallicity profile (see also Schindler and Di-
aferio 2008—Chap. 17, this issue). In particular, ram-pressure stripping turns out to be more
important in the central regions, where the pressure of the ICM is higher. On the other hand,
galactic winds are more effective at larger radii, where they can travel for larger distances,
thanks to the lower ICM pressure.

As a further example, we show in the right panel of Fig. 7 the effect of AGN feedback on
the distribution of metals in both gas and stars from the cluster simulations by Sijacki et al.
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Fig. 7 Left panel: contribution from ram-pressure stripping and from galactic winds to the resulting iron
metallicity profile of a simulated cluster (from Kapferer et al. 2007b). Data points are from the Beppo-SAX
observations analysed by De Grandi et al. (2004). Right panel: the effect of AGN feedback on the profiles
of mass-weighted gas metallicity and stellar metallicity with simulations of a galaxy cluster (from Sijacki et
al. 2007). Continuous lines show the metallicity profiles without AGN heating, while dashed lines are for the
runs with AGN feedback. The arrows illustrate how the ICM metallicity is affected by the AGN feedback.
The vertical dotted lines mark the resolution limit of the simulations and the virial radius of the simulated
cluster

(2007). These authors included in their SPH simulations a model for black hole growth and
for the resulting energy feedback. Since these simulations do not include a detailed model
of chemical evolution, the resulting metallicity cannot be directly compared to observations.
Still, this figure nicely illustrates how the effect of AGN feedback is that of changing the
share of metals between the stars and the gas. Due to the quenching of low-redshift star
formation, a smaller amount of metals are locked back in stars, with a subsequent reduction
of their metallicity. Furthermore, the more efficient metal transport associated to the AGN
feedback causes a significant increase of the ICM metallicity in the outer cluster regions,
thereby making the abundance profile shallower.

Since iron is the first element for which reliable profiles have been measured from X-ray
observations, most of the comparisons performed so far with simulations have concentrated
on its spatial distribution. As an example, we show in the left panel of Fig. 8 the comparison
between the iron profiles measured by De Grandi et al. (2004) and results from the chemo-
dynamical SPH simulations by Romeo et al. (2006). These authors performed simulations
for two clusters having sizes comparable to those of the Virgo and of the Coma cluster, re-
spectively. After exploring the effect of varying the feedback efficiency, they concluded that
the resulting metallicity profiles are always steeper than the observed ones. A similar conclu-
sion was also reached by Valdarnini (2003), based on SPH simulations of a larger ensemble
of clusters, which used a rather inefficient form of thermal stellar feedback. A closer agree-
ment between observed and simulated profiles of the iron abundance is found by Fabjan et
al. (2008), see also Tornatore et al. (2007a), based on GADGET-2 SPH simulations, which
include the effect of galactic winds, powered by SN explosions, according to the scheme
presented by Springel and Hernquist (2003). The results of this comparison are shown in the
right panel of Fig. 8. The solid black lines show the results for simulated clusters of mass
in the range � (1−2) × 1015h−1M�, based on a Salpeter IMF, while the dashed curve is
for one cluster simulated with a top-heavy AY IMF. The observational data points are for a
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Fig. 8 Left panel: profiles of iron metallicity at z = 0 for different runs of two simulated clusters, obtained by
changing the IMF (AY: Arimoto and Yoshii 1987; Salpeter 1955), the efficiency of the energy feedback and
by including the effect of thermal conduction (COND; from Romeo et al. 2005). Observational data points
are taken from De Grandi et al. (2004). Right panel: Comparison between observed and simulated profiles of
iron abundance (from Fabjan et al. 2008). The continuous black curves are for four simulated clusters, having
virial masses in the range (1−2)×1015h−1M�, assuming a Salpeter IMF. The black dashed line is for one of
these clusters, simulated by assuming the AY top-heavy IMF. Filled circles with error bars show observational
results from Chandra (Vikhlinin et al. 2005) for clusters with temperature above 3 keV, while the open squares
and triangles are for the profiles of two � 3 keV clusters observed with XMM-Newton (de Plaa et al. 2006;
Werner et al. 2006). The iron abundance has been rescaled to the Solar abundances by Grevesse and Sauval
(1998)

set of nearby relaxed clusters observed with Chandra and for two clusters with T � 3 keV
observed with XMM-Newton. This comparison shows a reasonable agreement between sim-
ulated and observed profiles, with the XMM-Newton profiles staying on the low side of the
Chandra profiles, also with a shallower slope in the central regions. While this conclusion
holds when using a Salpeter IMF, a top-heavy IMF is confirmed to provide too high a level
of enrichment.

The different degree of success of the simulations shown in the two panels of Fig. 8 in
reproducing observations can have different origins. The most important reason is probably
due to the different implementations of feedback which, as shown in Fig. 7, plays a deci-
sive role in transporting metals away from star-forming regions. Another possible source
of difference may lie in the prescription with which metals are distributed around star par-
ticles. Once again, the details of the numerical implementations of different effects need
to be clearly specified in order to make it possible to perform a meaningful comparison
among different simulations. Finally, it is also interesting to note that clusters observed with
Chandra seem to have steeper central profiles than those observed with XMM-Newton and
Beppo-SAX. There is no doubt that increasing the number of clusters with reliably deter-
mined metallicity profiles will help sorting out the origin of such differences.

5 Evolution of the ICM Metallicity

After the pioneering paper based on ASCA data by Mushotzky and Loewenstein (1997), the
increased sensitivity of the XMM-Newton and Chandra observatories recently opened the
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possibility of tracing the evolution of the global iron content of the ICM out to the largest
redshifts, z � 1.4, where clusters have been secured (e.g., Balestra et al. 2007; Maughan et
al. 2008). These observations have shown that the ICM iron metallicity decreases by about
50 per cent from the nearby Universe to z � 1. This increase of metallicity at relatively
recent cosmic epochs can be interpreted as being due either to a fresh production of metals
or to a suitable redistribution of earlier-produced metals. Since SN Ia, which provide a large
contribution to the total iron budget, can release metals over fairly long time scales, the
increase of the iron abundance at z < 1 is not necessarily in contradiction with the lack of
recent star formation in the bulk of cluster galaxies. On the one hand, recent analyses (Ettori
2005; Loewenstein 2006) have shown that the observed metallicity evolution is consistent
with the observed SN Ia rate in clusters (Gal-Yam et al. 2002). On the other hand, a number
of processes, such as stripping of metal enriched gas from merging galaxies (e.g., Calura et
al. 2007) or sinking of highly enriched low-entropy gas towards the cluster central regions
(Cora 2006) may also significantly contribute to the ICM metallicity evolution, through a
redistribution of enriched gas. Indeed, the amount of accreted gas since z = 1 is at least
comparable to that present within the cluster at that redshift. Therefore, the evolution of
the ICM metallicity is expected to be quite sensitive to the enrichment level of the recently
accreted gas. On the other hand, as noted by Renzini (1997), if ram-pressure stripping plays
a dominant role in determining the ICM enrichment, one should then expect to observe
more massive clusters, whose ICM has a higher pressure, to be more metal rich than poorer
systems. In fact, observations do not show this trend and, if any, suggest a decrease of the
iron abundance with the ICM temperature (e.g., Baumgartner et al. 2005).

Cora (2006) used a hybrid approach based on coupling a SAM model of galaxy formation
to a non-radiative hydrodynamical simulation to study the gas dynamical effects which lead
to the re-distribution of metals from the star forming regions. The results of her analysis
are summarised in the metallicity maps shown in Fig. 9. Metals are produced inside small
halos which at high redshift define the proto-cluster region. Since the gas in these halos has
undergone no significant shocks by diffuse accretion, its entropy is generally quite low. This
low-entropy highly enriched gas is therefore capable to sink towards the central regions of
the forming cluster. As a consequence, this leads to an increase of the metallicity in the
regions which mostly contribute to the emissivity, thereby causing a positive evolution of
the observed metallicity.

Nagashima et al. (2005) used a SAM approach, not coupled to hydrodynamical simula-
tions, to predict the evolution of the ICM metallicity. In this case, the evolution is essentially
driven by the low-redshift star formation, since any redistribution of enriched gas is not fol-
lowed by the model. The result of their analysis (left panel of Fig. 10) shows that a very
mild evolution is predicted. A prediction of the evolution of the iron abundance from hy-
drodynamical simulations, which self-consistently follow gas cooling, star formation and
chemical evolution, has been more recently performed by Fabjan et al. (2008). The results
of their analysis are shown in the right panel of Fig. 10, where they are also compared to
the observational results by Balestra et al. (2007). Also in this case, the results based on a
Salpeter IMF are in reasonable agreement with observations, while a top-heavier IMF pro-
duces too high metallicities at all redshifts. Quite interestingly, at low redshift the run with
top-heavy IMF shows an inversion of the evolution. This is due to the exceedingly high star
formation triggered by heavily enriched gas, which locks back in stars a substantial fraction
of the gas metal content in the cluster central regions. This highlights the crucial role played
by star formation in both enriching the ICM and in locking back metals in the stellar phase.
This further illustrates how the resulting metallicity evolution must be seen as the result of
a delicate interplay of a number of processes, which all need to be properly described in a
self-consistent chemo-dynamical model of the ICM.



The Chemical Enrichment of the ICM from Hydrodynamical 397

Fig. 9 Evolution of the iron abundance within 700 h−1 kpc from the centre of a simulated cluster at
z = 1,0.5,0.3,0.2,0.1,0, from upper left to bottom right panel. The maps show the projection of the
mass-weighted iron abundance by number relative to hydrogen, Fe/H, with respect to the solar value (adapted
from Cora 2006)

6 Properties of the Galaxy Population

The physical processes which determine the thermodynamical and chemical properties of
the ICM are inextricably linked to those determining the pattern of star formation in cluster
galaxies. For this reason, a successful description of galaxy clusters requires a multiwave-
length approach, which is able at the same time to account for both the X-ray properties
of the diffuse hot gas and of the optical/near-IR properties of the galaxy populations. In
this sense, the reliability of a numerical model of the ICM chemical enrichment is strictly
linked to its ability to reproduce the basic properties of the galaxy population, such as lumi-
nosity function and colour-magnitude diagram. While the study of the global properties of
the galaxy populations has been conducted for several years with semi-analytical models of
galaxy formation (De Lucia et al. 2004; Nagashima et al. 2005), it is only quite recently that
similar studies have been performed with cosmological hydrodynamical simulations, thanks
to the recent advances in supercomputing capabilities and code efficiency.

As we have already mentioned, hydrodynamical simulations treat the process of star for-
mation through the conversion of cold and dense gas particles into collisionless star particles.
Each star particle is then characterised by a formation epoch and a metallicity. Therefore, it
can be treated as a SSP, for which luminosities in different bands can be computed by re-
sorting to suitable stellar population synthesis models. Since the colours of a SSP are quite
sensitive to metallicity, it is necessary for simulations to include a detailed chemical evolu-
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Fig. 10 The redshift evolution of the iron abundance. Left panel: predictions by different flavours of the
SAM by Nagashima et al. (2005), based on a top-heavy IMF, compared with observational data from different
sources, for clusters within two temperature ranges. Error bars on model predictions are the 1σ scatter over
the ensemble of cluster formation histories. Right panel: comparison between observational data and full
hydrodynamical simulations by Fabjan et al. (2008). Open circles come from the analysis of Chandra data
by Balestra et al. (2007). The shaded area represents the r.m.s. scatter within each redshift interval, while
the error bars are the 1σ confidence level. The filled squares are for a set of four simulated clusters, using
a Salpeter IMF, with temperature kT > 5 keV, with error bars indicating the corresponding 1σ scatter. The
filled triangles refer to only one cluster, out of four, simulated with the top-heavy IMF. In both panels, the
values of the iron abundance have been rescaled to the Solar abundances by Grevesse and Sauval (1998)

tion model in order to reliably compare predictions on optical/near-IR properties of galaxies
with observational data. This approach has been pursued by Kawata and Gibson (2003b),
who performed simulations of elliptical galaxies and by Romeo et al. (2005) and Saro et
al. (2006), who performed simulations of galaxy clusters. The results of these analyses are
summarised in Fig. 11. In the left panels we show the position on the colour-magnitude di-
agram of the elliptical galaxies simulated by Kawata and Gibson (2003b). This plot clearly
indicates that elliptical galaxies are generally much bluer than observed, as a result of an
excess of recent star formation, which is not properly balanced by an efficient feedback
mechanism. Indeed, it is only after excluding the contribution from recently formed stars
that Kawata and Gibson (2003b) were able to obtain ellipticals with more realistic colours.

In the right panels we show the colour-magnitude relation (CMR) of the galaxy popula-
tion of an extended set of clusters simulated by Saro et al. (2006) based both on a Salpeter
IMF and on a top-heavy IMF. Quite apparently, the bulk of the galaxy population traces
a CMR which is consistent with the observed one, at least for a Salpeter IMF. As for the
top-heavy IMF, it predicts too red colours as a consequence of a too high metal content of
galaxies. Also interesting to note, brighter redder galaxies are on average more metal rich,
therefore demonstrating that the CMR corresponds in fact to a metallicity sequence (see
also Romeo et al. 2005). However, a clear failure of these simulations is that the BCGs are
always much bluer than observed. This result agrees with the exceedingly blue colour of
simulated ellipticals shown in the left panels. This is due to an excess of recent star forma-
tion, which, in BCGs of ∼1015M� simulated clusters, can be as high as 500–1000 M� yr−1.
As discussed by Borgani et al. (2008)—Chap. 13, this issue, the presence of overcooling
in cluster simulations manifests itself with the presence of steep negative temperature gra-
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Fig. 11 Left panel: Colour-magnitude relations for the simulations of elliptical galaxies (Kawata and Gibson
2003b), based on a Salpeter IMF, compared to the observational results for the galaxies in Coma (Bower et
al. 1992) (crosses) and for NGC 4472 (open star). The filled square and circle are the results for the reference
runs, whereas the open symbols are when the contribution from stars younger than 2 or 8 Gyr are ignored.
Right panel: the colour-magnitude relation for simulated clusters (symbols). Upper and lower panels refer to
simulations performed with a Salpeter IMF and with the AY IMF, respectively (from Saro et al. 2006). The
big dots are for the BCGs of the simulated clusters. The straight lines indicate the best-fitting relation and the
scatter observed for the Coma galaxies

dients in the central regions. In this sense, wrong BCG colours and temperature profiles in
core regions are two aspects of the same problem, i.e. the difficulty of balancing the cooling
runaway within simulated clusters.

Since all these simulations include recipes for stellar feedback, although with different
implementations and efficiencies, the solution to the overcooling in clusters should be found
in some non-stellar feedback, such as that provided by AGN. Recent studies of the galaxy
properties, based on semi-analytical models, have shown that an energy feedback of the
sort of that expected from AGN, is able to suppress the bright end of the galaxy luminosity
function, which is populated by the big ellipticals residing at the centre of clusters (e.g.,
Bower et al. 2006; Croton et al. 2006). There is no doubt that providing robust predictions
on the properties of the galaxy population will be one of the most important challenges for
simulations of the next generation to be able of convincingly describing the thermo- and
chemo-dynamical properties of the hot gas.

7 Summary

The study of the enrichment pattern of the ICM and its evolution provides a unique means
to trace the past history of star formation and the gas-dynamical processes, which determine
the evolution of the cosmic baryons. In this overview, we discussed the concept of model
of chemical evolution, which represents the pillar of any chemo-dynamical model, and pre-
sented the results obtained so far in the literature, based on different approaches. Restricting
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the discussion to those methods which follow the chemical enrichment during the cosmolog-
ical assembly of galaxies and clusters of galaxies, they can be summarised in the following
categories.

(1) Semi-analytical models (SAMs) of galaxy formation (De Lucia et al. 2004; Nagashima
et al. 2005): the production of metals is traced by the history of galaxy formation within
the evolving DM halos and no explicit gas-dynamical description of the ICM is in-
cluded. These approaches are computationally very cheap and provide a flexible tool to
explore the space of parameters determining galaxy formation and chemical evolution.
A limitation of these approaches is that, while they provide predictions on the global
metal content of the ICM, the absence of any explicit gas dynamical description causes
the lack of useful information on the spatial distribution of metals.

(2) SAMs coupled to hydrodynamical simulations. In this case, the galaxy formation is fol-
lowed as in the previous approach, but the coupling with a hydrodynamical simulation
allows one to trace the fate of the enriched gas and, therefore, to study the spatial distrib-
ution of metals. Different authors have applied different implementations of this hybrid
approach, by focusing either on the role of the chemical evolution model (Cora 2006)
or on the effect of specific gas-dynamical processes, such as ram-pressure stripping and
galactic winds, in enriching the ICM (e.g., Kapferer et al. 2007b). The advantage of
this approach is clearly that gas-dynamical processes are now included at some level.
However, the galaxy formation process is not followed in a self-consistent way from the
cooling of the gas during the cosmic evolution.

(3) Full hydrodynamical simulations, which self-consistently follow gas cooling, star for-
mation and chemical evolution (Valdarnini 2003; Kawata and Gibson 2003b; Romeo
et al. 2005; Tornatore et al. 2007a). Rather than being described by an external recipe,
galaxy formation is now the result of the cooling and of the conversion of cold dense gas
into stars, as implemented in the simulation code. The major advantage of this approach
is that the enrichment process now comes as the result of the star formation predicted
by the hydrodynamical simulation, without resorting to any external model. The bottle-
neck, in this case, is represented by the computational cost, which becomes prohibitively
high if one wants to resolve the whole dynamic range covered by the processes of metal
production and distribution, feedback energy release, etc. For this reason, these simu-
lation codes also need to resort to sub-resolution models, which provide an effective
description of a number of physical processes. However, there is no doubt that the ever
improving supercomputing technology and code efficiency make, in perspective, this
approach the way to study the past history of cosmic baryons.

As already emphasised, developing a reliable model of the cosmic history of metal pro-
duction is a non-trivial task. This is due to the sensitive dependence of the model predictions
on both the parameters defining the chemical evolution model (i.e., IMF, stellar life-times,
stellar yields, etc.), and on the processes, such as ejecta from SN explosions and AGN,
stripping, etc., which at the same time regulate star formation and transport metals outside
galaxies. In the light of these difficulties, it is quite reassuring that the results of the most
recent hydrodynamical simulations are in reasonable agreement with the most recent obser-
vational data from Chandra and XMM-Newton.

In spite of this success, cluster simulations of the present generation still suffer from
important shortcomings. The most important of them is probably represented by the dif-
ficulty in regulating overcooling at the cluster centre, so as to reproduce at the same time
the observed “cool cores” and the passively evolving massive ellipticals. Besides improv-
ing the description of the relevant astrophysical processes in simulation codes, another
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important issue concerns understanding the possible observational biases which compli-
cate any direct comparison between data and model predictions (Kapferer et al. 2007a;
Rasia et al. 2007). In this respect, simulations provide a potentially ideal tool to understand
these biases. Mock X-ray observations of simulated clusters, which include the effect of
instrumental response, can be analysed exactly in the same way as real observational data.
The resulting “observed” metallicity can then be compared with the true one to calibrate
out possible systematics. There is no doubt that observations and simulations of the chem-
ical enrichment of the ICM should go hand in hand in order to fully exploit the wealth of
information provided by X-ray telescopes of the present and of the next generation.
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1 Introduction

A convergence of recent theoretical and observational work has generated rapidly growing
interest in the physics of a highly ionised intergalactic medium (IGM). At low redshifts, this
phase of the IGM likely holds the balance of the baryon mass density not accounted for
by the mass densities in stars, diffuse gas in galaxies, the local Lyα forest, the Intracluster
Medium (ICM) in galaxy clusters and groups, etc. (Fukugita and Peebles 2004). Model
calculations suggest that in fact the baryon density in the IGM could indeed be comparable to
the summed baryon densities of the known mass components, as would be required to reach
the baryon density determined using independent arguments (big bang nucleosynthesis and
the measured abundances of the light elements, and the measured fluctuation spectrum of
the cosmic microwave background).

It is clear that the study of non-equilibrium phenomena in the low-redshift diffuse inter-
galactic medium, both within and outside bound structures, can produce a wealth of infor-
mation on a large range of important astrophysical problems, ranging from the formation of
galaxies to the generation of the first dynamically important magnetic fields. In this paper,
we will attempt to summarise the requirements and prospects for significant progress on
the observational study of these phenomena, considered in the light of planned or proposed
instrumentation. We begin with a slightly abstract discussion of required and desired instru-
mental capabilities (spectral resolution, sensitivity, etc.), before we consider specific future
or proposed instruments.

2 X-ray and UV Spectroscopy of the ICM and IGM

2.1 Imaging Spectroscopy (Emission Line Imaging)

Imaging X-ray spectroscopy will play a crucial role in the study of non-equilibrium phenom-
ena in highly ionised diffuse media. High spectroscopic resolution is a requirement here,
not only for the measurement (if possible) of velocity fields and the application of standard
emission line plasma diagnostics, but also simply as a means to separate extragalactic emis-
sion from the bright and rich foreground emission from hot gas in and around our Milky
Way Galaxy, the (time variable) contribution from geocoronal and heliospheric charge ex-
change excitation by the Solar wind (Wargelin et al. 2004) and to suppress the continuum
background from unresolved point sources and non-X-ray instrumental backgrounds.

To start with the latter point (suppression of continuum backgrounds for the detection
of line emission from highly ionised species in the WHIM), we need a rough estimate for
the expected emission line intensity; the extragalactic background intensity in the soft X-ray
band (below 653 eV, corresponding to O VIII Lyα at z = 0) can be inferred from an extrapo-
lation of the smooth isotropic background above 1 keV. We assume that the emission is dom-
inated by collisional excitation, ignoring the recombination-excited contribution, as well as
the contribution from resonant excitation by the X-ray background continuum (Churazov
et al. 2001). Even though the oxygen ionisation balance is probably largely determined by
X-ray photoionisation, the line emission rate will respond strongly to heating of the gas, as
it passes through the structure formation shocks. As far as oxygen is concerned, the WHIM
is a hybrid medium, with the ionisation provided by photons, but the cooling (line emission)
provided by electron collisions.



Future Instrumentation for the Study of the Warm-Hot Intergalactic 407

A simple estimate for the expected intensity in the resonance lines of O VII and O VIII is
thus

〈I 〉 ∼ 1

4π
〈n2

e〉l Afi Sij (Te) (1)

= 1

4π
C〈ne〉2l Afi Sij (Te) photons cm−2 s−1 sr−1, (2)

with A the absolute elemental abundance, fi the fractions of atoms in the relevant ionisation
state, l the path length, C the clumping factor (C ≡ 〈n2〉/〈n〉2). From explicit simulations
(see for instance Davé et al. 2001), we estimate the clumping factor C ∼ 100. The average
should really be carried out explicitly over redshift as well, since the WHIM rapidly evolves
at small redshift.

Sij (Te) ≡ 〈σ(v)v〉 is the thermal average of the collisional excitation cross section σ(v)

times the electron-ion velocity v. A useful discussion of thermal collisional excitation rates
is given by Mewe (Mewe 1999; his Sect. 8.1; see also Kaastra et al. 2008—Chap. 9, this
issue). Very roughly, for a H-like ion, the absolute collision cross section is of order πa2

0/Z
2

(a0 is the Bohr radius, Z the nuclear charge). For electron temperatures small compared
to the excitation energy (which is what we are dealing with here), a strong temperature
dependence in 〈σ(v)v〉 results from the small, strongly temperature-dependent fraction of
the electrons that have sufficient energy to excite the ions. The steep functional dependence
of Sij (Te) is almost entirely determined by the temperature dependence of this fraction.
Mewe (1999) gives very useful numerical expressions for the excitation rates, as well as
references to more detailed, precise data. We use these precise rates in our estimate for
〈I 〉, since the analytical approximations, while nicely reproducing the functional shape of
the temperature dependence, fail in absolute value by more than an order of magnitude for
electron temperatures far below threshold.

For the O VIII Lyα and O VII resonance lines, a very rough estimate for the rate is plotted
as a function of electron temperature in Fig. 1. We have assumed one-tenth Solar abundance,
fi = 0.5 for both ions (at the low densities characteristic of the average WHIM, the ionisa-
tion fractions have to be calculated from the photoionisation balance and depend mostly on
density rather than on electron temperature; strictly speaking, fi should have been taken in-
side the average for the density), and l = 1

3 c/H0, with H0 the Hubble constant, as suggested
by the simulations (the WHIM does not rise until after redshifts z ∼ 1 (Davé et al. 2001), and
the integral will of course be weighted towards the higher densities, at the smaller redshifts).

This faint line emission has to be detected against at least the extragalactic continuum
background (assuming it is largely unresolved, and that the background is dominated by the
astrophysical background). If we adopt an average background continuum intensity of ≈ 40
photons cm−2 s−1 sr−1 keV−1 at E ∼ 0.5 keV (see McCammon and Sanders 1990, their
Fig. 12), we need an energy resolution of order �E � 2–3 eV at 0.5 keV in order to keep
the continuum background in a spectral resolution element comparable to the emission line
count per resolution element. Obviously, higher contrast in emission line images requires
higher spectral resolution.

The soft background (E � 1 keV) is largely dominated by the foreground emission from
our Galaxy and its immediate environment. As was dramatically demonstrated by the Wis-
consin/Goddard X-ray Quantum Calorimeter (XQC) rocket experiment (McCammon et al.
2002), most of this ‘foreground’ emission is in emission lines, dominated by the O VII

and O VIII n = 1–2 resonance lines. But normalising simple models for the emission from
Te ∼ 106 K, Solar abundance gas to the measured emission line intensities indicates that
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Fig. 1 Average photon count
rates from the WHIM in the O VII

n = 1–2 triplet (dotted line) and
O VIII Lyα (solid line) lines, as a
function of electron temperature.
See text for explanation

there will be numerous weaker foreground lines, between which the weak redshifted, extra-
galactic emission lines will have to be detected. This will likely be impossible with data that
does not at least have a resolution of �E � 2 eV. For an impression of what the foreground
spectrum might look like, see Fig. 13 in Kaastra et al. (2008)—Chap. 9, this issue. Note
that due to the complexity of this foreground, convincing detection and interpretation of the
extragalactic line emission will likely depend on a sophisticated simultaneous analysis of
the Galactic emission.

As far as spectroscopic diagnostics are concerned, at �E � 4–5 eV, the important He-like
O VII n = 1–2 triplet is resolved. Resolving the thermal width of oxygen emission lines will
require a very high resolving power R � 1.3 × 104(T /106 K)−1/2. More likely, the velocity
dispersion observed in a finite spatial volume will be dominated by turbulence and bulk
motion in the WHIM, with characteristic amplitude probably several 100 km s−1, which
is resolved at �E � 0.2 eV in observations in which the individual WHIM filaments are
spatially just resolved.

The predicted emission line intensities are very small, and an equally important instru-
ment characteristic is the grasp (product of field of view � and effective area A) of the imag-
ing spectrometer. With an intensity of ∼ 0.1 photons cm−2 s−1 sr−1, one gets less than 10
counts in 106 s of exposure if the grasp is smaller than A� ∼ 10−4 cm2 sr, or 0.3 cm2 deg2.
For an effective mapping and true physical characterisation of the WHIM (as opposed to
a single detection experiment), one probably needs at least two orders of magnitude larger
grasp.

From the large scale structure/hydrodynamics simulations, the characteristic cross sec-
tion of the WHIM filaments is about 10 Mpc, which spans an angle of ∼ 10−2 rad, or half a
degree, at redshift z = 0.3. To purely resolve the WHIM structure, the angular resolution re-
quirements therefore appear to be modest; instead, you need a large field of view of order at
least a square degree to effectively map the structure. But low angular resolution, apart from
contaminating the signal with unresolved point sources, will also introduce ambiguity in
the precise location of the emitting ions with respect to other components of the large scale
structure. At angular resolution �θ � 1–2 arcmin, one can no longer distinguish truly dif-
fuse intergalactic metal line emission, from emission due to small-scale galactic winds (and
the interpretation of the data would involve assuming an explicit, complete model for the
galactic feedback on the IGM). Finally, in addition to angular resolution requirements, any
proposed optical system will also have to satisfy a contrast (or dynamic range) requirement:
if too large a fraction of the photons are reflected or scattered far from the image core (i.e.
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large wings on the point source response function), bright clusters in an image will outshine
the faint WHIM emission. This may be a non-negligible problem, since the core densities of
clusters and the average densities of the WHIM differ by a factor � 10–30, which result in
a surface brightness contrast of a factor of up to 1000.

At the time of writing, a number of CCD-based imaging experiments, on the Chandra,
XMM-Newton, and Suzaku observatories, are producing data. The spectral resolution is lim-
ited to �E � 50 eV, which makes it possible to discern and partially resolve C VI, N VII,
O VII and O VIII, and Fe XVII line emission, but not without a model for contaminating fore-
and backgrounds. Much more promising are imaging arrays of cryogenic spectrometers (mi-
crocalorimeters and Super Conducting Tunnelling Junctions, STJ), and such instruments are
part of the baseline for the Constellation-X and XEUS observatories (for general descriptions
of the operational principles of these types of detector, see for instance Enss 2005). In ad-
dition, dedicated soft X-ray, wide field microcalorimeter-based experiments have been pro-
posed with the explicit aim of finding and characterising the WHIM (DIOS, NEW, EDGE).
A brief description of these future instruments follows.

Both Constellation-X1 (NASA), and XEUS2 (ESA) are designed as general facilities,
with a wide energy band, up to 10 keV (and a hard X-ray telescope above 10–15 keV, on
Constellation-X), and, consequently, a rather long focal length and relatively small field
of view (10 m focal length and F/8 focal ratio for Constellation-X; 35 m focal length for
XEUS and ∼ F/10 focal ratio for XEUS). In the Constellation-X focal plane, an array of mi-
crocalorimeters provides imaging spectroscopy. In the baseline designs, the microcalorime-
ters are of the Transition Edge Sensor (TES) variety, with a design energy resolution goal of
�E = 2 eV. The field of view is approximately 5 arcmin in diameter, and the spectrometer
has an effective area of ≈ 1 m2 at sub-keV energies, achieved by flying four identical tele-
scopes in parallel. Constellation-X also has a novel reflection grating spectrometer, which
can be applied to high resolution spectroscopy of point sources. XEUS has been designed
with two different types of cryogenic spectrometers in mind, Superconducting Tunnelling
Junctions and TES microcalorimeters; the latter are currently the baseline. The energy reso-
lution goals are 1 eV (STJ) and 2 eV (TES). The field of view of the cryogenic spectrometer
will be approximately 0.75 arcmin diameter, with an effective area ∼ 5 m2 at low energies.
Note that all cryogenic spectrometers need extensive blocking of UV/optical/infrared radi-
ation, and the possible beam filters all have considerable low energy X-ray photoelectric
absorption, resulting in sensitivities that steeply decline with decreasing photon energy. The
effective areas listed above therefore are no more than easy reference numbers; for detailed
sensitivity calculations, be sure to consult the relevant observatory technical information.

From the above characteristics, it is clear that the cryogenic imaging spectrometers on
Constellation-X and XEUS will have sufficient energy resolution, but that their efficiency is
limited. The relevant grasps are ∼ 50 cm2 deg2, and ∼ 6 cm2 deg2 for Constellation-X and
XEUS, respectively. Note that these figures do not include the transmission of the optical
blocking filters, which lowers the grasps by factors of a few at the X-ray energies of interest.
In addition, the fields of view are not ideally matched to the problem. We will probably see
line emission from the WHIM in (possibly) most deep observations, but only from a series
of individual lines-of-sight.

By contrast, there has also been a number of proposals for smaller missions, that aim at
detection of the WHIM line emission with a dedicated wide field of view, short focal length,

1http://constellation.gsfc.nasa.gov/.
2http://www.rssd.esa.int/index.php?project=XEUS&page=index.

http://constellation.gsfc.nasa.gov/
http://www.rssd.esa.int/index.php?project=XEUS&page=index
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high spectral resolution, soft X-ray imaging spectrometer. These characteristics (with the
exception of the spectral resolution) are interlocking: a short focal length promotes sensitiv-
ity to faint emission against non-astrophysical background, allows a large field of view, but
limits the energy response to low X-ray energies (which is ideal for study of the WHIM).
Coupled with a high resolution imaging spectrometer, this is the natural design for study
of extended diffuse faint soft X-ray line emission. We will therefore describe these mission
concepts in somewhat greater detail.

The Diffuse Intergalactic Oxygen Surveyor (DIOS) concept originated in Japan (Ohashi
et al. 2006). It is built around an imaging array of TES microcalorimeters, with an energy
resolution of 2 eV, a 50 arcmin diameter field of view, an effective area in the O K band of
> 100 cm2, which gives a grasp of order 100 cm2 deg2. The mission lifetime should be > 5
yrs. With this grasp and field of view, the WHIM should clearly come into view; the total
fraction of the baryonic mass density probed could be as high as 20 %.

A similar concept was studied by the Dutch: NEW, or the Netherlands Explorer of the
Web (den Herder et al. 2006). In outline, it is very similar to DIOS. It has a 242 array of
TES microcalorimeters, viewing a 1 × 1 deg2 field of view at 2 eV energy resolution. The
effective area is substantially larger than DIOS, with a 500 cm2 baseline design in the O K
band.

Other proposed missions incorporate the imaging spectroscopy of the high-ionisation
metal emission lines with arrays of cryogenic spectrometers, but complement this with ab-
sorption line spectroscopy (Estremo and EDGE). For convenience, we will discuss these
missions below, in the section on X-ray absorption spectroscopy.

Finally, the broad Hydrogen Lyα absorption lines discussed in Richter et al. (2008)—
Chap. 3, this issue, trace the (small) neutral H content of the highly ionised medium. One
can search for the corresponding faint Lyα emission lines, which would have to be done
with a high-resolution UV imaging spectrometer. Work is proceeding on a balloon-borne
experiment, to perform a first survey of line emission in the 2000–2200 Å band; this band
is accessible from a balloon, and is limited by strong atmospheric absorption on either end
(FIREBALL, or Faint Intergalactic Redshifted Emission BALLoon3). With a proven spec-
trometer concept, a survey from space could then follow up at shorter wavelengths. The
2000–2200 Å window contains H Lyα λ1216 Å at z = 0.7, C IV λ1550 Å at z = 0.36, and
O VI λ1033 Å at z = 1.0. The instrument, based on an echelle spectrograph, images ap-
proximately 200 × 200 arcsec2, and can send the light of 20 individual, contiguous 7 arcsec
wide strips through the spectrograph. The resolving power set by the 7 arcsec slit size is
R = 8000 in the first version of the instrument. The sensitivity is such that a diffuse Lyα in-
tensity of ∼ 500 photons cm−2 s−1 sr−1 can be detected in a single night, which corresponds
to emission from regions of overdensity δ ∼ 300–1000.

2.2 Absorption Line Spectroscopy

2.2.1 Ultraviolet

As discussed by Richter et al. (2008)—Chap. 3, this issue, UV absorption spectroscopy of
intervening hydrogen and metal absorbers currently represents the most sensitive method
to study the statistical and physical properties of warm-hot intergalactic gas at low redshift.
During the last years, UV spectra of several low-redshift QSOs obtained with the Far Ul-
traviolet Spectroscopic Explorer (FUSE) and the Space Telescope Imaging Spectrograph

3http://www.srl.caltech.edu/sal/igm_project.htm.

http://www.srl.caltech.edu/sal/igm_project.htm
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(STIS) aboard the Hubble Space Telescope (HST) have been used to study the properties
of WHIM absorbers in great detail. By now, however, both instruments unfortunately are
out of commission due to technical problems and therefore additional UV observations of
the WHIM have to await future space-based UV instruments, which are discussed in the
following.

While the spectral resolution of the former FUSE and STIS UV spectrographs (R ≈
20 000–45 000) were sufficient to reliably identify and analyse absorption features from the
WHIM at low redshifts (in contrast to current X-ray spectrographs; see Richter et al. 2008—
Chap. 3, this issue), the most important requirement for the next-generation UV spectro-
graphs is a substantial gain in sensitivity. Only with more sensitive UV instruments will
it be possible to achieve better statistics on the distribution and properties of WHIM ab-
sorbers along a large number of QSO sightlines at low and intermediate redshifts and to
obtain spectra with higher signal-to-noise ratios. The latter aspect, in particular, is crucial
to minimising systematic errors in the data analysis and interpretation of the UV absorption
signatures.

Fortunately, the next UV spectrograph most likely will become available already in late
2008, when the Cosmic Origins Spectrograph (COS) will be installed on HST during the
fifth and final service mission (SM−5) of HST (note that SM−5 is nothing but the re-
instated SM−4 that was cancelled in 2004). SM−5 (flight STS−125) currently is sched-
uled for August 7, 2008 (see www.nasa.gov for regular updates on the NASA space shuttle
launch schedule). COS is designed for high throughput, medium-resolution (R ∼ 20 000)
spectroscopy of point sources in the UV wavelength range. The COS instrument has two
channels, a far-UV channel covering 1150–1775 Å, and a near-UV channel operating in
the range 1750–3000 Å. The COS instrument has been built with maximum effective area
as primary constraint. It will provide a gain in sensitivity of more than one order of mag-
nitude compared to STIS and other previous spectrographs (e.g., GHRS) installed on the
HST. COS is therefore expected to deliver a large number of high-quality spectra of low-
and intermediate-redshift QSOs and AGN. These data will allow us to better understand the
baryon budget and physical conditions in intervening O VI systems and broad Ly α absorbers
(BLAs) and the space distribution of warm-hot intergalactic gas in relation to galactic struc-
tures. Note that it is also planned to repair STIS during the same service mission, so that
there will be two powerful UV spectrographs with different spectral capabilities available at
the HST at the same time.

Next to the COS and STIS instruments aboard the HST, there possibly will be another
powerful UV instrument available at the beginning of the next decade. The Russian-led
World Space Observatory (WSO) is an independent UV space telescope and is designed to
represent an international follow-up of the HST mission. Next to Russia, other countries such
as China, Spain, Italy, Germany are also involved in the WSO project and partly contribute
with either money and/or instrumentation. The WSO will be equipped with a 1.7 m primary
mirror, two high-resolution spectrographs with R ∼ 50 000–55 000 operating in the FUV
and UV wavelength bands 1020–1720 Å, and 1740–3100 Å, and a low-resolution spectro-
graph (R ∼ 2 500) for the range 1020–3100 Å (for details and further information see WSO
homepage).4 A big advantage of the WSO is that it represents an instrument entirely ded-
icated to the UV range. This will enable observers also to aim for long integration times
of relatively faint (i.e. distant) UV background sources without facing competition with ob-
servers in other wavelength bands (as is the case for COS on HST, for instance). In addition,

4http://wso.inasan.ru.

http://wso.inasan.ru
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WSO observations of intermediate-redshift QSOs will be particularly important to search
for moderately redshifted WHIM EUV absorption from Ne VIII and Mg X (see Richter et al.
2008—Chap. 3, this issue, Sect. 2.2.1) that can be observed in the WSO FUV band. Conse-
quently, the WSO will represent another very powerful UV instrument to study ultraviolet
absorption signatures of the WHIM at low and intermediate redshift.

Next to STIS, COS, and the WSO, which by now represent approved science missions,
there are various future mission concepts for space-based UV instruments, for instance as
part of NASA’s Origins Program.5 Among these concepts, the Baryonic Structure Probe (PI:
Kenneth Sembach, STScI) and the High Orbit Ultraviolet-visible Satellite (HORUS; PI: Jon
Morse, Arizona State University) represent particularly interesting concepts for future UV
observatories, as these instruments would be able to investigate warm-hot intergalactic gas
in the ultraviolet in both absorption and emission.

2.2.2 X-ray

As discussed in Richter et al. (2008)—Chap. 3, this issue, detecting X-ray line absorption
from the highly ionised light- and medium-Z elements in the WHIM (in practice, C, perhaps
N, O, Ne, perhaps Fe) is challenging, due to the fact that the expected equivalent widths are
very small, as well as to the fact that the absorption is expected to be sparse, at any spec-
trometer sensitivity currently foreseen. The absorption will be sparse in two senses: a single
absorbing filament of WHIM gas will produce only one, or at most a few absorption lines;
and on any line of sight to a bright, distant background continuum source we expect to be
able to see only of order a few filaments at most. It is conceptually somewhat misleading to
refer to the intergalactic X-ray absorption lines as the ‘X-ray Forest’ counterpart to the Lyα

Forest (Hellsten et al. 1998). Nevertheless, X-ray absorption spectroscopy of the WHIM
complements study of its line emission in very important ways: the sensitivity of absorption
spectroscopy, for a given spectrometer sensitivity, only depends on the continuum flux of the
background source, and, given sufficiently bright sources, studying the WHIM in absorption
is potentially more sensitive to small column density filaments, as well as more distant fil-
aments. Detecting the line emission from distant and/or low-density filaments will always
be difficult. Finally, it is possible in principle to build (very) high resolution slitless grating
spectrometers for point-source spectroscopy, and one could study the velocity structure (and
hence the physical structure) of individual filaments, and the relation between, for instance,
Lyα and O VI absorbers, and more highly ionised X-ray absorbers. Performing similarly
high resolution diffuse emission line spectroscopy will probably be even much harder. On
the other hand, given the sparseness of suitable backlighter sources, the absorption spec-
troscopy will most likely not reveal much about the full 3D topology of the WHIM, as the
emission line imaging naturally does.

Detecting the weak X-ray absorption lines will require high spectral resolution and high
sensitivity, the latter to ensure a sufficiently large number of photons per resolution element,
as well as to make sure sufficiently weak (and therefore numerous) sources can be used,
thereby covering both the sky as well as providing enough redshift depth. The appropriate
scale for the spectral resolution is set by the thermal width of the lines. In the worst case
(no large scale or turbulent velocity fields) the C, N, O, and Fe resonance lines will rapidly
saturate, and the equivalent width will approximately stall at the value it attains at the thermal
width. The thermal width, expressed as the Gaussian velocity dispersion, is σv = √

kT /mi =

5http://www.nasa.gov/home/hqnews/2004/jul/HQ-04246_mission_concepts.html.

http://www.nasa.gov/home/hqnews/2004/jul/HQ-04246_mission_concepts.html
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22(T /106 K)1/2 km s−1 for oxygen ions. In Kaastra et al. (2008)–Chap. 9, this issue (their
Fig. 9), we show the curve of growth for O VII and O VIII resonance lines; at the thermal
width, these first saturate at equivalent width Wλ ≈ 4 mÅ, which corresponds to a resolving
power of 5000. The equivalent number for the resolution in energy measure is �E ≈ 0.1 eV.

In Richter et al. (2008)—Chap. 3, this issue, we reproduced a cumulative probability
distribution, derived from large scale structure/hydrodynamics simulations, for the O VII

and O VIII column densities. At equivalent width Wλ = 4 mÅ, the expectation value for
the number of filaments per unit redshift producing that EW or larger on a random line of
sight is approximately dN/dz ≈ 3. A requirement for a future experiment could therefore
be phrased as ’the capability to detect � 4 mÅ equivalent width absorption lines in multiple
high redshift (z � 1) continuum sources’.

The grating spectrometers on Chandra and XMM-Newton do not have sufficient resolu-
tion; they have �λ ≈ 50 mÅ at 20 Å (the Chandra HETGS has better resolution, but only
very limited efficiency in the O K band). The results of searches on very bright targets with
these instruments are described in Richter et al. (2008)—Chap. 3, this issue.

The imaging X-ray spectrometers discussed above can also be used for absorption spec-
troscopy, of course. The relatively coarse energy resolution (�E ∼ 1–few eV) is not better
than the resolving power we currently have with the grating spectrometers on Chandra and
XMM-Newton (�λ = 0.05 Å corresponds to �E = 1.5 eV at 20 Å), and the improvement
in sensitivity would come entirely from the larger effective area. In order to significantly
improve our understanding of the WHIM by X-ray absorption spectroscopy with practica-
ble cryogenic spectrometers, the effective area should therefore be appreciably larger than
those of the Chandra and XMM-Newton grating spectrometers. Nevertheless, a survey based
on moderate sensitivity spectroscopy of, roughly speaking, the extragalactic sources in the
4U catalog is not likely to produce much relevant information, beyond bare detection of the
WHIM.

Even though the energy resolution of the microcalorimeter spectrometer envisioned for
XEUS is not ideal for the intergalactic absorption spectroscopy, pointing 5 m2 of spectro-
scopic effective area at a bright continuum source will of course produce a very high signal-
to-noise continuum, in which absorption lines of equivalent width well below the formal
spectroscopic resolution will be detectable in principle. The recent attempts with the grating
spectrometers on Chandra and XMM-Newton under similar circumstances have illustrated
how important a very detailed understanding of the continuum sensitivity of the spectrome-
ter is; in fact, in practise this understanding could well be the ultimate limiting factor on the
sensitivity, not the photon counting fluctuations or background characteristics. The goals for
intergalactic absorption spectroscopy with XEUS have been summarised by Barcons (2003):
a spectrum on each of about 50 AGN at redshifts z � few tenths, sensitive enough to detect
oxygen resonance absorption lines of equivalent width ∼ 0.4 eV.6

Using the microcalorimeter spectrometer on Constellation-X for absorption spectroscopy
faces a similar problem, since the projected energy resolution is very similar to that for
XEUS. But the baseline design for the observatory includes a reflection grating spectrometer
with substantially higher spectral resolution (though smaller effective area; Cottam et al.
2006). The baseline design calls for a resolving power of at least 300 at 20 Å, with a goal
of 3000. The effective area should exceed 1000 cm2, so that the sensitivity should be at
least a factor 10 higher than currently reachable with the Reflection Grating Spectrometer

6For a recent update, see the XEUS Science Requirements Document, 4th edition, http://www.
rssd.esa.int/index.php?project=XEUS&page=Multimedia, p. 11.

http://www.rssd.esa.int/index.php?project=XEUS&page=Multimedia
http://www.rssd.esa.int/index.php?project=XEUS&page=Multimedia
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on XMM-Newton. This is illustrated graphically on the Constellation-X website;7 but note
that the prominent absorption line in that figure (which presumably displays the capability
of the Constellation-X grating spectrometer) is the O VII n = 1–2 resonance line at redshift
z = 0 (from gas in a putative hot halo of our Galaxy and/or the intragroup medium of the
Local group), which has an equivalent width of ≈ 13 mÅ (Williams et al. 2005; Rasmussen
et al. 2007), a factor 3 larger than the strongest true intergalactic absorption lines we expect.

The problem of a sufficiently large population of suitably bright point sources at non-
trivial redshifts can be solved by using a ‘renewable’ set of sources: gamma-ray burst after-
glows. If one catches the afterglow early enough, the cumulative fluence over the course of
the burst decay compares favourably with the fluence of the brightest extragalactic steady
sources, observed over a similar time interval. There is no limit to the number of sources
this way; moreover, GRB happen to originate on average at fairly high redshift (z � 1),
which is ideal for the WHIM problem. But in order to take advantage of these characteris-
tics, one needs to be able to point at a GRB afterglow literally within a matter of minutes.
The Pharos;8 (Elvis and Fiore 2003) and Estremo (Piro et al. 2006) mission concepts build
on the all-sky GRB monitoring and rapid repointing scheme first employed by Swift. Pharos
employs a relatively short focal length, moderate angular resolution soft X-ray telescope to
feed high reflectivity, high dispersion reflection gratings, of the so-called off-plane variety
(see for instance McEntaffer et al. 2004), and reading out in the third spectral order. The
spectrometer is designed to reach the thermal width of the oxygen absorption lines (∼ 4 mÅ
at 20 Å). Estremo, instead, relies on non-diffractive spectroscopy, with an array of TES
microcalorimeters.

More recently, the Estremo, NEW, and DIOS ideas have tentatively been merged into a
new proposal to ESA’s Cosmic Vision program, under the name EDGE (Piro et al. 2007;
Explorer of Diffuse emission and Gamma-ray burst Explosions). The EDGE concept relies
on rapid repointing to perform absorption spectroscopy on gamma-ray burst afterglows, with
a TES-microcalorimeter-based spectrometer, with baseline energy resolution �E = 3 eV.
The same array of microcalorimeters views an area of 0.7 × 0.7 deg2 of the sky, with an
effective area of 1000 cm2, which translates to a grasp of 500 cm2 deg2. With this instrument,
the observatory will carry out an imaging soft X-ray emission line survey as part of its
core mission; part of the available exposure time will be dedicated to imaging the WHIM
on lines of sight for which there is a significant absorption spectrum. There is compelling
scientific rationale for combining absorption and emission spectroscopy. If nothing else,
determining both the optical depth and the emission measure in a given transition gives a
rough measurement of linear size and ion density of the system; with assumptions on the
atomic abundance, one can derive the total density. This, the largest and most ambitious
of the various proposed WHIM experiments, will probe9 a significant fraction of the phase
plane of the low-density IGM at z � 1 (see Fig. 2).

2.3 Comparisons

We will attempt to summarise the capabilities of the specific X-ray instrumentation dis-
cussed above in a single graph. The sensitivity to detection of either weak emission or ab-
sorption lines will roughly scale as (A�/�E)1/2, with A and � the effective area and field

7http://constellationx.nasa.gov/science/missing_baryons/whim.html.
8http://hea-www.harvard.edu/~elvis/Pharos_GSFC_Aug06.pdf.
9Or rather, could have probed; ESA did not select the concept for the Cosmic Vision program in the Fall of
2007.

http://constellationx.nasa.gov/science/missing_baryons/whim.html
http://hea-www.harvard.edu/~elvis/Pharos_GSFC_Aug06.pdf
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Fig. 2 Phase diagram of the intergalactic medium at z < 0.2. The dots are values of electron temperature and
overdensity recorded in the computational volume of a large scale hydrodynamics simulation for z < 0.2; the
various colours indicate different characteristic components of the diffuse gas: the warm, photoionised Lyα

forest, the gas in virialised structures (groups and clusters), and the cool gas in (star-forming) galaxies. The
WHIM-like points are black and dark blue. The dark blue points indicate the region of the density/temperature
plane that will be probed in emission by the cryogenic imaging spectrometer on EDGE; the purple dots
indicate the region that can be probed in absorption towards bright GRB afterglows in a 3 year core mission.
From Piro et al. (2007)

Fig. 3 A figure of merit for the
detection of faint line absorption
or emission from the WHIM, in
the statistics-limited regime, the
square root of the grasp divided
A� by the spectral resolution
�E, in units
(m2 arcmin2 eV−1)0.5, versus
spectral resolution �E, for a
number of planned and currently
operating X-ray imaging
spectroscopic observatories

of view, and �E the spectral resolution, for the purely counting statistics-dominated case.
For each of the instruments, we plot this figure of merit against the spectral resolution in
Fig. 3. We argued that the requirements for detecting WHIM emission or absorption limit
the viable experiments to the region �E < 2 eV, A� > 30 cm2 deg2, or (A�/�E)1/2 > 2.3
m arcmin eV−1/2. That shows that the future large observatories XEUS and Constellation-X
are right at the lower end of the requirements; a large dedicated experiment such as EDGE
has the required capability.



416 F. Paerels et al.

Fig. 4 Phase diagram for oxygen in the IGM at redshift z = 0. Density is parameterised as δ = ρ/〈ρ〉. The
various boundaries separate regimes under which a certain process does, or does not attain equilibrium over
a Hubble time. Critical boundaries for kinetic and thermal equilibrium are: the solid line in the upper left
hand corner labelled ‘tei < tH’ indicates where electron and proton fluids reach kinetic equilibrium (proton
temperature equal to electron temperature) in a Hubble time (tH): at low density and high temperature, such
equilibrium does not obtain. Low density gas will not radiatively cool over a Hubble time to the left of
the boundaries marked ‘tcool > tH’; the three curves are labelled with the metallicity, Z, expressed as a
fraction of Solar metallicity. The cooling time was calculated for collisionally ionised gas. The solid curve
labelled ‘adiabatic evolution’ indicates the locus of gas that has only undergone adiabatic compression or
expansion since high redshift (initial condition Te ∼ 104 K); all shock-heated gas will be above this line
right after passing through a shock. Critical boundaries for the ionisation equilibrium of oxygen are: the
shaded area in the upper right hand corner indicates the regime where the collisional ionisation timescale is
shorter than the photoionisation timescale, for ionisation O VIII→O IX (O7+ →O8+). The two boundaries
labelled ‘tcoll < tH’ indicate where the collisional ionisation timescale becomes shorter than the Hubble
time. At lower temperature, the ionisation balance cannot be in (collisional) equilibrium. Upper (solid) curve
is for ionisation O VII→O VIII (O6+ →O7+), lower (dashed) curve for O VI→O VII (O5+ →O6+). The
steep solid curve labelled ‘trec(Oxygen) > tH’ indicates where the radiative recombination timescale (O IX→
O VIII or O8+ →O7+) exceeds the Hubble time (no recombination at low densities)

2.4 Spectroscopy: A Warning

It has been emphasised throughout the papers in this issue that advancing our understanding
of the low-density IGM (outskirts of clusters and the WHIM) means: determining the phys-
ical properties (density, temperature, abundances, possibly velocity fields) of the medium
to an accuracy sufficient to uniquely trace total mass and thermodynamical/enrichment his-
tory. A mere detection, and a rough determination of the total mass density in the WHIM,
is not sufficient motivation to warrant the (potentially large) expenditure of funds and other
resources on the experiments required to address this problem. Also, a proper study of the
astrophysics of the low-density, highly ionised IGM naturally complements studies in other
fields (galaxy formation and evolution, signatures of cosmic feedback from star formation
and supermassive Black Holes, maybe even reionisation) and therefore forms a natural com-
ponent of modern astrophysics.

We therefore emphasise again the importance of high resolution spectroscopy, spatial
resolution, and sky coverage. Below, we reproduce the phase diagram of metals in the low-
density IGM at z ∼ 0, as shown in Bykov et al. (2008), to emphasise the fact that mea-
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surements and conclusions based on simple assumptions concerning the physical state of
the metals in the highly ionised IGM are likely to yield biased and unreliable results. For
instance, even detection of both an O VII n = 1–2 resonance absorption line as well as a cor-
responding O VIII Lyα absorption line from a single filament, does not uniquely translate
into an electron temperature, unless one knows what the dominant ionisation mechanism is.
And in fact, it is quite possible that the ionisation balance between H- and He-like oxygen
has not reached equilibrium in the filament under study, if its density is very low. Likewise,
at limited spatial resolution, we may confuse the topology of line emitting and absorbing
gas, relative to the distribution of galaxies, and our images are confused by metals freshly
injected into the IGM by actively star-forming galaxies. Finally, at limited sensitivity, we
will collect a sample of absorption line measurements and emission line images that will
necessarily be biased towards the most massive filaments (the emission line images even
more so than the absorption line detections), as well as the most nearby ones (in emission).
Given the very large spread in density, temperature, and enrichment expected in the WHIM,
we should keep in mind that sampling the properties of the most massive, densest phases of
the medium is highly biased, and our measurements should reach well below these ’tips of
the iceberg’ before we can claim to have characterised the WHIM.

3 Hard X-ray and γ -ray Emission

We conclude with a brief, non-exhaustive description of future instrumentation for the detec-
tion of hard X-ray and γ -ray emission associated with nonthermal processes, as described in
Petrosian et al. (2008)—Chap. 10, this issue. The potential of GLAST for detection of high
energy γ -rays is briefly addressed in this latter reference; here, we concentrate on detection
of hard X-ray emission (traditionally approximately the 10–100 keV band). The challenge
is to detect faint, extended diffuse emission over a large (� several arcminutes) field of view
in the presence of strong detector backgrounds. Traditionally, instruments in this band have
operated with collimators or coded masks, because it is difficult to focus hard X-rays for
true imaging. However, the coming generation of hard X-ray experiments is built around
innovative focusing optics, which promises much higher contrasts for astrophysical sources,
and the detection of hard nonthermal emission from clusters is one of the primary science
areas for these new instruments.

Simbol-X is a hard X-ray mission, operating in the 0.5–80 keV range, proposed as a
collaboration between the French and Italian space agencies with participation of German
laboratories for a launch in 2013 (Ferrando et al. 2006). Relying on two spacecraft in a
formation flying configuration, Simbol-X uses a 20–30 m focal length X-ray mirror to focus
X-rays with energies above 10 keV, resulting in over two orders of magnitude improvement
in angular resolution and sensitivity in the hard X-ray range with respect to non-focusing
techniques. The field of view of the instrument (at 30 keV) is > 12′ in diameter. The on-
axis sensitivity is better than 10−14 erg cm−2 s−1 (i.e. 0.5 µCrab) in the 10–40 keV band,
providing a 3σ detection in 1 Ms for a power law source spectrum with a photon index of
1.6. The goals for on-axis effective area S are: at 0.5 keV photon energy S > 100 cm2, at 2
keV S > 1000 cm2, at 8 keV S > 600 cm2, at 30 keV S > 300 cm2, at 70 keV S > 100 cm2,
and at 80 keV S > 50 cm2.

The focal plane has two detector systems: the Low Energy Detector (LED) and the High
Energy Detector (HED). The heart of the low energy detector is a monolithic macro pixel
detector array of 128 × 128 pixels. The readout scheme of the pixel detector is that of
an active pixel sensor. An active pixel sensor consists of a Silicon drift detector with an
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integrated DEPFET for readout. An optical blocking filter is deposited directly onto the
surface of the LED. The LED detector is made of a single Si wafer on which the 128 × 128
pixels are integrated. The HED is a hard X-ray camera made of an array of modules of 1
cm2 arranged in a 8 × 8 square to cover the field of view. The detector material is CdTe
(or CdZnTe) which provides the stopping power necessary to detect the hard X-rays. This
material has flight heritage on INTEGRAL and SWIFT. The broad sensitivity calculated for
the 10–40 keV band provides a flux limit of about 6× 10−15 erg cm−2 s−1 that can be reached
in 1 Ms.

The NuSTAR (Harrison et al. 2005) and NEXT missions (Nakazawa et al. 2006) similarly
feature focusing hard X-ray optics.
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